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ABSTRACT

Context. Even though turbulent motions are found everywhere in astrophysical systems, the origin of this turbulence is poorly understood. When cosmic structures form, they grow in mass via accretion from their surrounding environment.
Aims. We propose that accretion is able to drive internal turbulent motions in a wide range of astrophysical objects and study this
process in the case of galaxies, molecular clouds, and protoplanetary disks.
Methods. We use a combination of numerical simulations and analytical arguments to predict the level of turbulence as a function of
the accretion rate, the dissipation scale, and the density contrast, and compare our models with observational data.
Results. We find that in Milky Way type galaxies the observed level of turbulence in the interstellar medium can be explained by
accretion, provided that the galaxies gain mass at a rate comparable to the rate at which they form stars. This process is particularly
relevant in the extended outer disks beyond the star-forming radius. For it to drive turbulence in dwarf galaxies, the accretion rate
needs to exceed the star formation rate by a large factor, so we expect other sources to dominate. We also calculate the rate at which
molecular clouds grow in mass when they build up from the atomic component of the galactic gas and find that their internal turbulence is likely to be driven by accretion as well. It is the very process of cloud formation that excites turbulent motions on small scales
by establishing the turbulent cascade. In the case of T Tauri disks, we show that accretion can drive subsonic turbulence if the rate
at which gas falls onto the disk is comparable to the rate at which disk material accretes onto the central star. This also explains the
observed relation of accretion rate and stellar mass, Ṁ ∝ M1.8 . The eﬃciency required to convert infall motion into turbulence is a
few percent in all three cases.
Conclusions. We conclude that accretion-driven turbulence is a universal concept with far-reaching implications for a wide range of
astrophysical objects.
Key words. accretion, accretion disks – turbulence – ISM: kinematics and dynamics – galaxies: kinematic and dynamics –
planetary systems: protoplanetary disks – galaxies: ISM

1. Introduction
Astrophysical fluids on virtually all scales are characterized by
highly complex turbulent motions. This ranges from the gas between galaxies to the interstellar medium (ISM) within them, as
well as from individual star-forming molecular clouds down to
the protostellar accretions disks that naturally accompany stellar birth, and has far-reaching consequences for cosmic structure formation. For example, it is the complex interplay between
supersonic turbulence in the ISM and self-gravity in concert
with magnetic fields, radiation, and thermal pressure that determines when and where stars form in the Galaxy (Mac Low
& Klessen 2004; Larson 2005; Ballesteros-Paredes et al. 2007;
McKee & Ostriker 2007). It is similar for protostellar accretion
disks, where turbulent motions cause angular momentum redistribution and thus determine the rate at which material accretes
onto the central star and the likelihood of building up planets and
planetary systems.
Despite its ubiquity and importance, very little is known
about the origin of astrophysical turbulence. The number of
possible sources is large and varies strongly depending on the

physical scale under consideration. For a discussion of possible
sources of ISM turbulence, see e.g. Mac Low & Klessen (2004)
or Elmegreen & Scalo (2004). Here we attempt to argue that it
is the accretion process that inevitably goes along with any astrophysical structure formation, from the birth of galaxies down
to the formation of stars, that drives the observed turbulent motions. We propose that this process is universal and makes significant contributions to the turbulent energy on all scales (see
also Field et al. 2008). We ask whether the accretion flow onto
galaxies, then onto dense clouds in the ISM within these galaxies, and finally onto the protostellar accretion disks that accompany stellar birth within these clouds provides enough energy to
account for the observed internal motions. What is the expected
eﬃciency for converting kinetic energy associated with the infalling material into kinetic energy associated with internal turbulence? Our analysis leads us to believe that accretion is indeed
an important driver of turbulence on all scales observed.
We structure our discussion as follows. We introduce the
concept of accretion-driven turbulence in Sect. 2. We estimate
the energy input associated with accretion and compare it to the
energy needed to compensate for the decay of turbulent motions
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assuming an overall steady state. Under typical conditions, the
energy gain from accretion exceeds the energy loss by the decay
of turbulence by far. However, we do not know the eﬃciency
with which infall motions are converted into random turbulent
motions. To estimate this quantity, we resort to numerical simulations of convergent astrophysical flows for guidance and propose a theoretical explanation of the trends inferred from the
simulations. In Sect. 3 we apply our method to galactic scales
and propose that the turbulent velocity dispersion measured in
the disk of the Milky Way and other galaxies is caused by accretion streams that originate in or pass through the halo. We then
turn to the scales of individual interstellar gas clouds and argue
in Sect. 4 that it is the process of cloud formation that drives their
internal turbulent motions. Our third application concerns even
smaller scales. In Sect. 5 we speculate about the origin of turbulence in accretion disks. We focus our discussion on protostellar
accretion disks during the late stages of the evolution (class 2
and 3 phases), but we note that similar arguments may apply to
the accretion disks around black holes in active galactic nuclei.
Finally, we conclude in Sect. 6.

2. Basic concept
2.1. Energy balance

Several numerical studies (Mac Low et al. 1998; Stone et al.
1998; Padoan & Nordlund 1999; Mac Low 1999; Elmegreen
2000) have demonstrated that supersonic turbulence decays on
a timescale that is equivalent to the turbulent crossing time,
τd ≈

Ld
,
σ

(1)

where Ld is the driving scale and σ the 3-dimensional velocity
dispersion. This holds regardless of whether the gas is magnetized or not and also extends into the subsonic regime. The exact
value of Ld is not constrained well by the observational data and
needs to be chosen with care for each system under consideration. We note, however, that it is a universal feature of the objects
we study here that the bulk of the kinetic energy is carried by the
largest spatial modes, consistent with turbulence being driven
from the outside (see, e.g., Ossenkopf & Mac Low 2002; Brunt
2003; Brunt et al. 2009, for nearby molecular clouds).
The total loss of turbulent kinetic energy, E = 1/2Mσ2 , to a
system with total mass M through turbulent decay sums up to
Ėdecay ≈ −

E
1 Mσ3
=−
·
τd
2 Ld

(2)

When the system accumulates mass at a rate Ṁ the associated
kinetic energy is
Ėin =

1
Ṁin v2in
2

(3)

where vin is the infall velocity. We then introduce an eﬃciency
factor


 Ėdecay 
=
(4)
 Ėin 
that represents the fraction of the available accretion energy required to sustain the observed turbulent velocities.
For the hypothesis of accretion-driven turbulence to work,
clearly Ėin ≥ |Ėdecay | is required. This is usually true as we discuss in the sections below. We note, however, that the fraction
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of the infall energy that actually is converted into random turbulent motions is very diﬃcult to estimate. Clearly some fraction of the accretion energy turns into heat and is radiated away.
In addition, if the system is highly inhomogeneous with most
of the mass residing in high-densities clumps with low volumefilling factor, most of the incoming flux will feed the tenuous
interclump medium rather than the dense clumps, and again, not
contribute directly to driving their internal turbulence. This is
taken into account in the eﬃciency factor. Numerical experiments indicate that  depends on the density contrast between
the infalling gas and the material in the system under consideration (see Sect. 2.2). For molecular clouds forming in convergent
flows  ranges from about 0.01 to 0.1. If these values are representative of other systems, then in general Ėin needs to be 10 to
100 times larger than |Ėdecay |.
2.2. Estimate of efficiency

To estimate the eﬃciency at which accretion energy is converted
into turbulent energy we resort to numerical simulations of converging flows (e.g. Audit & Hennebelle 2005; Heitsch et al.
2005, 2006a; Folini & Walder 2006; Vázquez-Semadeni et al.
2006, 2007; Hennebelle et al. 2008; Banerjee et al. 2009; Audit
& Hennebelle 2010). These simulations consider two colliding
flows of diﬀuse gas that produce strong density fluctuations of
cold gas. The incoming velocity is initially supersonic with respect to the cold and dense gas that forms under the influence of
cooling and ram pressure. It is generally found that the resulting turbulence in this component is comparable to the observed
values in Galactic molecular clouds.
The simulations reported here are very similar to those presented by Hennebelle et al. (2008) and Audit & Hennebelle
(2010). They were performed with the adaptive meshrefinement magnetohydrodynamics code RAMSES (Teyssier
2002; Fromang et al. 2006) and include magnetic fields (initially uniform and equal to 5 μG) and self-gravity. They are either isothermal at T = 50 K or start with a warm neutral medium
at T = 8000 K, and they self-consistently treat cooling processes
assuming a standard 2-phase ISM cooling function. The gas is
injected from the boundary with a density equal to 1 cm−3 and
a mean velocity of either 15 or 20 km s−1 on top of which fluctuations with an amplitude of 50% have been superimposed. To
quantify the impact of the numerical resolution (a crucial issue),
as well as the influence of the thermal structure of the flow, we
present the results of four calculations: first, two lower resolution
calculations with an incoming velocity of 15 km s−1, one isothermal, and one in which cooling is treated. Both have an initial
grid of 2563 computing cells and two further AMR levels are
used when the density reaches a threshold of 80 and 160 cm−3 .
Second, we also present two simulations with a higher incoming
velocity of 20 km s−1 . One has a high resolution and starts with
5123 computing cells and four additional AMR levels are used
when density reaches 50, 100, 400, and 1600 cm−3. In this calculation, the number of cells is about 5 × 108 . The other has the
same resolution as the two lower resolution simulations. Figure 1
shows the column density in the computational box for the highresolution run.
Figure 2 shows the eﬃciency  as defined by Eq. (4), as a
function of the gas density. That is, we select all cells in the computing domain with densities above
a certain threshold value ρt

and then compute the quantity ρv3 dV = Mt σ3t , where ρ and v
are the density and velocity of the cells, and Mt and σt are total mass and velocity dispersion of the gas above ρt . Finally we
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Fig. 1. Column density at t = 18.75 Myr in the high-resolution colliding
flow calculation.

divide by Lbox and by Ėin as defined by Eq. (3). Various trends
can be inferred from Fig. 2. First, for all the simulations we find
that the eﬃciency decreases with the gas density as roughly 1/ρ.
The two low-resolution simulations with cooling, but diﬀerent
incoming velocities are very close to each other. The highresolution simulation exhibits a slightly higher eﬃciency. This
is expected since the numerical dissipation is lower. However,
it is higher by only a small factor of 1.5 to 2, suggesting that
our result is reasonably well converged. Finally, we see that the
eﬃciency is greater in the isothermal case by a factor of ∼3 compared to the low-resolution runs with cooling. This indicates
that the thermal structure of the flow has a significant impact
on its dynamics (see also Audit & Hennebelle 2010). Because
the isothermal run and the simulations with a 2-phase medium
cooling function are significantly diﬀerent, the discrepancy gives
us an estimate of the uncertainty of the eﬃciency. Interestingly,
Fig. 2 shows two diﬀerent regimes. At low densities the total mass above the threshold value decreases slowly with density, while the velocity dispersion decreases more steeply. At
high densities, however, the mass decreases rapidly with density,
while the velocity dispersion is nearly constant. This behavior is
discussed further in Appendix B.
We conclude that for astrophysical systems, such as molecular clouds, of mean density ρ̄ accreting gas at density ∼ρin , we
typically have
 ≈ ρin /ρ̄.

(5)

This relation is expected to be valid within a factor of a few.
2.3. Possible explanation for the  – ρ−1 relation

As the  – ρ−1 relation appears to be both important and interesting, we propose a possible theoretical explanation. Consider a
turbulent flow with wave numbers ranging from kmin to kmax . For
incompressible fluids, the power spectrum of the velocity field
based on dimensional arguments is expected to be E(k) ∝ k−5/3
(Kolmogorov 1941). The kinetic energy carried by wave num kmax
bers k and larger is given by the integral k E(k)dk, with the

Fig. 2. Mass, velocity dispersion, and eﬃciency of the energy injection
as a function of gas density in four colliding flow calculations. Solid,
dotted, and dashed lines show the cases with standard ISM cooling.
The solid one corresponds to the highest numerical resolution and an
incoming velocity of 20 km s−1 , the dash-dotted line is identical except
that it has a lower resolution, and the dotted line is for a lower resolution
simulation and an incoming velocity of 15 km s−1 . The dashed-dotted
line corresponds to the purely isothermal calculation (with gas temperature of about 50 K). It has the same resolution as the lower resolution
simulations with cooling.

 kmax
total kinetic energy being k E(k)dk. For compressible media,
min
the scaling relation is more complicated because the density dependency needs to be considered (von Weizsäcker 1951). Based
on the argument that (ρv3 /l)/e is dimensionless with e the energy flux, it has been suggested (Ferrini et al. 1983; Fleck 1983,
1996; Kritsuk et al. 2007; Schmidt et al. 2008) that the relation
E(k) ∝ k−5/3 still holds, provided that E(k) is the power spectrum
of ρ1/3 v instead of v.
Density fluctuations in a turbulent flow follow a roughly lognormal behavior. When identifying clumps and cores, e.g., defined as connected groups of cells/pixels above some thresholds, it has been found that their mass spectrum often follows
a power law dN/dM ∝ M α with a slope of α ≈ −1.7 (see, e.g.
Heithausen et al. 1998, for the observations; or Klessen 2001;
Ballesteros-Paredes et al. 2006; or Hennebelle & Audit 2007,
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for numerical simulations; and Hennebelle & Chabrier 2008, for
analytical arguments). In a convergent flow, the biggest clumps
cannot be much larger than lt = (ρt /ρ0 )−1 × L0 where ρ0 and L0
are the typical density and scales of the large-scale flow. Thus,
we expect that the largest scale at which clumps denser than ρt
exist is lt ∝ ρ−1
t .
2
The quantity ρ2/3
t σt integrated over the cells denser than ρt
kmax
is thus expected to be on the order of k E(k)dk, where E is
t
the power spectrum of ρ1/3 v and kt  2π/lt . Thus, it is found
−2/3
2
2 3/2
∝ l2/3
∝ ρ−2/3
. This leads to ρ2/3
≈
that ρ2/3
t σt ≈ kt
t
t
t σt
3
−1
ρt σ3t ∝ ρ−1
and
finally
to
M
σ
∝
ρ
after
multiplication
by
t t
t
t
the volume of the cloud.
So far, we have simply shown that the quantity Mt σ3t obtained by integration over scales smaller than lt is proportional
to lt , but it could be the case that the dense parts of the gas, i.e.
regions denser than ρt , make a negligible contribution to this integral, in particular because of their low filling factor. However
two arguments contradict this statement. First, Hennebelle &
Audit (2007) have calculated the power spectrum of the kinetic
energy of the flow, ρv2 , while clipping dense structures above
various threshold values. As can be seen in their Fig. (14), the energy contained in large-scale motions is unchanged when varying the threshold, whereas the energy contained on the small
scales (below about one hundredth of the computing box length)
decreases with increasing density threshold. It is dominated by
high-density structures. The second argument is also inferred
from numerical simulations. The power spectrum of v has been
calculated in several studies (e.g. Klessen et al. 2000; Heitsch
et al. 2001; Kritsuk et al. 2007; Federrath et al. 2009) and typically been found to be P(v) ∝ k−1.9 . Thus, considering only gas
at densities close to the mean value of the system, ρ̄, we infer that
 kmax
 kmax
2/3 2
−0.9
0.9
ρ̄
v
dk
∝
k
∝
l
while
ρ2/3 v2 dk ∝ kt−2/3 ∝ l2/3
t .
t
t
kt
kt
The implication is that, as lt decreases, the contribution of the energy contained on scales smaller than lt due to the diﬀuse gas becomes smaller and smaller with respect to the energy contained
in the dense gas at these scales.
The relation, Mt σ3t ∝ ρ−1
t , is therefore broadly consistent
with the trend we measure. The coeﬃcient seems more diﬃcult
to predict, and as our numerical simulations suggest, it may vary
from one flow to another. This requires further investigation. We
note in this context that the situation is strongly reminiscent of
purely incompressible turbulence where dissipation occurs in a
subset of space, in filaments with small filling factor but high
vorticity. It can be described by a multi-fractal statistical approach (Frisch et al. 1978; Frisch 1995) to take their intermittent
nature into account. For a model based on energy dissipation in
shock-generated sheets, see Boldyrev (2002) extending the theory developed by She & Leveque (1994).

3. Turbulence in galactic disks
3.1. General considerations

In our first application we investigate the question of whether
accretion from an external gas reservoir could drive the velocity
dispersion observed in spiral galaxies. The Milky Way, as a typical L galaxy, forms new stars at a rate of ṀSF ∼ 2−4 M yr−1 .
Its gas mass out to 25 kpc is ∼9×109 M (Naab & Ostriker 2006;
Xue et al. 2008). Assuming a constant star formation rate, the remaining gas should be converted into stars within about 2–4 Gyr.
Similar gas depletion timescales of few billion years are reported
for many nearby spiral galaxies (Bigiel et al. 2008). This is much
shorter than the ages of these galaxies, which are ∼10 Gyr. If we
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discard the possibility that we observe them right at the verge
of running out of gas, and instead assume they evolve in quasi
steady state, then these galaxies need to be supplied with fresh
gas at a rate roughly equal to the star formation rate.
The requirement of a steady accretion flow onto typical disk
galaxies is a natural outcome of cosmological structure formation calculations if baryonic physics is considered consistently.
Dekel et al. (2009) and Ceverino et al. (2009), for example, argue that massive galaxies are continuously fed by steady, narrow, cold gas streams that penetrate the accretion shock associated with the dark matter halo down to the central galaxy.
Roughly three quarters of all star-forming galaxies are fed by
smooth streams (see also Agertz et al. 2009). On large scales,
also the fact that the observed amount of atomic gas in the universe appears to be roughly constant since a redshift of z ≈ 3,
although the stellar content continues to increase, suggests that
HI is continuously replenished (Hopkins et al. 2008; Prochaska
& Wolfe 2009). For our Galaxy, further evidence of the ongoing inflow of low-metallicity material comes from the presence
of deuterium in the solar neighborhood (Linsky 2003), as well
as in the Galactic center (Lubowich et al. 2000). As deuterium
is destroyed in stars and as there is no other known source of
deuterium in the Milky Way, it must have a cosmological and
extragalactic origin (Ostriker & Tinsley 1975; Chiappini et al.
2002).
It is attractive to speculate that the population of highvelocity clouds (HVC) observed around the Milky Way is the
visible signpost for high-density peaks in this accretion flow.
Indeed the inferred HVC infall rates of 0.5−5 M yr−1 (Blitz
et al. 1999; Wakker et al. 1999; Braun & Thilker 2004; Putman
2006) are in good agreement with the Galactic star formation
rate or with chemical enrichment models (see, e.g. Casuso &
Beckman 2004, and references therein). An important question in this context is where and in what form the gas reaches
the Galaxy. Recent numerical simulations indicate (Heitsch &
Putman 2009) that small clouds (with masses below a few
104 M ) most likely will dissolve, heat up, and merge with the
hot halo gas, while larger complexes will be able to deliver cold
atomic gas even to the inner disk. We explore the idea of continuous gas accretion onto galaxies and argue that this process is a
key mechanism for driving interstellar turbulence.
One of the remarkable features of spiral galaxies is the nearly
constant velocity dispersion σ, e.g. as measured in HI emission
lines, regardless of galaxy mass and type (Dickey & Lockman
1990; van Zee & Bryant 1999; Tamburro et al. 2009). The inferred values of σ typically fall in a range between 10 km s−1
and 20 km s−1 (Bigiel et al. 2008; Walter et al. 2008) and extend
well beyond the optical radius of the galaxy with only moderate falloﬀ as one goes outwards. It is interesting in this context
that the transition from the star-forming parts of the galaxy to
the non-star-forming outer disk does not seem to cause significant changes in the velocity dispersion (Tamburro et al. 2009).
This apparent independence from stellar sources sets severe constraints on the physical processes that can drive the observed
level of turbulence.
Several possibilities have been discussed (Elmegreen &
Scalo 2004; Mac Low & Klessen 2004; Scalo & Elmegreen
2004). Large-scale gravitational instabilities in the disk, i.e. spiral density waves, can potentially provide suﬃcient energy (e.g.
Li et al. 2005). However, the eﬃciency of this process and the details of the coupling mechanism are not understood well. And the
same holds for the magneto-rotational instability (MRI) which
has been identified as a main source of turbulence in protostellar accretion disks (Balbus & Hawley 1998). Although we have
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ample evidence that there are large-scale magnetic fields (Heiles
& Troland 2005; Beck 2007), there is some debate whether the
MRI can provide enough energy to explain the observed turbulence (Beck et al. 1996; Sellwood & Balbus 1999; Dziourkevitch
et al. 2004; Piontek & Ostriker 2007). For the star-forming parts
of spiral galaxies, clearly stellar feedback in the form of expanding HII bubbles, winds, or supernova explosions plays an important role. Mac Low & Klessen (2004) show that the energy
and momentum input from supernovae is a viable driving mechanism for interstellar turbulence. However, this approach clearly
fails in the extended outer HI disks observed around most spiral galaxies, and it also fails in low-surface brightness galaxies.
Here accretion driven turbulence seems a viable option (see, e.g.
Santillán et al. 2007).

Table 1. Properties of gas components of the Milky Way.
Component
M (109 M )a
Ld (pc)b
σ (km s−1 )c
Ekin (1055 erg s−1 )d

molecular gas
2
150
5
0.5

atomic gas
6
1000
12
8.6

Notes. (a) Total mass of the component. Values from Ferrière (2001) and
Kalberla (2003). (b) We take twice the observed disk scale height as the
true thickness to be considered. (c) The parameter σ is the 3-dimensional
velocity dispersion. We take the 1-dimensional velocity dispersion of
the molecular gas to be 2.9 km s−1 and of the HI gas to be 6.9 km s−1 .
(d)
Total kinetic energy of the component, Ekin = 1/2 Mσ2 .

3.2. Energy input rate

To calculate the energy input rate from the accretion of cold gas,
we need to know the velocity vin with which this gas falls onto
the disk of the galaxy and the eﬃciency  with which the kinetic
energy of the infalling gas is converted into ISM turbulence. As
the cold accretion flow originates from the outer reaches of the
halo and beyond and because it lies in the nature of these cold
streams that gas comes in almost in free fall, vin can in principale be as high as the escape velocity vesc of the halo. For the
Milky Way in the solar neighborhood, vesc ∼ 550 km s−1 (Fich &
Tremaine 1991; Smith et al. 2007). However, numerical experiments indicate that the inflow velocity of cold streams is close
to the virialization velocity of the halo (Dekel et al. 2009), typically ∼200 km s−1. The actual impact velocity with which this
gas interacts with disk material will also depend on the rotation direction. Streams that come in co-rotating with the disk
will have lower impact velocities than material that comes in
counter-rotating. To relate to quantities that are easily observed,
and within the limits of our approximations, we adopt vin = vrot
as our fiducial value, but large deviations are possible. We also
note that even gas that shocks at the virial radius and thus heats
up to 105 −106 K may cool down again and some fraction of it
may be available for disk accretion. This gas can condense into
higher-density clumps that sink towards the center and replenish
the disk (Peek 2009). Again, vin ≈ vrot is a reasonable estimate.
We can now calculate the energy input rate associated with
this accretion flow as
1
Ėin = Ṁin v2in
2


2
Ṁin
vin
= +1.3 × 1040 erg s−1
·
(6)
1 M yr−1 200 km s−1
By the same token, the energy loss through the decay of turbulence is
E
1 Mσ3
Ėdecay ≈ − = −
τd
2 Ld
≈ −3.2 × 1039 erg s−1


3  L −1
M
σ
d
×
·
(7)
100 pc
109 M
10 km s−1
Given an eﬃciency  as defined in Eq. (4) the mass accretion
rate required to compensate for this energy loss is
Ṁin

1
1 2|Ėdecay | 1 Mσ3
=
=
≈ 0.25 M yr−1
2
2
 vin
 Ld vin





−1


−2
3
M
vin
σ
Ld
×
·
109 M 10 km s−1 100 pc
200 km s−1

(8)

3.3. The Milky Way

Current mass models of the Milky Way (Xue et al. 2008) indicate a total mass including dark matter of about 1 × 1012 M
out to the virial radius at ∼250 kpc. The resulting rotation curve
is 220 km s−1 at the solar radius R ≈ 8.5 kpc, and it declines
to values slightly below 200 km s−1 at a radius of 60 kpc. The
total mass of the disk in stars and cold gas is estimated to be
∼6 × 1010 M . Assuming an overall baryon fraction of 17% this
corresponds to 40% of all the baryonic mass within the virial
radius and implies that roughly the same amount of baryons is
in an extended halo in the form of hot and tenuous gas. The
gaseous disk of the Milky Way can be decomposed into a number of diﬀerent phases. We follow Ferrière (2001) and consider
molecular gas (as traced, e.g., via its CO emission), as well
as atomic hydrogen gas (as observed, e.g., by its 21 cm emission). The atomic component in principle can be separated into
a cold (T ≈ few × 102 K) and a hot (T ≈ few × 103 K) component. Because they have similar overall distribution we consider
them together and take reasonable averages. The scale height of
HI ranges from ∼230 pc within 4 kpc up to values of ∼3 kpc at
the outer Galactic boundaries. The HI disk therefore is strongly
flared. We use a mean value of 500 pc for the entire disk and
note that this introduces some uncertainty. The adopted values
are summarized in Table 1. We neglect the hot ionized medium
in our analysis, because Galactic HII regions are produced and
heated predominantly by the UV radiation from massive stars
and so should not be included here. We note that 95% of the
turbulent kinetic energy is carried by the atomic component.
If we use the numbers from Table 1, assume Ṁin = ṀSF ≈
3 M yr−1 , and adopt the fiducial value vin = 220 km s−1, then
Eqs. (6) and (7) yield
Ėin ≈ +4.6 × 1040 erg s−1 ,
Ėdecay ≈ −3.9 × 1039 erg s−1 ,

(9)
(10)

requiring an eﬃciency of only
 = |Ėdecay |/Ėin ≈ 0.08 .

(11)

In the light of Eq. (5), this is a reasonable number. If we follow
Heitsch & Putman (2009) and adopt densities in the range n =
0.01 to 0.1 cm−3 for the accreting gas clouds and assume a mean
ISM density of 1 cm−3 in the solar neighborhood (Ferrière 2001)
as well as a drop to 0.1 cm−3 out at a distance of 25 kpc, we
expect the eﬃciency to be around 10%.
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Table 2. Observed properties of the analyzed THINGS galaxies.

Name
NGC 5194
NGC 628
NGC 3184
NGC 3351
NGC 6946
NGC 5055
NGC 4736
NGC 7793
IC 2574
NGC 4214
HO II

Hubble
type
(1)
Sbc
Sc
Sc
Sb
Sc
Sbc
Sab
Scd
Sm
Irr
Irr

D
Mpc
(2)
8.0
7.3
11.1
10.1
5.9
10.1
4.7
3.9
4.0
2.9
3.4

vrot
km s−1
(3)
220
220
210
200
200
200
160
130
80
60
40

R25
kpc
(4)
9.0
10.4
11.9
10.6
9.8
17.2
5.3
6.0
7.5
2.9
3.3

MHI
109 M
(5)
2.5
3.8
3.1
1.2
4.2
9.1
0.4
0.9
1.5
0.4
0.6

ṀSF
M yr−1
(6)
6.05
1.21
1.43
0.71
4.76
2.42
0.43
0.51
0.12
0.05
0.07

σ
km s−1
(7)
31.69
14.28
18.34
20.89
18.72
23.58
24.98
19.64
17.30
16.91
16.89

ΣHI
M pc−2
(8)
7.18
4.55
4.48
2.05
5.57
3.15
2.99
6.06
5.82
4.78
6.37

Ld HD
kpc
(9)
4.72
1.00
1.46
5.42
1.28
4.15
5.11
1.40
1.13
1.18
0.96

Ld pot
kpc
(10)
1.32
0.80
0.99
1.01
1.13
2.81
0.71
0.91
2.42
1.17
1.99

Notes. (1) Hubble type as listed in the LEDA data base (URL: http://leda.univ-lyon1.fr/). (2) Distance according to Walter et al. (2008).
(3) Peak of the rotation curve as obtained from the Appendix in de Blok et al. (2008). (4) R25 is the B-band isophotal radius at 25 mag arcsec−2 ,
which is a standard proxy for the optical radius of the galaxy. (5) Total HI mass of the galaxy, obtained by integrating over all pixels, see also
Table 4 of Leroy et al. (2008). (6) Total star formation rate of the galaxy, as provided by Table 1 of Walter et al. (2008) or Table 4 of Leroy et al.
(2008). (7) Surface-density weighted 3-dimensional mean velocity dispersion in the galaxy. (8) Mean HI surface density. (9) Typical outer scale
of the turbulent velocity field. Ld HD is calculated from the disk thickness in each pixel as Ld = 2H with H = σ21D /(2πGΣHI ) and then averaged
over the entire galaxy using surface-density weighting. (10) Estimate of the mean turbulent dissipation scale Ld pot based on the disk thickness
derived from the potential method, Eq. (13).

3.4. Spiral galaxies

The HI Nearby Galaxy Survey, THINGS, (Walter et al. 2008)
opens up the possibility of performing the above analysis for the
extended HI disks of other spiral galaxies as well. We obtain
the dataset discussed by Tamburro et al. (2009), which allows
us to analyze HI column density ΣHI and vertical velocity dispersion σ1D as a function of radius for 11 nearby galaxies. Our
sample includes 8 Milky Way type spirals and 3 gas-rich dwarfs.
Each galaxy map contains between 140 000 and 720 000 data
points. The main parameters are provided in Table 2. Please consult Tamburro et al. (2009) for more details on the original data
set.
We integrate over the entire map to get the total HI mass,
and convert σ1D to the 3-dimensional velocity dispersion σ assuming isotropy. We read oﬀ the measured star formation rate,
ṀSF , from Table 1 of Walter et al. (2008), and consider the rotation curves from de Blok et al. (2008), where we adopt the peak
value vrot for the analysis. Our values agree well with the fit formula provided in Appendix B.1 in Leroy et al. (2008) for galaxies where the flat part of the rotation curve is observed. The only
exception is IC 2574, which shows a continuously rising rotation
curve within the observed radius range.
An estimate of the turbulent length scale Ld is more diﬃcult
to obtain. We follow Leroy et al. (2008) and calculate the thickness H of the HI layer by assuming hydrostatic equilibrium at
every pixel. In this case,
H ≈ σ21D /(2πGΣHI ),

(12)

with σ1D = 3−1/2 σ and G being the 1-dimensional velocity dispersion and the gravitational constant, respectively. We neglect
the contribution from molecular gas, as well as from stars, in
determining H, which could be significant especially in the inner regions of the disk. In principle we would need to calculate
H ≈ σ21D /(2πGΣtot ) with Σtot = ΣHI + ΣH2 + Σ being the combined surface density of gas and stars. Our estimate of the scale
height H in the inner parts of the galaxy is therefore an upper
limit. An alternative estimate for the disk thickness is based on
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the total enclosed mass at any given radius R using the local circular velocity vrot (see Appendix A),
H ≈ R σ1D /vrot .

(13)

Again, we follow Leroy et al. (2008) and approximate the rotation curve with the fit formula,



R
vrot (R) = vflat 1 − exp −
,
(14)
Rflat
using the values vflat and Rflat for the flat parts of the rotation
curve from their Table 4. We point out, except maybe for the
inner disk, that the mass distribution is dominated by the dark
matter content of the galaxy.
Once we have calculated H at each location in the map, we
set the local turbulent scale length to Ld = 2 H. For most galaxies in the sample, both of the above estimates lie within a factor
of two or less of each other, with the potential method usually
giving somewhat lower numbers for the large spirals and higher
values for the dwarf galaxies. The exceptions are NGC 5193,
NGC 3351, NGC 5055, and NGC 4736, which have a strong
molecular component in the center (Leroy et al. 2008) and where
our Ld estimate based on vertical hydrostatic balance using ΣHI
consequently is too large. NGC 5055 and NGC 4736 are furthermore characterized by extended HI streamers at ∼R25 , which
results in a locally enhanced velocity dispersion (Walter et al.
2008), again leading to inflated Ld values from hydrostatic balance. For comparison with the Milky Way, mean velocity dispersion σ , mean HI surface density ΣHI , and mean turbulent
scale Ld based on both methods are obtained for each galaxy
as surface density weighted average over all pixels and are provided in Table 2 as well.
The radial variation of σ, ΣHI , and Ld is shown in Fig. 3.
In addition, this figure also indicates the number of pixels contributing to radial annuli of width ΔR = 0.5 kpc for each of the
THINGS maps. This provides some estimate of the statistical
significance of the data at diﬀerent radii. We notice that outside
of R25 , which is a proxy for the optical radius of the stellar disk,
the values of σ typically drop below ∼20 km s−1 and can get as
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Fig. 3. Radial distribution of 3D velocity dispersion σ (in units of km s−1 ), HI column density ΣHI (M yr−1 ), corresponding turbulent scale Ld (kpc)
taken as twice the disk scale height, computed from hydrostatic balance using Eq. (12) (solid lines) and from the total potential using Eq. (13)
(dashed line), number of pixels as function of radius in annuli of width ΔR = 0.5 kpc in the 11 THINGS maps. The last column provides an
estimate of the statistical significance of the data at each radius. The radius is scaled to the optical radius R25 . The thin lines indicate the 95%
variation.

low as ∼5 km s−1 in the outer disk of the dwarf galaxies in the
sample, with statistical uncertainties of 2−3 km s−1. Inside of R25
the velocity dispersion can be significantly higher. Here stellar

sources provide additional energy for driving turbulent motions
(Mac Low & Klessen 2004). The HI surface density also drops
outside of R25 . For some galaxies with very extended disks,
Page 7 of 18

A&A 520, A17 (2010)
Table 3. Derived energy input and decay rates and corresponding minimum eﬃciencies.

Name
NGC 5194
NGC 628
NGC 3184
NGC 3351
NGC 6946
NGC 5055
NGC 4736
NGC 7793
IC 2574
NGC 4214
HO II

Ėin
|Ėdecay,HD | HD |Ėdecay,pot | pot |Ėdecay,R25 |
1039 erg s−1 1039 erg s−1
1039 erg s−1
1039 erg s−1
(1)
(2)
(3)
(4)
(5)
(6)
92.39
3.41
0.037
7.08
0.077
0.45
18.48
1.97
0.106
2.06
0.111
0.06
19.90
0.82
0.041
0.96
0.048
0.04
8.96
0.16
0.018
1.08
0.121
0.06
60.07
4.44
0.074
5.63
0.094
0.28
30.54
1.56
0.051
3.59
0.117
0.15
3.47
0.52
0.151
6.42
1.848
0.29
2.72
1.87
0.686
1.95
0.716
0.13
0.24
2.18
9.009
0.60
2.459
0.10
0.06
1.28
22.457
1.17
20.549
0.21
0.04
1.77
50.070
0.67
19.065
0.17

R25
(7)
0.005
0.003
0.002
0.006
0.005
0.005
0.083
0.050
0.417
3.653
4.900

Ekin
1054 erg
(8)
28.20
8.39
11.03
7.12
17.01
58.98
3.52
3.57
4.52
1.33
1.81

E

Ė

f>Rkin25

f>Rdecay,HD
>R25
25

(9)
0.26
0.38
0.21
0.15
0.32
0.31
0.17
0.17
0.28
0.49
0.59

(10)
(11)
0.17 0.006
0.28 0.027
0.13 0.005
0.17 0.003
0.29 0.020
0.15 0.008
0.12 0.018
0.07 0.047
0.18 1.600
0.42 7.831
0.50 18.554

Notes. (1) Total kinetic energy provided by infalling gas, calculated from Eq. (3) using Ṁ = ṀSF and vin = vrot . (2) Total dissipation rate of
turbulent kinetic energy |Ėdecay,HD | obtained from integrating Eq. (2) over the entire galaxy using Ld derived from vertical hydrostatic equilibrium.
(3) Minimum eﬃciency HD = |Ėdecay,HD |/Ėin required for the conversion of infall motion into turbulent energy in the disk. (4) Integrated turbulent
decay rate |Ėdecay,pot | based on the potential method. (5) Corresponding minimum eﬃciency pot . (6) Integrated turbulent decay rate |Ėdecay,R25 | based
on the assumption that the outer scale of the turbulent velocity field is equal to the size of the disk Ld ∼ 2 R25 . (7) The corresponding required
minimum eﬃciency R25 for accretion driven turbulence to work. (8) Total kinetic energy Ekin integrated over the whole galaxy. (9) Fraction of
total kinetic energy outside the optical radius R25 . (10) Fraction of turbulent energy decay rate outside of R25 using the disk vertical scale height
from hydrostatic balance. The total rate is given in Col. (2). (11) Corresponding required accretion eﬃciency to drive the turbulence in the outer
disk for R > R25 . Compare to the total galactic value given in Col. (3). The outer disk value is typically a factor of 5 lower.

however, ΣHI can remain as high as 1 M pc−1 out to 4 R25 . We
also point out that some galaxies reveal a noticeable HI depletion
in their central regions where the gas is mostly molecular (Leroy
et al. 2008, 2009). Many galaxies in our sample show significant
flaring in the outer disk. Some galaxies also show high Ld values
in the very inner parts. Recall that this is in part an artifact of
our analysis, because we neglect the contribution to the graviational potential from the stellar disk and from the molecular gas
when computing the scale height from vertical hydrostatic balance. Inflated central Ld therefore correlate well with the inner
depletion of ΣHI .
With this information, we can now compute both the local
turbulent kinetic energy and the local kinetic energy decay rate
based on the two estimates of the disk scale height. We display
the result in the left two columns of Fig. 4. For simplicity, we
only show the decay rate based on the assumption of vertical hydrostatic equlibrium. We integrate over all radii to obtain the total decay rate Ėdecay and, once again assuming steady state, take
the star formation rate ṀSF to estimate Ėin from Eq. (7). This
allows us to calculate the minimum eﬃciency  = |Ėdecay |/Ėin
needed for sustaining the observed disk turbulence by gas accretion. The results are presented in Table 3 and graphically illustrated in Fig. 5.
We notice that all galaxies similar to the Milky Way, i.e.
those with Hubble types ranging from Sb to Sc with vrot >
∼
200 km s−1, require eﬃciencies of only 10% or less. This holds
despite variations in star formation rate or total gas mass of almost a factor of ten. As in Sect. 3.3 we argue that  <
∼ 0.1 is
a reasonable number. Given that the true turbulence dissipation
scale could exceed the disk thickness and potentially be as large
as the disk diameter (see Sect. 3.5 below), the derived decay
rates are upper limits and so the minimum eﬃciency of accretion driven turbulence might be considerably lower. We point out
that the model clearly fails for the dwarf galaxies in our sample
with vrot < 100 km s−1. The kinetic energy added by accretion is
not high enough to compensate for the energy loss by turbulent
Page 8 of 18

decay. Either these galaxies accrete more mass than inferred
from their low star formation rates or there are other processes
that dominate the disk turbulence on all scales. Both explanations appear equally likely and ask for more detailed studies with
a specific focus on dwarf galaxies.
To understand the physical origin of these variations better,
we plot the minimum eﬃciency values obtained above as a function of diﬀerent galaxy parameters in Fig. 6. We see that  correlates very well with the rotational velocity vrot of the galaxy,
log10  ≈ 2.3−vrot /(60 km s−1). This is understandable because
we use vrot as proxy for the infall velocity, hence for the kinetic
energy of the infalling material. The rotational velocity is a good
measure of the total mass including dark matter and the stellar
component. If we exclude the dwarf galaxies in the sample, we
find no correlation between  and total HI mass, star formation
rate, and velocity dispersion. This is somewhat surprising. We
expected the eﬃciency to scale inversely with HI mass, because
the total amount of turbulent energy that needs to be replenished
scales linearly with MHI , assuming that σ is roughly constant.
The contrary is the case. If we focus on the dwarf galaxies we see
that they have high  values despite low MHI . Because the decay
rate, Eq. (2), scales with the third power of the velocity dispersion, we also expected that  strongly depends on σ. Again, this
is not seen. From our small sample of 11 galaxies, we conclude
that the total mass of the galaxy is the main parameter determining the potential importance of accretion-driven turbulence. It
would be interesting to perform a similar analysis with a larger
sample of galaxies to have better statistics.
3.5. Main uncertainties

The processes discussed here are subject to large uncertainties.
First of all, virtually all quantities that enter the theory vary with
radius. Defining a galaxy-wide average value is not a trivial task.
In cases where we have extended HI maps, this is not a problem,
because we can integrate over all radii and obtain well-defined
global values for Ekin , Ėdecay , and Ėin . However, for galaxies
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Fig. 4. Local kinetic energy per unit surface area Ekin (erg pc−2 ), and local turbulent energy decay rate per unit surface area Ėdecay (erg s−1 pc−2 )
using Ld derived from vertical hydrostatic balance, Eq. (12), together with the cumulative total kinetic energy and cumulative turbulent dissipation
rate as function of normalized radius for 11 THINGS galaxies. The thin lines in columns 1 and 2 indicate the 95% variation at each radius using
the scale height derived from Eq. (12).

with only a few pixels across or for observations that are not
sensitive enough to detect the extended disk, the errors can be
considerable. Second, we do not know how the gas enters the

galaxy. Does it fall onto the outer disk in discrete cold streams
(as indicated by cosmological simulations at high redshift, see
Dekel et al. 2009; Agertz et al. 2009)? Or does it condense out
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self-similar turbulent cascade, where the behavior is determined
by the physical properties on the dissipation scale. We adopt Ld
based on the disk scale height obtained from vertical hydrostatic
balance, Eq. (12), as our fiducial value. The range of  values for
each galaxy in our sample associated with the uncertainties in Ld
is illustrated in Fig. 5.
We also want to call attention again to the fact that we
have neglected the molecular gas content in our analysis of the
THINGS galaxies. Indeed, some of these galaxies contain an appreciable amount of molecular gas (Leroy et al. 2009). However,
this gas is mostly contained within R25 and in addition carries
only little turbulent kinetic energy compared to the atomic component (see also Sect. 3.3 for the Milky Way). The error involved
in focusing only on atomic gas is therefore small.
Fig. 5. Minimum eﬃciency required to sustain the observed level of turbulence by accretion from the galactic halo for the sample of THINGS
galaxies. Our fiducial values, HD (filled circles) are based on using the
disk thickness from vertical hydrostatic balance as outer scale of the
turbulent velocity field Ld . To give an illustration of the uncertainties
involved in estimating Ld , we also show pot derived from using the
global potential to calculate the disk thickness (horizontal symbol), and
R25 where we take the diameter of the optical disk as proxy for Ld (arrow down).

of the tenuous halo gas and enter the disk more gently and more
broadly distributed as proposed by Peek (2009)? Both processes
could lead to very diﬀerent eﬃciencies.
The third and probably most severe uncertainty concerns
the turbulent length scale. The observational data are not very
conclusive, with estimates of the turbulent scale ranging from
only 4 pc (Minter & Spangler 1996) from scintillation measurements in the Milky Way up to 6 kpc (Dib & Burkert 2005) from
computing the autocorrelation length of HI in Holmberg II with
large uncertainties in both values. Very careful statistical analyses of the power spectrum in several nearby molecular clouds
by Ossenkopf & Mac Low (2002) as well as Brunt (2003) and
Brunt et al. (2009), however, indicate that the bulk of the turbulent energy is always carried by the largest scales observed. This
is consistent with turbulence being driven from the outside.
Throughout most of this paper we assume that the outer scale
of the turbulent cascade is comparable to the disk thickness, i.e.,
we take it as being twice the vertical scale height. We argue that
this is the relevant upper length scale in the system. Only then
can we speak of 3-dimensional turbulence, where we have good
estimates of the decay properties (e.g. Mac Low et al. 1998;
Stone et al. 1998; Padoan & Nordlund 1999; Mac Low 1999;
Elmegreen 2000). One may propose, however, that the turbulent cascade extends all the way across the galactic disk. In this
case, Ld ∼ 2 R25 . Turbulence is mostly 2-dimensional, and it is
not clear how to estimate its decay properties in the diﬀerentially rotation disk. It has been speculated, however, that the decay properties of 2- and 3-dimensional turbulent flows could be
equivalent as long as they are in the strongly supersonic regime,
because dissipation occurs mostly in sheet-like shocks (AvilaReese & Vázquez-Semadeni 2001). If Eq. (2) is still approximately correct, the decay rate is considerably lower because
R25
H, and our model can tolerate even lower minimum efficiencies (Table 3). On the other hand, the velocity diﬀerence
across the disk is close to the rotational velocity vrot , which for
the Milky Way type galaxies exceeds σ quite a lot. Because
H/R ∼ σ/vrot , see Eq. (13), it is likely that both eﬀects cancel each other out and that the decay rates based on H and on
R25 are comparable. This is in fact what we would expect from a
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3.6. Outer disks of spiral galaxies

It is well known now that the gaseous disk extends well beyond the optical radius (Thilker et al. 2007; Zaritsky & Christlein
2007). The sample of THINGS galaxies allows us to study the
turbulent energy content of extended disks in more detail. We
begin by asking what parts of the disk carry most of the turbulent kinetic energy. We calculate the cumulative kinetic energy
as a function of radius, as well as of the cumulative energy decay rate, and plot both quantities Cols. 3 and 4 of Fig. 4. We see
that a significant fraction (between 15% and 59%) of the total kinetic energy is carried by the outer disk. These numbers, together
with the required accretion eﬃciency, are provided in Table 3.
This finding has important consequences for our understanding
of the origin of this turbulence. While within R25 energy and
momentum input from stellar sources (supernovae, stellar winds
and outflows, expanding HII regions) can contribute significantly to driving ISM turbulence, this approach fails for the outer
parts. Here accretion from the extended gaseous halo, maybe in
concert with the magneto-rotational instability (Tamburro et al.
2009), is the only astrophysical driving source available. The required eﬃciencies for Milky Way type galaxies are about 1%.
This is a very low value and we conclude that accretion could
easily drive the turbulence in the outer disk of present-day spiral
galaxies.
3.7. Clumpy galaxies at high redshifts

The mechanism that we propose here to drive internal turbulence is very generic and likely to operate on many diﬀerent
spatial and temporal scales. High-redshift galaxies, such as detected in the Hubble Ultra Deep Field, are observed to be very
irregular, with a clumpy structure, and a lack of central concentration (Elmegreen et al. 2005; Conselice 2003; Elmegreen
et al. 2009b). They are typically characterized by a considerably higher degree of internal turbulence, such as reflected by
the large observed line width of Hα emission, than present-day
galaxies in the same mass range (Genzel et al. 2008). There
seems to be an evolutionary trend with decreasing redshift from
clumpy galaxies with no evidence of interclump emission to
those with faint red disks. This trend continues towards the
flocculent and grand design spiral galaxies we observe today
(Elmegreen et al. 2009b). Some clumpy galaxies at high redshift resemble massive versions of local dwarf irregular galaxies. They exhibit very high gas fractions and appear to be in
a very young evolutionary state. Soon after their discovery, it
was recognized that their strong turbulence is diﬃcult to maintain with internal sources, because the stellar feedback processes
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Fig. 6. Correlation between required minimum eﬃciency  and rotational velocity vrot (top left), total HI mass MHI (top right), star formation rate
(bottom left), and average 3-dimensional velocity dispersion σ (bottom right). The symbols here are the same as in Fig. 5. In the top left plot,
we use open circles to denote the shift introduced when using the fit parameter vflat (Leroy et al. 2008) instead of the observed maximum of the
rotation curve (Table 2). This is only significant for the galaxy IC 2574 which has a continuously rising rotation curve within the observed radius
range. The eﬃciency  only correlates well with vrot .

that act in present-day galaxies are relatively ineﬀective when
the velocity dispersion of the whole interstellar medium is large
(Elmegreen et al. 2009a). Instead it has been proposed (e.g.
Genzel et al. 2008; Elmegreen et al. 2009b) that this high degree
of turbulence could be driven by cold accretion streams as found
in numerical simulations with detailed treatment of the thermodynamic behavior of the infalling gas (Birnboim & Dekel 2003;
Semelin & Combes 2005; Dekel & Birnboim 2006; Agertz et al.
2009; Ceverino et al. 2009).
If we assume the accretion onto the clump at any instance in
time is driven by the clump’s self-gravity, then 1/2v2in ≈ GM/Ld
and Eq. (8) simplifies to
Ṁin ≈

1 σ3
·
 2G

(15)

With typical clump sizes Ld ≈ 1 kpc, masses of about ∼108 M
and 3-dimensional velocity dispersions σ ≈ 30 km s−1, the required accretion rate for driving the clump’s internal turbulence is
1
Ṁin ≈ 1 M yr−1 .
(16)

The observed star formation rates of clumpy galaxies lie in the
range 10−50 M yr−1 . If we assume that these numbers can be
used as proxies for the mass accretion rate, then we see that again
eﬃciencies of 10% or less are enough to drive the clumps’ internal turbulence. This is consistent with the -values estimated

from numerical experiments, as discussed in Sect. 2.2, and supports the hypothesis of accretion driven turbulence in clumpy
galaxies further (see also Elmegreen & Burkert 2010).
3.8. Further discussion

The analysis above relies on the assumption that galaxies evolve
in steady state so that the star formation rate is matched by the
infall of fresh gas from an extended halo. For most presentday field galaxies, this appears to be a reasonable assumption.
However, it breaks down for highly perturbed systems, e.g.,
when galaxies experience a major merger or are tidally disturbed
in the central regions of dense galaxy clusters. Strong perturbations lead to enhanced star formation without being necessarily accompanied by additional gas infall. It is the original disk
gas that is converted into new stars at an increased rate. We
therefore expect our model to work best for disk galaxies that
are marginally unstable and where stellar birth proceeds in a
self-regulated fashion similar to the Milky Way. Indeed the L
galaxies in our sample with vrot ≈ 200 km s−1 all fit our model
−1
very well, while the dwarf galaxies with vrot <
∼ 100 km s do not.
These galaxies are characterized by very irregular clumpy structure. They resemble the clumpy galaxies seen at high redshift
(Conselice 2003; Elmegreen et al. 2005). Taken at face value,
our simple equilibrium model therefore should not apply to those
galaxies either, as they most likely are still in the phase of rapid
mass growth through merging and accretion of massive cold
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clouds (Genzel et al. 2008; Elmegreen et al. 2009b). However,
we can apply our model to structures within these galaxies and
speculate that the turbulence observed within the dense clumps is
driven by accretion (Sect. 3.7). This is similar to the mechanism
we propose in Sect. 4 to drive turbulence in present-day molecular clouds in the Milky Way.
We also need to point out that our analysis by no means implies that other sources of turbulence are not important. Clearly
in the inner parts of the disks of L -type galaxies, stellar feedback plays a key role and can provide enough energy to drive the
observed turbulence (Mac Low & Klessen 2004). In addition,
it is diﬃcult to see how the accretion energy, which we expect
from angular momentum conservation mostly being added to the
outer regions of the disk, is able to reach the inner disk within
reasonable timescales and without being dissipated. If associated
with net mass transport, one would expect a mean inward flow
of about 5 km s−1 . This is not observed (Wong et al. 2004, however, see Peek 2009, for an alternative accretion scenario). It is
important to note, that the accretion of halo gas is likely to be
non-spherical and that it may excite wave-like perturbations that
then could tap into the system’s rotational energy. This provides
an additional reservoir for driving turbulence in the disk so that
even low accretion rates could lead to eﬀective disk heating.
Furthermore, our analysis neglects the influence of galactic
fountain flows. Expanding supernova bubbles or large HII regions could transport hot and metal enriched material into the
halo, where it cools and eventually falls back onto the galactic
disk (Corbelli & Salpeter 1988). This process is a key element
of the matter cycle and enrichment history on global galactic
scales (Spitoni et al. 2009). In addition, the kinetic energy associated with the returning material could contribute to driving
ISM turbulence just like infalling fresh material does. This supplementary source causes the above estimate of the minimum
eﬃciency to be an upper limit. In particular, galactic fountains
should not aﬀect the outer disk much, because they deliver the
ejected material close to the radius where they originate. They
are only important for the inner, star-forming parts of the disk
(Melioli et al. 2008, 2009).

4. Molecular cloud turbulence
4.1. Theoretical considerations

It is well established that molecular clouds are highly turbulent.
The 3-dimensional velocity dispersion in these objects varies
with their size, L, and typically follows the relation (Larson
1981)

0.5
L
−1
σ ≈ 0.8 km s
·
(17)
1 pc
The physical origin of this turbulence has not been fully understood yet. In particular, the question as to whether it is injected
from the outside, e.g., by colliding flows (Hunter et al. 1986;
Vishniac 1994), or driven by internal sources such as protostellar
outflows (Li & Nakamura 2006; Banerjee et al. 2007; Nakamura
& Li 2008; Wang et al. 2010) or expanding HII regions (Matzner
2002) or supernovae (Mac Low & Klessen 2004), is still subject
to considerable debate. We favor the first assumption because
observations indicate that molecular cloud turbulence is always
dominated by the largest-scale modes accessible to the telescope
(Ossenkopf & Mac Low 2002; Brunt 2003; Brunt et al. 2009). In
addition, the amount of turbulence in molecular clouds with no,
or extremely low, star formation like the Maddalena cloud or the
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Fig. 7. Internal velocity dispersion of clumps produced in colliding
flows simulations.

Pipe nebula is significant and broadly comparable to the level
of turbulence observed towards star-forming clouds. Both facts
seem diﬃcult to reconcile with turbulence being driven from internal stellar sources.
We argue that it is the very process of cloud formation that
drives its internal motions by setting up a turbulent cascade that
transports kinetic energy from large to small scales in a universal
and self-similar fashion (Kolmogorov 1941). Our hypothesis is
that molecular clouds form at the stagnation points of large-scale
convergent flows (e.g. Ballesteros-Paredes et al. 1999; Hartmann
et al. 2001; Klessen et al. 2005; Heitsch et al. 2006b; Hennebelle
et al. 2008; Banerjee et al. 2009), maybe triggered by spiral density waves or other global perturbations of the gravitational potential. As the density goes up, the gas can cool eﬃciently, turn
from being mostly atomic to molecular, and shield itself from
the external radiation field. As long as the convergent flow continues to deliver fresh material, the cloud grows in mass and is
confined by the combined thermal and ram pressure of the infalling gas. Because the molecular gas is cold, its internal turbulent motions are strongly supersonic. Consequently, the cloud
develops a complex morphological and kinematic structure with
high density contrasts. Some of the high-density regions become
gravitationally unstable and go into collapse to form stars. This
modifies the subsequent evolution, as stellar feedback processes
now contribute to the energy budget of the cloud.
A long series of numerical simulations focusing on molecular cloud dynamics and attempting to build up these clouds from
diﬀuse gas at the stagnation points of convergent larger-scale
flows have indeed shown that accretion can sustain a substantial
degree of turbulence in the newly formed cloud (Walder & Folini
1998, 2000; Koyama & Inutsuka 2002; Vázquez-Semadeni et al.
2003, 2006, 2007; Folini & Walder 2006; Heitsch et al. 2006a;
Hennebelle et al. 2008; Banerjee et al. 2009). Figure 7 shows
the internal velocity dispersion of molecular cloud clumps extracted from the high-resolution numerical simulation described
in Sect. 2.2 as a function of their size. These clumps are defined by a simple clipping algorithm, selecting cells with densities higher than 2500 cm−3. The internal velocity dispersion is
then computed by computing the rms velocity with respect to
the cloud bulk velocity. As can be seen, the velocity dispersion
is compatible with Larson’s relation, Eq. (17). To further illustrate this, Fig. 8 shows the column density of one of the clumps
formed in the simulation. These simulations suggest that continuous accretion of diﬀuse material in a molecular cloud is strong
enough to maintain a high level of turbulence inside the cloud.
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the flux of mass through the cloud surface. Assuming spherical
symmetry, this surface is 4πR2 , leading to the relation
Ṁ = 4πR2 vin ρISM ,

(20)

where ρISM is the typical ISM density outside the cloud. The
assumption of spherical symmetry gives an upper limit for vin
since it minimizes the surface. Consequently, our estimate of Ėin
is also an upper limit. With Eq. (20) we obtain
vin ≈ 15 km s−1



−2
nISM −1 Ld
Ṁ
×
,
80 pc
10−2 M yr−1 1 cm−3

where Ld is scaled to the diameter of a molecular cloud with
mass ∼2 × 105 M and where nISM is the number density of
the atomic gas using a mean molecular weight of 1.4. Thus,
it appears that flows with velocities of about 15 km s−1 are
strong enough to explain the observed accretion rate of about
10−2 M s−1 .
Combining Eqs. (2) and (3), we obtain


 Ėdecay 
=
(22)
≈ π2 ρ2ISM ML3 σ3 Ṁ −3 ,
 Ėin 

Fig. 8. Column density for a clump produced in the simulation.

4.2. Application to molecular clouds in the LMC

The best evidence for gas accretion inside molecular clouds
may be given by observations in the Large Magellanic Cloud
(LMC) reported by Blitz et al. (2007), Fukui et al. (2009), and
Kawamura et al. (2009). These authors distinguish 3 types of
giant molecular clouds that they interpret as an evolutionary
sequence. During the first phase, which should last about 6 Myr
based on statistical counting, the clouds are not forming massive
stars and thus exhibit a low star formation rate. During the second phase, which may last about 13 Myr, massive stars form
but not clusters. The last phase is characterized by the presence of both massive stars and clusters. While the mean mass
of the clouds observed in the first phase is on the order of
1.1 × 105 M , the mean mass of the clouds in the second phase is
about 1.7 × 105 M . This implies that the giant molecular clouds
in the LMC are on average accreting at a rate of about
Ṁ ≈ 10−2 M yr−1 .

(21)

(18)

which translates into

−3
 n
2  M  6.8
2.3
Ṁ
ISM
 ≈ 0.04
,
1 cm−3 105 M
10−2 M yr−1

(23)

with the help of Eqs. (17) and (19).
The kinetic energy associated with formation and subsequent
growth of molecular clouds is high enough to drive their internal
turbulence provided that the eﬃciency of this conversion is not
lower than a few per cent. These numbers are in very good agreement with the numerical results discussed in Sect. 2.2 with mean
density contrasts between the cloud and intercloud medium of
several 10s to 100. Taking the higher accretion rate quoted by
Fukui et al. (2009) into account allows for even lower eﬃciencies or equivalently for higher density contrasts.

5. Turbulence in accretion disks

Note that Fukui et al. (2009) quote a slightly higher value of
about 5 × 10−2 M yr−1 and that similar values are found in numerical simulations of molecular cloud formation in convergent
flows (see, e.g. Fig. 7 in Vázquez-Semadeni et al. 2009). In the
following discussion, we adopt our estimate as fiducial value,
but keep the alternative higher estimate in mind.
The amount of energy that is delivered by this process as
well as the energy dissipated per unit time in the cloud is given
by Eqs. (2) and (3). To obtain an estimate for the relevant parameters, we take the outer scale of the turbulence, Ld , to be equal to
the size of the molecular cloud, and adopt the observed relation
between cloud mass and size (see, e.g., Fig. 1 in Falgarone et al.
2004),

2.3
L
M ≈ 10 M
·
(19)
1pc

Finally, we investigate whether accretion onto T Tauri disks may
represent a significant contribution to the turbulence in these objects. We focus our discussion on the late stages of protostellar
disk evolution, the class 2 and 3 phase, where the original protostellar core is almost completely accreted onto the central star,
which is then surrounded by a remnant disk carrying only a few
per cent of the total mass. Because the system is no longer deeply
embedded, it is accessible to high-precision observations, and
the structure and kinematics are constrained well (André et al.
2000). Although it is currently thought that turbulence in protostellar accretion disks is driven through the nonlinear evolution
of the magneto-rotational instability (Balbus & Hawley 1998),
we believe that it is nevertheless worth estimating the level of
turbulence that the forcing due to accretion may sustain.

This empirical behavior implies that the cloud has a fractal dimension of 2.3 or, more or less equivalently, has strong internal
density contrasts, whereas the scaling relation for homogeneous
clouds is simply M ∝ L3 . We then calculate the infall velocity vin
using mass conservation. The accretion rate Ṁ must be equal to

The accretion of gas onto the disk is not easy to measure during
the T Tauri phase and no observational data are available in the
literature. On the other hand, the accretion from the disk onto the
star has been measured in a variety of objects. Typical accretion
rates are on the order of 3×10−8 M yr−1 for a one solar mass star

5.1. Are T Tauri disks accreting?
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(e.g. Natta et al. 2004; Muzerolle et al. 2005; Lopez et al. 2006;
Gatti et al. 2006, 2008), while the mass of the disk is typically on
the order of 10−2 M . Dividing the latter by the former, we find
that the disk could not last more than 3×105 yr, which appears to
be shorter than the typical T Tauri ages (e.g. Evans et al. 2009).
Thus, it seems likely that T Tauri disks are still accreting gas at a
rate comparable to the one at which gas from the disk is accreted
onto the central star (see, e.g. Padoan et al. 2005; Dullemond
et al. 2006; Throop & Bally 2008). Alternatively, the disk could
be more massive than usually assumed (Hartmann et al. 2006).
Another interesting observation is that the accretion rate onto
the star, Ṁ, is typically related to the stellar mass as
Ṁ ∝ Mα ,

(24)

where α ≈ 1.8, however, with a large scatter of about one order
of magnitude (Muzerolle et al. 2003; Natta et al. 2006). Padoan
et al. (2005) and Throop & Bally (2008) propose that the stars
accumulate gas at the Bondi-Hoyle accretion rate as they move
through the cloud (Bondi & Hoyle 1944). Estimating the velocity of the star to be about 1–2 km s−1 and taking a mean cloud
density of 103−4 cm−3 , they infer typical accretion onto a one
solar mass star of about 10−8 M yr−1 . In particular, to get accretion rates compatible with the highest observed values, they
need to invoke high densities of 104−5 cm−3 . However, the filling
factor of gas at such densities is very low, only a few per cent.
Densities of 104−5 cm−3 typically correspond to cores with sizes
of ∼0.1 pc. If we take typical stellar velocities of 1−2 km s−1 , it
requires only 105 yr to cross a core. Most of the time T Tauri
stars travel through low-density gas, eventually building up a
widely dispersed population (see, e.g. Neuhaeuser et al. 1995;
Wichmann et al. 1996).
Here we propose that accretion during the late phases of
protostellar evolution proceeds in a diﬀerent way. We base our
discussion on the assumption that the velocity of the star is inherited from the bulk velocity of the core in which it forms. In
ρ-Oph, for example, the typical core-to-core velocity dispersion
is found to be less than 0.4 km s−1 (André et al. 2007). The typical stellar velocity dispersion measured in nearby T Tauri associations or open star clusters is similar: ∼0.3 km s−1 for the Hyades
(Madsen 2003), ∼0.5−0.6 km s−1 for Coma Berenices, Pleiades,
and Praesepe (Madsen et al. 2002), and below ∼1 km s−1 for
α Per (Makarov 2006), Lupus (Makarov 2007), and the subgroups in Taurus (Jones & Herbig 1979; Bertout & Genova
2006). It only gets above 1 km s−1 for the more massive clusters
and OB associations (Madsen et al. 2002). Since star-forming
cores are part of a turbulent molecular cloud, we once again resort to Larson’s relation and assume the mean velocity of any
fluid element with respect to the center of the core is increasing with distance from the core as ∼0.46 × (L/1 pc)0.5 . This
expression is identical to Eq. (17) except for the factor 3−1/2 ,
which comes from considering σ1D instead of σ. It takes a star
about 2.2 × 106 yr to reach a distance of 1 pc if it travels with
0.46 km s−1. This implies that during a long period of time, comparable to the age of the T Tauri star, its velocity with respect
to the surrounding gas is not around 1−2 km s−1 but more comparable to the sound speed of the gas cs ≈ 0.2 km s−1. As we
show below, we can quantitatively reproduce the observational
relation Ṁ  2−3 × 10−8 M yr−1 (M /1 M )1.8 obtained by
Natta et al. (2006) if we assume that the accretion onto the star
is essentially controlled by the accretion onto the disk from the
turbulent cloud environment. In this picture, the disk only acts
as a buﬀer for this overall accretion flow (possibly leading to
occasional outbursts, see Hartmann & Kenyon 1996).
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Our estimate is very close to the spherical accretion considered by Bondi (1952). The diﬀerence, however, is that turbulence
velocity increases with the distance (see also Roy 2007, for accretion in fractal media). Consider a star of mass M inside a
turbulent cloud. Assuming that the star is at rest, it will be able
to accrete gas inside a sphere of radius Racc , such that fluid particles inside this radius are gravitationally bound to the star,
Racc ≈

GM
,
c2s + σ21D

(25)

where cs ≈ 0.2 km s−1 is the sound speed and σ1D = 3−1/2 σ
the 1-dimensional velocity dispersion, which we obtain from
Larson’s relation, Eq. (17), assuming isotropy. From this relation we can easily obtain Racc as a function of mass

Racc

3L0
= 2
2v0

⎛
⎜⎜⎜
⎜⎜⎜ 2
⎜⎜⎝−cs +

c4s

4M Gv20
+
3L0

⎞
⎟⎟⎟
⎟⎟⎟
⎟⎟⎠ ,

(26)

where v0 ≈ 0.8 km s−1 and L0 = 1 pc. The total mass included
in the sphere of radius Racc is simply Macc = 4π/3R3acc ρ̄ where
ρ̄ is the mean density inside molecular clouds, which we take to
be μmH × 100 cm−3 with μ = 2.35 the mean molecular weight
and mH the mass of the hydrogen atom. This mass falls into the
star/disk system on a timescale close to τacc ≈ (GM /R3acc )−1/2
leading to a typical accretion rate of
Ṁacc ≈

(4π/3)R3accρ̄
1/2 1/2
= (4π/3)R3/2
ρ̄.
acc M G
τacc

(27)

As the matter inside Racc is accreted, the pressure drops and it
is replenished in about a crossing time by the surrounding gas.
Since by definition of Racc , this crossing time is comparable to
the accretion time, there is always fresh gas available for accretion. Altogether, we obtain

3/2

Ṁacc ∝ M1/2 −1 + 1 + ξM
,

(28)

with ξ = 4Gv20 /(3L0 c4s ).
c2s , i.e.
In the limit where the cloud is not turbulent (σ2
2
ξ
1), this leads to Ṁ ∝ M , while if it is dominated by turbulence (σ2
c2s or ξ
1), we obtain Ṁ ∝ M5/4 . The slope
of the Ṁacc − M relation therefore lies between 1.25 and 2. For
a one solar mass star, Racc ≈ 0.1 pc and σ ≈ 0.25 km s−1 ≈ cs ,
leading to a slope of ∼1.8. Figure 9 shows the dependency of
Ṁ as specified by Eq. (27). Since molecular clouds are highly
inhomogeneous, the local density can vary over orders of magnitude. To account for this variation, we also display the values
of the accretion rate as predicted by Eq. (27) for n̄ = 10 and
1000 cm−3 . To connect to real measurements, we overplot the
data presented by Lopez et al. (2006). The agreement is remarkable. Despite its simplicity, our model provides a good orderof-magnitude fit. In particular, our prediction that for masses between 1 and 10 M the relation between accretion rate and stellar
mass becomes more shallow also seems to be confirmed by the
observational data.
Finally, we stress that accretion of the type we consider here
is diﬃcult to avoid as long as the star remains within its parent molecular cloud, and we conclude that continuous accretion
onto the disk even during the T Tauri phase is an interesting phenomenon that deserves further attention.
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Fig. 9. Prediction of the accretion rate onto the disk as a function of
the mass of the star. The solid line corresponds to a mean density of
n̄ = 100 cm−3 , while the two dashed lines are for n̄ = 1000 cm−3 (upper
curve) and n̄ = 10 cm−3 (lower curve). To guide your eye the dotted
lines indicate the slope of the relations Ṁ ∝ M2 and Ṁ ∝ M . We
compare it with data from Calvet et al. (2004), Mohanty et al. (2005),
Muzerolle et al. (2005), and Natta et al. (2006) as displayed in Fig. 3 of
Lopez et al. (2006), where crosses indicate detections and arrows upper
limits. The dot-dashed line is the fit proposed by Natta et al. (2006) with
slope α = 1.8.

5.2. Expected velocity dispersion in accretion disks

Considering Eqs. (2) and (3), we again take the typical turbulent
length scale to be comparable to the disk thickness, Ld = 2H,
where H is the vertical scale height. Since the gravitational potential is dominated by the central star, we estimate the infall
velocity vin to be

1/2
2GM
vin =
,
(29)
R
and get


 Ėdecay 
Mdisk σ3 /2H
=
=

 Ėin 
Ṁv2in


−1 
Mdisk  H −1
33/2 3 Ṁ
M
,
≈
2
M
R
c3s /G

(30)

where M∗ and Mdisk are the masses of the central star and its disk,
respectively, and where M = σ1D /cs is the rms Mach number of
the turbulence in the disk.
For a temperature of 10 K, cs ≈ 0.2 km s−1 and the collapse
rate c3s /G ≈ 2 × 10−6 M yr−1 . With the fiducial value Ṁ ≈ 2 ×
10−8 M yr−1 for a solar mass T Tauri star, the expression in the
first bracket in Eq. (30) is roughly 100. In the class 2 and 3 phase,
the ratio Mdisk /M ≈ 0.01. We can estimate the ratio of local
scale height and radius using Appendix A, which gives H/R ≈
0.1 for M = 1 M and a disk radius of 200 AU. Together, they
lead to
 ≈ 24 M3.

(31)

Because M ≈ (/24) , late accretion can only drive subsonic
turbulence in T Tauri disks. If the true eﬃciency of the process
is on the order of 0.1, then the maximum rms Mach number
that can be reached is M ≈ 0.16. If  = 0.01 then M ≈ 0.07.
Only few measurements of the velocity dispersion in disks have
been carried out to date. Dutrey et al. (2007) report values of
∼0.1 km s−1 which corresponds to a Mach number M ≈ 0.5.
Although this value is slightly higher (factor 3 to 7) than the ones
we inferred, there are large theoretical and observational uncertainties. We have not considered that accretion, particularly if it
1/3

is nonaxisymmetric, may help to tap energy from the rotational
energy available in the disk. We conclude that our simple estimates support the hypothesis that accretion can provide at least
some level of turbulence in circumstellar T Tauri disks. Even if
it can sustain a significant amount of turbulence, the question as
to whether this turbulence could transport angular momentum
eﬃciently is entirely open (although see Spruit 1987).
Because Ṁ varies with M as illustrated in Fig. 9, the ratio Ėdecay /Ėin depends on M as well. According to Eq. (30),
the rms Mach number of the accretion-driven turbulence for any
given eﬃciency is lower in disks around low-mass stars than
around high-mass stars. For a low-mass star with M = 0.1 M ,
an eﬃciency of 10% would correspond to M = 0.02 only, while
for M = 10 M  = 0.1 would lead to M = 0.2, assuming the
standard values H/R = 0.1 and Mdisk /M = 0.01 in both cases.

6. Conclusion
When cosmic structures form, they grow in mass via accretion
from their surrounding environment. This transport of material is
associated with kinetic energy and provides a ubiquitous source
for driving internal turbulence. In this paper we propose that the
turbulence that is observed in astrophysical objects on all scales
is driven by this accretion process, at least to some degree. To
support our idea, we combined analytical arguments and results
from numerical simulations of converging flows to estimate the
level of turbulence that is provided, and applied this theory to
galaxies, molecular clouds, and protostellar disks.
We first studied the Milky Way, along with 11 galaxies from
the THINGS survey, and found that in Milky Way type galaxies
the level of turbulence ubiquitously observed in the atomic gas
in the disk can be explained by accretion, provided the galaxies
accrete gas at a rate comparable to the rate at which they form
stars. Typically, the eﬃciency required to convert infall motion
into turbulence is a few percent. This process is particularly relevant in the extended outer disks beyond the star-forming radius
where stellar sources cannot provide alternative means of driving turbulence. It is attractive to speculate that the population
of high-velocity clouds, e.g. as observed around the Milky Way,
is the visible signpost for high-density peaks in this accretion
flow. The assumption of steady state evolution, however, fails
for dwarf galaxies. To drive the observed level of turbulence, the
accretion rate needs to exceed the star formation rate, and we
expect other sources to dominate. We also applied our theory
to the dense star-forming knots in chain galaxies at high redshift
and, in agreement with previous studies, came to the conclusion
that their turbulence could be driven by accretion as well.
We then turned to molecular clouds. Using the recent estimate by Fukui et al. (2009) of the accretion rate within molecular
clouds in the Large Magellanic Cloud, we found that accretion is
strong enough to drive their internal turbulence at the observed
level. This agrees with the finding that most of the turbulent energy in molecular clouds carried by large-scale modes (see, e.g.
Ossenkopf & Mac Low 2002; Brunt 2003; Brunt et al. 2009) and
also with the fact that clouds that do not form massive star show
the same amount of turbulence as those that do. This excludes
internal sources. It is the very process of cloud formation that
drives turbulent motions on small scales by establishing the turbulent cascade. Numerical simulations of colliding flows reveal
that the turbulence within dense clumps generated by converging flows of incoming speed of 15−20 km s−1 is fully compatible
with Larson’s relations.
As no observational evidence for accretion onto T Tauri
disks has been reported, our investigation of accretion driven
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turbulence in protostellar disks is more speculative. However,
very similar to galactic disks, without late mass accretion, protostellar disks would drain onto their central stars on timescales
shorter than the inferred disk lifetimes. Using this as starting
point, we were able to show that disk accretion can drive subsonic turbulence in T Tauri disks at roughly the right level if the
rate at which gas falls onto the disk is comparable to the rate at
which disk material accretes onto the central star. This process
also provides a simple explanation for the observed relation of
accretion rate and stellar mass, Ṁ ∝ M1.8 .
We conclude that accretion-driven turbulence is a universal
concept with far-reaching implications for a wide range of astrophysical objects.
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Appendix A: Motivation of the potential method
The gravitational potential in rotationally supported disks is often approximately spherical symmetric. This holds for the extended outer HI disks in dark-matter-dominated spiral galaxies
(Sect. 3), as well as for protostellar disks in the late phase of the
evolution where most of the system mass is carried by the central star (Sect. 5). The error is usually less than a few per cent.
The equation of hydrostatic balance reads
∇P ≈ −Fg ,

(A.1)
c2s ρ

and gravitational force Fg =
with pressure

P =
2
2
GMρ/ R + z pointing towards the center. We use cylindrical
coordinates, and c s and M are sound speed and enclosed mass,
respectively. The pressure gradient in vertical direction is
ρc2s
dP
≈
,
dz
H
where H is the vertical scale height. The z component
force at any location H
R is approximately


H
GMρ
GMρ H
,
Fg,z ≈ 2
sin √
≈
2
R +H
R2 R
R2 + H 2
and consequently
cs
cs
H
≈
≈ √
,
R
GM/R vrot

(A.2)
of the
(A.3)

(A.4)

with the circular velocity vrot = (GM/R)1/2 . This is Eq. (13).
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Fig. B.1. Fraction ft of mass above a threshold density ρt as a function
of density logarithmic density contrast δt . For reference, the straight line
indicates a slope of −1.

Appendix B: The M – σ3 relation at high densities
In this appendix we discuss the validity of the relation  ∝ ρ−1 inferred in Sect. 2. First, we note from Fig. 2 that at high densities
the velocity dispersion of the dense gas remains nearly constant
when the density threshold varies. This is because the total mass
of the dense gas is constituted of several dense clumps that are
not spatially correlated and randomly distributed in the turbulent
box (as can be seen from Fig. 1). Thus, the velocity dispersion
simply reflects the velocity dispersion of the box, which typi1/3−1/2
cally varies
. Therefore, the integral of
 with distance l as l
3
interest
ρv
dV
can
be
approximated
in this density regime as

3
σ ρdV where σ is approximately the velocity dispersion corresponding to the size of the more distant clumps. As a consequence, the dependence of Mσ3 on the density threshold should
be identical to the one of the mass.
For simplicity, let us consider isothermal gas. In this case, the
density PDF is approximately log-normal (Vazquez-Semadeni
1994; Padoan et al. 1997; Klessen 2000; Kritsuk et al. 2007),
however, with higher-order corrections that become significant
for highly compressive forcing (Federrath et al. 2008, 2009),

1
(δ − δ̄)2
P(ρ) = √
exp −
,
(B.1)
2σ2
2πσ2
where δ = log(ρ/ρ̄), δ̄ = −σ2 /2, and σ2 = ln(1 + b2 M2 ) with
parameter b  0.5 and Alfvénic Mach number M  5.
The mass above some density threshold ρt is obtained as

 ∞
1
(δ − δ̄)2
Mt = ρ̄V √
dδ,
(B.2)
exp(δ) exp −
2σ2
2πσ2 δt
where δt = log(ρt /ρ̄) and thus
 ∞


1
2
ft = Mt /(ρ̄V) = √
exp
−x
dx,
2 /2
π δt −σ
√
2σ



δt − σ2 /2
1
= ρ̄V 1 − erf
.
√
2
2σ

(B.3)

Figure B.1 shows ft as a function of δt . Its behavior is similar to the mass distribution displayed in Fig. 2 and the relation
Mσ3 ∝ ρ−1 is approximately recovered for δt above ∼4 (where
σ is observed to be nearly constant). Thus, keeping in mind that
the simulations include cooling, gravity, and magnetic fields, we
conclude that the eﬀect we observe is reproduced reasonably
well by this simple approach. At higher density contrast δt , the
slope of ft becomes steeper and we expect  to decrease more
rapidly.
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