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ABSTRACT

We examine the predictions of the core accretion – gas capture model concerning the eﬃciency of planet formation around stars with
various masses. First, we follow the evolution of gas and solids from the moment when all solids are in the form of small grains to
the stage when most of them are in the form of planetesimals. We show that the surface density of the planetesimal swarm tends to be
higher around less massive stars. Then, we derive the minimum surface density of the planetesimal swarm required for the formation
of a giant planet both in a numerical and in an approximate analytical approach. We combine these results by calculating a set of
representative disk models characterized by diﬀerent masses, sizes, and metallicities, and by estimating their capability of forming
giant planets. Our results show that the set of protoplanetary disks capable of giant planet formation is larger for less massive stars.
Provided that the distribution of initial disk parameters does not depend too strongly on the mass of the central star, we predict that the
percentage of stars with giant planets should increase with decreasing stellar mass. Furthermore, we identify the radial redistribution
of solids during the formation of planetesimal swarms as the key element in explaining these eﬀects.
Key words. accretion, accretion disks – planetary systems: protoplanetary disks – planetary systems: formation

1. Introduction
Radial velocity surveys led to the discovery of over 150 extrasolar planets around main sequence stars. Published descriptions
of most of them can be found in the references given by Marcy
et al. (2005) and Mayor et al. (2004). Those surveys have been
the most successful in the case of G dwarf stars, because such
stars have well-defined spectroscopic features and show only
a little photospheric activity. Consequently, most of the known
extrasolar planets orbit stars similar to our Sun. Due to the constant progress in the detection techniques, the observational programs recently started to also include stars with lower masses
on a larger scale, namely M dwarfs. Moreover, some of these
surveys are now particularly dedicated to lower-mass stars (e.g.
Endl et al. 2003; Bonfils et al. 2004). So far, these eﬀorts have
led to the discovery of three planets around two M dwarf stars:
Gliese 876b,c (Marcy et al. 1998, 2001) and GJ436b (Butler
et al. 2004).
From the theoretical point of view, the problem of giant
planet formation around M dwarfs was studied recently by
Laughlin et al. (2004). They addressed it within the core accretion – gas capture model (CAGCM) that provides the most
widely accepted scenario explaining the formation of giant planets in both the Solar System and extrasolar planetary systems.
This model predicts that first a solid planetary core is formed
by collisional accumulation of planetesimals. When the core
reaches a mass of a few Earth masses, it starts to accrete gas,
and an extended hydrostatic envelope is built around it. As the
accretion rate of gas is greater than the accretion rate of solids
at this time, the envelope eventually becomes more massive
than the core. When this happens, a runaway accretion of gas
ensues, which is terminated either by tidal interactions of the
planet with the protoplanetary disk or by the dissipation of the
disk. CAGCM has found supporting evidence in the discovery

that stars with planets have higher metallicities than field stars
(Santos et al. 2000; Fischer & Valenti 2003). This is because the
formation time of giant planets decreases with increasing surface
density of the planetesimal swarm (Pollack et al. 1996), which in
turn increases with the primordial metallicity of the protoplanetary disk. Thus, giant planets are expected to form more easily
in disks with higher metallicity.
Laughlin et al. (2004) conclude that M dwarfs have a limited
ability to form Jupiter-mass planets. This is a direct consequence
of their assumption that the surface density of the planetesimal
swarm out of which planetary cores are formed scales linearly
with the mass of the central star. However, the solid component of the protoplanetary disk evolves in a diﬀerent way than
the gaseous component (Weidenschilling & Cuzzi 1993). Due
to the gas drag, a significant redistribution of solids takes place,
and in the inner disk their surface density can be substantially
enhanced compared to the initial one (Weidenschilling 2003;
Stepinski & Valageas 1997). In general, the eﬃciency of the processes responsible for the redistribution of dust depends on the
mass of the central star. An obvious conclusion is that analysis of
the formation of giant planets around stars with various masses
should include the global evolution of solids in protoplanetary
disks. A simple model of the evolution of solids was proposed
by Kornet et al. (2002); Kornet et al. (2005). Applying it to solarlike central stars, these authors reproduced the observed correlation between stellar metallicity and the probability of a planet
occurring (a similar result was independently obtained by Ida &
Lin 2004b).
The rapid progress in observational techniques opens up the
possibility of testing the correctness and predictive power of the
model proposed by Kornet et al. (2005). To that end, we extend
their analysis and calculate probabilities of planet occurrence
around stars with diﬀerent masses (both smaller and larger than
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1 M ), which may be compared to future observational data. In
Sect. 2 we explain our approach to the evolution of protoplanetary disks and planet formation. The results of our calculations
are presented in Sect. 3 and discussed in Sect. 4.

2. Methods of calculation
2.1. The disk

We model the protoplanetary disk as a two-component fluid,
consisting of gas and solids. The gaseous component is described by the analytical model of Stepinski (1998), which gives
the surface density of gas, Σg , as a function of distance a from
the star and time t, in terms of a selfsimilar solution to the viscous diﬀusion equation. The viscosity coeﬃcient is given by the
standard α prescription:
ν=

1
αCS H
3

(1)

where H is a density scale-height of gaseous disk and CS denotes
the speed of sound in the gas. All other quantities characterizing
the gas are obtained in a thin disk and vertical thermal balance
approximation by solving the set of equations (see, for example
Frank et al. 1992):
Σg = 2Hρg
√
2Cs
H=
ΩK
kB T
Cs2 =
µmH
16σB T 4 9
= Σg νΩ2K .
3κΣg
4

(2)
(3)
(4)
(5)

Here T is the temperature in the midplane of the disk, and Ωk
the Keplerian angular velocity. For the Rosseland mean opacity κ the analytical piecewise-continuous power law formulas
from Ruden & Pollack (1991) were adopted. In the parts of the
disk where the optical thickness falls below a critical value of
τcrit = 1.78 (Ruden & Pollack 1991), the last equation is replaced by:
4σB κT
9
= νΩ2K .
3τcrit
4
4

(6)

The main assumptions underlying our approach to the evolution
of solids are the folllowing. (1) At each radial distance from the
central star the particles have the same size (which in general
varies over time). (2) There is only one component of dust, in this
case corresponding to high-temperature silicates with the evaporation temperature T evap = 1350 K and bulk density 3.3 g cm−3 .
This choice is justified by the fact that in most cases the surface density of a water-ice planetesimal swarm would be too
low in the range of distances considered here, e.g. r ≤ 5 AU,
to enable formation of a giant planet in a reasonable time (see
also Kornet et al. 2004). We include other species, e.g. water ice
only, in modeling the gaseous disk as the sources of opacity. In
other words we assume that the evolution of silicate grains is not
strongly influenced by the evolution of i.e. ice grains. (3) All collisions between particles lead to coagulation. (4) When the temperature exceeds T evap, local solids immediately sublimate and
the vapour evolves at the same radial velocity as the gas component. (5) Initially, in regions where the disk temperature is lower
than T evap, all solids are in the form of grains with radii 10−3 cm

(the results do not depend on the choice of that particular value,
as long as the solids are initially small enough to be coupled well
to the gas). (6) The radial velocities of solid particles are entirely
determined by the eﬀects of gas drag. (7) The relative velocities
of solid particles when they collide are computed according to
the turbulent model described by Stepinski & Valageas (1997).
(8) The evolution of the solids does not aﬀect the evolution of
the gas. At each radius, the vertical extent of the solid particle
distribution is calculated and is evolved in time, so the eﬀect
of the sedimentation of solids toward the midplane of the disk
is taken into account. All assumptions and approximations are
discussed in Stepinski & Valageas (1997), Stepinski (1998), and
Kornet et al. (2001).
The evolution of solids is governed by two equations. The
first of them is the continuity equation for the surface density of
solid material, Σs . The second one, describing the evolution of
grain sizes, can be interpreted as the continuity equation for sizeweighted surface density of solids, Σsize ≡ s(a)Σs , where s(a) is
the radius of solid particles at a distance a from the star. The
equations are solved numerically on a moving grid whose outer
edge follows the outer edge of the dust disk. The details of the
method can be found in Kornet et al. (2001).
2.2. The planets

We model the formation of a giant planet in situ, so the orbital
parameters of the planet do not vary in time. Our procedure for
the evolution of the protoplanetary cores is based on the following assumptions: (1) core accretion starts when solids at a given
distance a from the star reach radii of 2 km; (2) at each time,
the planetesimals are mixed well through the feeding zone of the
planet, so their surface density Σs is always uniform in space,
but usually decreasing with time as planetesimals accrete onto
the planet; (3) the planetesimals do not migrate into the feeding zone from outside or inside and vice versa, but they can be
overtaken by the boundary of the feeding zone as it expands due
to the growing mass of the planet. Under these assumptions the
growth of protoplanetary core mass Mc can be described by the
formula given by Papaloizou & Terquem (1999),
Ṁc = C1Ccap R p RH ΩK Σs ,
where



Mp
RH = a
hM

(7)

1/3
(8)

is the radius of the Hill sphere of the planet. The quantity h is
a constant factor that reflects diﬀerent definitions of the Hill radius in the literature. Herein we assume h = 3. The value of C1
given by Papaloizou & Terquem (1999) is 81π/32; we use a factor of 5 (the diﬀerence comes from a diﬀerent definition of RH ).
The quantity Ccap describes the increase in the eﬀective capture radius of the planet with respect to its real radius Rp due
to interaction of planetesimals with the envelope of the planet
(Podolak et al. 1988). We approximate it with a fit to the results
of Bodenheimer et al. (2000) provided by Hubickyj (2001). For
core masses less than 5 M , no increase in the eﬀective capture
radius is assumed, i.e. Ccap (Mc < 5 M⊕ ) = 1. For higher core
masses, it increases linearly with the mass of the core, reaching
its maximum value of Ccap = 5 for Mc = 15 M⊕ . The surface
density of planetesimals Σs also changes in time, as they are accreted onto the core, and the feeding zone expands. Under our
assumptions it can be calculated as
Mc
(9)
Σs = Σs,init −
2πa∆a
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Fig. 1. The initial surface density (left panel) and temperature (right panel) as a function of distance from the star in the protoplanetary disk with
an initial mass M0 = 0.1 M and outer radius R0 = 1000 AU. Diﬀerent curves correspond to diﬀerent values of the mass of the central star in solar
masses as described by the labels.

where Σs,init is the initial surface density of planetesimals, and ∆a
is the width of the feeding zone. Herein we assume that ∆a =
8RH (Lissauer 1993).
To calculate the rate of gas accretion onto the protoplanet,
one should solve the equations of mass conservation, hydrostatic equilibrium, energy generation from accretion of planetesimals and quasi-static contraction, and radiative or convective energy transport, as given e.g. in Bodenheimer & Pollack
(1986). Following Ida & Lin (2004a), we use a simplified approach based on fits to the numerical results. We assume that the
accretion of gas starts when the core reaches critical mass of

0.2−0.3 
0.2−0.3
κenv
Ṁc
Mc,crit = 10
(10)
1 cm2 g−1
10−6 M⊕ yr−1
(Ikoma et al. 2000), where κenv is the opacity in the envelope of
the planet. Its actual magnitude is currently poorly constrained.
We assume that κenv = 1 cm2 g−1 . For the value of the powerlaw
index in the dependence on Mc (Eq. (10)) we adopt 0.25. When
the mass of the protoplanet is higher than Mc,crit it contracts on
the Kelvin-Helmholtz time scale τKH . Bryden et al. (2000) show
by fitting the result of Pollack et al. (1996) that

−c+1 

κ
b Mp
τKH = 10
yr
(11)
M⊕
1 cm2 g−1
where b = 10 and c = −4. Consequently, for Mp > Mc,crit
we adopt the following equation for the gas accretion rate onto
the planet


Mp −c
Mp
dMenv
=
=A
M⊕ yr−1 ≡ ÃMp−c ,
(12)
dt
τKH
M⊕
where A = 10−10 . The free parameters in Eqs. (7)–(12) are the
mass of the central star M , the distance a of protoplanet from
the star, and the initial surface density of planetesimals Σs,init .

3. Results
In the CAGCM the process of planet formation is naturally split
into two main phases. In the first one, dominated by collisional
accumulation of dust grains, a planetesimal swarm is formed in
the protoplanetary disk. In the second phase, dominated by gravitational interactions, planetary cores are assembled and subsequently accrete planetesimals and gas from the disk. In the following subsections we investigate how each phase is influenced
by the mass of the central star.

3.1. From dust grains to planetesimals

To illustrate how the mass of the central star influences the formation of the planetesimal swarm, we follow the evolution of
a protoplanetary disk with an initial mass M0 = 0.1 M and initial outer radius R0 = 1000 AU for three values of M (0.5,1 and
4 M ). Figure 1 shows the initial distributions of Σg and T in the
midplane of the disk. In all three cases the gas is distributed very
similarly, with Σg dropping monotonically from ∼4000 g cm−2
at 0.01 AU from the star to 0.1 g cm−2 at the outer edge of the
disk. The changes of slopes in the distribution of Σg correspond
to transitions between diﬀerent powerlaws describing the opacity of the disk matter in diﬀerent temperature ranges (Ruden &
Pollack 1991). The distribution of temperature is qualitatively
very similar to the distribution of Σg . In the disk around a 1 M
star T drops from 2500 K at 0.01 AU to a few Kelvins at the
outer edge of the disk. The evaporation temperature assumed for
the dust grains in our models (1350 K) is reached at 0.05 AU.
Note that at a given radius T increases as the mass of the central
star is increased. It is the result of the increasing vertical component stellar gravity, due to which the scale height of the disk is
reduced.
Initially, the dust is well mixed with the gas, with the ratio
Σs /Σg = 6 × 10−3 being constant everywhere in the disk. As
the disk evolves, surface density and temperature of gas slowly
decrease due to accretion and viscous spreading; however, the
dust component evolves in quite a diﬀerent way. The grains grow
in size due to mutual collisions and gain inward radial velocities
due to the gas drag. If they cross the evaporation radius, they
sublimate and are accreted onto the star on the viscous timescale
as a vapour. However, if their growth time is shorter than the
timescale of inward migration, they manage to reach sizes of
a few km before reaching the evaporation radius. Their radial
motions are then stopped and the planetesimal swarm attains its
final form. Figure 2 shows the distribution of planetesimals in
our model after 106 yr from the beginning of its evolution. In all
three cases, the outer radius of the planetesimal swarm is much
smaller than the initial outer radius of the disk. The diﬀerence is
larger for models with smaller M . This is because small solid
bodies evolving in disks around less massive stars gain higher
inward velocities and tend to migrate to smaller radius before
reaching km-sizes. The maximum velocity of the inward drift
can be estimated as
Vsmax ∼

Cs2
aΩK

(13)
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Fig. 2. The surface density of solids as a function distance from the star
in the protoplanetary disk with the same parameters as in Fig. 1 after
106 yr from the beginning of its evolution. Diﬀerent curves correspond
to diﬀerent values of the mass of the central star in solar masses as
described by the labels.

(Weidenschilling 1977; Kornet et al. 2002). A change M influences it in two opposite manners. On the one hand, Vsmax increases with the mass of the star due to the increase in the disk
temperature. On the other hand, it decreases because of the increase in the Keplerian velocity. Of these two competing factors,
the second one dominates, and as a result the Vsmax is a decreasing function of M .
Due to the inward migration of solids and their confinement
to much smaller radii, the final surface density of planetesimals
is increased locally within a factor of a few in comparison with
the initial value of Σs . As this eﬀect is larger in disks around less
massive stars, their final planetesimal swarms tend to be more
favourable to the formation of giant planets.
3.2. Minimum surface density

To quantify the influence of M on the eﬀectiveness of giant
planet formation from a planetesimal swarm, we introduce the
concept of the minimum surface density Σs,min . We define it as
the minimum value of the initial surface density of planetesimals Σs,init needed to form a Jupiter-mass (1 MJ ) planet in less
than the lifetime of the protoplanetary disk τf . For τf we adopt
a value of 3 × 106 yr.
First, by solving the set of Eqs. (7), (9), and (12) with diﬀerent values of Σs,init , we determine Σs,min as a function of distance
from the star. The results are shown in Fig. 3 for the same values
of M as before. Close to the star (a < 10 AU), Σs,init is a decreasing function a. In this regime, the accreting protoplanetary
core rapidly accumulates all planetesimals in its feeding zone
and reaches the isolation mass Miso . Afterwards, the accretion
of planetesimals is negligible and the planet grows mainly due
to the accretion of gas. Upon integrating Eq. (12), we obtain the
minimum isolation mass needed to form a 1 MJ planet within τf :
Miso ≥

100

10

1

0.1

a[AU]

[MJ1−c

M=4
M=1
M=0.5

+ (c − 1)Ãτf ]

1/(1−c)

,

(14)

where we assumed that the time needed for the core to reach Miso
is much shorter than τf . On the other hand, from the definition
of Miso , we see that
 3/2
(2π)3/2 3 ∆a
Miso = √ a
M−1/2 Σ3/2
(15)
s,init .
RH
h

1

10
a[AU]

100

Fig. 3. The minimum surface density of a planetesimal swarm needed
to from a 1 MJ planet in less than 3 × 106 yr as a function of distance
from the central star. Diﬀerent curves are obtained for diﬀerent masses
of the central star, as labeled in units of solar masses in the upper right
corner.

Combining these two equations and neglecting the factor MJ1−b ,
we obtain an analytical formula for Σs,min
 −1
h1/3 −2 ∆a
a
Σs,min =
M1/3 [(c − 1)Ãτf ]2/3(1−c) ,
(16)
2π
RH
which for a < 10 AU agrees very well with the exact values
of Σs,min on the descending branch of the curve Σs,min (a) (see
Fig. 4). Note that in this regime the quantity Σs,min is an increasing function of the stellar mass. This behaviour is due to the fact
that, while we increase M , the Hill sphere shrinks, and as a result the isolation mass decreases (provided, of course, that Σs,init
stays constant).
For suﬃciently large radii (a > 10 AU), Σs,min (a) changes its
slope and becomes an increasing function of a. In this regime,
the time scale of accretion of the planetesimals onto the core is
larger than the lifetime of the disk and becomes the main factor
to determine Σs,min . Consequently, the surface density of planetesimals in the feeding zone never drops much below its initial
value. To describe the formation of a planet analytically under
these conditions, we divide the whole process into two phases.
During the first phase the planet exclusively due to the accretion of planetesimals grows. We assume that the surface density
of planetesimal swarm Σs does not change in time, because the
core only accumulates a negligible fraction of solids present in
the feeding zone. From Eq. (7) we obtain
dMp
= Ac Mp2/3 ,
dt
where
 2 1/3
√
M1/6
3π
1
Ac =
GC1Ccap
√ Σs,init
4
(hρc )1/3 a

(17)

(18)

is a constant factor (we neglect the changes of Ccap in time,
and ρc in the above expression denotes the density of the core).
During the second phase the planet grows exclusively due to the
accretion of gas at a rate described by Eq. (12). This phase begins when the planet reaches the mass Mp,int for which the accretion rate of gas is equal to the accretion rate of planetesimals.
From Eqs. (12) and (17), we get
 A 3/(3c−2)
c
Mp,int =
.
(19)
Ã
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Fig. 4. The minimum surface density of the planetesimal swarm needed
to form a 1 MJ planet in less than 3 × 106 yr as a function of distance
from the central star, calculated with a constant value of Ccap = 5.
The solid line represents the results of exact values obtained numerically, while dotted lines represent analytical approximations given by
Eqs. (16) and (22). The mass of the central star is 1 M .

Integrating Eqs. (17) and (12) over time yields the lengths of
both phases ∆t1 and ∆t2 :
∆t1 =

1/3
3Mp,int

Ac

,

Fig. 5. The plane of initial parameters of protoplanetary disk models [M0 , log R0 ]. Minimum and maximum distance from a 1 M star
at which the formation of a 1 MJ planet is possible within 3 × 106 yr is
indicated by contours and a grey scale, respectively. White circles indicate disk models in which the surface density of the planetesimal swarm
is everywhere lower than the critical value for planet formation. Black
circles indicate disks in which all solids are accreted onto the star.

(20)

and
∆t2 =

1−b
Mp,int

(b − 1)Ã

·

(21)

Combining Eqs. (18)–(21) with the condition that ∆t1 +∆t2 ≤ τf ,
we get the equation for Σs,min in that regime:


Σs,min

4
=
3π2

1/3

3c−2

 3(1−c)
√
1
c−1
(hρc ])1/3 3(1−c)
a
τf
·
Ã
√
1/6
3c
−
2
GC1Ccap
M

(22)

With Ccap = 1.2, the above formula satisfactorily reproduces the
rising branch of curve Σs,min (a) (see Fig. 4). Note that the “bestfit” value of Ccap is consistent with the maximum and minimum
values of this parameter used in our numerical calculations (1
and 5, respectively). At large distances from the star, Σs,min is
a decreasing function of M , because increasing the mass of the
star causes the accretion rate of planetesimals to decrease (see
Eq. (17)).
As we see, the minimum surface density of the planetesimal
swarm required for the formation of a gas giant planet in a time
shorter than the lifetime of protoplanetary disk is a complicated
function of M . In a given planetesimal swarm such a planet
forms more easily around less massive star if its orbital radius
is smaller than ∼10 AU, and around a more massive star if its
orbital radius is larger than ∼10 AU.
3.3. Grid of models

The results of the last two subsections allow us to investigate the
influence of M on the whole process of giant planet formation
for a broad set of models of protoplanetary disks. We calculate
the grid of models similar to the one described in Sect. 3.1, but
with diﬀerent values of the initial disk mass M0 and outer radius R0 . To cover the range of masses and sizes of disks observed

Fig. 6. Same as Fig. 5 but for the central star with a mass of 0.5 M .

in nature, we choose M0 in the range of 0.02 to 0.2 M . The
range of R0 is adjusted for every metallicity so that all models in
which formation of giant planets is possible could be accounted
for. For the viscosity coeﬃcient α we chose a value of 0.001
(Papaloizou & Nelson 2003). We follow each model until all
solids are in the form of planetesimals or are accreted onto the
star. Then, we evaluate every model with planetesimals to determine whether the surface density of planetesimals exceeds the
minimum surface density Σs,min anywhere in the disk. Models
with this property are labeled as planet bearing. For each such
model we determine the minimum and maximum distances from
the star at which the surface density of the planetesimal swarm
is larger than Σs,min . The results obtained for diﬀerent values of
the stellar mass are shown in Figs. 5–7.
The area of the region occupied on the [M0 , R0 ] plane by the
planet bearing disks is clearly anticorrelated with the mass of
the central star. As we have shown in Sect. 3.1, solid grains gain
higher inward velocities in disks around less massive stars, and
the resulting planetesimal swarms have higher surface densities.
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The change in the disk metallicity influences the processes
leading to the formation of planets in two ways. First, it changes
the structure of the gaseous disk by changing the opacity in the
disk. In our models we scaled the opacity by a constant factor Z
equal to the metallicity of the disk expressed in solar units. This
approach is justified by the fact that the opacity in protoplanetary
disks is mainly due to dust grains and molecules. Second, the
primordial metallicity of the disk determines the initial ratio of
dust-to-gas surface densities. In our models this ratio is initially
independent of the distance from the star and is equal to
Σs /Σg = 6 × 10−3 Z.

(23)

We compute grids of models similar to those described in
Sect. 3.3 for eight diﬀerent values of Z distributed between 0.2
and 3. Additionally, we check the gravitational stability of the
corresponding gaseous disk for every value of [M0 , R0 ]. In some
cases the value of the Toomre parameter
Fig. 7. Same as Fig. 5 but for the central star with a mass of 4 M .

We see that reducing the mass of the central star increases the
maximum R0 for which planet formation is possible in disks with
the same initial mass M0 .
We can also see that in a given disk the inner edge of the
planet-bearing region moves inward as we decrease the mass of
the star (for M = 0.5 M its radius is on the average equal to
∼0.55 that for M = 1 M ). This eﬀect is mainly caused by the
larger surface density of planetesimal swarms produced by disks
around less massive stars. Diﬀerences in Σs,min , while appreciable, are much less important (when M is reduced by a factor
of 2, Σs,min drops by 20% only; see Eq. (16)). The outer edge
of the planet-bearing region also moves closer to the star (for
M = 0.5 M its radius is on the average equal to ∼0.75 that for
M = 1 M ). This is because in most cases it coincides with the
outer edge of the planetesimal swarm, which is more compact
around less massive stars. The diﬀerence in the minimum surface density Σs,min also tends to decrease the outer radius of the
planet-bearing region, but it is again a second-order factor.
Generally, our model predicts that giant planets tend to form
at tighter orbits around less massive stars, and wider orbits
around more massive stars. However, at least in some cases their
locations may be influenced by the eﬀects of migration. We return to this point in Sect. 4.

Q=

One of the main results of extrasolar planet searches is the discovery that planet-bearing stars tend to have higher metallicities
than field stars (Santos et al. 2000; Fischer & Valenti 2003). That
correlation can be easily explained within CAGCM. In this scenario, the formation time of giant planets decreases with increasing surface density of the planetesimal swarm (see Eqs. (16)
and (22)), which in turn is an increasing function of the original metal content of the protoplanetary disk. Consequently, the
giant planets form more easily in disks with higher metallicities.
Kornet et al. (2005) calculated the rates of giant-planet occurrence in disks with diﬀerent metallicities around stars with mass
M = 1 M . Their approach to the evolution of solids and to the
formation of giant planets was the same as the one used in this
paper. They were able to reproduce the observational correlation
for disk models with viscosity parameter α = 10−3 −10−2 . Herein
we extend their calculations onto disks around stars with various
masses.

(24)

where Σ = Σg + Σs , drops below 1 in the outer region of the
disk, which means that they are unstable with respect to axisymmetric modes. We assume that such region fragments and giant
planets are formed there on a very short time scale, consuming and/or dispersing the unstable part of the disk. In such cases
we use modified initial values of M0 and R0 , which correspond
to the mass and outer radius of the stable part of the original
disk. In principle, some “special treatment” should also be applied to disks with 1 ≤ Q <
∼ 1.3, which develop spiral arms and
for a while evolve due to gravitational rather than viscous angular momentum transfer (see e.g. Laughlin & Rozyczka 1996).
However, since the eﬃciency of gravitational transport quickly
decreases with the ratio M0 /M and it might become significant
in our study only for the most massive disks around 0.5 M stars,
we decided to neglect this eﬀect altogether.
Following the procedure described by Kornet et al. (2005),
for every Z we calculate the area Ap,5 of the region occupied
on the [M0 , log R0 ] plane by disks that form planets at distances
smaller than 5 AU from the central star. The last restriction
comes from the fact that currently we know only one extrasolar
planet on a larger orbit1 – 55 Cnc d (Marcy et al. 2002). A measure of the rate of planet occurrence can be defined as
Pp =

3.4. Metallicity relation

C S ΩK
,
πGΣ

Ap,5
,
C

(25)

where the normalization factor C is chosen in such a way as to
reproduce the observed value of Pp for Z = 3 and M = 1 M .
The results are presented in Fig. 8. It shows the rate of planet
occurrence as a function of disk metallicity for three values
of M . As expected, Pp is an increasing function of Z. The minimum value of Z below which no giant planets are formed at
orbits smaller than 5 AU decreases with the mass of the central
from Zmin ≈ 0.6 for M = 0.5 M , to Zmin ≈ 0.2 for M = 4 M .
We see that for Z smaller than ∼0.2, Pp is an increasing function of M . This is because most disks in which planets formation would be possible around less massive stars have outer parts
that are gravitationally unstable, and the amount of solids present
in their stable parts is too low to enable subsequent formation of
giant planets according to CAGCM. However, as Z increases,
smaller and smaller disks become planet-bearing for every M0 ,
1
see The Extrasolar Planets Encyclopedia at
http://www.obspm.fr/encycl/encycl.html
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Fig. 8. The rate of planet occurrence as a function of the primordial
metallicity of protoplanetary disks. Diﬀerent lines are obtained for models with diﬀerent masses of the central star, as labeled in solar units in
the upper left corner. The histogram shows the observational data compiled by Fischer & Valenti (2003).

and the percentage of gravitationally unstable disks in which formation of giant planets is not possible decreases. Consequently,
the factors promoting the formation of a giant planet around less
massive stars as described in previous sections become important, and Pp changes into a decreasing function of M .

4. Conclusions
Based on a simple approach to the evolution of solids in protoplanetary disks, we investigated the influence of the mass of the
central star on the formation of giant planets. We showed that
due to the more eﬃcient redistribution of solids the planetesimal
swarms around less massive stars tend to have higher surface
densities. Next, we derived the minimum surface density of the
planetesimal swarm needed to enable formation of a giant planet
within the lifetime of the protoplanetary disk, and we found that
at distances from the star smaller than ∼10 AU it increases with
the stellar mass. Farther away from the star the minimum density
becomes anticorrelated with the mass of the star. However this
eﬀect is oﬀset by the anticorrelation mentioned already between
the mass of the star and the surface density of the planetesimals.
These two eﬀects determine the set of initial parameters
characterising protoplanetary disks that are capable of giant
planet formation within the core accretion – gas capture scenario. We showed that this set is larger for less massive stars.
This means that the percentage of stars with massive planets
should increase with decreasing stellar mass (at least in the range
0.5–4 M ). However, as discussed below, in the currently accessible range of orbital radii (<5 AU), the situation is not all that
clear.
Based on the sets obtained for diﬀerent metallicities, we determined the occurrence rate of planets with orbits smaller than
5 AU as a function of the mass and metallicity of the star. We
took into account the fact that the outer region of the disk is
gravitationally unstable in some models. Such regions are located farther than 5 AU from the central star, and planets formed
there by disk fragmentation are not included in our occurrence
rate. However, their presence reduces the amount of solid material available for the formation of planetesimals. For less massive
stars this eﬀect is so strong that it overcomes factors promoting
planet formation, so that for metal-poor disks the rate of planet
occurrence decreases with the mass of the central star. As a
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Fig. 9. The rate of planet occurrence as a function of the primordial
metallicity of protoplanetary disks. Disks around stars with masses of
1 M are represented by a solid line. Disks around stars with masses of
0.5 M are represented by dotted and dashed lines. In the first case the
range of initial masses of the disks is the same as in the case of solar
type stars, while in the second it was scaled according to the mass of
the central star.

result, the minimum metallicity at which giant planets can form
at orbits smaller than 5 AU decreases from ∼0.6 for stars with
masses of 0.5 M to ∼0.2 for 4 M .
In the metal-rich regime the percentage of entirely stable
disks in which formation of giant planets is possible is larger, and
stable regions of partly unstable disks contain enough solids to
produce planetesimal swarms capable of giant planet formation.
Consequently, both factors promoting planet formation around
less massive stars are in play, and a clear anticorrelation between the stellar mass and planet occurrence rate is observed.
At the same time, our model does not account for the presence
of giant planets around metal-poor stars. This may be due to
the fact that we do not include planets that have formed beyond
5 AU and later migrated inward. Such an assumption is valid
as long as the number of these planets is small compared to the
number of planets that have formed within 5 AU. However, as
we move to lower metallicities, the percentage of giant planets
with silicate cores decreases (the silicates simply become too
scarce), while the percentage of planets forming from ice grains
increases. Thus, in metal-poor systems the number of planets
with ice cores that migrated from large orbits can become a large
fraction of planets at orbits smaller than 5 AU.
Obviously, our description of the evolution of solids is very
simplified. The basic underlying assumptions like the singlesize distribution of solid grains or the neglect of planet migration already have been discussed by Kornet at al. (2004, 2005).
The main additional assumption introduced in the present paper
is the independence of the initial parameters of protoplanetary
disks on the mass of the central star. While admittedly ad hoc, it
seems to be better than the one adopted by Laughlin et al. (2004),
who scaled their initial surface density of planetesimals linearly
with the mass of the star. They did not take into account the antecedent evolution of solids leading to the formation of planetesimal swarms, and concluded that the formation of giant planets
around low-mass stars is diﬃcult. Recent observations suggest
that masses of protoplanetary disks do not strongly depend on
masses of the central stars (Guilloteau 2005). Nevertheless, to
investigate the influence of our assumption, we performed additional set of calculations with a mass of the central star of 0.5 M
and with the initial masses of disks scaled by factor of 0.5. The
results are shown in Fig. 9. In this case the probability of finding
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a planet does not seem to depend strongly on the mass of the
central star, which is true for the whole range of metallicities
we have considered. Still, our models show that the evolution of
solids leading to the formation of planetesimal swarms is a vital factor facilitating the formation of giant planets, whose role
should be particularly clear for low-mass stars.
Our models of gaseous disks do not reproduce recent observations by (Muzerolle et al. 2005), which show that the accretion rate in protoplanetary disks increases with the mass of
the central star. However, in the mass range considered here
this dependence is very weak, and for a given value of stellar
mass the spread in accretion rates reaches two orders of magnitude. In our opinion these data do not invalidate our basic assumption that initial disk parameters do not depend on the mass
of the star. We also assumed that heating by stellar radiation
is negligible, whereas at least in some cases it can be a dominant source of energy in the outer regions of the disk (more
eﬃcient than the turbulent dissipation). As such, it may substantially change the structure of the disk and the radial velocities of
solids. Currently we are working on models that will take these
eﬀects into account.
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