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Abstract. We investigate the role of dust in star formation activity of extremely metal-poor blue compact dwarf galaxies
(BCDs). Observations suggest that star formation in BCDs occurs in two diﬀerent regimes: “active” and “passive”. The “active”
BCDs host super star clusters (SSCs), and are characterised by compact size, rich H2 content, large dust optical depth, and high
dust temperature; the “passive” BCDs are more diﬀuse with cooler dust, and lack SSCs and large amounts of H2 . By treating
physical processes concerning formation of stars and dust, we are able to simultaneously reproduce all the above properties
of both modes of star formation (active and passive). We find that the diﬀerence between the two regimes can be understood
through the variation of the “compactness” of the star-forming region: an “active” mode emerges if the region is compact (with
−3
radius <
∼50 pc) and dense (with gas number density >
∼500 cm ). The dust, supplied from Type II supernovae in a compact
star-forming region, eﬀectively reprocesses the heating photons into the infrared and induces a rapid H2 formation over a
period of several Myr. This explains the high infrared luminosity, high dust temperature, and large H2 content of active BCDs.
Moreover, the gas in “active” galaxies cools (<
∼300 K) on a few dynamical timescales, producing a “run-away” star formation
episode because of the favourable (cool) conditions. The mild extinction and relatively low molecular content of passive BCDs
−3
can also be explained by the same model if we assume a diﬀuse region (with radius >
∼100 pc and gas number density <
∼100 cm ).
We finally discuss primordial star formation in high-redshift galaxies in the context of the “active” and “passive” star formation
scenario.
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1. Introduction
The surfaces of interstellar dust grains are known to be sites
where eﬃcient formation of hydrogen molecules (H2 ) takes
place. Without dust grains, H2 forms only in the gas phase with
a production rate much lower than the dust surface reaction
(e.g., Peebles & Dicke 1968; Matsuda et al. 1969). The shielding of H2 dissociating photons by dust grains also enhances
molecule formation. In general, dust also absorbs a part of the
radiation from stars and reemits it in the infrared (IR)1 , thereby
modifying the spectral energy distribution (SED) of galaxies
(e.g., Silva et al. 1998). Therefore, dust plays an important role
in both chemical and radiative properties of galaxies.
Recently Hirashita & Ferrara (2002, hereafter HF02) have
proposed that the dust enrichment in extremely metal-poor
primeval objects is essential for the enhancement of star formation activity. Their scenario suggests the following cycle
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1
In this paper, IR indicates the wavelength range where the emission from dust dominates the radiative energy (roughly 8–1000 µm).

between dust production and star formation: (i) massive stars
end their lives as Type II supernovae (SNe II), which supply
dust grains into the interstellar medium (ISM) (Kozasa et al.
1989; Todini & Ferrara 2001; Nozawa et al. 2003; Schneider
et al. 2004); (ii) those grains enhance the formation of molecular clouds in which stars form; (iii) some of those stars are
massive and the dust supply described in (i) occurs again. This
cycle (i)–(iii) eﬀectively enhances the star formation rate as
shown by HF02.
In fact, a large amount of dust has been suggested to exist
at high redshift (high z) (e.g., Smail et al. 1997). However, it is
not easy to explore the first dust enrichment in primeval galaxies at high z (z >
∼ 5) with the present observational facilities.
Therefore, nearby templates for primeval galaxies are useful to
test galaxy formation scenarios. The best candidates for such a
template are metal-poor blue compact dwarf galaxies (BCDs),
since they are at the initial stage of metal enrichment and their
current star formation activity is generally young (Searle &
Sargent 1972; Kunth & Östlin 2000). In other words, BCDs
can be used as laboratories in which to study high-z primeval
galaxies.
Two classes of star formation activity have recently
emerged observationally, as proposed for a BCD sample by
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Hunt et al. (2003a, hereafter HHTIV, 2004b). They argue that
the star-formation activity in the two most metal-poor galaxies,
SBS 0335−052 and I Zw 18, shows very diﬀerent properties, in
spite of their similar metallicities (1/41 and 1/50 Z , respectively; Skillman & Kennicutt 1993; Izotov et al. 1999). The
major star-forming region of SBS 0335−052 is compact and
−3
dense (radius rSF <
∼ 40 pc, number density n >
∼ 600 cm ; Dale
et al. 2001; Izotov & Thuan 1999). Moreover, SBS 0335−052
hosts several super star clusters (SSCs), detectable H2 emission lines in the near-infrared (Vanzi et al. 2000), a large dust
extinction (AV ∼ 16 mag; Thuan et al. 1999; Hunt et al. 2001;
Plante & Sauvage 2002), and high dust temperature (Hunt et al.
2001; Dale et al. 2001; Takeuchi et al. 2003). On the contrary,
the star-forming regions in I Zw 18 are diﬀuse (rSF >
∼ 100 pc,
−3
n<
),
and
contain
no
SSCs.
Near-infrared
H2 emis100
cm
∼
sion has not been detected (Hunt et al., private communication),
and the dust extinction is moderate (AV ∼ 0.2 mag; Cannon
et al. 2002). We call a region with such properties “passive”
following HHTIV. The similar metallicities of SBS 0335−052
(active) and I Zw 18 (passive) imply that the chemical abundance is not a primary factor in determining the star-forming
properties. We argue that the compactness of star-forming regions, which aﬀect gas density, gas dynamics, and so on, is
important in the dichotomy of active and passive modes.
Hirashita et al. 2002 (hereafter HHF02) show that the
IR luminosity, the dust mass, and the rich H2 content of
SBS 0335−052 can be explained through dust accumulation
by successive SNe II in a compact (rSF <
∼ 100 pc) region.
Moreover, SBS 0335−052 is not unique among BCDs; the
BCDs with dense compact star-forming regions similar to
SBS 0335−052 were dubbed “active”, and tend to be characterized by high surface brightness (see Fig. 1 of HHTIV). The
physical state of ISM is also similar among “active” BCDs.
They always have large dust extinction, and a significant fraction of stellar radiation is reprocessed into IR; the dust temperature is also high and there is a “hot” component with
600–1000 K (Hunt et al. 2002). Dust properties can be further constrained by future IR observations for a large sample
of BCDs (e.g., Takeuchi et al. 2003). HHTIV also demonstrate
that there are BCDs with converse properties, namely “passive”
ones, which are more diﬀuse, less dense, and of lower surface brightness. A representative of this category is I Zw 18.
Contrary to “active” BCDs, IR dust emission has not been detected so far in “passive” BCDs. Although their star formation
rate is lower than “active” BCDs, “passive” BCDs are actually forming stars, and are completely diﬀerent from passively
evolving galaxies such as ellipticals.
The above clear diﬀerence in dust properties implies that
in addition to the compactness, dust should be considered as
a key to understand the “active” and “passive” modes, and
hence to understanding how star formation occurs in extremely
low-metallicity environments. We consider the role of dust in
various compactness of regions by using our theoretical framework. This paper is organised as follows. First, in Sect. 2 we
explain the model that describes the evolution of dust content
and gas state in a star-forming region. Then, in Sect. 3, we
present our results concerning the diﬀerences between “active”
and “passive” star-forming regions. In Sect. 4, we discuss the

interpretation of observational properties of active and passive
BCDs in the context of our model, and consider in particular
the two prototypes, I Zw 18 and SBS 0335−052. Implications
for high-redshift star formation are described in Sect. 5, and
our conclusions are presented in Sect. 6.

2. Model description
For our calculation of dust amount in a star-forming region, we
essentially use the model by HF02. We treat the chemical reaction network concerning H2 formation in a way consistent with
dust amount evolution. We approximate star-forming regions
as homogeneous spheres and adopt a representative value for
each physical quantity (i.e., we treat a star-forming region as
one zone).

2.1. ISM evolution
The star formation process is aﬀected by the physical state of
the ISM. In metal-poor environments, cooling by molecular hydrogen plays an important role in star formation (Galli & Palla
1998; Abel et al. 2000; Bromm et al. 2001; Nishi et al. 1998;
Omukai 2000; Kamaya & Silk 2002; Ripamonti et al. 2002).
The abundance of H2 should be ultimately a key parameter
since stars are only seen to form in molecular complexes (see
e.g., Wilson et al. 2000 for a recent observation of a nearby
galaxy). Moreover, enhancement of molecular gas formation is
shown to result in an active star formation (for recent results,
see e.g., Walter et al. 2002), and indeed there is a correlation
between molecular amount and star formation rate (e.g., Bendo
et al. 2002). We define the molecular fraction, fH2 , as
fH2 ≡ 2nH2 /nH ,

(1)

where nH and nH2 are the number densities of hydrogen nuclei
and hydrogen molecules, respectively (i.e., if all the hydrogen
nuclei are in the molecular form, fH2 = 1).
We then calculate the time evolution of ionisation degree (x), molecular fraction ( fH2 ), and gas temperature (T ) of
the hydrogen gas. The helium content is neglected here, since
its eﬀect should be negligible for the three quantities (Kitayama
et al. 2001; HF02). Therefore, the number density of the gas (n)
is approximated by the hydrogen number density (i.e., n  nH ).
The ionisation degree and the temperature aﬀect the formation
rate of H2 . The processes are treated as follows (see HF02 for
details).
We calculate the time evolution of the ionisation degree x
by taking into account collisional ionisation, recombination,
and photo-ionisation of hydrogen. For the photo-ionisation, we
have included the radiative transfer eﬀect following the simple
recipe in Appendix of Kitayama & Ikeuchi (2001), who derive an analytical expression under the assumption of a power
law spectrum of incident photons. For the spectral shape parameter α of the radiation field, we adopt α = 3, because the
resulting ratio between H2 destroying photons and H ionizing
photons is similar to realistic OB stars. Kitayama et al. (2001)
have examined α = 1 and α = 5. Their Table 1 indicates that
α = 1 overproduces the ionizing photons while α = 5 overproduces the H2 destroying photons. Therefore, we adopt an
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intermediate value: α = 3. In any case, diﬀerent values of α do
not aﬀect the behaviour of x, fH2 , and T as functions of time,
because the dust accumulation (which does not depend on α) is
the greatest influence on these three quantities. The normalisation of the intensity, I0 (νHI ), is determined from
 −α
 ∞
ν
LUV
cuUV ≡
= 4π
I0 (νHI )
dν,
(2)
ν
(rSF /2)2
HI
νmin
where νmin (1015 Hz) is the minimum frequency where
OB stars dominate the radiative energy, uUV is the “typical” interstellar radiation field estimated at the half of the radius (rSF /2; half is for a rough average), νHI is the ionisation
frequency of neutral hydrogen (νHI = 3.3 × 1015 Hz) (see HF02
for details), and c is the light speed.
In calculating fH2 , we consider H2 formation both in the
gas phase (via H− or H+2 , where the latter is negligible), and on
the dust grain surface; H2 destruction occurs through collisions
with H+ , H, and e− , and photodissociation. For self-shielding
eﬀects which prohibit H2 dissociation, Eq. (17) of HF02 is
used, but here we substitute rdisc with rSF /2. For the reaction
rates, we adopt Table 1 of HF02, but for the reaction on dust
grains, Rdust , we use the following expression which includes
the dependence on a:

−1

1/2


a
T
−15


2.8
×
10


100
0.03 µm



−1K




δ
×
cm3 s−1 if T ≤ 300 K
Rdust = 
(3)


2 g cm−3








 0 if T > 300 K.
In order to calculate the temperature evolution, cooling and
heating must be considered in our model. We assume that cooling processes comprise collisional excitation and ionisation of
atomic hydrogen (when T >
∼ 8000 K) and collisional excitation
of molecular hydrogen (which dominates for T < 8000 K). For
the heating by stellar UV radiation, we have included the radiative transfer eﬀect by following a simple analytical recipe in
Appendix of Kitayama & Ikeuchi (2000).

2.2. Star formation rate
Stars form as a result of the gravitational collapse of a gas
cloud. Therefore, it is physically reasonable to relate the star
formation rate with the free-fall timescale of gas. We consider
a star-forming region with a gas number density of n ∼ nH . The
free-fall time, tﬀ , is estimated as
nH
1
tﬀ  √
 1 × 107
100 cm−3
Gρ

−1/2

yr,

(4)

where ρ = mH nH (mH is the mass of a hydrogen atom) is the
mass density of the gas. The star formation rate, ψ, is estimated as
SF Mgas
Θ(t)
ψ =
tﬀ


1/2
Mgas
SF
nH
Θ(t)
 0.1
7
−3
0.1 10 M 100 cm
M yr−1 ,

(5)
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where Mgas is the total gas mass (both molecular and atomic)
of the star-forming region, SF is the star formation eﬃciency
defined as the conversion eﬃciency of a gas into stars over a
free-fall time, and Θ(t) is Heaviside’s step function [Θ(t) = 1
if t ≥ 0 and Θ(t) = 0 if t < 0]. Thus, we define the zero point
of time t at the onset of star formation in the star-forming region. For simplicity, we assume a constant star formation rate
(i.e., SF , Mgas , and nH are approximated to be constant) and
a spherical homogeneous star forming region. In reality, there
is probably a significant density inhomogeneity; however, the
star formation rate in the entire star-forming region may be regulated by the dynamical time governed by a spatially averaged
density, and the homogeneous density can be regarded as such
an average.
The hydrogen number density can be related to gas mass as
4π 3
r nH mH = Mgas ,
3 SF

(6)

where rSF is the radius of the star-forming region. Thus, the
numerical value of the number density is estimated as


−3 
Mgas
rSF
nH  100
(7)
cm−3 .
100 pc
107 M
We also define the gas consumption timescale tgas :
tgas ≡

Mgas
tﬀ
=
·
ψ
SF

(8)

Since the eﬀect of gas conversion into stars becomes significant
for t ∼ tgas , we stop the calculation at t = tgas /2. After this time,
star formation may be suppressed because of the lack of gas.

2.3. Evolution of dust content
We calculate the evolution of dust mass in a star-forming region considering the dust supply from SNe II. The preexisting dust at t = 0 in the star-forming region is neglected
here. This is a good approximation for the extremely metalpoor BCDs treated in this paper. In fact, a large fraction of
dust amount contained in some BCDs can be explained by the
present star formation activity (see Sect. 3.3). Preexisting dust
would strengthen all the dust eﬀects described below.
If the starburst is young, and there has been no previous
burst, dust can be supplied only from massive stars with short
lifetimes. Thus, SNe II are the dominant source of dust formation if the age is typically less than a few times 108 yr
(Dwek 1998). Thus, the dust formation rate is related to the
rate of SNe II. The SN II rate as a function of time, γ(t), is
given by
 ∞
γ(t) =
ψ(t − τm ) φ(m) dm,
(9)
8 M

where ψ(t) is the star formation rate at t (Eq. (5)), φ(m) is the
initial mass function (IMF; the definition of the IMF is the same
as that in Tinsley 1980), τm is the lifetime of a star whose
mass is m, and we assume that only stars with m > 8 M
produce SNe II. In this paper, we assume a Salpeter IMF
(φ(m) ∝ m−2.35 ) with the stellar mass range of 0.1–60 M
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(HF02). If we assume a higher upper limit such as 100 M , we
expect a higher SN II rate and dust production rate. However, if
the progenitor mass m is larger than ∼50 M , almost all the produced metals may collapse into a central blackhole (Tsujimoto
et al. 1997). Todini & Ferrara (2001) treated only progenitor
stellar mass less than 40 M , and the dust production rate for
massive stars (>
∼60 M ) is unknown theoretically. Recently,
however, there have been some advances in this field (Nozawa
et al. 2003; Schneider et al. 2004), and we are developing a
model to include the eﬀect of massive stars.
Dust destruction by shocks from SNe II can be important (Dwek & Scalo 1980; Jones et al. 1996). The destruction
timescale τSN is estimated to be (McKee 1989; Lisenfeld &
Ferrara 1998)
τSN

Mgas
=
,
γSN Ms

(10)

where Ms is the mass accelerated to a velocity large enough for
dust destruction by a SN blast (∼100 km s−1 ), γ is the SN II rate,
SN is the eﬃciency of dust destruction in a medium shocked
by a SN II. We adopt Ms = 6.8 × 103 M (Lisenfeld & Ferrara
1998; see also Tielens 1998) and SN = 0.1 (McKee 1989).
Since we are interested in extremely metal-poor environments,
we assume the relation between stellar mass and lifetime of
zero-metallicity stars in Table 6 of Schaerer (2002)2 .
Dust grains can also be destroyed by strong and hard interstellar radiation fields (e.g., Boulanger et al. 1988; Puget
& Léger 1989; Voit 1992; Contursi et al. 2000). However,
the grain populations most strongly aﬀected are the carriers of the aromatic band features (e.g., Polycyclic Aromatic
Hydrocarbons) and very small grains (diameter a < 0.01 µm),
neither of which are considered here. Hence, since grain destruction processes by UV radiation are most severe for very
small grains, and in any case are poorly known, we will neglect
them.
In this case the rate of increase of Mdust is written as
dMdust
Mdust
= mdust γ −
,
dt
τSN

2.4. Evolution of metal content
The evolution of metal content can be calculated once the star
formation history and metal yield are fixed (e.g., Tinsley 1980).
8
Because of the young age range (<
∼10 yr) treated in this paper,
we assume that the metal production is dominated by SNe II.
The evolution of the mass of metals (a given species is indicated by i) in the gas phase, Mi , is calculated by subtracting the
dust mass from the metal mass. This is expressed as
dMdust, i
dMi
= mi γ −
,
(12)
dt
dt
where mi is the IMF-weighted average of metal mass (for
species i) ejected per SN II and Mdust, i is the mass of element i in dust phase. We calculate the abundances of carbon
and oxygen, because those two elements are the two major metals produced in SNe II (Woosley & Weaver 1995). Following
HF02, we adopt Mdust, O = 0.15 Mdust , Mdust, C = 0.36 Mdust ,
mO = 1.2 M , and mC = 0.17 M ; i.e., we assume that carbonaceous grains are responsible for 36% of the total dust mass, and
the other grains contain oxygen with mass fraction of 23% (i.e.,
the oxygen fraction in mass is 0.64 × 0.23 = 0.15).

2.5. Radiative properties
One of the most direct ways to constrain dust content is to observe IR continuum emission from dust grains. We now derive
the evolution of IR luminosity. Because of the large cross section of grains against UV light and the intense UV interstellar
radiation field in star-forming galaxies, we can assume that the
IR luminosity is equal to the absorbed energy of UV light.

2.5.1. UV and IR
(11)

where mdust is the typical dust mass produced in a SN II.
Todini & Ferrara (2001) show that mdust varies with progenitor mass, metallicity (Z), and input energy of SNe II. The
Salpeter IMF-weighted mean of dust mass produced per SN II
for (1) Z = 0, Case A, (2) Z = 0, Case B, (3) Z = 10−2 Z ,
Case A, and (4) Z = 10−2 Z , Case B are (1) 0.22 M ,
(2) 0.46 M , (3) 0.45 M , and (4) 0.63 M , respectively (Z is
the metallicity, and Cases A and B correspond to low and
high explosion energy3 for Case A and Case B, respectively.)
We adopt the average of the four cases, i.e., mdust = 0.4 M
(HHF02). This may not be an overly optimistic estimate given
the low upper mass cutoﬀ of 35 M adopted by Todini &
Ferrara (2001), and the higher dust production estimates of
2

Nozawa et al. (2003). The calculated dust mass Mdust is roughly
proportional to mdust , and the timescale on which the dust extinction eﬀects appear is approximately proportional to 1/mdust .

The case without mass loss is applied for consistency with HF02.
This does not unduly aﬀect our results however since the diﬀerences
in metallicity and luminosity for the case with and without mass loss
are within a factor of 2.
3
The kinetic energies given to the ejecta are 1.2 × 1051 erg and 2 ×
51
10 erg.

First, we estimate the fraction of the UV radiation absorbed by
dust. We define the following typical optical depth, τdust , as
τdust ≡ πa2 QUV ndust rSF /2,

(13)

where πa2 QUV is the typical absorption cross-section for
UV light (QUV is the dimensionless absorption cross-section
normalised by the geometrical cross-section), a is the dust radius, ndust is the mean dust grain number density, and we assume that the typical path length for a UV photon is half of rSF
as a rough average4 . In this paper we assume for simplicity a single value for a, consistently with the typical size of
dust grains produced by SNe II (e.g., Todini & Ferrara 2001;
Nozawa et al. 2003). The dust mass density δ is related to the
mean dust number density ndust as
4π 3
4π 3
a δndust rSF
= Mdust ,
3
3

(14)

4
In order to fully derive the precise path length instead of roughly
dividing rSF by 2, a detailed modelling of radiative transfer including
dust scattering is necessary. Here we only mention that with a given
dust mass, τdust linearly scales with the adopted path length.
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where δ is the grain material density. By solving Eq. (14)
for ndust and substituting it into Eq. (13), we obtain
τdust =

9 QUV Mdust
·
2
32π aδrSF

(15)

We define the “attenuation function” E(τdust ) as the fraction of
UV light escaping from the star-forming region. Thus, we write
the UV luminosity of the star-forming region as
LUV  LUV,0 E(τdust ),

(16)

where LUV,0 is the intrinsic UV luminosity. The functional form
of E(τdust ) depends on the geometry of dust distribution, and we
examine the following two representative simple cases. One is
the “screen” distribution, in which all the dust is located at the
radius of rSF from the centre of the star-forming region. The
other is the “mixed” geometry, in which the spatial distributions
of dust and stars are the same (i.e., the mass ratio between stars
and dust is constant). In the screen geometry,
E(τdust ) = Esc (τdust ) ≡ exp(−τdust ),

(17)

while in the mixed geometry,
E(τdust ) = Emix (τdust ) ≡ [1 − exp(−τdust )]/τdust .

(18)

Since Emix > Esc for a given τdust , the screen geometry shields
the UV light more eﬃciently. Moreover, the exponential behaviour of Esc results in a strong cut-oﬀ of UV light at a certain
time when a significant amount of dust is accumulated, while
1, which means that UV light origEmix ∼ 1/τdust for τdust
inating from the “surface” always escapes. We do not treat a
clumpy dust distribution, since inhomogeneity changes average optical depths in ways that depend on the specific geometry
(Natta & Panagia 1984); such a treatment is beyond the scope
of this paper.
LUV,0 is assumed to be equal to the total luminosity of
OB stars, whose mass is larger than 3 M (Cox 2000):
 ∞
 τm
dm
dt L(m) φ(m) ψ(t − t ),
(19)
LUV,0 (t) =
3 M

0

where L(m) is the stellar luminosity as a function of stellar
mass (m). This UV luminosity is also used in Eq. (16) to estimate the UV luminosity LUV after the dust absorption, and
the same LUV is also in Eq. (2). For L(m), we adopt the model
of zero-metallicity stars without mass loss in Schaerer (2002).
Assuming that all the absorbed energy is reemitted in the IR,
the IR luminosity LIR becomes:
LIR = LUV,0 − LUV = LUV,0 [1 − E(τdust )].

(20)

2.5.2. Dust temperature
Another important quantity representative for the radiative
properties of a star-forming region is dust temperature. The
equilibrium dust temperature is determined from the balance
between incident radiative energy and radiative cooling. The
equilibrium temperature is expressed as follows (Takeuchi et al.
2003):
 
1/6
hc
63uUV QUV
,
(21)
T dust 
πk 64π(2πAa)hc
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where the UV radiation field is calculated by Eq. (2) and the
dimensionless dust emissivity in the IR is assumed to satisfy5
2πAa
·
(22)
λ2
For silicate grains A = 1.34 × 10−3 cm (Drapatz & Michel
1977), while for carbonaceous grains A = 3.20 × 10−3 cm
(Draine & Lee 1984; Takeuchi et al. 2003). The derivation of
Eq. (21) is found in the Appendix. The numerical expression
for T dust is

1/6
uUV
T dust = 14.6
4.0 × 10−14 erg cm−3
−1/6

−1/6
a
A
×
3.2 cm × 10−3
0.03 µm
QIR (a, λ) =

×Q1/6
UV K,

(23)

where we explicitly express the dependence on a. The equilibrium dust temperature is seen to be rather insensitive to changes
in the input parameters. We adopt A = 3.2 × 10−3 cm since that
is the grain radius appropriate for graphites (Todini & Ferrara
2001). With this value, we obtain


−2
a
λ
·
(24)
QIR (a, λ) = 6.03 × 10−4
0.03 µm 100 µm
For a grain size of 0.03 µm (carbonaceous grains), and a density δ = 2 g cm−3 (Draine & Lee 1984), this corresponds
to the following value of dust mass-absorption coeﬃcient,
κν (≡ 3QIR /4aδ) (Hildebrand 1983):

−1
−2 
λ
δ
cm2 g−1 .
(25)
κν = 75
100 µm
2 g cm−3
Although there is little observational constraint on QIR and κν
of dust produced by SNe II, we can compare our κν with the
data of Galactic or extragalactic observations. At λ = 850 µm,
κν  1.0 cm2 g−1 , while observational data suggest κν 
0.7–2.4 cm2 g−1 (Alton et al. 2001; James et al. 2002). Bianchi
et al. (1999) find that QIR around λ = 100 µm is roughly
∼10−3 –5 × 10−4 if we assume Q at V band is ∼1 (see also Fig. 5
of James et al. 2002, and references therein).

2.6. Initial conditions
For the onset of star formation, the gas must be cool. The
molecular hydrogen cooling eventually cools gas down to T ∼
300 K (e.g., Tegmark et al. 1997). During the phase of eﬃcient molecular formation in gas, the ionisation fraction x is
roughly ∼10−4 and the molecular fraction is fH2 ∼ 10−3 . After
this phase, the ionisation degree x decreases and the gas phase
reaction stops. Since stars begin to form during molecular formation, we set the initial values as x = 10−4 , T = 300 K,
and fH2 = 10−3 . However, the gas starts to be ionised and the
molecules begins to dissociate soon (<1 Myr) after the onset
of star formation, and the results do not depend strongly on the
initial conditions for x and fH2 . The initial temperature does not
3
change the evolution of gas as long as T <
∼ 10 K initially.
Strictly speaking, this is valid for λ >
∼ 20 µm for silicate grains,
and λ >
∼ 50 µm for carbonaceous ones.
5
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2.7. Selection of parameters
For the UV light, because of the short wavelength, we can assume that QUV  1. For the grain radius, we examine the
following two cases: small dust (a = 0.03 µm) proposed by
Todini & Ferrara (2001), and large dust (a = 0.1 µm) possibly produced even in SNe II (Nozawa et al. 2003). We fix
mdust = 0.4 M (Sect. 2.3), and adopt δ  2 g cm−3 (Draine
& Lee 1984). As mentioned in Sect. 2.3, the timescale of
dust eﬀects (enhancement of molecular content, enhancement
of UV shielding, etc.) is roughly inversely proportional to mdust .
The free parameters which remain to be determined are rSF ,
Mgas , and SF . Since our aim is to investigate the properties of
“active” and “passive” star-forming regions, which correspond
to compact and diﬀuse regions, respectively, we should examine various rSF . In order to concentrate on the eﬀect of compactness, the gas mass is fixed. A representative value for a
star-forming region in BCDs can be taken as Mgas = 107 M .
This is a typical value for gas masses derived for star-forming
regions in SBS 0335−052 and I Zw 18 representative extremely
metal-poor BCDs (Sect. 4.2). In order to concentrate on the
variation of rSF , we therefore fix Mgas = 107 M , and examine a region size range typical of BCDs: rSF = 30 pc, 100 pc,
and 300 pc, corresponding to the density n ∼ 3000 cm−3 ,
100 cm−3 , and 3 cm−3 , respectively, with Mgas = 107 M . The
most compact case is representative of the “active” class, while
the most diﬀuse case is typical of the “passive” class.
The remaining free parameter is the star formation eﬃciency SF , which we assign a value SF = 0.1 (e.g., Ciardi
et al. 2000; Ferrara et al. 2000; Inoue et al. 2000; Barkana 2002;
Scannapieco et al. 2003; Salvaterra & Ferrara 2003) unless otherwise stated. Roughly speaking, the timescale on which the
dust eﬀects appear scales inversely with SF . For example, the
rapid increase of molecules and drop of temperature appear on
a timescale proportional to 1/SF . It is possible that SF may
change significantly as a function of time, but our simple assumption of constant SF is a useful first-order approximation.
SF and the star formation rate should be regarded as an average
over the timescale in which we are interested. High and low star
formation eﬃciencies are investigated in the models of I Zw 18
and SBS 0335−052 in Sect. 4.2.
These values are all representative of metal-poor starforming regions. Typically, BCDs have ψ ∼ 0.01–1 M yr−1 ,
r ∼ 0.1–3 kpc and n ∼ 10–1000 cm−3 (Popescu et al. 1999;
Hopkins et al. 2002).

one of the most important processes for understanding the fate
of a star-forming region. In the following, we show the time
evolution of gas temperature (T ) and molecular fraction ( fH2 )
for various region radii. Because we have assumed fixed values for Mgas , the density nH is thus determined by setting
rSF . Moreover, since we have also fixed SF , the resulting starformation rate ψ, given by Eq. (5), also depends on rSF through
the density n dependence.

3.1. Gas state
In Fig. 1, we show the evolution of (a) gas temperature, (b)
ionisation degree, and (c) molecular fraction for rSF = 30, 100,
300 pc (solid, dotted, and dashed lines, respectively). We stop
our calculation at t = tgas /2, when our assumption that Mgas is
constant becomes invalid (see Eq. (8)). Therefore the lines are
truncated at 8 Myr and 50 Myr for rSF = 30 pc and 100 pc, respectively. We observe that as the region size becomes smaller
(i) the gas remains cooler, (ii) the ionisation degree remains
lower, and (iii) the molecular fraction increases more rapidly.
In the time evolution of these three parameters, accumulation of dust grains plays a fundamental role. The dust accumulation in a compact region results in a large optical depth and a
large density of dust grains. As a result, the molecular formation tends to increase rapidly, because of the large density of
dust grains and the consequent large shielding of dissociating
photons. Since the UV photons are eﬃciently shielded by dust
grains, the gas is kept cool and the ionisation degree remains
low.
The temporal behaviour of the molecular fraction is explained as follows (see Fig. 1c). The first drastic increase of
the molecular fraction, seen around 4 and 13 Myr for rSF = 30
and 100 pc, respectively, is due to the activation of the gasphase reactions caused by the increase of ionisation degree and
the temperature drop. The molecular formation is suppressed
for rSF = 300 pc because the gas temperature remains high
∼104 K. The second drastic increase of the molecular fraction,
seen around 5 and 20 Myr for rSF = 30 and 100 pc, respectively
(for rSF = 300 pc, the second increase is not before 100 Myr),
is due to the onset of molecule formation on dust grains: dust
grains shield the ionising photons and facilitate the gas cooling
down to 300 K. At this temperature, the H2 formation on dust
grains becomes possible. For rSF = 300 pc, representative of
the passive mode, H2 formation occurs only in the gas phase
with a low reaction rate because of the high gas temperature.

3. Results
Here we illustrate the results for the time evolution of starforming regions. First we adopt a = 0.03 µm and the screen
dust distribution. Then, in Sect. 3.4, we investigate the dependence on grain size by assuming larger grains (a = 0.1 µm) and
on geometry by examining the eﬀects of a mixed dust distribution (Eq. (18)).
For continuous star-forming activity, the gas should continue to collapse. With a fixed density, the typical mass for the
collapse, i.e., the Jeans mass, is determined by the gas temperature. Therefore, the evolution of the gas temperature is

3.2. Luminosities
To see how much UV light is shielded by dust, we show the
evolution of IR and UV luminosities in Fig. 2a for rSF = 30 pc
and rSF = 300 pc, corresponding to the active and passive
modes, respectively. We see that the IR vs. UV luminosity ratio increases more rapidly in the compact (rSF = 30 pc) region
than in the diﬀuse (rSF = 300 pc) one. This is due to the large
dust optical depth in compact star-forming regions. The eﬃcient shielding of UV in compact regions also keeps the molecular fraction high since UV dissociation is suppressed.
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Fig. 1. Time evolution of a) gas temperature, b) ionisation degree, and c) molecular fraction for various radii of the star-forming region (solid,
dotted, and dashed lines for rSF = 30 pc, 100 pc, and 300 pc, respectively). The gas mass and the star formation eﬃciencies are assumed to be
1.0 × 107 M and 0.1, respectively.

The evolution of dust temperature determined from
Eq. (23) is also shown in Fig. 2b for rSF = 30 pc and 300 pc.
The lines start from the onset of the first SNe II (i.e., t = 3 Myr),
when dust production begins. The dust temperature is initially
∼100 K and decreases rapidly for the compact “active” case.
This rapid decrease is due to the strong shielding of UV light
by dust grains. The dust temperature remains ∼50 K for the
“passive” case.

3.3. Chemical enrichment
In order to ascertain if our chemical enrichment model is capable of explaining the observed metallicities, we calculate
the evolution of oxygen abundance. Since the optical oxygen
emission lines from ionised regions are often used as a tracer
of chemical abundance (e.g., Izotov & Thuan 1999), we calculate the evolution of oxygen mass (see Sect. 2.4); the solar

abundance is assumed to correspond to MO /Mgas = 0.01 (Cox
2000), where Mgas is assumed to be constant in time. Figure 3a
shows the evolution of [O/H] for the three region radii depicted
in Fig. 1. The metallicity of the 30-pc region reaches 1/50 solar in 7 Myr. Not surprisingly, the metal enrichment in diﬀuse
regions proceeds more slowly: in particular, the 300-pc region
is enriched to 1/50 solar in ∼30 Myr.
The evolution of dust-to-gas ratio (D ≡ Mdust /Mg ) is shown
in Fig. 3b. We have assumed that the star-forming regions
contain no dust and metals initially. This assumption holds if
a large part of the present dust and metals is supplied during the present episode of star formation. This assumption is
adopted based on the picture that BCDs are relatively young
galaxies whose major star formation episodes have occurred
quite recently (<
∼100 Myr; e.g., Tomita et al. 2002; Takeuchi
et al. 2004). This point will be further discussed when we
compare our model with the observational properties of BCDs
(Sect. 4.2).
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Fig. 2. a) Time evolution of IR and UV luminosities (solid and dotted lines, respectively). The left lines are for the compact (rSF = 30 pc)
case and the right lines are for diﬀuse (rSF = 300 pc) case. The gas mass is assumed to be 107 M (same as Fig. 1). b) Time evolution of dust
temperature. The upper and lower lines are for rSF = 30 pc and rSF = 300 pc, respectively. The lines start from the age of around 3 Myr, when
dust begins to be produced. The screen dust distribution and the small dust grain (a = 0.03 µm) are assumed for both panels.

Fig. 3. Time evolution of oxygen abundance in gas phase. [O/H] is the oxygen abundance in logarithmic scaling, where [O/H] = 0 is the solar
oxygen abundance. The solid, dotted, and dashed lines are for rSF = 30 pc, 100 pc, and 300 pc, respectively. The gas mass and the star formation
eﬃciency are assumed to be 107 M and 0.1, respectively (same as Fig. 1).

3.4. Grain size and distribution geometry
Nozawa et al. (2003) have recently pointed out that grains
larger than predicted by Todini & Ferrara (2001) can form even
in SNe II. Grains may be as large as a ∼ 0.1 µm, and therefore,
we also examine this case.
In order to evaluate the eﬀect of shielding, we show the
evolution of UV and IR luminosities for a = 0.1 µm with the
screen geometry in Fig. 4a. With a fixed dust mass, the dust optical depth against the UV photons, τdust , is proportional to a−1 ,
because ndust ∝ a−3 and τdust ∝ a2 ndust (Eq. (13)). Therefore,
if the grain size is larger, more UV radiation escapes without
being absorbed by dust grains. Consequently, the IR luminosity becomes dominant relative to LUV later for a = 0.1 µm than
for a = 0.03 µm, although the diﬀerence is not significant especially for the compact (rSF = 30 pc) region. For rSF = 30 pc, the

IR luminosity dominates as soon as the dust production begins
(∼3–4 Myr).
We also show the evolution of dust temperature in Fig. 4b.
The dust temperature drops rapidly in compact regions (rSF =
30 pc) because of the eﬃcient shielding of UV radiation. For
diﬀuse regions (rSF = 300 pc), the temperature drop relative to small grains is not significant because the shielding is
ineﬃcient. Owing to the a−1/6 dependence of dust temperature (Eq. (23)), the dust temperature is lower for a = 0.1 µm
than a = 0.03 µm.
Next, in order to investigate the eﬀect of dust distribution geometry, we examine the mixed geometry using the attenuation function expressed in Eq. (18) rather than Eq. (17).
The evolution of UV and IR luminosities is shown in Fig. 5a.
The UV light decreases more mildly in the mixed geometry
than with the screen geometry, because UV light originating
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Fig. 4. a) Same as Fig. 2a, but for large grains (a = 0.1 µm). b) Same as Fig. 2b, but for large grains.

Fig. 5. a) Same as Fig. 2a, but for the mixed geometry of dust distribution. b) Same as Fig. 2b, but for the mixed geometry of dust distribution.

from the “surface” of star-forming regions always escapes as
described in Sect. 2.5.1. The evolution of dust temperature is
shown in Fig. 5b. We see that the strong “exponential” drop of
dust temperature with the screen geometry (Figs. 2b and 4b)
is not seen in the mixed case because of the milder shielding
of UV light.
The physical state of the gas is also aﬀected by the assumptions about dust grains. In order to clarify this point, we compare the evolution of gas temperature, ionisation degree, and
molecular fraction in Fig. 6 for the case of rSF = 100 pc. The
solid lines, which are the same as the dotted lines in Fig. 1,
show the case of a = 0.03 µm and the screen geometry (called
“standard”). The dotted and dashed lines represent the cases of
the mixed geometry (with a = 0.03 µm) and a = 0.1 µm (with
the screen geometry). Because the UV optical depth of dust
grains becomes smaller as the grain size increases, the heating and dissociation rates are larger for larger grains, which
explains the behaviour of the dashed lines. For the molecular
fraction, the formation rate on dust grains (Eq. (3)) decreases
because of the reduced dust surface, which also contributes to

the slow increase of fH2 for the larger grains. In the mixed geometry, the shielding of UV light is ineﬃcient; the gas is heated
and molecules are dissociated. Therefore, we conclude that the
grain size and distribution are important to determine the physical state of gas.
To further investigate the eﬀect of dust size and spatial distribution on our model results, we are planning to extend our
study to include infrared SEDs. The study of SEDs has the
advantage of being able to treat the multi-temperature, multisize grain distributions, as well as stochastically heated grains
(Takeuchi et al. 2003; see also Galliano et al. 2003). Not only
extragalactic studies but also Galactic studies will help us understand why H2 formation is enhanced in actively star-forming
regions (e.g., Habart et al. 2003).

4. Active and passive BCDs

4.1. Physical properties
In the above, we have shown that both compact and diﬀuse starforming regions can keep the ISM cool and rich in molecules.
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Fig. 6. Time evolution of a) gas temperature, b) ionisation degree, and c) molecular fraction for rSF = 100 pc and Mgas = 107 M . The solid,
dotted, and dashed lines represents the “standard” (a = 0.03 µm and screen geometry) case, the mixed dust geometry (a = 0.03 µm), and the
large dust grains of the star-forming region (solid, dotted, and dashed lines for rSF = 30 pc, 100 pc, and 300 pc, respectively). The gas mass and
the star formation eﬃciencies are assumed to be 1.0 × 107 M and 0.1, respectively.
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This regime is termed an “active” mode in HHTIV. Since grains
supplied by SNe II eﬃciently shield UV photons, the gas cools
and molecule formation is enhanced. This implies that in such
an active region, gas continues to collapse and stars form in a
“run-away” mode. On the contrary, if a star-forming region is
−3
diﬀuse (n <
∼ 100 pc), the star formation
∼ 50 cm and rSF >
−1
takes place “quiescently” (ψ <
∼ 0.07 M yr ) on a timescale
8
of >
∼10 yr. This mode is called a “passive” mode in HHTIV.
The latter regime inhibits an “active” mode for the following
two reasons: first, the gas collapse occurs slowly because of
a long dynamical timescale; second, because of the ineﬃcient
shielding, it is subject to strong UV heating and photodissociation of molecules resulting from the star formation activity.
Let us consider our results from the viewpoint of the
gas state. In an active region, independently of the initial

conditions, the eﬃcient dust accumulation lets the gas cool to
T<
∼ 300 K through molecular cooling and UV shielding. Such
a low temperature is crucial for the eﬃcient formation of H2
(Cazaux & Tielens 2002), causing a rapid increase of fH2 . On
the contrary, the evolution of a passive region proceeds without molecular cooling and UV shielding, and remains hotter
(T >
∼ 5000 K). This implies that the gravitational collapse in
diﬀuse regions is ineﬃcient and self-regulated, because of the
stellar heating, especially the photo-ionisation heating (Lin &
Murray 1992).
What determines the size and density of a star-forming region? With a constant density, the typical length of a gravitationally bound region is given by the Jeans length λJ :

λJ = 100

T
104 K

1/2

n
100 cm−3

−1/2

pc.

(26)
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If a star-forming region is photo-heated, the gas temperature
becomes T ∼ 104 K. Therefore, the typical size of a selfregulated star-forming region is determined by the gas density
as ∼100(n/100 cm−3 )−1/2 , consistent with the size of passive
star-forming regions. Since an active star-forming region further cools through dust shielding, the gas collapses. We suggest
that this collapse finally produces the high surface brightness
and compact size observed for active star-forming regions.
Therefore, the initial gas density, which determines the
self-gravitating length (Eq. (26)) of a star-forming region, is
important for the bifurcation into active and passive regimes.
However, ambient pressure can also influence the fate of a starforming region (e.g., Elmegreen & Efremov 1997; Elmegreen
& Elmegreen 1978; Elmegreen & Hunter 2000). Elmegreen &
Efremov (1997) stress that the star formation eﬃciency is affected by ambient pressure. Shock compression may be important to create high-pressure environments (Elmegreen &
Elmegreen 1978). A high pressure environment favours the formation of SSCs (Bekki & Couch 2001; Billett et al. 2002),
which are observationally known to be associated with strong
starbursts (e.g., Hunter et al. 1994). If a star-forming region is
confined by a high environmental pressure, the compression of
gas can lead to a high density and a short free-fall time. This
means that high pressure regions tend to engender an active
mode of star formation. Since there is no reason why the ambient pressure should be related to metallicity, this naturally explains why metallicity is not a primary factor of distinguishing
active and passive modes.
To link ambient pressure and region size, it is appropriate to utilise the Ebert-Bonnor formalism for self-gravitating,
pressure-bounded isothermal spheres (Ebert 1955; Bonnor
1956). The relation indicates that if rSF is smaller than the critical radius,

1/2
1
kT
rc = 0.49
mH Gpext
= 43

T
104 K

nT
106 cm−3 K

−1/2

pc,

(27)

the region becomes unstable and collapses. Therefore, if the
region is compressed roughly down to 2rc ∼ 100 pc, it becomes unstable, and can evolve into an active star-forming region. Another important role of ambient pressure is to avoid the
expansion of the star-forming region and to maintain a highdensity environment. In summary, ambient pressure has two
eﬀects: one is to make the star-forming region gravitationally
unstable, and the other is to keep the density high which leads
to short free-fall times (e.g., Elmegreen 2000).

4.2. Two prototypes
One of our main motivations is to clarify the reason why
SBS 0335−052 and I Zw 18 show diﬀerent modes of star formation: active and passive (HHTIV). First, we “simulate” these
two galaxies with our models. The necessary quantities for
our model are Mgas and rSF . The H  gas mass has been observationally derived as ∼109 M (Pustilnik et al. 2001) and
2.6 × 107 M (van Zee et al. 1998) for SBS 0335−052 and
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I Zw 18, respectively. However, we should consider these values as upper limits for Mgas , since Mgas is the gas mass in
the star-forming regions, not in the entire system. It is diﬃcult to resolve the star-forming regions in BCDs because they
are generally small. On the other hand, typical gas densities in
star-forming regions have been derived from the argument of
collisional excitation based on high (spatial) resolution spectroscopy (e.g., Izotov et al. 1999). Although this argument is
biased toward the ionised region close to massive stars, the gas
density derived in this method can be considered to be representative of the entire star-forming region. Therefore, we will
attempt to distinguish active and passive star formation and
constrain the gas mass Mgas on the basis of observed region
sizes rSF (e.g., HHTIV) and gas densities.

4.2.1. I Zw 18
We adopt rSF = 100 pc and n = 110 cm−3 (Izotov et al. 1999;
HHTIV). Equation (7) indicates Mgas  1 × 107 M which is
close to the Mgas estimated by van Zee et al. (1998). The freefall time become tﬀ ∼ 10 Myr (Eq. (4)). The observational star
formation rate is ∼0.04–0.1 M yr−1 (e.g., Hopkins et al. 2002).
This range of star formation rate is consistent with Eq. (5) if
we assume  = 0.04–0.1; we adopt  = 0.07 as a rough central value. In Fig. 7, we show the evolution of various physical
quantities typical of I Zw 18 by dotted lines. The shielding of
UV photons by dust at t >
∼ 20 Myr causes the eﬃcient cooling, recombination, and molecular formation. In particular, if
the age of I Zw 18 is <
∼20 Myr, the poor molecular content is
consistent with observations (e.g., Vidal-Madjar et al. 2000).
Kamaya & Hirashita (2001) suggest that H2 formation in
I Zw 18 may be regulated by the gas phase reaction, rather
than by the formation on dust surfaces. If we assume the age
of the youngest burst in I Zw 18 to be ∼10 Myr, our calculation gives an ionisation fraction of ∼10−3 , roughly consistent
with Kamaya & Hirashita (2001). The molecular fraction is
∼10−6 , consistent also with the upper limit by Vidal-Madjar
et al. (2000).
Recchi et al. (2002) have proposed two instantaneous bursts
separated by a quiescent period for I Zw 18. The age of the recent burst deduced by them (4–15 Myr) is in the range treated
in our paper, but an older burst which occurred ∼300 Myr is
probably also necessary (see also Aloisi et al. 1999; Östlin
2000). Hunt et al. (2003b) also derive a young burst age of
3–15 Myr, and a previous episode of star formation no older
than <
∼500 Myr. However, the stars with the age <
∼10 Myr contribute to the gas heating more than the old stars, and therefore,
the age in our model should be taken as the age of the more
recent burst.
In Fig. 8, we present the evolution of oxygen abundance
and dust-to-gas ratio for the model of I Zw 18 (dotted lines).
The horizontal dash-dotted line represents the metallicity level
observed for I Zw 18 (1/50 solar). This metallicity is reached
at the age of ∼20 Myr, which is roughly consistent with the
above ages for the current star formation activity. At this age,
the dust-to-gas ratio becomes 10−4 . The observational constraint on the dust-to-gas ratio is diﬃcult at the moment, since
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Fig. 7. Time evolution of a) gas temperature, b) ionisation degree, and c) molecular fraction for the model of SBS 0335−052 and I Zw 18 (solid
and dotted lines, respectively). The dashed line continuing from the solid line shows the evolution after tgas /2, when more than half of the initial
gas mass is converted into stars.

we must specify the gas mass contained in star-forming regions, which are generally small for BCDs, and thus diﬃcult
to resolve. Nevertheless, we estimate for I Zw 18 Mgas  1 ×
107 M , on the same order of the 2.7 × 107 M found by
van Zee et al. (1998). The dust mass of I Zw 18 is in the range
of 2–5 × 103 M (Cannon et al. 2002). Therefore, we obtain
a dust-to-gas ratio ∼10−4 , which is roughly consistent with the
model calculation at the age of ∼20 Myr.

4.2.2. SBS 0335−052
The gas number density is roughly n ∼ 103 cm−3 (Izotov
et al. 1999; Hunt et al. 2004a), and the radius is rSF ∼ 40 pc.
Equation (7) indicates that Mgas ∼ 107 M . The free-fall time
is estimated to be tﬀ ∼ 3 Myr (Eq. (4)). In order to be consistent with our previous paper, HHF02 (ψ = 1 M ), we adopt
a slightly large star formation eﬃciency,  = 0.3. Such a high

star formation eﬃciency can be correct if a region is aﬀected
by the external pressure (Elmegreen & Efremov 1997).
In Fig. 7 (solid line), we show the evolution of gas
temperature, ionisation degree, and molecular fraction for
SBS 0335−052 with solid lines. The gas finally cools on a
timescale comparable to the observationally derived young age
(∼5 Myr): the temperature drops to <
∼300 K, the medium is kept
neutral, and the molecular fraction increases. As mentioned in
Sect. 2.2, the calculation is stopped at t = tgas /2. However,
since the gas state rapidly changes around t = tgas /2 = 5 Myr,
it is interesting to show the evolution after t = tgas /2, although
neglecting the gas consumption becomes a bad approximation.
The dotted lines continuing after the solid lines show the evolutions for t > tgas /2.
The evolutions of oxygen abundance and dust-to-gas ratio
is also shown in Fig. 8 (solid line). The dashed lines shows
the evolution after tgas /2 (same as Fig. 7). We see that the
metallicity reaches 1/50 solar (roughly the observational value

H. Hirashita and L. K. Hunt: Dust in blue compact dwarf galaxies

567

Fig. 8. Time evolution of a) metallicity and b) dust-to-gas ratio for the model of SBS 0335−052 and I Zw 18 (solid and dotted lines, respectively).
The dashed line continuing from the solid line shows the evolution after tgas . The dash-dotted line represents the metallicity level of 1/50 solar.

1/41 solar) around t ∼ 6 Myr, which is marginally consistent
with the age constraint by Vanzi et al. (2000) (<
∼5 Myr). We
should note that this metallicity level is reached after tgas /2,
which implies that a significant fraction of gas in the starforming region has been consumed. The run-away collapse of
cooled gas could lead to such a rapid gas consumption. The
dust-to-gas ratio is ∼10−4 at t ∼ 6 Myr.
We have adopted a gas mass Mgas  107 M for the
star-forming region, much smaller than the observational estimate ∼109 M by Pustilnik et al. (2001) for the whole galaxy.
However, because of the lack of resolution for H  observation, it is diﬃcult to put a constraint on the gas mass in the
star-forming region. There is also a large uncertainty in dust
mass. Dale et al. (2001) estimate Mdust to be 2400 M but they
neglect the stochastically heated dust grains (in this sense, the
dust mass is underestimated), while Hunt et al. (2001) derive
105 M , but they argue that this is an upper limit because of the
assumed spatial filling factor of unity. From a radiative transfer model, which however neglects the eﬀects of small grains,
Plante & Sauvage (2002) find a dust mass of 1.5 × 105 M .
Takeuchi et al. (2003) adopt the evolution model of HHF02,
and they explain the infrared spectrum of SBS 0335−052 with
Mdust ∼ 5 × 103 M , which is smaller than the upper limit by
Hunt et al. (2001) but is larger than the possibly underestimated
value by Dale et al. (2001).
By using Mdust ∼ 2 × 103 –105 M and Mgas ∼ 107 M ,
we obtain a range of the dust-to-gas ratio in SBS 0335−052
of 2 × 10−4 –10−2, which is larger than that expected from our
model. Because of the uncertainties in the dust mass and the
gas mass, further observations are needed to better constrain
these numbers for SBS 0335−052. Recently, Inoue (2003) also
has discussed the dust-to-gas ratio of SBS 0335−052 with his
model but he has reproduced the observational dust-to-gas ratio
7
with t >
∼ 10 yr. Nozawa et al. (2003) have proposed a SN dust
production larger than Todini & Ferrara (2001), and their model
could solve the discrepancy between theory and observation.

4.3. Possible intermediate active/passive BCDs
The active and passive modes of star formation are clearly two
extremes on a continuum. In this paper, we have singled out
two parameters that determine a galaxy’s position on this continuum, namely size rSF and density n. Dust properties distinguish the two extremes, but they also must be viewed as part of
a continuum of possibilities.
Figure 1 of HHTIV indicates that active and passive BCDs
are clearly separated into two sequences in the surface brightness – density relation. However, there are BCDs which could
be considered as intermediate between the active and passive
extrema. For example, Mrk 71 (NGC 2366), whose metallicity is about 1/10 Z (Peimbert et al. 1986), has a compact
star-forming region but a low surface brightness (Hunt et al.,
in preparation). Moreover, no SSCs are found in this galaxy
by Billett et al. (2002). Another possible intermediate galaxy
is Tol 1214-277, whose metallicity is about 1/25 Z (Izotov
et al. 2001). It has a dense (n  210 cm−3 ; Fricke et al. 2001),
but rather diﬀuse star-forming region (size ∼ 200 pc; Hunt
et al., in preparation). However, since this galaxy is distant
(104 Mpc), it is diﬃcult to constrain the size star-forming region of Tol 1214-277 even with the spatial resolution of Hubble
Space Telescope.

5. Implications for high redshift
Large numbers of primeval galaxies are expected to exist in the
high-z universe (z >
∼ 5; e.g., Scannapieco et al. 2003). Because
such galaxies must necessarily be chemically unevolved, it is
useful to extend our concept of the active-passive dichotomy
to high z. The “active” mode of star formation is particularly relevant for high-z galaxies, because of high gas density
−3
>
∼1000 cm (Norman & Spaans 1997) and warm dust content.
Galaxies become IR luminous on much shorter timescales
than the cosmic age at z ∼ 5 (HF02), even at metallicities is as low as I Zw 18 or SBS 0335−052 (see also

568

H. Hirashita and L. K. Hunt: Dust in blue compact dwarf galaxies

Morgan & Edmunds 2003). We have shown that during an “active” star formation episode with no prior chemical enrichment,
dust produced by SNe II eﬃciently shields the UV radiation.
This means that the heating by UV photons in the ISM is not
suﬃcient to halt gas cooling. Therefore, it is important to trace
the high-z star formation activity in the IR (or sub-mm) (e.g.,
Chapman et al. 2001). Indeed, large extinction has been shown
by some samples of high-z galaxies (e.g., Meurer et al. 1999;
Stanway et al. 2003).
The “active” mode is also characterised by high dust temperature (>
∼40 K) because of the high UV interstellar radiation
field. Totani & Takeuchi (2002) have shown that the existence
of high temperature dust at z ∼ 3 is favoured to explain the
far-IR cosmic background radiation. Thus, it is important to
investigate a potential increase of the “active” star formation
mode at high z (especially the increase of a population with
high dust temperature), in order to quantify the contribution of
such galaxies to the cosmic IR background.
Indeed, virtually all high-redshift star formation may occur in the “active” regime. It is not clear whether there are
high z objects corresponding to the “passive” mode of star formation. H2 has been diﬃcult to detect from damped Lyα clouds
(DLAs; e.g., Petitjean et al. 2002; Ledoux et al. 2003). In gen−6
eral, stringent upper limits of <
∼10 have been placed on the
molecular fractions for DLAs. In passive star-forming regions,
the molecular fraction is kept as low as ∼10−5 on timescales
of several tens of Myr. Therefore, some of the DLAs could be
“passive” star-forming objects. However, the low abundance of
molecules can also be explained by photodissociation by the
cosmic UV background radiation (e.g., Hirashita et al. 2003).

6. Conclusions
In this paper, we have theoretically modeled the “active” and
“passive” star formation modes observed in metal-poor BCDs.
The “active” mode is characterised by dense and compact (n >
∼
500 cm−3 and rSF <
∼ 50 pc) star-forming regions. On the con−3
trary, the “passive” mode takes place in diﬀuse (n <
∼ 100 cm
>
and rSF ∼ 100 pc) star-forming regions.
In the dense regions observed in “active” BCDs, the gas
free-fall time is typically shorter than ∼5 Myr. Such a short
free-fall time can enhance star formation activity and generate an eﬃcient supply of dust from SNe II. An accumulation
of dust in such a compact region leads to a large dust optical depth, and the region consequently becomes luminous in
the IR. Even in the environment of active star formation, the
gas retains the physical conditions favourable for the gas col−2
lapse: cool (<
∼ 10 ). The
∼1000 K) and highly molecular ( fH2 >
above characteristics explain the properties of star-forming regions in the BCDs categorised as “active” in HHTIV, especially
SBS 0335−052 (i.e., IR luminous, containing hot dust, rich in
molecules, compact, and dense).
In “passive” BCDs, the dynamical time of diﬀuse regions
is longer than 107 yr, and the star formation rate can be as low
as <
∼0.1 M . The increase of dust optical depth is milder and
therefore “passive” star-forming regions become IR luminous
much later in their evolution, >107 yr. Such a passive region

−4
has a low <
∼10 molecular content, and it would be diﬃcult to
detect H2 in passive BCDs.
However, the physical state of gas is strongly aﬀected by
the size and spatial distribution of grains. With a fixed total
dust mass, if the grain radius is large, the optical depth of
dust against the UV light is small. This means for large grains
(∼0.1 µm), the gas temperature and ionisation degree tend to be
high, and the molecular fraction tends to be low. As for the spatial distribution of grains, eﬃcient shielding of UV light takes
place in a screen geometry, which leads to eﬃcient cooling
and molecule formation. On the contrary, in the mixed geometry, because of ineﬃcient shielding, the gas is heated to nearly
104 K, and the molecules are eﬃciently dissociated.
We also discussed the evolution of dust-to-gas ratio and
metallicity. In particular, our model is consistent with the
observations of I Zw 18 and SBS 0335−052, but future observations of dust in metal-poor ([O/H] <
∼ −1) BCDs are
needed for further constraints. The consistency also implies
that around 10–20% of metals supplied from SNe are in the
dust phase.
We have shown how diﬀerences in two physical parameters of a star-forming region, its size and density, can lead to
substantially diﬀerent evolution over time. The distinction has
been made between “active” and “passive” modes, but such
a dichotomy is perhaps misleading, since they are rather extremes on a continuum. Pressure must also drive evolution of a
star-forming region, and may determine a region’s initial size
and density. However, after the onset of star formation, dust
shielding of UV photons determines the fate of star-forming regions, which finally bifurcates into active and passive regimes.
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Appendix A: Equilibrium dust temperature
We derive and discuss the equilibrium dust temperature in
Eq. (21). We start from the following equation between absorbed and emitted energy of a grain:
 ∞
2
2
cuUV πa QUV = 4πa
QIR (a, λ)πBλ(T dust ) dλ,
(A.1)
0

where uUV is the radiative energy in UV defined in Eq. (2), a is
the grain radius, Bλ (T dust ) is the Planck function estimated at
the wavelength of λ and the dust temperature of T dust , and QUV
and QIR (a, λ) are the absorption cross sections of a grain normalized by the geometrical cross section in UV and IR, respectively. We assume that QUV is independent of λ (Draine & Lee
1984), and adopt the following form for QIR (a, λ):
QIR (a, λ) =

2πAa
·
λβ

(A.2)
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In the main text, we assume that β = 2 (Drapatz & Michel
1977; Shibai et al. 1999; Takeuchi et al. 2003), but we generalise the wavelength dependence. Since the Planck function is
written as
Bλ (T ) =

2hc2 /λ5
,
exp(hc/λkT ) − 1

(A.3)

where k is the Boltzmann constant, we obtain the following
analytic solution for T dust :
1/(4+β)

hc
uUV QUV
T dust =
,
(A.4)
k 16π2 AahcI(3 + β)
where the function I(α) is defined as
 ∞
xα
dx (α > 0).
I(α) ≡
x
0 e −1

(A.5)

Since I(5) = 8π6 /63, we obtain Eq. (21) for β = 2.
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