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Differential rotation decay in the radiative envelopes of CP stars
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Abstract. Stars of spectral classes A and late B are almost entirely radiative. CP stars are a slowly rotating subgroup of
these stars. It is possible that they possessed long-lived accretion disks in their T Tauri phase. Magnetic coupling of disk and
star leads to rotational braking at the surface of the star. Microscopic viscosities are extremely small and will not be able to
reduce the rotation rate of the core of the star. We investigate the question of whether the magneto-rotational instability can
provide turbulent angular momentum transport. We discuss whetffieratitial rotation is present in CP stars. Numerical MHD
simulations of thick stellar shells are performed. An initidfeliential rotation law is subject to the influence of a magnetic field.

This configuration does indeed give rise to a magneto-rotational instability. The emerging flows and magnetitifieldye
transport angular momentum outwards. Weak dependence on the magnetic Prandtl adfitfen(stars) is found from the
simulations. First tests with stratified shells shofetient flows, but the samdfigiency of angular-momentum transport. Since

the estimated time-scale of decay offdiential rotation is 18-1C° yr, and comparable to the life-time of A stars, we find the
braking of the core to be an ongoing process in many CP stars. The evolution of the surface rotation of CP stars with age will
be an observational challenge, and of considerable value in verifying these simulations.
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1. Introduction stellar plasma is extremely small. We can estimate the time-

Th t K iqinall tivated by th ist s%ale of viscous decrease of the rotation in case of external
€ present work was originally motivated by the existence g aking simply by estimating the time-scale due to the gas’s

stars of spectral type A, of which a subgroup is distinguish% cosity of roughlyy = 10 cn?/s. For a stellar radius of
by their strong magnetic fields. These peculiar A and late B _ 101 ¢m, we get a viscous time-scale /v ~ 10 yr

s;tars, V\,:E'Ch tzre' collectively cte_llledl Ct:_P sta_:_sh, r(g[_atels'gmf'cirf[%)ﬁich is 4-5 orders of magnitudes longer than the life-time of
slowerthan Iheir non-magnetic refatives. The dipole axes ol Wega 5 and even a thousand times more than the age of the

magnetic fields of CP stars have various orientations, with 8. o .o viscous decay of thefidirential rotation in any ra-
tendency to larger tilts at faster rotation (Landstreet & Math)fﬁative shell of a star is thus not applicable. As long as there

2000). ) _ .. is no convection providing turbulent transport of angular mo-
Young stars sflier from considerable rotational braking, MNentum (whosefiiciency may, however, not be very high), we

particular during their pre-main sequence evolutionary phaggy, |4 expect strong fierential rotation on the way from the
Angular momentum is lost partly through stellar winds in thgtellar surface to the deep interior

T Tauri phase. Additional braking probably applies to T Tauri
stars having an accretion disk (classical T Tauri stars — CTTS). Differential rotation in a radiative star will be prone to the
These stars also form a slowly rotating subgroup amoﬁgagneto-rotational instability, which requires only two things:
the T Tauri stars (Bouvier et al. 1993), just as the slow CP st&@# angular velocity decreasing with axis distance and a weak
do among ordinary A and late B stars. Magnetic fields exifdagnetic field (Balbus & Hawley 1991). The question of what
ing the accretion disk will couple to the stellar field and exerfveak” means will be addressed in Section 2 in the discussion
torques as well. The braking igfieient for solar-mass T Tauri of the initial magnetic field used for our simulations. The in-
stars, as found by Cameron & Campbell (1993). Recentfjability is known to evolve quickly on the time-scale of the
Stepieri (2000) proposed the analogy between the CP star sifpfation period. It has turned out to be dfi@ent generator of
group and the CTTS among T Tauri stars and explains the siB{pulence in accretion disks. See e.g. Kitchatinov édrgér
CP stars by rotational locking with the disk in their pre-maid1997) for a linear global analysis and Hawley (2000) and Arlt
sequence phase. & Rudiger (2001) for simulations. However, the instability is
If stars are considerably slowed down at the surface, h&nually applicable to a stellar interior as long as the angular ve-

fast do their interiors rotate? The microscopic viscosity ¢fCity decreases with axis distance in parts of the spherical do-
main. The mechanism is typically termed magneto-rotational

Send gprint requests toR. Arlt, e-mail:rarlt@aip.de instability or Balbus-Hawley instability. It is a consequence of
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the local and linear MHD equations; a lower limit to the magn space and time in our approach. This normalization leads to
netic field is only imposed by the magnetidfdsivity  which the magnetic Prandtl number,

is extremely small for stellar plasma. Field geometry is also v

almost irrelevant for the onset of the instability. The magnetg-mz ; ®3)
rotational instability must be quite ubiquitous in stellar radia-

tive zones as soon asfiirential rotation emerges, likely to beM€asuring the ratio of fiusive to viscous time-scales.
caused by surface braking. Instead of the physical andB, we integrate the potentials

The dfect of magneto-rotational instability in radiative stel?’ f. g, andhwhich compose the physical quantities by

lar zones was approached earlier by Balbus & Hawley (1994)= V x (ef) + V x V x (fF), (4)
with a local, linear analysis. Their result is that the instability — v x (47) + V x V x (hf), (5)
does not lead to radial transport of angular momentum because _ ) S _

of the stabilizing radial stratification. Transport would emerg#éheref is the unit vector in radial direction. The potentials for

on spherical shells and deposit angular momentum in the eqi&nd B are decomposed into Chebyshev polynomials for the
torial plane. radial dependence and into spherical harmonics for the angular

We would like to address the question of how long it takecgependence. The representation.by potentialg impliesvthat
to turn the radiative envelope of the star into a uniformly rd! = 0 an_d_V_~ B=0 are always fuIﬂIIed_automatlcaIIy. .
tating shell. Is there any chance to maintain a rotation profile 'I_'he_ |n|t|a_l conditions for the V(_alocny represen_ts a rotaugn
depending only on the axis distance? The answer of whetREpfile In which t_he angular_velomty decreases with the cylin-
or not diferential rotation may be expected will have cons@€' radiuss =rsing, according to

guences for the geometry of magnetic fields or possibly f&r_ Rm ©)
their generation in CP stars. 1+ (25)2q’

The questions were investigated numerically. The simula- . : N
. X . . whereRmis the magnetic Reynolds number, which is deter-
tions described in Sect. 2 are fully global and non-linear, but. ; : .
. . . mined by the normalized angular velocity on the axis,

do not possess density gradients or buoyancy. This makes the

configuration diferent from the linear analysis by Balbus me R?Qo
Hawley (1994) which was only linear, but included buoyancy. ™ 5 '

While the full global model has not yet been accessible, “is Rmwill be varied in our simulations; we always pyit 2.

also present first results from density-stratified caIcuIatiorE.Iorofile depending on the axis distance appears to be a rea-

The third to fifth sections deal with the hydrodynamic and Madsnable choice for the internal rotation of a star being prone to

netohydrodynamic evolution of a thick spherical shell. We wi
discuss the consequences of the computations in Sect. 6.

(7

magnetic coupling with an accretion disk.
According to the Rayleigh criterion of hydrodynamic

stability,
. . dj2
2. Simulations = 0, (8)
S

The simulations apply the spectrr_all, spherica} MHD code Wherej - £Q is the angular momentum per unit mass, the
Hollerbach (2000). The computational domain covers a full,oye rotation profile (6) will provide us with a hydrodynam-
spherical shell from the inner radius = 0.2 to the outer ra- jc4)ly stable configuration. For large axis distanses- 1 the

diusro = 1.0. We start from the non-ideal MHD equation$) ofile with q = 2 would be marginally stable, but within our
with the kinematic viscosity and the magnetic fusivity 7. she|| of finite radius, the Rayleigh criterion is not violated.

The time-dependent, incompressible, non-dimensional equa-The construction of the initial magnetic field is based on

tions are then a vertical, homogeneous field, onto which we impose a non-
axisymmetric perturbation of Fourier mode = 1. The total

(% +U- V) u=-Vp+Pmv2u+(VxB)xB (1) initial magnetic field can be written as

9B , B = Bo[Z+ esinkz+ 7/4)X], 9)

— =VB+Vx(uxB 2

ot ( ) 2) whereZ is the unit vector in the direction of the rotation axis

andX is a unit vector in the equatorial plane. The wave number
with the usual meanings of B, andp as the velocity, magnetic of the perturbation i& = 4z. We addedr/4 to the second term
field, and pressure which is not explicitly calculated in thig (9) in order to provide mixed parity to the system. Equatorial
model, but eliminated by applying the curl-operator to Eq. (1and axial symmetry are thus broken allowing the system to de-
We integrate the equations in a non-rotating frame of referenggjop flows and fields in all modes.

The rotation is thus entirely made upwf The initial magnetic field containBy = 100 ande = 1
Lengths are normalized with the radius of the sph&e, in most of our simulations. ARm = 10000, this configura-
times are measured inftlision timesR?/5, velocities are nor- tion implies a magnetic energy which is two orders of magni-
malized withn/R as well as magnetic fields witR/upn/R.  tude smaller than the kinetic energy in the initial rotation (pre-
Note that the permeability and the density are constants cisely Enag = 0.017En). The magnetic energy is thus much
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smaller than the rotational energy as required for the onsetvafy Pmin our MHD simulations to evaluate the reasonable-
the magneto-rotational instability. In a real stellar environmemtess of usind®mnear unity.
these quantities are roughly 30 orders of magnitudes apart. ~ The velocity and magnetic field in our computational
We have also reduced the perturbation amplitude2d.1  domain are decomposed into 50 Chebyshev polynomials,
in order to estimate the sensitivity of the results to this pa00 Legendre polynomials, and 30 Fourier modes. This resolu-
rameter. As we will see in Sect. 4, the onset of the magnetion is suficient to resolve the above wavelengthigk; = 0.1
rotational instability is not fiected by the smaller amplitude.in our numerical setup. The nonlinear term@ - V)u + (V x
The decay of dterential rotation takes slightly longer with aB) x B andV x (u x B) are computed on a suitable number
factor of 1.6 but does not increase by an order of magnitudeof collocation points in real space, and the spectral decom-
Are stars in the giicient regime of the magneto-rotationaposition of these “right sides” are fed into the implicit time-
instability? For accretion disks rotating according to thstepping scheme of the linear part of Egs. (1) and (2). Apart
Keplerian law where2 ~ s73/2, the wavelength of the mostfrom our standard resolutiork(L, M) = (50,100 30), first
unstable mode is simulations with lower resolutions oK(L, M) = (25, 30, 30)
Ainst = 2716/ 15Ua/Q (10) and K, L, M) = (50,50, 30) led to the same results within 3%_.
The boundary condition for the flow is stress-free at the in-
whereua = B/ jup is the Alfvén velocity (Balbus & Hawley nermost and outermost radius. Vacuum conditions are imposed

1998). Let us assume that the rotation profile is partly Keplerigithe magnetic field at the inner and outer boundaries.
in a star and the rotation period is 1 day. A magnetic field

of 100 kG will result — for densities between 1 and gcm® —
in wavelengths of 90 000 to 9000 km. 3. Hydrodynamic evolution

At this point, we can see that the magneto-rotational insta- ) )
bility will set in much less promptly iftns > R, thus imposing Before studying the magnetohydrodynamic case, we have to

an upper limit to the magnetic field. In principle, Eq. (10) redssess the evolution of the rotation flow without magnetic

flects the aforementioned fact that the magnetic energy m(j§lds- This is of particular interest since the stress-free bound-
be significantly smaller than the kinetic energy in order to &Y conditions are not compatible with the initial azimuthal ve-
called a “weak field”. For stars, this is no problemiag; and !ocny p_rofllel_J¢(r sme_). The rot_atlon pr(_)f|le WI|| Iead_ to merid-
B are proportional, and the limiting magnetic fields for whicILP_naI cwcglatlons which equalize theftéirential rotatlon onthe
Ainst > Rare at least an order of magnitude larger than the fiel§SCOUS time-scale. We thus need to determine the purely hy-
assumed in the stellar interior. drodynamic decay time before we can turn to magnetic config-
There is no lower limit forB in ideal MHD, but the non- urations and their instabilities. _ _
vanishing difusivity  leads to a minimum magnetic field nec- We measure a decay time witi(r,¢) in the equato-
essary for the magneto-rotational instability. Essentially, thigl Plane. The quantity is averaged ovgrproviding a one-
growth rate of a perturbation withse must be larger than thedmgnspn_al functlop of. Thg equatorlal plane was chqsenjust
decay rate of a structure of the same wavelength. The formefQs Simplicity. Function (6) is fitted to that profile varyirgm
independent ofl, whereas the latter changes witt?. Balbus andd. We determine the time wheg(t) = 1 and call it the
& Hawley (1998) give estimates of the minimum field for th€l€Cay timerdecay
limits of Pm>> 1 andPm < 1. Both cases lead 8 ~ 1 G in A model with Rm = 10000 gradually decays and reaches
stellar interiors, assuming= 1000 cnfs . g = 1 after 65 rotation periods,,;. We will see later that
Even though magnetic fields in Ap stars are well in the suffis time is much longer than the decay time caused by
able range for instability, we have to check the applicability df€ magneto-rotational instability. The kinetic energy in the
our initial B for the numerical model, which requires a mucheridional circulation is less thary2D00 of the energy of
larger magnetic diusion. This strong diusion makes the in- the azimuthal velocities. ARm = 50000 the viscous decay
stability window much narrower than it is in reality. lasts much longer than 200 rotation periods (Fig. 1). The ra-
Using the angular velocity of about 6000 sit= 0.6, the tio of azimuthal to meridional kinetic energies now exceeds
lower, diffusive limitisB = 75, while the upperconstraintfmmlo“. Viscosities as low as stellar microscopic values are of
the sizeR of the domain i = 920. In the computational setupcourse not achievable by numerical simulations. We can turn
with Rm = 10000 andB, = 100, we obtain a wavelength oft0 magnetohydrodynamic computations knowing that the de-
the most unstable mode @f, = 0.1 nears = 0.6. Under real sired mechanism of derential-rotation decay should work on
conditions, the range of suitable fields spans many orders@fime-scale of order 10 rotational periods or less to be essen-
maghnitudes, sincR is huge and; is extremely small. tially unaffected by viscosity.
The values of°Pm Rm the initial magnetic field strength
By and the amplitude of the perturbatienare the free param- )
eters in the equations. Stellar gases possess magnetic PréhdHD evolution
numbe_rs ofPm ~ O._Ol. Values dfgrent from unity are typi- 4.1. Simulation results
cally difficult to achieve by numerical schemes. Values vastly
different from unity mean that the time-scales for théudive The following simulations including magnetic fields regard the
processes in velocity and magnetic field§etivery much and enhanced decay rate offiirential rotation as expected from
are thus hard to cover appropriately by one simulation. We wille magneto-rotational instability. An initial magnetic field as
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: ' ' ' " 1 simplicity — again taken from the equatorial plane and aver-
1.90 3 3 aged over the-direction. The initial diferential rotation pro-
i file of (6) with Rm = 10000 andg = 2 is shown as a flat
o 180F 3 curve, while the steepest, nearly parabolic lines are the final
A i distribution of angular momentum, corresponding to a nearly
= 1.70F 3 uniform rotation. We plotted dashed lines for 4.87,; a gap
B 1 Dbetween these and the solid lines marks the transition period
= 160§ 3 when strongest transport of angular momentum is found.
” 1 50E 3 The redistribution of angular momentum is a combined re-
1 sult of stresses from velocity and magnetic field fluctuations.
1,40§— — The averagesu;u;> and —(B;B{;), which are again taken in
- ) ' ) ' the equatorial plane only, show a clear domination of magnetic
0 50 100 150 200

stresses over kinetic stresses, occasionally by a factor 10.

In the same way as in Sect. 3 we measure the decay time of
Fig. 1. Hydrodynamical computation of the viscous decay @festen- the diferential rotation by the time it takes the system to cross
tial rotation. A Reynolds number &tm= 50 000 was used here. aq = 1 profile. Despite the enormous flows emerging, the az-
imuthally averaged angular velocity provides us with profiles

. : . : . Q(r) in the equatorial plane which are fairly compatible with
d_escrlbed in Eq. (9.) In Sect. 2 causes_polmdal flows W't.h Ve two-parameter function (6). Figure 8 shows examples of
tices of the same size as the perturbation of the magnetic figlfl ., fits for two velocity snapshots of the simulation illustrated

They form i.n qll pIacgs_, except where the gradiept of the 3%y snapshots in Figs. 2 and 3. It is thus still reasonable to use
gular velocity is negligible, i.e. close to the rotation axis. e steepness for defining the decay time even for the simu-
series of vertical cuts through the velocity field at four eq“idifétions where the magneto-rotational instability emerges

tant times is shown in Fig. 2. The projected velocity vectors The decay ofg with time is given by the solid Iine.in

indicate that the problem is numerically resolved. Note that I .
only every second vector of our collocation point grid is plotte%'g' 9. A short transition period betweerD4r o and 55 Tror

for the sake of visibility; at radii smaller than 0.45 only ever an be seen. The third velocity SI'Ce. of '.:'g' 2 W't.h strong ra

: L o I up and down flow sheets falls right in the middle of this
third vector. The same series is shown for the magnetic field 10" X )

: . riod. Towards the end of the computation, the system oscil-
Fig. 3. The vector lengths in both graphs are not compara round an ilibrium state with- 0. and magnetic and
among the four slices; they are scaled for best visibility. ates around an equ u ah= 0, 9

kinetic energies decay exponentially.

The first velocity snapshot after 1.6 orbital revolutions - 7
shows the development of cells as the direct consequence of thel N€ transition period is less marked when we go to lower

Lorentz forces resulting from the magnetic-field perturbatiofiffusivities, i.e. to higher magnetic Reynolds numbRra
Two counter-rotating vortices represent one wavelength of the€ Steepnessdiminishes more gradually, but still on a time-
perturbation from the second term in (9). Roughly four of the§€@l€ which is an order of magnitude shorter than viscous de-
waves fit into the sphere according to the wavenurkbedz, €& in purely hydrodynamic simulations. (Note, however, that
The second slice shows the emergence of relatively thin shd8 diference to viscous decay is expected to be much larger
of strong radial flows in up and down directions. These featurls@ réal star.) We have added the non-magnetic model with
become very prominent in the third figure afte8 4.o.. They _Rm: 10000 asa dashed line in Fig. 9 |Ilqstrat|qg the marginal
are actually quite extended over several tens of degrees in '3fuence of viscous decay on the MHD simulations.
imuthal direction. A detailed plot with the full resolution of our
collocation point grid is shown in_Fig. 4 magnifying alocalizeq; » Application to stellar parameters
upstream. The fourth velocity slice of Fig. 2 shows an almost
equalized rotation profile and a decay of small-scale featuresine rotation profile seems to decay on the rotational time-scale.
the flow. This is apparently far too fast for any trace@fs)-rotation in

The latitudinal resolution of the model shown in Fig. 3 istars with radiative envelopes. We will later see that this is not
plotted in Fig. 5 as a series of three Legendre spectta=at quite true. There are the real physical quantities which are hard
0.001, 0.003, and 0.010, corresponding t6é %o, 4.8 7or, to match in a computer simulation. Thefdsive time-scale is
and 167, resp. Maximum and minimum power span 2.5 omrders of magnitudes longer than the rotational time-scale. We
ders of magnitudes in the most turbulent case (solid line). Theanaged to make them more than four orders of magnitudes
initial power contrast is 10(dotted line); after the redistribu- different and may obtain an extrapolation towards real stel-
tion of angular momentum, the contrast quickly reaches ther parameters. The magnetic Reynolds nunider= R°Q/n
same order of magnitude again (dashed line in Fig. 5). Thestellar radiative zones is about#910'*. The highesRm
spectra of the velocity fields are very similar. The Fourier speaehieved numerically is 50000 in this presentation. The de-
tra as given in Fig. 6 show very satisfying power contrast glendence of the decay timgecay ONn the magnetic Reynolds
through the simulation. number and magnetic Prandtl number is shown in Fig. 11. The

The change of specific angular momentum as a functiondsgcay times are given in rotation periods, which is a few days
axis distance is plotted in Fig. 7. The profiles®€2 are — for for CP stars. Fortunately, we found no significant dependence

TIME (ROTATIONS)
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Fig. 2. Series of velocity snapshots for the model wiRin= 10000 andPm = 1 att = 0.001, 0.002, 0.003, 0.004 félision times (1.6, 3.2,
4.8, and 6.4«;). The grey level contours refer to the angular velocifys. The scaling of these contours is the same in all four cross-sections,
while the scaling of the vector lengths varies. For better visibility, we plotted only every second vector; only every third Helals.
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Fig. 3. Series of snapshots of the magnetic field for the model Rith= 10 000 and®m = 1 att = 0.001, 0.002, 0.003, 0.004fflision times
(1.6, 3.2, 4.8, and 6.4,). The grey level contours refer &),. Again we plotted only every second vector; only every third belew0.45.

of the decay times oRm As the true magnetic Prandtl numbethe constituents of the transport of angular momentum is not

will be of the order of 162 for stars, we may assume that ouchanged and reaches 10:1.

Pm near unity will not imply severe ¢lierences from the real ~ With a series of computations with variol&m we can

physics. make an attempt to extrapolate the decay time to stellar con-
Also the amplitude of the perturbation of the initial verti- ditions. It is found that the decay time scales as the magnetic

cal magnetic field was changedde- 0.1. The resulting decay Reynolds number, in particular fém > 10 000 which is the

of differential rotation for the model witRm = 10000 and interesting interval. Measured infilision times, the decay time

Pm = 1 is shown in Fig. 10 in terms of the steepngsef depends only slightly oRm We derive the relation

the rotation profile. The decay time increased from 510 8 r@gecsy  Rm

tation periods. Also the ratio of magnetic to kinetic stresses as .~ ~ 2000 (11)
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Fig. 6. Azimuthal decomposition in terms of Fourier spectra of the
magnetic field energy for the model wiBm= 10000 andPm= 1 at
the same times = 0.001 (dotted), 0.003 (solid), and 0.010 (dashed)
as in Fig. 5.

5OOO§ - - - %
: S
Fig. 4. Detail of the velocity field shown in the third slice in Fig. 2& F /,’/ Pise
with full collocation point resolution. E F //;’"‘ ]
= 3000 1d .
O F 1
T T T T 2 E E
= F ]
=5 2000F E
-} r ]
&} r 1
e % E ]
% | Ma \\'; 1000 ? E
= 10°F AN . . g :
T ~ o _ E . N M T
0 RS 0.2 0.4 0.6 0.8 1.0
10" ~ o -
Sl T el RADIUS
10~ 2k AR \;_ Fig. 7. Redistribution of angular momenturj in the model with
. . . . Rm= 10000 andPm = 1. The same equatorial averages as applied
20 40 60 80 100 for the determination of the steepnepwere used, angl was plotted

for various times of the simulation in steps 064,.; dashed lines are
fort > 4.8r. The flat profile is from the initial rotation profile, the
Fig. 5. Legendre spectra (latitudinal decomposition) of the energy sfeep, nearly parabolic profile is the final state with almost constant
the magnetic field for the model witRm = 10000 andPm = 1 at angular velocity.

three instances. Dotted liné:= 0.001 in the beginning of the in-

stability; solid line:t = 0.003 during the period of strongest flows 10000 T T T
(transition period); and the dashed linez 0.010 when velocity and
magnetic fields decay. These times correspond to 1.6, 4.8, ang.16

LEGENDRE MODE L

8000

6000
wheretq is the rotation period of the star. If the stellar pa
rametersR = 2 R,, 1ot = 1 day, andp = 1000 cnfs™
(Spitzer 1956) are applied, the magnetic Reynolds numberis
3x 10*. The difusivity is the variable ingredient here; our di-

GULAR VELOCITY

4000

LI B B B S B B /B B D R B N B

agram in Fig. 11 can thus be annotated wjtimstead ofRm = 2000 S
(see upper abscissa).Rimenters (11) with an exponent unity, o . . . ]
the decay time is actually locked to thefdiion time and not 0.2 0.4 0.6 0.8 10
to the rotation period. If we adopt a stellBm = 1072 and RADIUS

(rje.;,fvme It:_'qll (1t1)t'a sd'aca%ﬁm = 0.0005PmRe we Sfe ?hthat the Fi&. 8. Two examples of the angular velocity averaged in the equatorial
irerential-rotation decay as a consequence of the magn%li ne as a function of radius (solid lines) and the fit of (6) wRtm

rotational instability is 0fO(10°) times faster than the viscousandq (dashed lines) dt= 0.0015 (24,o;) andt = 0.0032 (517rcy).
decay scaling witlRe
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Fig. 9. Variation of the steepness of the rotation profile with time MAGNETIC REYNOLDS NUMBER

as computed from azimuthal averages of the angular velocity of thigj. 11. Decay time of diferential rotation versus magnetic Reynolds
model withRm= 10000,Pm = 1, By = 100, ande = 1. The result- number for nine simulations with high spectral resolution. The decay
ing function ofr was fitted to a function of the form (6). The dottedime is measured in rotations. The upper abscissa gives an idea of the
line indicatesg = 1 which will be used to define the decay time ofnagnetic difusivitiesn implied by the Reynolds numbers, assuming a
the differential rotation. The dashed line shows the changgiofa stellar radius and stellar rotation rate. The solid line refelRrto= 1,
hydrodynamic model where theftlirential rotation decays only by the dashed line shows the resultsRyfi = 10. An asterisk indicates
viscosity. the decay time for the only computation wim= 0.1.
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Fig. 10. Variation of diferential rotation of the model witkm = Fi9- 12. Development of the steepneg®f the rotation profile for a

10000 as in Fig. 9. The initial perturbation of the vertical magneti@Odel with background density stratification. The dashed line is the
field however. was a factor 10 smaller than there.0.1. hydrodynamic evolution, the solid line is the evolution with magnetic

fields.

Relation (11) delivers a decay time of31C® yr for the
stellar parameters given above. This is of the order of the lifgdapted to retain stress-free surfaces. The density stratification
time of an A star. Of course, this extrapolation involves cofs given by
siderable uncertainty. If we look at the graph Rm = 10, the
power of Rmis slightly lower, Tgecay' 1ot = 0.002RNPE% The  p(r) = po exp(=r/ro), (12)
resulting decay time foRm= 3 x 104 is 7gecay= 107 yr.
wherepg is the central density ang is the scale-height; here
ro = 0.8, giving a density contrast of 2.7:1 between the inner
and outer boundaries. The initial rotation profile and magnetic
The results of Sects. 3 and 4 are limited to a homogeneous flfigdd are the same as in Egs. (6) and (9) using the parameters
sphere, and we would like to address the influence of a dengiyFig. 9.
stratification here. The numerical scheme can be extended toThe hydrodynamic and MHD evolutions of this configura-
a background density stratification which does not vary wition are shown in Fig. 12. Since a profilKs) is no longer com-
time. The quantitiee and f of Eq. (4) now constitute the masspatible with the Taylor-Proudman theorem, circulations lead to
flux rather than the velocity. Additional flisive terms and stronger variations af even in the hydrodynamic case. Yet, the
nonlinear terms were implemented, and boundary conditicatual decay, as seen from the dashed line, is still much slower

5. Density stratification
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R I emerge, and rapid equalization offdrential rotation is found.
An extrapolation to stellar parameters gives decay times of dif-
ferential rotation of the order of 10—100 million years. This is
the time-scale over which redistribution of angular momentum
is taking place. The magneto-rotational instability grows on a
scale of rotation periods, but the néli@ency of angular mo-
mentum transport in the fully nonlinear regime is obviously a
different one. First tests with stratified spherical shells indicate
similar or even higherféiciencies in the redistribution of angu-
lar momentum, although the flow patterns ar@atent from the
patterns in a non-stratified configuration. We would like to ad-
dress the fects of buoyancy and its combination with density
stratification in a future contribution. Since magnetic forces act
in a way to reduce their origin, we should not forget that we
can expect the magnetic-field perturbations to danfifedin-

tial rotation in any case. The key question here is the time-
scale on which this happens. Buoyancy is supposed to suppress
radial angular-momentum transport (Balbus & Hawley 1994),
and an increase in decay times is thus likely to occur in a re-
fined model.

Bearing in mind that the decay times obtained here are pos-
sibly lower limits, we may conclude the following items: while
solar-type stars have Siciently long life-times to rotate uni-
formly in their radiative cores, the life-time of stars of spectral
type A is of the same order of magnitude as the decay time of
about 100 million years. CP stars have magnetic fields, provid-
- ing the conditions for the magneto-rotational instability — along
Bl L by with an initial differential rotation caused by interactions with
Fig. 13. Velocity snapshot for a model with radial background dent-he accretion disk Of.'tS bre-main sequence I|fe.. Be.cause of the
sity stratification. The slice was taken tat= 0.002 (corresponding qomparable stellar life-time qnd decay t'me‘_fd'ent'al ro_ta'

{0 32700). tion should thus be present in CP stars during a considerable
period of their life. As long as the total angular momentum is
o conserved, we should expect a sligitreaseof surface angu-
than the MHD decay shown as a solid line. The MHD decay; momentum with age. Since an A star roughly doubles its
has reduced from; t0 3 57ror. o radius during its presence on the main sequence, the resulting

The meridional cut through the shell in Fig. 13 shows thgacrease of surface rotation may balance the increase due to
projected velocity vectors and the grey-coded angular velgga mechanism described in this paper. Age data and precise
ity after 3271 and represents the flow shortly before reachytation periods of CP stars will be needed to test this result.
ing g = 1. Fewer straight up- or downflows are visible than in
Fig. 2. Strong flows are constrained to high stellar latitudes. It
should also be noted that the flow over-compensates the orfggferences
nal differential rotation and leads to a weak, positive gradientjj; R, & Rudiger, G. 2001, ARA, 374, 1035
Q(s) at the equator. This gradient appears to decay on the Wgibus, S. A., & Hawley, J. F. 1991, ApJ, 376, 214
cous time-scale. Nevertheless, this gradient is smaller than Bagbus, S. A., & Hawley, J. F. 1994, MNRAS, 266, 769
negative gradient remaining from purely hydrodynamic sim&albus, S. A., & Hawley, J. F. 1998, Rev. Mod. Phys., 70, 1
lations after the same time. Bouvier, J., Cabrit, S., Fernandez, M., Martin, E. L., & Matthews,

J. M. 1993, A&A, 272, 176
Cameron, A. C., & Campbell, C. G. 1993, A&A, 274, 309
6. Summary Hawley, J. F. 2000, ApJ, 528, 462

. . . . . ollerbach, R. 2000, Int. J. Numer. Meth. Fluids, 32, 773
Since diferential rotation in radiative stellar zones cann%tchaﬁno\/, L. L., & Riidiger, G. 1997, MNRAS, 286, 757

be damped by viscosity within the life-time of a star, W andstreet, J. D.. & Mathys, G. 2000, A&A, 359, 213

investigate the magnetic evolution that is likely to imply th%pitzer, L. Jr. 1956, Physics of fully ionized gases (New York
onset of the magneto-rotational instability providingeent Interscience Publ.), 81

angular-momentum transport. MHD simulations of sphericgtgieri, K. 2000, A&A, 353, 227

shells were performed showing that the instability does indeed
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