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Abstract

Large high-quality samples of HII regions and their parent giant molecular clouds (GMCs) are now available for local galaxies. It is therefore possible to investigate the links between the CO and Hα luminosity functions and whether massive stars form in GMCs of all masses. The CO luminosity functions, representing the distribution of GMC masses, are consistently steeper than the Hα luminosity functions. The CO luminosity function invariably steepens in the outer disk, where fewer massive GMCs are present beyond the median cloud galactocentric distance. The Hα luminosity function also steepens in the outer disk for most of the galaxies examined. Using Salpeter, Kroupa, and Chabrier initial mass functions (IMFs) along with stellar mass-luminosity-radius relations, we calculate the bolometric luminosity and Hα emission from young star clusters. The cluster masses are linked to the GMC mass by assuming that the cluster mass is a constant fraction (3%) of the parent cloud mass. In particular, results for a fully stochastic IMF are compared to suggestions that very massive stars only form in massive clusters or clouds. Within the limits of the observations - no small molecular clouds or low-luminosity HII regions can be detected at the typical ∼10 Mpc distance of the sample galaxies - we find no evidence for a maximum stellar mass that varies with cloud or cluster mass.
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1 Introduction
The large samples of HII regions and giant molecular clouds (GMCs) now available should tell us something about the stellar initial mass function (IMF). In particular, is the IMF the same for large and small GMCs? It is commonly accepted that stars, and thus HII regions, form in GMCs. If small GMCs do not form massive stars, i.e. they do not populate the upper end of the stellar mass distribution, then this should be visible in the HII region luminosity function. This is the main subject of this short contribution.
As in previous works, we assume that the intrinsic shape of the GMC mass distribution (or function) is that of a power law N(m)dm ∝ m-αdm, with or without truncation at the high-mass end (Solomon et al. 1987; Rosolowsky et al. 2007; Gratier et al. 2012; Colombo et al. 2014; Braine et al. 2018; Rosolowsky et al. 2021). When the index of the mass (or luminosity) function is steeper than α = 2, then most of the mass is in the small entities. The lifetimes of the massive stars creating H II regions are quite short so large samples are required to sample all phases (ages) of young stellar clusters.
While the stellar IMF seems fairly constant in today’s spiral disks, it appears to be increasingly accepted that the IMF in low-metallicity or extremely dense environments is different (Larson 1998; Kroupa 2001; Hopkins 2018). The change is likely a shift in the characteristic (i.e. average) mass Mchar of low-mass stars. This would not change the formation process of massive stars and hence leave the slope of the high-mass part of the IMF unchanged (Hopkins 2018). The core Jeans mass would increase due to a lower metal (dust) content or to factors inhibiting fragmentation (e.g., tidal forces). Increasing Mchar means that a smaller fraction of the gas converted into stars goes into low-mass stars, raising the luminosity-to-mass ratio (L/M) of the cluster.
In this work we compare the GMC luminosity function with the H II region luminosity function in local spiral galaxies. GMCs and HII regions are respectively traced by the CO(2-1) and Hα lines. The CO luminosity is generally used as an equivalent of cloud mass. Since the range in HII region or GMC luminosity between completeness and a possible truncation at the high-mass end is often small, considerable attention will be paid to the fitting.
The lifetime of a GMC tGMC, that is to say the time during which it is recognizable as a GMC, is of order 15 Myr (Gratier et al. 2012; Corbelli et al. 2017; Calzetti et al. 2012; Chevance et al. 2020; Kobayashi et al. 2017; Demachi et al. 2024). At a galactic scale, the H2 depletion time tdepl = M(H2)/SFR, where "SFR" is the star formation rate in solar masses per year, is about 2 × 109 yr (Murgia et al. 2002; Leroy et al. 2013). Similarly, SFR = εSFM(H2)/tGMC so, averaged over the whole star formation cycle, the fraction of the gas turned into stars is about εSF = tGMC/tdepl ≈ 1%. Within the gas sufficiently dense to be identified by cloud-finding algorithms (typically a few times the rms noise), the efficiency (εSF) appears to be higher, some 23% (Murray 2011; Evans et al. 2009), and the difference can be explained by the fact that roughly half of the gas detected at galactic scales is not locked into individual clouds because it is too diffuse and does not emit strongly enough in the CO lines.
Larson (2003) found that the mass of the most massive star of a cluster increased with the mass of the star cluster roughly as [image: Mathematical equation: $M_{*,max} \propto M_{clust}^{0.45}$]. For a given εSF, this suggests that the stellar mass range in a cluster depends on the GMC mass and indeed the original study by Larson (1982) found [image: Mathematical equation: $M_{*,max} = 0.33 M_{\rm GMC}^{0.43}$]. For a 10 000 M⊙ cloud, the IMF would be truncated at ∼20 M⊙ in this scenario. A similar scenario, also limiting the production of high-mass stars in small clusters, was proposed by Weidner & Kroupa (2006). As a result of either of these scenarios, a galaxy would have fewer massive stars than predicted by the IMF because low-mass GMCs would not contribute to the high-mass star population. On the other hand, if the IMF is stochastically sampled, then although the birth of a massive star is less likely in a low mass cluster, they would occasionally form and the overall IMF would be preserved (Corbelli et al. 2009; da Silva et al. 2014). The CO and Hα data used here enable us to examine possible links between cloud mass and the mass of the most massive star formed because the Hα luminosity of a cluster, particularly a small cluster, depends strongly on the mass of the most massive star remaining.
Large homogeneous high-quality samples of Hα and CO observations of individual clouds and H II regions in nearby galaxies have only recently become available. The PHANGS (Physics at High Angular resolution in Nearby GalaxieS Leroy et al. 2021) survey has made public the CO and Hα luminosities for large samples of GMCs (Rosolowsky et al. 2021) and H II regions (Santoro et al. 2022) in the galaxies of their sample. As the overlap of the CO and Hα samples is small (2 galaxies), we add data for the Local Group galaxy M33 as outlined below in Section 2. Section 3 describes how we link cloud masses to young stellar cluster masses and to populations of individual stars and their properties, along with the fitting methods. In Sect. 4, we compare the results of the fits to the H II region and cloud luminosity functions for the inner and outer parts of the galactic disks. The distributions of GMC luminosities are systematically steeper than those of HII regions and Sect. 5 examines possible explanations and particularly whether introducing a stellar mass limit (Larson 1982; Weidner & Kroupa 2006) helps explain the results.
2 Samples
We selected galaxies with enough data to be suitable for statistical analyses. On average, the GMC and HII region samples have about 700 GMCs and 1000 HII regions per galaxy, as described below. With the exception of M33, the resolutions of the CO and Hα observations are similar (see Table 2 of Rosolowsky et al. (2021) and Table 1 of Santoro et al. 2022). However, in all cases, we use the catalogs produced from the observations by the observers.
2.1 Molecular clouds
As part of the PHANGS collaboration (e.g., Schinnerer et al. 2019), a large catalogue of GMCs observed with ALMA was published and made public by Rosolowsky et al. (2021). The catalog presents data for 10 galaxies but we do not include data for two small galaxies because they have too few clouds (less than 100) to determine a mass function. The eight remaining galaxies are large spirals with effective radii between 2.6 and 4.1 kpc and have between 275 and 1432 clouds (over 5000 for the eight galaxies, see Table 5 of Rosolowsky et al. 2021).
We added data for the local group spiral M33 (Druard et al. 2014; Corbelli et al. 2017) for which both CO and Hα data are available. Basic information on the galaxies can be found in Table 1 of Rosolowsky et al. (2021) and in Table 1 of Druard et al. (2014) for M33.
2.2 H II regions
Also as part of PHANGS, a large (>20 000) catalog of HII regions observed with MUSE was published and made publicly available by Santoro et al. (2022). They observed 19 galaxies with 472-2536 HII regions identified per galaxy. Basic information on the galaxies can be found in Tables 1 and 2 of Santoro et al. (2022). The distances and angular and physical resolutions of the observations are similar to those of Rosolowsky et al. (2021). However, despite being part of the PHANGS sample as well, only two galaxies were observed in common between the catalogs. Adding M33 Hα data from Lin et al. (2017) provides a third galaxy in common.
By fitting power laws to the distribution of Hα luminosities for each galaxy, Santoro et al. (2022) found that the spectral index α may decrease (flatten) with increasing galaxy-averaged star formation rate surface density. The range in α was from 1.52 to 2.04 with formal uncertainties of about 0.1. After identifying spiral and interarm regions, Santoro et al. (2022) found that α is steeper in the interarm. They did not find a change in α between the inner and outer parts of the galaxies, unlike what was found for GMCs by Gratier et al. (2012) and Rosolowsky (2005), raising the question of why would (or how could) the H II region and GMC distributions be different. We noticed that the spectral index α depended on the minimum luminosity deduced by the powerlaw.py algorithm they used (Alstott et al. 2014), motivating us to investigate this issue further (see Sect. 3.5).
3 Stellar properties and methods
3.1 The stellar IMF
There are three widely studied IMFs - the original Salpeter (1955) IMF with the number of stars formed per interval of mass, n(m) ∝ m−α and α = 2.35, the Kroupa (2001) disjoint IMF where α = 1.3 for masses between 0.08 and 0.5 M⊙ but α = 2.35 for larger masses, and the Chabrier (2003) IMF which is lognormal (see their Eq. (17)) up to 1 M⊙ and Salpeter for higher masses. Wherever relevant, we assume stellar masses range from 0.08 to 100 M⊙. In practice, we use this in logarithm so n(m) = dn/dm becomes (per logarithmic mass interval)

	dn/d(ln(m)) = mdn/dm, yielding


	dn/d(ln(m)) ∝ m−1.35 for the Salpeter (1955) IMF,


	dn/d(ln(m)) ∝ m−0.3 for M < Mchar (Kroupa 2001), and


	[image: Mathematical equation: $dn/d(ln(m)) \propto \frac{0.158}{ln(10)} \, e^{((log(m)-log(0.08))^2)/(2*0.69^2)}$] for M < 1 M⊙ (Chabrier 2003). All of these IMFs have the same (Salpeter) distribution for stars with masses higher than the limiting values quoted above.




The distributions are shown in Figure 1. Integrating these functions from 0.08 to 100 M⊙ yields average stellar masses of 0.28, 0.54, and 0.58 for the Salpeter, Kroupa, and Chabrier IMFs, respectively.
3.2 From stellar masses to luminosities
The zero-age light-to-mass ratios, for a complete sampling, are respectively 191, 278, and 298 L⊙/M⊙ for the three IMFs assuming a simple scaling of L ∝ M3. Two more complicated but more realistic mass-luminosity relations (MLR) were also used. The first has L ∝ M2.3 for M < 0.43 M⊙, L ∝ M4 for 0.43 < M < 2 M⊙, L ∝ M3.5 for 2 < M < 55 M⊙, and L ∝ M for M > 55 M⊙ approximately following Eker et al. (2015). With this MLR, the zero-age light-to-mass ratios become 1240, 1790, and 1940, respectively. The second MLR uses Eker et al. (2018) Table 6 followed by Sternberg et al. (2003) for the higher masses. The main difference is that this MLR has slightly lower temperatures and luminosities for the highest masses, yielding zero-age light-to-mass ratios of 635, 918, and 993 L⊙/M⊙, respectively. Since this difference between the two MLRs comes from the most short-lived stars, it decreases greatly over the first megayear. The reader is referred to the Appendix for the details of the (IMF and) MLR.
	[image: Thumbnail: Fig. 1 Refer to the following caption and surrounding text.]	Fig. 1 Initial mass functions used in this work. Black line is for Salpeter, red is for Kroupa, and green is for the Chabrier IMF. The plot shows the number of stars per logarithmic mass interval for each mass. Clearly, the Kroupa and Chabrier IMFs are similar and have significantly fewer low-mass stars than the Salpeter IMF. The dashed and dotted lines show the Kroupa IMF using somewhat higher characteristic masses. The effect of increasing the characteristic mass is that there are fewer low mass stars so the L/M ratio of the stellar population increases from about 900 L⊙/M⊙ to 1500 L⊙/M⊙.



3.3 Populating stellar clusters
The standard procedure to randomly sample the IMF is to calculate the cumulative distribution functions of each IMF, normalize to unity, draw random numbers uniformly between zero and one, and then take the star mass associated with that value of the cumulative distribution function. Stellar clusters are built up to a given mass. In practice the mass is slightly greater (generally less than 1%) than the nominal cluster mass because we draw stars as long as the mass is below the nominal cluster mass. This is reasonable, as the cluster masses are far below the cloud masses, so there is still a large reservoir of material left to form stars. Random sampling results in huge luminosity variations, particularly before aging, as cluster luminosities can be dominated by a single star. Drawing a large number of stellar clusters naturally yields average values of the luminosities close to those calculated by directly integrating the IMF and applying the MLR. Clusters are populated once a cluster mass has been chosen, typically 3% of the cloud mass, and the process is independent of the cluster or cloud mass. To obtain a GMC mass distribution typical of the galaxies sampled in this paper, we assume that GMC masses follow a power law with α = 2, unless otherwise stated. This is the average value for the GMC distribution in PHANGS galaxies, but we also show results for α = 1.7 and α = 2.3 to illustrate the possible effects of changing the slope of the mass distribution.
	[image: Thumbnail: Fig. 2 Refer to the following caption and surrounding text.]	Fig. 2 Link between spectral index measured with powerlaw.py and Lmin for the 19 galaxies from data given in Table 2 of Santoro et al. (2022). Lmin is normalized by the completeness limit Lcompl to be comparable from one galaxy to another.



3.4 Randomness” of star formation
When populating a stellar cluster by randomly sampled stellar masses following a given IMF, cluster-to-cluster luminosity variations (bolometric and Hα) can be quite high, dependent on the mass of the most massive star. This is illustrated in Fig. A.2 for 1000 simulations of clusters of ∼300 M⊙. If ∼3% of a cloud is turned into stars, a 300 M⊙ stellar cluster corresponds to an initial cloud mass of ∼ 10 000 M⊙, which is approximately the lower limit to what is considered a GMC. Zero-age luminosities of a 300 M⊙ cluster vary by more than a factor of 1000, depending on the presence of a massive star or not, and the dispersion in luminosities is comparable to the average luminosity, such that for a sample of 100 clusters, major variations can be present due to the stochastic sampling of the IMF.
For truly massive clusters, this effect becomes small although not negligible even for clusters of 10 000 M⊙ of stars, as many massive stars are present. This fact is taken into account in our simulations.
3.5 Algorithms
After reproducing the results presented in Figure 2 of Santoro et al. (2022), we tested the influence of the Lmin parameter and indeed found that for a given galaxy, increasing Lmin above Lcompl yielded a systematically steeper slope. This is not only true for the powerlaw.py algorithm but also for the algorithms used by Rosolowsky et al. (2021) (see their Table 5). Figure 2 shows how the spectral index of the galaxies depends on Lmin normalized to the completeness limit Lcompl, both given in their Table 2. When data have a physical high-end truncation coupled with increasing incompleteness at low fluxes, this behavior is expected and it represents one of the difficulties in fitting.
The powerlaw.py (Alstott et al. 2014) algorithm searches for an “optimal” Lmin without knowledge of Lcompl but it can also be used with a fixed Lmin. For each galaxy in the MUSE and ALMA samples, we ran multiple powerlaw.py fits testing many values of Lmin bracketing Lmin and Lcompl. While the change in slope was generally large and regular, the relative slopes between the inner and outer parts changed little. The fact that power-law.py does not use knowledge of Lcompl, which depends on the sensitivity of the observations, is a drawback for experimental data. Alstott et al. (2014) illustrate the powerlaw.py algorithm with word occurrence and blackout statistics that do not have a sensitivity (completeness) limit, although powerlaw.py allows a minimum value to be injected. Our approach has been to use an Lmin based on Lcompl. We adopted Lmin = 2Lcompl for the Santoro data and equal to Lcompl for the other data.
We tried fitting using a least-squares algorithm to both the luminosities and their logarithms but this yielded visually inappropriate results. The algorithm used by Rosolowsky et al. (2021) yielded extremely large variations in α for only modest changes in Lmin (completeness in their Table 5) so this was not investigated further.
Gratier et al. (2012) used an algorithm based on the work by Maschberger & Kroupa (2009). This was tested on the current CO and Hα data with reasonable results, generally similar to powerlaw.py for similar Lmin. Figures 3 and 4 present results using both the powerlaw.py algorithm and the Maschberger & Kroupa (2009) technique. The Maschberger-Kroupa power-law fit uses a truncated power law. The powerlaw.py algorithm has no truncation.
Using simulated data taken from a power law distribution (α = 1.4,1.5...2.0) with random added noise, both the powerlaw.py and the Maschberger & Kroupa (2009) algorithms performed well. However, for a given noise level, the Maschberger & Kroupa (2009) did measurably better in recovering the initial distribution.
	[image: Thumbnail: Fig. 3 Refer to the following caption and surrounding text.]	Fig. 3 Probability density functions of Hα fluxes from NGC0628, NGC3627, and M 33, the three galaxies for which both HII region and GMC catalogs are available. Results of the powerlaw.py (red line) and Maschberger & Kroupa (2009) (blue line) fits along with observational data for NGC0628, NGC3627, and M33 from Santoro et al. (2022) and Lin et al. (2017) are shown. NGC0628 and NGC3627 are the two PHANGS galaxies for which both the HII region and GMC samples are available. The Hα data for M33 are from Lin et al. (2017). The adopted completeness limit for the fits (equivalent of Lmin in Santoro et al. 2022) are shown as a dashed green line and given in Table 1 The error bars are proportional to [image: Mathematical equation: $1/\sqrt{(N)}$], where N is the number of points in the bin. When no error bar is plotted, it means N = 1.



	[image: Thumbnail: Fig. 4 Refer to the following caption and surrounding text.]	Fig. 4 Probability density functions of CO luminosities from NGC0628, NGC3627m and M33, the three galaxies for which both HII region and GMC catalogs are available. Results of powerlaw.py (red line) and Maschberger & Kroupa (2009) fit (blue line) along with observational data for NGC0628, NGC3627, and M33 from Rosolowsky et al. (2021) and Corbelli et al. (2017). NGC0628 and NGC3627 are the two PHANGS galaxies for which both the H II region and GMC samples are available. The CO data for M33 are from Druard et al. (2014) and Corbelli et al. (2017). The adopted completeness limits for the fits are the first of the limits given in Table 5 of Rosolowsky et al. (2021) and are shown as a dashed green line and given in Table 2. The error bars are proportional to [image: Mathematical equation: $1/\sqrt{(N)}$], where N is the number of points in the bin. When no error bar is plotted, it means N = 1.



Table 1 
Hα results for the PHANGS MUSE galaxies.

4 HII region and GMC luminosities across galaxy disks
We calculate the Probability Density Function (PDF) as the number of objects per bin divided by the bin width. For example, at log(CO luminosity) = 6 and for a bin width of 0.1 dex as in Fig. 4, the width is 2.3 × 105, so if 20 objects are present, the PDF for that luminosity bin is 20/(2.3 × 105) = 8.7 × 10−5. Given that the PDFs are presented per galaxy, such that the distance to each region is the same, the shape of a flux PDF or a luminosity PDF is the same. The slope α of the fit to the PDF is the spectral index.
Figure 3 shows the PDF of the HII region Hα fluxes of NGC0628, NGC3627, and M33. The powerlaw.py fit is shown as a red line and the Maschberger & Kroupa (2009) fit is shown as a blue line. The assumed completeness level (used for both fits) is indicated with a dashed green line. These galaxies have been chosen because they are the only PHANGS galaxies for which both H II region and GMC catalogs are available. Figure 4 shows the results for CO luminosities of the same galaxies. It can be seen that the CO results are based on a significantly smaller dynamic range (ratio between completeness level and maximum) than the Hα flux distribution.
To fit the GMC distributions, we chose to use the lower completeness level given by Rosolowsky et al. (2021) in their Table 5 and reproduced in Table 2. The GMC slopes are clearly steeper than for the H II regions. The GMC completeness limit was originally given by Rosolowsky et al. (2021) as a mass so it was converted to a CO luminosity using their Eq. (5) for a solar metallicity. We use the CO luminosities because they are the observed quantities (whereas the mass requires a conversion factor) and directly comparable to the Hα luminosities. The fits were also performed using the masses in the online table with no significant difference. See Section 5.1 for a discussion of the effect of a change in N(H2)/ICO.
The fitting results are given in Table 1 for the H II regions and Table 2 for the GMC sample. The fits using the powerlaw.py algorithm (Alstott et al. 2014) and the Maschberger & Kroupa (2009) procedure are shown as αpy and αMK, respectively. The uncertainties are estimated via the bootstrapping method with 100 random draws for each fit. For the HII regions, we find 1.47 ≤ αpy ≤ 1.87 (average 1.64 and dispersion 0.10) and 1.42 ≤ αMK ≤ 1.86 (average 1.61 and dispersion 0.11). Linking the minimum flux used for the fits to the completeness level given in Table 2 of Santoro et al. (2022) results in a decrease of the dispersion from 0.15 to 0.10. For the GMCs, we find 1.65 ≤ αpy ≤ 2.98 (average 2.09 and dispersion 0.42) and 1.55 ≤ αMK ≤ 3.00 (average 2.14 and dispersion 0.39). The dispersion in α found by Rosolowsky et al. (2021) using different methods is considerably higher (1.14 and 0.44 from cols 3 and 6 of their Table 5) for the eight galaxies with more than 100 GMCs. Our two fitting methods are in good agreement for both the H II regions and the GMCs, showing that the average spectral index αCO > αHα. For the three galaxies in common, NGC 628 and NGC 3627 in the PHANGS sample and M33, the slope of the GMC PDF is also steeper than that of the H II region PDF, so it is likely a general feature.
Figure 5 illustrates the slopes and their radial variation. For each galaxy, with the galaxies that have both GMC and HII region data at the top, the CO index αCO is shown, followed by the HII region index αHα. Both fits are presented (triangles) and the horizontal bar is the average. When only a single triangle is visible, it simply means the agreement between the methods was excellent. The horizontal dotted line is a guide and shows a slope of 1.5, making it clear that the αCO are steeper then αHα. The following columns show how the spectral index, α, varies between the inner and outer parts. All CO luminosity functions become steeper, in agreement with previous work. A majority of the Hα luminosity functions steepen with radius but the trend is less consistent and has exceptions. Figure 6 illustrates the radial variation of α in a simpler fashion.
The general features are that (1) the CO luminosity functions are steeper than the Hα luminosity functions and (2) the distribution of CO luminosity steepens systematically in the outer parts, unlike the distribution of Hα luminosity. This result is independent of the fitting routine and of any reasonable choice of parameters so we must now explore possible reasons.
Table 2 
CO results for the PHANGS galaxies.

5 Why is αCO steeper than αHα ?
Intrinsically, for a given IMF, we expect that a cloud will convert some fraction (2-3%) of its mass into stars and hence create an HII region of a luminosity that should depend on the initial cloud mass. At some point the cloud will be dispersed by supernovae and winds. Thus one would expect, at least before the first supernova, that the slopes of the luminosity functions should be the same.
The GMC samples discussed here have cloud masses well in excess of 10000 M⊙. The HII regions are also quite luminous so we only discuss H II regions with initial stellar masses well in excess of the mass of an individual massive star, assumed to be ≤100 M⊙. While there are examples of star formation in low-mass clouds, in GMCs stars tend to form in dense cores (<pc), themselves within dense clumps (1-10 pc) within the GMC. The clouds studied here are GMCs ranging from 104 to over 106 M⊙, so clusters rather than individual stars are formed, and the mass reservoir is large even if only 3% of the GMC mass is converted into stars.
It appears that the power-law part of the IMF, i.e., beyond about 2 M⊙(see Fig. 1), is due to different processes and independent of whether the lower end follows a Salpeter, Kroupa or Chabrier distribution. A high local gas density and/or low metal-licity could push up the characteristic mass (manifested by the turnover of the Kroupa IMF) but would probably not affect the high-mass end (see discussions in Larson 1998; Kroupa 2001; Hopkins 2018). Since the HII region luminosity is completely dominated by the high-mass end of the IMF, these changes should not affect the link between cloud mass and HII region luminosity.
In the rest of this section we consider effects that complicate this picture, such as

	The conversion from CO luminosity to H2 mass may not be constant.


	The luminosity of a given H II region depends strongly on the mass of the most massive star such that a cluster containing 1000 M⊙ of stars drawn randomly can have a radically different luminosity depending on whether a truly massive star is “drawn.” This adds noise to the system and is why it is important to have many regions.


	HII regions age quickly in that their population of massive stars changes significantly over the lifetime of a molecular cloud (∼15 Myr, approximately the lifetime of a O9 or B0 star).


	The IMF could vary. An interesting proposal we are aware of is a link between the mass of the most massive star (M*,max) in the cluster and the parent molecular cloud mass as proposed by Larson (1982).



5.1 Variations of N(H2)/ICO with galactocentric radius
Metallicities tend to decrease with galactocentric radius, as do gas temperatures, and both tend to result in an increase of the N(H2)/ICO conversion further from galactic centers. The basis for the N(H2)/ICO factor is clearly presented in Dickman et al. (1986), and recent discussions of the N(H2)/ICO factor can be found in Teng et al. (2024), Schinnerer & Leroy (2024), and Leroy et al. (2025). We made tests by randomly choosing positions and drawing cloud CO luminosities with a predefined spectral index (α). We then added a radial N(H2)/ICO gradient to obtain cloud masses and processed the data like real data. The
Table 3 
Fits of the mock data.


	[image: Thumbnail: Fig. 5 Refer to the following caption and surrounding text.]	Fig. 5 Results of fits to the distribution of Hα and CO luminosities. For each galaxy, the name is indicated followed by (1) the whole-galaxy GMC spectral index; (2) the whole-galaxy Hα spectral index; (3) the inner and outer GMC spectral index, connected by a line; and (4) the same but or the Hα luminosities of HII regions. In each case, the triangles indicate the values obtained from the two independent fitting methods and the average is shown by the short horizontal line. When the line goes up, the distribution in the outer part is steeper (relatively more small objects). A horizontal dashed line at a value of 1.5 is plotted to allow easy appraisal of the values.




α determined by this procedure is not affected by the N(H2)/ICO because N(H2)/ICO depends on the radial distance but not on the cloud luminosity or mass. Therefore, any N(H2)/ICO variation does not affect α unless α depends on the cloud mass or luminosity. A radial variation affects clouds of all masses in the same way.
	[image: Thumbnail: Fig. 6 Refer to the following caption and surrounding text.]	Fig. 6 Radial variation of spectral indices. This plot portrays the latter four columns of Fig. 5 in a simpler fashion. The lines start with the median position of the inner regions (H II or GMC) and end at the median position of the outer regions. The marker near the line center indicates the median galactocentric distance of the whole sample, and column 5 of Tables 1 and 2 provides the correspondence with the optical radius R25. Red lines are GMC indices and black lines show the indices of the HII regions. When the line goes up, the spectral index in the outer part is higher because the distribution is steeper (relatively more small objects).



5.2 Aging of HII regions
Similar to the N(H2)/ICO factor, if all masses are affected in the same way, which would be the case if the IMF is not affected by the parent cloud mass, then this should not affect αHα. However, if only massive clouds form truly massive stars, then, because massive star lifetimes are short, the greatest declines in luminosity (as a fraction of the original t = 0 luminosity) will be for the HII regions created in massive GMCs, as shown in Fig. A.3 for the three commonly used IMFs.
The rapid death of the most massive stars implies that a large sample is necessary and that comparisons must be made over the full life cycle of an HII region. Fig. 7 shows how aging affects cluster bolometric and Hα luminosities. Each cluster is assigned a uniformly random age between 0 and 15 Myr, which is when the cluster emits less than 1% of the original number of ionizing photons. The t = 0 cluster luminosity distribution is created based on randomly generated stellar masses. Cluster masses follow the mass distribution indicated: solid, dashed, or dotted lines for αcl = 2.3, 2.0, or 1.7 respectively. Fig. 7 shows the t = 0 luminosity function in the lower panel) and with aging in the upper panel. The Chabrier IMF has been used in this figure. Fig. 1 and the Appendix show how the IMFs affect cluster properties. Briefly, the Kroupa and Chabrier IMFs are extremely similar whereas the Salpeter IMF has more low-mass stars. For each age, the cluster luminosity (or number of ionizing photons) is only integrated up to the most massive star still present (see bottom panel of Fig. A.3). The resulting luminosity distribution is then recalculated. The same is done for the number of ionizing photons. Fig. 7 provides the Hα luminosity generated by the ionizing photons, under the simple assumption that each photoionized H atom produces an Hα photon. The Hα fluxes generated cover the range observed by Santoro et al. (2022) in their Fig. 2.
Randomness has some curious effects. The bottom panel of Fig. 7 shows the results of simulating 3 × 30 000 (see caption for details) clusters between 100 and 10 000 M⊙. The slopes of the IMF were αcl = 1.7, 2.0, and 2.3, and the clusters were then binned by luminosity. The randomness in drawing a massive star implies that the luminosity distribution is quite unlike the mass distribution. The high luminosity power-law tail is very short. The difference between the slopes of the mass and of the luminosity distributions can be seen clearly for the high luminosities. This changes significantly when allowing for aging. The simulations were made for three different cluster mass functions, and each value of αcl has 90 000 clusters simulated. The results with aging are shown in the top panel of Fig. 7, and while the luminosity distribution is not a power law (this can be seen by the convex shape, particularly around bolometric luminosities L ~ 105−106 L⊙), there is a monotonic decrease that is close to a power-law distribution. The slopes of the bolometric and Hα luminosity functions are somewhat shallower than the cluster mass function (note the difference between the luminosity and the mass x-scales).
	[image: Thumbnail: Fig. 7 Refer to the following caption and surrounding text.]	Fig. 7 Histogram of simulated cluster properties assuming a “stochastic” IMF. Black lines represent the cluster masses, red lines show their luminosities, and blue lines are for the Hα luminosity. The zero-age IMF is shown in the lower panel and with aging as described in the text in the upper panel. The solid, dashed, and dotted lines show the results for the different cluster mass functions (αcl = 2.3, 2.0, 1.7), following the color above. Similarly, the red x-axis provides the cluster luminosities and the blue x-axis represents the Hα luminosity, both in logarithm. In the upper panel, two blue lines are shown with slopes of 1.7 and 2.0 to help guide the eye. We drew three sets of 30 000 clusters for each of the mass functions and, after checking that they yielded the same results, they were combined to further reduce any noise so the distributions are based on 90 000 clusters for each mass function. The Chabrier IMF was used with the Eker-Sternberg MLR.



	[image: Thumbnail: Fig. 8 Refer to the following caption and surrounding text.]	Fig. 8 Like Figure 7 (zero-age in lower panel, random aging up to 15 Myr in upper panel) but the maximum stellar mass is as proposed by Larson (1982) (see Sect. 5.3). One of the main differences is the lack of the broad peak near 1038erg/s. The peak is due to the presence of a massive star in a small cluster, which is no longer possible with the Larson (1982) mass limit. While the cluster mass distribution is indeed a power law, the cluster luminosity and Nion function has an α that increases slowly with the minimal luminosity used in the fit, whether the Maschberger or powerlaw.py algorithm is used. This is seen as the curvature not present in the cluster mass distribution and is the result of the limiting stellar mass.



	[image: Thumbnail: Fig. 9 Refer to the following caption and surrounding text.]	Fig. 9 Comparison of the distribution of cluster properties for a stochastic IMF (0.08-100 M⊙) with that derived for Larson’s model (Larson 1982) where the maximum stellar mass varies with the parent cloud mass. As in the previous figures, the cluster mass distribution is a pure power law with αcl = 1.7, 2.0, and 2.3 and Mclust = 0.03 Mcl. Cluster ages are attributed randomly as described in the text. The bolometric luminosities (bottom) and Hα luminosity (top) were then calculated for the stellar population at the age of each HII region. This figure can be directly compared with Fig. 8.



5.3 Testing an IMF where M*,max depends on the cloud mass
We then directly tested the Larson (1982) link [image: Mathematical equation: $M_{*,max} = 0.33 M_{\rm GMC}^{0.43}$] by generating a mock set of cluster masses assuming that 3% of the cloud mass was converted into stars (Mclust = 0.03 × MGMC). The cluster masses range from 100 to 10 000 M⊙.
The mass functions take the values αcl = 1.7, 2.0, and 2.3. Because the smaller clouds form lower-mass massive stars, their Hα luminosity is decreased with respect to large clouds, resulting in a larger range of Hα luminosities and hence a shallower slope, very much like what is observed.
Figure 8 shows the zero-age HII region bolometric and Hα luminosity distributions, as in Fig. 7 but with the Larson (1982) M*,max. The initial slopes of the luminosity and Hα distributions are significantly shallower than the parent GMC distribution and have a slightly convex shape. However, after aging, the slopes are no longer significantly shallower than the cluster mass distribution. A comparison between the stochastic (full 0.08-100 M⊙ range) and Larson (1982) limited IMFs is shown in Fig. 9 where it is apparent that the Larson (1982) stellar mass limit yields luminosity functions that are steeper than the stochastic IMF covering the full mass range.
The difference in slope is shown in Fig. 10, where the values for the three galaxies with both measured slopes as well as the average αCO and αHα for the remaining galaxies (excluding NGC0628, NGC3627, and M33) are plotted. The open squares represent αc and αHα from the simulations given in Table 3 using the MK fit. The powerlaw.py fit (also provided in Table 3), for the same minimum value, yields slopes about 2% steeper. These simulations take aging into account (upper panels of Figures 7 and 8).
When αcl = 2 (our canonical case corresponding to the average of the PHANGS+M33 sample), the difference in slopes αcl-αHα is about 0.2 for the Larson mass limit and 0.4 for the stochastic star formation (see Table 3). The latter value (stochastic) is closer to the observed values in Figure 10.
Two options have been examined here: the stochastic and the Larson (1982) maximum stellar mass. However, Weidner & Kroupa (2006) also proposed a limiting mass for low-mass clusters and Larson (2003) presented a somewhat modified version of his 1982 proposal. In Fig. 11, the maximum stellar masses predicted by the various theories are compared as in Fig. 1 of Weidner & Kroupa (2006) except that the values have been recalculated for an IMF going from 0.08 M⊙ to 100 M⊙ using a Chabrier IMF (very similar to the Kroupa IMF: see Fig. 1) in order to make them comparable to our study. The other stellar mass limits proposed give more discrepant results from stochastic sampling than the Larson (1982) maximum mass, and hence cannot improve the agreement of the simulated distributions with the observed spectral indices in Fig. 10.
Intuitively, a stellar mass limit below the top of the IMF results in more low-luminosity HII regions, resulting in a steeper slope when fit with a power law. The lower the limit, the stronger the steepening.
	[image: Thumbnail: Fig. 10 Refer to the following caption and surrounding text.]	Fig. 10 Comparison of the observed GMC spectral index and HII region Hα luminosity spectral index with the simulations using the stochastic and Larson (1982) limited IMFs. The point marked “ave” represents the average of the galaxies observed in Hα but not in CO plotted with the average of the galaxies observed in CO but not Hα.



	[image: Thumbnail: Fig. 11 Refer to the following caption and surrounding text.]	Fig. 11 Comparison of the Larson (1982), Larson (2003), and Kroupa-Weidner (Weidner & Kroupa 2004, 2006) maximum stellar masses as in Weidner & Kroupa (2006) Fig. 1 but recalculated for the range in stellar masses used here (0.08-100 M⊙) and a Chabrier IMF. The dashed line at 100 M⊙ gives the “stochastic” mass limit.



6 Conclusions
The large high-quality samples of HII regions and molecular clouds now available have been used to look for systematic radial variations of the luminosity function and constraints on the IMF of stars. Only galaxies with large numbers of HII regions and/or molecular clouds were treated here to ensure statistical robustness.
The CO luminosity function always steepens with galac-tocentric distance, while the Hα luminosity function usually steepens with galactocentric distance. As the intersection of the two samples is quite small (three galaxies), it is difficult to assert that there is a true difference in behavior. However, the molecular cloud mass distribution is consistently steeper than that of the HII region Hα luminosity distribution and this may provide information on the IMF.
The main IMFs proposed in the literature (Salpeter 1955; Kroupa 2001; Chabrier 2003) differ in the low-mass end and hence only affect luminosities marginally due to the lesser mass stored in low-mass stars in the Chabrier and Kroupa IMFs as compared to Salpeter. Therefore the flatter HII region luminosity distribution cannot be due to a change in the low-mass IMF. Metallicity differences may also affect the IMF but within this sample the metallicity variation is small. It has also been proposed that massive clouds are required to be able to form the highest-mass stars. Larson (1982, 2003) suggested a maximum stellar mass of [image: Mathematical equation: $M_{*,max} = 0.33~ M_{\rm GMC}^{0.43}$]. In this work, we compare a fully stochastically sampled IMF with the same IMF with a mass truncation as proposed in Larson (1982) or Zhou et al. (2025). Allowing for aging is essential as the highest mass stars are short-lived.
Contrary to our initial expectations, the difference between the HII region Hα luminosity function and the GMC mass function is consistent with the fully stochastically sampled IMF with no link between M*,max and GMC mass. This is in agreement with results obtained using Hα emission to trace the IMF in young stellar clusters (e.g. Corbelli et al. 2009; Jung et al. 2023). The observed scatter in the spectral indices with respect to the mean values for a stochastically sampled IMF may indicate additional dependencies on massive star formation such as chemical composition and environment (Dib 2023). More catalogs of HII regions and GMCs should become available in the near future to extend the work presented here.
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Appendix A  Further characterization of the IMF and stellar properties
The figures in this section illustrate stellar and star cluster properties. While our baseline is a Chabrier IMF from 0.08-100M⊙ and the Eker-Sternberg Mass-Luminosity relation (MLR), the figures show the differences. Fig. A.1 shows how the luminosity, radius, effective temperature, and number of ionizing photons vary with mass for the different MLRs and a Chabrier IMF from 0.08 to 100 M⊙.
Fig. A.2 shows 1000 simulated clusters, each with 300M⊙ of stars, to illustrate the importance of the most massive star in a cluster and how that varies when randomly sampling the IMF. The top panel shows the distribution of stellar masses for the 3 IMFs examined and how the median mass of the most massive star varies. The lower panel shows the total cluster luminosity for the 3 IMFs as a function of the most massive star in the cluster (Mcluster = 300M⊙) and the solid curve shows the luminosity of that star. It is apparent that the most massive star generates the majority of the cluster luminosity in most cases when its mass is M*,max > 15M⊙.
Fig. A.3 shows how clusters age as a function of time and choice of IMF. The top panel shows the average cluster mass fraction remaining as a function of time and (right hand scale) the stellar lifetime, shown as the mass of the most massive star in a cluster as a function of time. The lower panel displays how the mean light-to-mass ratio of a cluster varies with time and how the number of ionizing photons (right hand scale) decreases with cluster age.
	[image: Thumbnail: Fig. A.1 Refer to the following caption and surrounding text.]	Fig. A.1 Mass-luminosity relation used in this work. The black line is the simple L = M3 relation, red is the generalized Eker et al. (2015), and green the Eker et al. (2018) and Sternberg et al. (2003) MLR. The dashed lines show the property on the right-hand y-axis (Temperature and number of ionizing photons).



	[image: Thumbnail: Fig. A.2 Refer to the following caption and surrounding text.]	Fig. A.2 The top panel shows the distribution of the masses of the most massive star in each cluster, with the median value indicated, for the 1000 simulated clusters of 300M⊙ each. These median values are close to the maximal value suggested by Larson (1982). Even for a cluster with 300M⊙ of stars, the random sampling effect is huge. The bottom panel shows the total cluster luminosity as a function of the mass of the most massive star, for the three IMFs indicated by their color. The line shows the luminosity of the single most massive star in the cluster. We can see (1) that the luminosity of a 300M⊙ cluster can vary by a factor 1000 and (2) how important the most massive star is for the total zero-age luminosity as when a very massive star is present, it dominates the luminosity (and ionizing photon production) of the cluster for its lifetime.



	[image: Thumbnail: Fig. A.3 Refer to the following caption and surrounding text.]	Fig. A.3 Time evolution of the stellar population in a cluster. The black line shows the Salpeter IMF, red for Kroupa, and the green line is for the Chabrier IMF. The black triangles and dashed lines show the property on the right-hand y-axis (maximum stellar mass and number of ionizing photons per M⊙).
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	[image: Thumbnail: Fig. 1 Refer to the following caption and surrounding text.]	Fig. 1 Initial mass functions used in this work. Black line is for Salpeter, red is for Kroupa, and green is for the Chabrier IMF. The plot shows the number of stars per logarithmic mass interval for each mass. Clearly, the Kroupa and Chabrier IMFs are similar and have significantly fewer low-mass stars than the Salpeter IMF. The dashed and dotted lines show the Kroupa IMF using somewhat higher characteristic masses. The effect of increasing the characteristic mass is that there are fewer low mass stars so the L/M ratio of the stellar population increases from about 900 L⊙/M⊙ to 1500 L⊙/M⊙.
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	[image: Thumbnail: Fig. 2 Refer to the following caption and surrounding text.]	Fig. 2 Link between spectral index measured with powerlaw.py and Lmin for the 19 galaxies from data given in Table 2 of Santoro et al. (2022). Lmin is normalized by the completeness limit Lcompl to be comparable from one galaxy to another.
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	[image: Thumbnail: Fig. 3 Refer to the following caption and surrounding text.]	Fig. 3 Probability density functions of Hα fluxes from NGC0628, NGC3627, and M 33, the three galaxies for which both HII region and GMC catalogs are available. Results of the powerlaw.py (red line) and Maschberger & Kroupa (2009) (blue line) fits along with observational data for NGC0628, NGC3627, and M33 from Santoro et al. (2022) and Lin et al. (2017) are shown. NGC0628 and NGC3627 are the two PHANGS galaxies for which both the HII region and GMC samples are available. The Hα data for M33 are from Lin et al. (2017). The adopted completeness limit for the fits (equivalent of Lmin in Santoro et al. 2022) are shown as a dashed green line and given in Table 1 The error bars are proportional to [image: Mathematical equation: $1/\sqrt{(N)}$], where N is the number of points in the bin. When no error bar is plotted, it means N = 1.
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	[image: Thumbnail: Fig. 4 Refer to the following caption and surrounding text.]	Fig. 4 Probability density functions of CO luminosities from NGC0628, NGC3627m and M33, the three galaxies for which both HII region and GMC catalogs are available. Results of powerlaw.py (red line) and Maschberger & Kroupa (2009) fit (blue line) along with observational data for NGC0628, NGC3627, and M33 from Rosolowsky et al. (2021) and Corbelli et al. (2017). NGC0628 and NGC3627 are the two PHANGS galaxies for which both the H II region and GMC samples are available. The CO data for M33 are from Druard et al. (2014) and Corbelli et al. (2017). The adopted completeness limits for the fits are the first of the limits given in Table 5 of Rosolowsky et al. (2021) and are shown as a dashed green line and given in Table 2. The error bars are proportional to [image: Mathematical equation: $1/\sqrt{(N)}$], where N is the number of points in the bin. When no error bar is plotted, it means N = 1.
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	[image: Thumbnail: Fig. 5 Refer to the following caption and surrounding text.]	Fig. 5 Results of fits to the distribution of Hα and CO luminosities. For each galaxy, the name is indicated followed by (1) the whole-galaxy GMC spectral index; (2) the whole-galaxy Hα spectral index; (3) the inner and outer GMC spectral index, connected by a line; and (4) the same but or the Hα luminosities of HII regions. In each case, the triangles indicate the values obtained from the two independent fitting methods and the average is shown by the short horizontal line. When the line goes up, the distribution in the outer part is steeper (relatively more small objects). A horizontal dashed line at a value of 1.5 is plotted to allow easy appraisal of the values.
In the text



	[image: Thumbnail: Fig. 6 Refer to the following caption and surrounding text.]	Fig. 6 Radial variation of spectral indices. This plot portrays the latter four columns of Fig. 5 in a simpler fashion. The lines start with the median position of the inner regions (H II or GMC) and end at the median position of the outer regions. The marker near the line center indicates the median galactocentric distance of the whole sample, and column 5 of Tables 1 and 2 provides the correspondence with the optical radius R25. Red lines are GMC indices and black lines show the indices of the HII regions. When the line goes up, the spectral index in the outer part is higher because the distribution is steeper (relatively more small objects).
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	[image: Thumbnail: Fig. 7 Refer to the following caption and surrounding text.]	Fig. 7 Histogram of simulated cluster properties assuming a “stochastic” IMF. Black lines represent the cluster masses, red lines show their luminosities, and blue lines are for the Hα luminosity. The zero-age IMF is shown in the lower panel and with aging as described in the text in the upper panel. The solid, dashed, and dotted lines show the results for the different cluster mass functions (αcl = 2.3, 2.0, 1.7), following the color above. Similarly, the red x-axis provides the cluster luminosities and the blue x-axis represents the Hα luminosity, both in logarithm. In the upper panel, two blue lines are shown with slopes of 1.7 and 2.0 to help guide the eye. We drew three sets of 30 000 clusters for each of the mass functions and, after checking that they yielded the same results, they were combined to further reduce any noise so the distributions are based on 90 000 clusters for each mass function. The Chabrier IMF was used with the Eker-Sternberg MLR.
In the text



	[image: Thumbnail: Fig. 8 Refer to the following caption and surrounding text.]	Fig. 8 Like Figure 7 (zero-age in lower panel, random aging up to 15 Myr in upper panel) but the maximum stellar mass is as proposed by Larson (1982) (see Sect. 5.3). One of the main differences is the lack of the broad peak near 1038erg/s. The peak is due to the presence of a massive star in a small cluster, which is no longer possible with the Larson (1982) mass limit. While the cluster mass distribution is indeed a power law, the cluster luminosity and Nion function has an α that increases slowly with the minimal luminosity used in the fit, whether the Maschberger or powerlaw.py algorithm is used. This is seen as the curvature not present in the cluster mass distribution and is the result of the limiting stellar mass.
In the text



	[image: Thumbnail: Fig. 9 Refer to the following caption and surrounding text.]	Fig. 9 Comparison of the distribution of cluster properties for a stochastic IMF (0.08-100 M⊙) with that derived for Larson’s model (Larson 1982) where the maximum stellar mass varies with the parent cloud mass. As in the previous figures, the cluster mass distribution is a pure power law with αcl = 1.7, 2.0, and 2.3 and Mclust = 0.03 Mcl. Cluster ages are attributed randomly as described in the text. The bolometric luminosities (bottom) and Hα luminosity (top) were then calculated for the stellar population at the age of each HII region. This figure can be directly compared with Fig. 8.
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	[image: Thumbnail: Fig. 10 Refer to the following caption and surrounding text.]	Fig. 10 Comparison of the observed GMC spectral index and HII region Hα luminosity spectral index with the simulations using the stochastic and Larson (1982) limited IMFs. The point marked “ave” represents the average of the galaxies observed in Hα but not in CO plotted with the average of the galaxies observed in CO but not Hα.
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	[image: Thumbnail: Fig. 11 Refer to the following caption and surrounding text.]	Fig. 11 Comparison of the Larson (1982), Larson (2003), and Kroupa-Weidner (Weidner & Kroupa 2004, 2006) maximum stellar masses as in Weidner & Kroupa (2006) Fig. 1 but recalculated for the range in stellar masses used here (0.08-100 M⊙) and a Chabrier IMF. The dashed line at 100 M⊙ gives the “stochastic” mass limit.
In the text



	[image: Thumbnail: Fig. A.1 Refer to the following caption and surrounding text.]	Fig. A.1 Mass-luminosity relation used in this work. The black line is the simple L = M3 relation, red is the generalized Eker et al. (2015), and green the Eker et al. (2018) and Sternberg et al. (2003) MLR. The dashed lines show the property on the right-hand y-axis (Temperature and number of ionizing photons).
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	[image: Thumbnail: Fig. A.2 Refer to the following caption and surrounding text.]	Fig. A.2 The top panel shows the distribution of the masses of the most massive star in each cluster, with the median value indicated, for the 1000 simulated clusters of 300M⊙ each. These median values are close to the maximal value suggested by Larson (1982). Even for a cluster with 300M⊙ of stars, the random sampling effect is huge. The bottom panel shows the total cluster luminosity as a function of the mass of the most massive star, for the three IMFs indicated by their color. The line shows the luminosity of the single most massive star in the cluster. We can see (1) that the luminosity of a 300M⊙ cluster can vary by a factor 1000 and (2) how important the most massive star is for the total zero-age luminosity as when a very massive star is present, it dominates the luminosity (and ionizing photon production) of the cluster for its lifetime.
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	[image: Thumbnail: Fig. A.3 Refer to the following caption and surrounding text.]	Fig. A.3 Time evolution of the stellar population in a cluster. The black line shows the Salpeter IMF, red for Kroupa, and the green line is for the Chabrier IMF. The black triangles and dashed lines show the property on the right-hand y-axis (maximum stellar mass and number of ionizing photons per M⊙).
In the text
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        Initial mass functions used in this work. Black line is for Salpeter, red is for Kroupa, and green is for the Chabrier IMF. The plot shows the number of stars per logarithmic mass interval for each mass. Clearly, the Kroupa and Chabrier IMFs are similar and have significantly fewer low-mass stars than the Salpeter IMF. The dashed and dotted lines show the Kroupa IMF using somewhat higher characteristic masses. The effect of increasing the characteristic mass is that there are fewer low mass stars so the L/M ratio of the stellar population increases from about 900 L⊙/M⊙ to 1500 L⊙/M⊙.
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        Link between spectral index measured with powerlaw.py and Lmin for the 19 galaxies from data given in Table 2 of Santoro et al. (2022). Lmin is normalized by the completeness limit Lcompl to be comparable from one galaxy to another.
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        Probability density functions of Hα fluxes from NGC0628, NGC3627, and M 33, the three galaxies for which both HII region and GMC catalogs are available. Results of the powerlaw.py (red line) and Maschberger & Kroupa (2009) (blue line) fits along with observational data for NGC0628, NGC3627, and M33 from Santoro et al. (2022) and Lin et al. (2017) are shown. NGC0628 and NGC3627 are the two PHANGS galaxies for which both the HII region and GMC samples are available. The Hα data for M33 are from Lin et al. (2017). The adopted completeness limit for the fits (equivalent of Lmin in Santoro et al. 2022) are shown as a dashed green line and given in Table 1 The error bars are proportional to [image: Mathematical equation: $1/\sqrt{(N)}$], where N is the number of points in the bin. When no error bar is plotted, it means N = 1.
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        Probability density functions of CO luminosities from NGC0628, NGC3627m and M33, the three galaxies for which both HII region and GMC catalogs are available. Results of powerlaw.py (red line) and Maschberger & Kroupa (2009) fit (blue line) along with observational data for NGC0628, NGC3627, and M33 from Rosolowsky et al. (2021) and Corbelli et al. (2017). NGC0628 and NGC3627 are the two PHANGS galaxies for which both the H II region and GMC samples are available. The CO data for M33 are from Druard et al. (2014) and Corbelli et al. (2017). The adopted completeness limits for the fits are the first of the limits given in Table 5 of Rosolowsky et al. (2021) and are shown as a dashed green line and given in Table 2. The error bars are proportional to [image: Mathematical equation: $1/\sqrt{(N)}$], where N is the number of points in the bin. When no error bar is plotted, it means N = 1.

      

    

  
    
      Table 1 

      Hα results for the PHANGS MUSE galaxies.

      
        


	Galaxy
	αMK
	αpy
	nHII
	Fmin,Hα
	Rmed
	αMK,in,αpy,in
	nHII,in
	αMK,out, αpy,out
	nHII,out





	IC5332
	1.72 ± 0.033
	1.74 ± 0.020
	476
	11 000
	1.99
	0.25
	1.74, 1.75
	258
	1.70, 1.73
	218



	NGC0628
	1.66 ± 0.016
	1.68 ± 0.017
	1421
	30 002
	3.63
	0.26
	1.73, 1.76
	650
	1.61, 1.66
	771



	NGC1087
	1.56 ± 0.021
	1.60 ± 0.013
	588
	50 476
	3.60
	0.53
	1.48, 1.66
	371
	1.76, 1.71
	217



	NGC1300
	1.68 ± 0.025
	1.71 ± 0.020
	745
	20 000
	7.93
	0.48
	1.68, 1.60
	398
	1.68, 1.62
	347



	NGC1365
	1.68 ± 0.032
	1.69 ± 0.027
	419
	100 000
	13.78
	0.40
	1.74, 1.76
	185
	1.64, 1.73
	234



	NGC1385
	1.42 ± 0.020
	1.47 ± 0.013
	710
	26 982
	3.53
	0.41
	1.29, 1.57
	438
	1.74, 1.63
	272



	NGC1433
	1.86 ± 0.036
	1.87 ± 0.035
	588
	30 000
	8.76
	0.52
	1.88, 1.60
	292
	1.84, 1.66
	296



	NGC1512
	1.78 ± 0.042
	1.82 ± 0.040
	324
	30 000
	7.55
	0.33
	1.83, 1.61
	163
	1.74, 1.67
	161



	NGC1566
	1.53 ± 0.014
	1.55 ± 0.013
	1078
	31 455
	5.64
	0.30
	1.46, 1.59
	665
	1.68, 1.67
	413



	NGC1672
	1.56 ± 0.020
	1.60 ± 0.021
	694
	47 592
	8.12
	0.47
	1.55, 1.62
	371
	1.57, 1.71
	323



	NGC2835
	1.69 ± 0.030
	1.72 ± 0.033
	488
	52 360
	3.61
	0.32
	1.63, 1.63
	267
	1.78, 1.71
	221



	NGC3351
	1.67 ± 0.024
	1.71 ± 0.020
	670
	19 347
	3.99
	0.38
	1.66, 1.54
	355
	1.69, 1.61
	315



	NGC3627
	1.45 ± 0.017
	1.50 ± 0.017
	833
	90 250
	4.46
	0.26
	1.39, 1.64
	433
	1.53, 1.72
	400



	NGC4254
	1.50 ± 0.013
	1.54 ± 0.007
	1847
	57 359
	4.91
	0.51
	1.42, 1.58
	1106
	1.64, 1.68
	741



	NGC4303
	1.51 ± 0.014
	1.55 ± 0.009
	1613
	48 167
	5.51
	0.32
	1.45, 1.55
	961
	1.61, 1.66
	652



	NGC4321
	1.64 ± 0.020
	1.67 ± 0.014
	1005
	61 501
	6.39
	0.47
	1.59, 1.58
	560
	1.72, 1.69
	445



	NGC4535
	1.50 ± 0.013
	1.53 ± 0.010
	1260
	9067
	5.62
	0.30
	1.52, 1.37
	629
	1.49, 1.45
	631



	NGC5068
	1.60 ± 0.021
	1.62 ± 0.017
	930
	44 785
	2.09
	0.37
	1.58, 1.55
	471
	1.63, 1.66
	459



	NGC7496
	1.59 ± 0.032
	1.62 ± 0.017
	377
	20 822
	4.28
	0.47
	1.61, 1.47
	213
	1.58, 1.57
	164



	M33
	1.41 ± 0.026
	1.51 ± 0.018
	368
	60 000
	3.98a
	0.53
	1.28, 1.45
	190
	1.52, 1.59
	178





      

      
Notes. Sample of galaxies observed by Santoro et al. (2022) followed by results from fitting the Hα flux distribution with the Maschberger & Kroupa (2009) method and powerlaw.py algorithm (Alstott et al. 2014). Second column is overall slope, where the second number is determined with powerlaw.py. Third column is the number of HII regions with a flux greater than the value in Col. 4 expressed in units of 10−20 erg cm−2 sec−1. Column 4 is designed to be the true completeness limit as explained in the text. Column 5 gives the median galactocentric radius of the HII region sample for that galaxy in kpc and as a fraction of R25. The following two columns provide the inner slope with the two methods and the number of HII regions. The next two columns are the same but for the outer parts. a Corrected for a distance of 840 kpc. Due to the lower number of HII regions, the uncertainties on α are higher when the inner and outer parts are evaluated separately.




    

  
    
      Table 2 

      CO results for the PHANGS galaxies.

      
        


	Galaxy
	αMK
	αpy
	nGMC
	Lmin,CO
	Rmed
	αMK,in,αpy, in
	nGMC,in
	αMK, out, αpy, out
	nGMC,out





	NGC0628
	1.85 ± 0.040
	1.95 ± 0.030
	368
	149 254
	3.85
	0.27
	1.80, 1.92
	205
	1.92, 2.00
	163



	NGC1637
	2.05 ± 0.066
	2.06 ± 0.055
	202
	89 552
	2.62
	0.39
	1.83, 1.74
	116
	2.56, 1.91
	86



	NGC2903
	1.70 ± 0.023
	1.77 ± 0.019
	642
	134 328
	5.41
	0.30
	1.62, 1.78
	346
	1.83, 1.95
	296



	NGC3521
	2.15, ±0.035
	2.25 ± 0.027
	737
	397 015
	6.35
	0.30
	2.08, 2.28
	476
	2.28, 2.40
	261



	NGC3621
	3.00 ± 0.145
	2.99 ± 0.131
	152
	283 582
	3.58
	0.28
	2.88, 2.10
	95
	3.31, 2.25
	57



	NGC3627
	1.55 ± 0.017
	1.65 ± 0.015
	879
	119 403
	4.69
	0.28
	1.48, 1.66
	457
	1.65, 1.83
	422



	NGC5643
	2.10 ± 0.043
	2.11 ± 0.049
	399
	179 104
	4.50
	0.53
	1.97, 1.82
	244
	2.40, 2.00
	155



	NGC6300
	2.31 ± 0.074
	2.32 ± 0.067
	286
	253 731
	5.43
	0.72
	2.04, 1.99
	167
	3.00, 2.20
	119



	M33
	1.74 ± 0.039
	1.95 ± 0.030
	449
	7000
	2.82
	0.37
	1.51, 1.83
	241
	2.00, 2.12
	208





      

      
Notes. PHANGS galaxies observed by Rosolowsky et al. (2021) followed by results from fitting the CO luminosity distribution with the Maschberger & Kroupa (2009) method and powerlaw.py algorithm (Alstott et al. 2014). Second column is overall slope, where the second number is determined with powerlaw.py. Third column is the number of GMCs with a flux greater than the value in Col. 4 expressed in units of K km s−1 pc2. Column 4 is designed to be the true completeness limit as explained in the text. Column 5 gives the median galactocentric radius of the GMCs for that galaxy in kpc and as a fraction of R25. The following two columns provide the inner slope with the two methods and the number of GMCs. The next two columns are the same but for the outer parts. Due to the lower number of clouds, the uncertainties on α are higher when the inner and outer parts are evaluated separately.




    

  
    
      Table 3 

      Fits of the mock data.

      
        


	
αcl
	Bol. stochastic
αbol, MK,αbol,py
	Bol. Larson
αbol,MK,αbol,py
	Hα stochastic
αHα,MK,αHα,py
	Hα Larson
αHα,MK,αHα,py





	2.3
	1.90, 1.93
	2.17, 2.18
	1.62, 1.66
	1.93, 1.94



	2.0
	1.82, 1.86
	1.96, 1.98
	1.58, 1.62
	1.79, 1.81



	1.7
	1.75, 1.80
	1.81, 1.86
	1.53, 1.58
	1.69, 1.72





      

      
Notes. As in previous tables, the first fit is with the Maschberger & Kroupa (2009) method and the second is with the powerlaw.py algorithm (Alstott et al. 2014). First column is the spectral index of the injected GMC or cluster mass distribution. The following columns provide the spectral indices α of the fits to the bolometric luminosity distribution and the Hα luminosity distribution for the stochastic and Larson (1982) IMFs. This is the data used as input to Fig. 10.




    

  
    
      Fig. 5 

      
        [image: Fig. 5 Refer to the following caption and surrounding text.]
      

      
        Results of fits to the distribution of Hα and CO luminosities. For each galaxy, the name is indicated followed by (1) the whole-galaxy GMC spectral index; (2) the whole-galaxy Hα spectral index; (3) the inner and outer GMC spectral index, connected by a line; and (4) the same but or the Hα luminosities of HII regions. In each case, the triangles indicate the values obtained from the two independent fitting methods and the average is shown by the short horizontal line. When the line goes up, the distribution in the outer part is steeper (relatively more small objects). A horizontal dashed line at a value of 1.5 is plotted to allow easy appraisal of the values.

      

    

  
    
      Fig. 6 

      
        [image: Fig. 6 Refer to the following caption and surrounding text.]
      

      
        Radial variation of spectral indices. This plot portrays the latter four columns of Fig. 5 in a simpler fashion. The lines start with the median position of the inner regions (H II or GMC) and end at the median position of the outer regions. The marker near the line center indicates the median galactocentric distance of the whole sample, and column 5 of Tables 1 and 2 provides the correspondence with the optical radius R25. Red lines are GMC indices and black lines show the indices of the HII regions. When the line goes up, the spectral index in the outer part is higher because the distribution is steeper (relatively more small objects).

      

    

  
    
      Fig. 7 

      
        [image: Fig. 7 Refer to the following caption and surrounding text.]
      

      
        Histogram of simulated cluster properties assuming a “stochastic” IMF. Black lines represent the cluster masses, red lines show their luminosities, and blue lines are for the Hα luminosity. The zero-age IMF is shown in the lower panel and with aging as described in the text in the upper panel. The solid, dashed, and dotted lines show the results for the different cluster mass functions (αcl = 2.3, 2.0, 1.7), following the color above. Similarly, the red x-axis provides the cluster luminosities and the blue x-axis represents the Hα luminosity, both in logarithm. In the upper panel, two blue lines are shown with slopes of 1.7 and 2.0 to help guide the eye. We drew three sets of 30 000 clusters for each of the mass functions and, after checking that they yielded the same results, they were combined to further reduce any noise so the distributions are based on 90 000 clusters for each mass function. The Chabrier IMF was used with the Eker-Sternberg MLR.

      

    

  
    
      Fig. 8 

      
        [image: Fig. 8 Refer to the following caption and surrounding text.]
      

      
        Like Figure 7 (zero-age in lower panel, random aging up to 15 Myr in upper panel) but the maximum stellar mass is as proposed by Larson (1982) (see Sect. 5.3). One of the main differences is the lack of the broad peak near 1038erg/s. The peak is due to the presence of a massive star in a small cluster, which is no longer possible with the Larson (1982) mass limit. While the cluster mass distribution is indeed a power law, the cluster luminosity and Nion function has an α that increases slowly with the minimal luminosity used in the fit, whether the Maschberger or powerlaw.py algorithm is used. This is seen as the curvature not present in the cluster mass distribution and is the result of the limiting stellar mass.

      

    

  
    
      Fig. 9 

      
        [image: Fig. 9 Refer to the following caption and surrounding text.]
      

      
        Comparison of the distribution of cluster properties for a stochastic IMF (0.08-100 M⊙) with that derived for Larson’s model (Larson 1982) where the maximum stellar mass varies with the parent cloud mass. As in the previous figures, the cluster mass distribution is a pure power law with αcl = 1.7, 2.0, and 2.3 and Mclust = 0.03 Mcl. Cluster ages are attributed randomly as described in the text. The bolometric luminosities (bottom) and Hα luminosity (top) were then calculated for the stellar population at the age of each HII region. This figure can be directly compared with Fig. 8.

      

    

  
    
      Fig. 10 

      
        [image: Fig. 10 Refer to the following caption and surrounding text.]
      

      
        Comparison of the observed GMC spectral index and HII region Hα luminosity spectral index with the simulations using the stochastic and Larson (1982) limited IMFs. The point marked “ave” represents the average of the galaxies observed in Hα but not in CO plotted with the average of the galaxies observed in CO but not Hα.

      

    

  
    
      Fig. 11 

      
        [image: Fig. 11 Refer to the following caption and surrounding text.]
      

      
        Comparison of the Larson (1982), Larson (2003), and Kroupa-Weidner (Weidner & Kroupa 2004, 2006) maximum stellar masses as in Weidner & Kroupa (2006) Fig. 1 but recalculated for the range in stellar masses used here (0.08-100 M⊙) and a Chabrier IMF. The dashed line at 100 M⊙ gives the “stochastic” mass limit.

      

    

  
    
      Fig. A.1 

      
        [image: Fig. A.1 Refer to the following caption and surrounding text.]
      

      
        Mass-luminosity relation used in this work. The black line is the simple L = M3 relation, red is the generalized Eker et al. (2015), and green the Eker et al. (2018) and Sternberg et al. (2003) MLR. The dashed lines show the property on the right-hand y-axis (Temperature and number of ionizing photons).

      

    

  
    
      Fig. A.2 

      
        [image: Fig. A.2 Refer to the following caption and surrounding text.]
      

      
        The top panel shows the distribution of the masses of the most massive star in each cluster, with the median value indicated, for the 1000 simulated clusters of 300M⊙ each. These median values are close to the maximal value suggested by Larson (1982). Even for a cluster with 300M⊙ of stars, the random sampling effect is huge. The bottom panel shows the total cluster luminosity as a function of the mass of the most massive star, for the three IMFs indicated by their color. The line shows the luminosity of the single most massive star in the cluster. We can see (1) that the luminosity of a 300M⊙ cluster can vary by a factor 1000 and (2) how important the most massive star is for the total zero-age luminosity as when a very massive star is present, it dominates the luminosity (and ionizing photon production) of the cluster for its lifetime.

      

    

  
    
      Fig. A.3 

      
        [image: Fig. A.3 Refer to the following caption and surrounding text.]
      

      
        Time evolution of the stellar population in a cluster. The black line shows the Salpeter IMF, red for Kroupa, and the green line is for the Chabrier IMF. The black triangles and dashed lines show the property on the right-hand y-axis (maximum stellar mass and number of ionizing photons per M⊙).

      

    

  OEBPS/aa57853-25-fig9_small.jpg





OEBPS/aa57853-25-eq4.png





OEBPS/aa57853-25-eq5.png





OEBPS/aa57853-25-eq6.png
M. max = 0.33M20





OEBPS/aa57853-25-fig14_small.jpg





OEBPS/aa57853-25-eq7.png
M. pay = 0.33 M50










OEBPS/aa57853-25-fig5_small.jpg





OEBPS/aa57853-25-eq1.png
M.pmax < M),

clust





OEBPS/aa57853-25-fig2_small.jpg





OEBPS/aa57853-25-eq2.png
M. oy =






OEBPS/aa57853-25-eq3.png
")/ (2+0.69°)
0.158  ,({log(m)-log(0.08))")/(2:
dn/d(In(m)) o prs





OEBPS/aa57853-25-fig13_small.jpg





OEBPS/aa57853-25-fig8_small.jpg





OEBPS/aa57853-25-fig1.jpg
Number density (dN/dlogM)

100

10

0.1

0.01

0.001

TTTT T T T T T T T T T T T

Salpeter

Kroupa

— — —Kroupa 1My,

T T T T T T T T T T T T

Ll L Lol L ool

T T TTTTH

Lill

Ll

Ll

Ll

0.1 1 10





OEBPS/aa57853-25-fig2.jpg
Spectral index

2.2

1.8

1.6

1.4

A
AN
A
A
A
AN
Py
Ay
A
AN
AN
AN
Ay
L 1 s s s 1
5 10

Minimum flux divided by completeness limit






OEBPS/aa57853-25-fig3.jpg
T T T T I T T T T T T T T T T T T | T T T T
I s, |
0.01 f o = 1.68 -
: A o = 1.66 :
A
. 77‘ |
0.0001 I .
ENGCOGZB
P ok i
5 10°k -
g L | 1
_I T T | | T I H T | | |
° i i
- 0.01 = .
@)
- i )
= L . .
E L Af |
>\O.OOOI - 7
= il
= - NGC3627 :
o) | i
> 10 -
..0:‘) N -
5O.OI;HH':Hd'i\::'uu'u ]
E - 1 1 | | i
g C ]
2.0.001 ¢ kY ~
0.0001 f 4
0.00001 = M33 y
107 E
; completeness | ;
10_7 [ N | [ B B | [ B | | [ B | | |
3

-20

4 5
log Ha flux (10 ergs/cm”/sec)





OEBPS/aa57853-25-fig4.jpg
4 5 6 7
i T T T T | T T T T I T T T ]
0.001 = EEEEIEI E
o :
A

0.0001 E
»0.00001 = NGCO628 3
= g ]
% - ]

= - completeness

£ 107° —— ——

E o Eatis ]
S 0.001 Y% t £ E
O . .
5 e e
S 0.0001 & E
) c .
5 c .
B - ]
5 i ]
£0.00001 = NGC3627 E
= B ]
5 I leteness :
- " i
= 10_6 I ! 1 ! | Clonllpx ! | ! 1 1 +
>\ ;: T 1 T LI | T T T T I T T T %
e 4 1
= - III 4
- . EI 1.95 A+
,_Q - —
a, A 1
0.001 £ E
0.0001 = M 33 E
B completeness ]
i 1 1 1 | 1 1 1 1 | L 1 1 ]
3 6

4 5
log CO luminosity (K km/s pc°)





OEBPS/aa57853-25-fig5.jpg
NGC628
GC3627
M33

NGC1637
GC2903
GC3521
GC3621
GC5643
GC6300
IC5332
GC1087
GC1300
GC1365
GC1385
GC1433
GC1512
GC1566
GC1672
GC2835
GC3351
GC4254
NGC4303
NGC4321
GC4535
GC5068
GC7496

z 'z

z

z

Ay Xcoin Xco,out XHinin XHILout

by






OEBPS/aa57853-25-fig6.jpg
slope of luminosity function

2.5

1.5

Galactocentric distance (kpc)

15






OEBPS/aa57853-25-fig7.jpg
log Luminosity (Lg)
5

log Lyq
(Lo)

1000 ¢

T T 1T 11ri

T

o
(@]
T T TR

Number ~

T

L.

|

!

9

I

3

(@]

—
(@]
T
Q
|
3

34 36 38 40

2.5 3 3.5 4
log Cluster mass (Mg)

w
QY

[AV]





OEBPS/aa57853-25-fig8.jpg
1000 |

100

1000 |

100

log Lumi%osity (Lo) 6

-

IIIIIIJl

RTINS S N O EPEE N
(@)

2.5 3 3.5
Cluster mass (My)





OEBPS/aa57853-25-fig10_small.jpg





OEBPS/aa57853-25-fig9.jpg
log Ha luminosity (erg/s)
36 38

34
T T T [ ' l I l I I
10000 E
1000 3
E Kep = 1.7 E
- L ay =20 |
Q 100 a4 =23 E
E E cl 3
3 F ]
E - ]
L — Larson IMF L
1Y E— stochastic IMF i
B | 1 | 1 | | | } !
| } - } t T | T

10000 - ST ¢ E
E s 3
1000 3
; E
- = 1.7 i
E | =] 20 )
100 2.3 E
& E
: ]
E ]
—— Larson IMF ]
10 = TH s stochastic IMF E

6
log cluster luminosity (Lg)





OEBPS/aa57853-25-fig1_small.jpg





OEBPS/dash.png





OEBPS/aa57853-25-fig12_small.jpg





OEBPS/aa57853-25-fig4_small.jpg





OEBPS/aa57853-25-fig7_small.jpg





OEBPS/aa57853-25-fig3_small.jpg





OEBPS/aa57853-25-fig10.jpg
HII region Ha spectral index

1.2

A Larson(1982) IMF
A stochastic IMF

L | L L . | L L L | I . L 1

1.6 1.8 2 2.2
cloud/cluster mass spectral index






OEBPS/aa57853-25-fig12.jpg
(Rsol)

stellar radius

Luminosity (Lsol)

100

10

0.1

10

10000

100

0.01

T

L T LI B B T T T TIT T T T T T

pp—

3 7 L3
L=M -7
Eker2015 o7 A

Eker—Sternberg

PR RN T NN T AN SN A A AR

B

| Ly

0.1 1
Stellar Mass (Msol)

10

— 1000

100000

Effective Temp (K)

o

50

10

48

46

44

42

Number of ionizing photons /sec

40






OEBPS/aa57853-25-fig11.jpg
maximum stellar mass (Mg,)

100

10

T T Ilfllr‘ T Tlll‘w T T T TTTTT T T T TTTTT T T T TTTTT)
E Stochastic E
Larson(2003)
Larson(1982) —
Wiedner—Kroupa(2006) ]
1 lllll\‘ 1 llll]\‘ 1 1 \Jllll‘ 1 1 \\llll‘ 1 1ol
10 100 1000 10000 100000 10°

Cluster mass (Mg,)





OEBPS/aa57853-25-fig14.jpg
fraction of mass remaining

light—to—mass ratio (solar units)

T T 100

— 80

0.6 « Salpeter — 60
o Kroupa 9
F Chabrier 9
| i
0.4 [z — 40
A
A -
A
A .|
Y

most massive star remaining

4 stellar lifetime (Eker—Sterberg MLR) E

1000 R
Salpeter L/M — — —-N; ]
Kroupa L/M - ——-N;,» 1
1 10%
— — —-Chabrier L/M- — —-N; ., 3
100 7]
10%

Ll

!

_ 1044
10 |- ]
F N e —]
[ ~ T = 10*
~~o \i\\\}
1 L | | L | L L | L L | | | LT~ 1042
0 2 107 4 10" 6 107 8 10" 10°

cluster age (years)





OEBPS/aa57853-25-fig13.jpg
100

T T T T T T T T T
- L 1
n
g 3 Salpeter IMF .
= 80 — Kroupa IMF —
g - Chabrier IMF 8
X
© r J
g L }
=
g 60 ||| .
= | |
<
S L 4
& L i
n
g 40 — -
o 238
Z L i
5 | 18.0 |
“a = 22 O - | - -
” ,
g 20 —
E | L ]
5
Z - = i
0 N I A N it I B i ==
0 20 40 60 80 100
Mass of most massive star in cluster (Msol)
T T T T T T T \ T T T T T IA‘I
10°
F sSalpeter IMF
r +Kroupa IMF 9
100000 +Chabrier IMF =
5 i 1
n
K} L ]
- L J
-
‘w 10000 =
o C |
8 F E
E C 1
2
- L 1
0]
< 1000 & .
3 E 1
© i 1
'_KS‘ . 4
-
2 L 1
2
100

T

1 1 | TR

Ll

10
Mass of most massive star in cluster (Msol)





OEBPS/aa57853-25-fig11_small.jpg





OEBPS/aa57853-25-fig6_small.jpg





