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Abstract

Context. The cluster Radcliffe 136 in the Large Magellanic Cloud (LMC) contains a population of stars in excess of 100 M⊙, including the most massive star known, R136a1. Very massive stars (VMSs) play an influential role in feedback processes and may potentially produce exotic supernova (SN) types and black holes of tens of solar masses.

Aims. The evolutionary history and final fate of the three most luminous stars, R136a1, R136a2, and R136a3, continues to be a puzzling issue. We aim to resolve this using dedicated stellar evolution models.

Methods. We computed rotating single-star MESA models and applied observationally constrained mass-loss rates during the early evolution and new theoretical Wolf-Rayet-type rates once the surface becomes enriched in helium. We considered various scenarios for internal angular momentum (AM) transport. We produced interpolated model grids and applied a Markov chain Monte Carlo (MCMC) analysis to compare our models with observations.

Results. The nature of SN progenitors strongly depends on mass loss and the AM coupling schemes. We predict no pair-instability and no gamma-ray burst progenitors from our fiducial model grid at LMC metallicity. The onset of Wolf-Rayet-type mass-loss rates on the main sequence leads to a rapid decrease in stellar mass and luminosity. The initially most massive model (800 M⊙) loses mass the most rapidly and becomes less massive than the initially least massive model (100 M⊙) in our grid. This mass turnover implies that the evolutionary history can only be inferred if additional constraints are available. We utilised the surface helium abundance, which poses a conundrum: R136a1, the most luminous star, is less enriched in helium than R136a2 and R136a3. We propose that this can be explained if both R136a2 and R136a3 were initially more massive than R136a1. From a rigorous confrontation of our models to spectroscopically derived observables, we estimate an initial mass of 346 ± 42 M⊙ for R136a1, and ≳500 M⊙ for R136a2 and R136a3.

Conclusions. Even though VMSs are only present in the youngest clusters below 2 Myr of age, our study demonstrates the greater strength of their role in local and galaxy evolution. At the LMC metallicity, they will be observable as helium-enriched massive stars after their drastic mass loss, produced via single-star evolution. If the core collapse leads to a SN, it will be of Type Ib/c.
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1. Introduction
Very massive stars (VMSs)1 with 100 M⊙< Mini < 1000 M⊙ (e.g. Vink et al. 2015; Martins 2015; Hirschi 2017) dominate feedback processes and may contribute to chemical enrichment up to galactic scales through their strong stellar winds, intense ionising radiation fields and, ultimately, supernova (SN) explosions (e.g. McKee & Ostriker 1977; Heger & Woosley 2002; Doran et al. 2013; Rathjen et al. 2021; Goswami et al. 2022; Higgins et al. 2023; Lahén et al. 2024). VMSs that have resulted from primordial star formation (Population III stars) are potential contributors to the re-ionisation of the universe (Bromm et al. 2001; Hirano et al. 2014, 2015) and have likely played a crucial role in galaxy formation and evolution (e.g. Bromm et al. 2009; Kojima et al. 2021; Eldridge & Stanway 2022).
The 30 Doradus region (a.k.a. the Tarantula Nebula) is a large and intrinsically bright star-forming region in the Large Magellanic Cloud (LMC, Kennicutt 1984; Doran et al. 2013; Nayak et al. 2023; Kokusho et al. 2023) that hosts a large population of massive stars (Evans et al. 2011; Schneider et al. 2018a). 30 Doradus has a metallicity approximately half that of the Milky way (see Mokiem et al. 2007, for a literature overview), characteristic for giant starbursts in massive galaxies observed at high redshift (e.g. Crowther et al. 2017). The central cluster of 30 Dor, Radcliff 136 (R136) hosts the currently known most massive stars. Spectroscopic analyses of these stars yield current masses that reach up to 200–300 M⊙ (Crowther et al. 2010, 2016; Bestenlehner et al. 2014, 2020; Brands et al. 2022; Sabhahit et al. 2025). Hence, in terms of the initial mass at least, they are representative of the very massive first stars. As the spectral signatures of the most massive stars in the R136 cluster are dominated by very strong wind lines, they were originally thought to belong to evolved Wolf-Rayet stars (Parker et al. 1995). However, Hubble Space Telescope (HST) observations of these stars were obtained by de Koter et al. (1997), who scrutinised their photospheric and atmospheric properties. This led to the understanding that these objects are not classical Wolf-Rayet stars, instead, they are main sequence stars with particularly strong mass loss, displaying Wolf-Rayet-type spectral features. They belong to the specific subclass of Wolf-Rayet stars with the WNh designation, characterised by the presence of hydrogen and strong nitrogen emission in the spectrum. Whether the winds of these objects are optically thin or thick is still not fully clear (Vink & Gräfener 2012; Bestenlehner et al. 2020; Brands et al. 2022).
In this study, we aim to contribute to our understanding of VMSs through a tailored evolutionary modelling of the three most massive stars known, R136a1, R136a2, and R136a3, located in the R136 cluster. On the one hand, this will allow us to estimate their initial masses, that is, to place constraints on the stellar upper mass limit. Previous studies on the evolution of VMSs show that the strong dependence of mass loss on luminosity may potentially result in initially 250–1000 M⊙ stars to all end up with masses in the range of 200–300 M⊙ after about 1.5–2.5 Myrs of evolution (Yungelson et al. 2008; Köhler et al. 2015; Higgins et al. 2022). The most massive stars in R136 are about this massive and this old. We explore whether confronting our models to spectroscopically determined observables can help break this degeneracy. On the other hand, we may address their future evolution, namely, assess the possible SN progenitor properties and SN type (Smartt 2009; Smith 2014). At zero metallicity, VMS models of initially 140–260 M⊙ are expected to produce pair-instability SNe (Heger & Woosley 2002; Chatzopoulos & Wheeler 2012; Takahashi 2018; Volpato et al. 2023). This is likely not the case at solar metallicity (Hirschi 2015), unless the progenitor could retain a substantial mass, for example, via magnetic mass-loss quenching (Petit et al. 2017; Georgy et al. 2017). Rotation-induced internal mixing and angular momentum transport and mass and angular momentum loss by the stellar wind are considered as the most important physical mechanisms shaping the evolution of VMSs (e.g. Hirschi et al. 2004; Maeder 2009; Brott et al. 2011a; Ekström et al. 2012; Langer 2012). We seek to study how these processes impact the evolution and final fate of such stars. To this end, we explored different hypotheses describing internal angular momentum (AM) transport within a diffusive approximation.
Rotation was recognised as a main characteristic of stars a 100 years ago (Eddington 1925). It drives internal AM transport, which is generally assumed to be a consequence of (magneto)hydrodynamical instabilities in stellar radiative zones and is inherently three-dimensional in nature. In one-dimensional models, various simplifications are necessary to describe the effects of rotation (e.g. Zahn 1992; Yoon et al. 2006; Maeder 2009). It is much more difficult to compare internal AM prescriptions to observational data than mass-loss schemes. This is because the main, ‘directly’ measurable impact is the internal rotation profile of the star (Aerts et al. 2019). Asteroseismology has been a powerful tool to make inferences about the internal structure of stars; however, due to significant turbulence in the photospheres of hot stars, the technique remains challenging for massive stars and, in particular, VMSs (e.g. Briquet et al. 2011; Bowman 2020; Bowman et al. 2020). Several recent approaches aim at calibrating the efficiency of internal AM transport by requiring that by the end of the evolution the spin rates of compact objects are recovered (e.g. Suijs et al. 2008; Kissin & Thompson 2018; Fuller et al. 2019; Ma & Fuller 2019; Takahashi & Langer 2021). An issue that tends to complicate these latter approaches is that effects of internal AM transport properties (e.g. the necessary amount of core-envelope coupling) and AM loss by stellar winds are intricately connected. Constraints on internal AM transport in high-mass stars can only be established if the mass-loss rates are precisely determined.
Pioneering works established that the winds of hot, massive stars are accelerated by radiation pressure on spectral lines (Lucy & Solomon 1970; Castor et al. 1975; Pauldrach et al. 1986). Both massive stars and VMSs in the local Universe are subject to significant mass loss by radiative-line driving over the course of their evolution from the zero-age main sequence (ZAMS) to core collapse (e.g. Puls et al. 2008; Vink 2022). Mass-loss rates of hot stars have been uncertain. Observational studies of typical massive stars (i.e. up to ∼100 M⊙) generally identify some deviations from theoretically determined rates, in part related to the treatment of inhomogeneities (clumps) in the trans-sonic outflows (e.g. Puls et al. 2015; Hawcroft et al. 2021; Backs et al. 2024).
Previously, large (of an order of magnitude) uncertainties on stellar mass-loss rates were a prohibitive issue to study the evolution of VMSs from the main sequence to core collapse. Several studies have relied on the computation of pure helium cores to mitigate such issues (e.g. Heger & Woosley 2002; Waldman 2008). In recent years, new theoretical mass-loss prescriptions have been developed (Krtička & Kubát 2017, 2018; Krtička et al. 2024; Vink 2018; Sundqvist et al. 2019; Gormaz-Matamala et al. 2019, 2021, 2022; Sander et al. 2020; Sander & Vink 2020; Björklund et al. 2021) and improved atmospheric prescriptions and high-quality ultraviolet and optical spectroscopy have allowed for wind-structure-corrected mass-loss rates to be obtained – for VMSs as well (Bouret et al. 2012; Bestenlehner et al. 2020; Hawcroft et al. 2021). In this study, we rely on two mass-loss prescriptions.
During early main sequence evolution, when the surface helium abundance is close to its initial value, we adopted the empirical calibration of Brands et al. (2022) to stars in R136. When the surface becomes helium-rich, we apply the new Sander & Vink (2020) rates, developed for Wolf-Rayet type stars. In the former case, the typical uncertainty between current theoretical works and observations is of the order of a factor of 2–3. While this is remarkably good, even such small changes in the mass-loss rates can have a large impact on the evolution of high-mass stars (Keszthelyi et al. 2017). In the latter case, the uncertainty is of the order of a magnitude (e.g. Hainich et al. 2014; Moriya & Yoon 2022). Therefore, we also performed some additional tests with different rates.
We tested our fiducial mass-loss rates and compared our models with different schemes of internal AM transport to observed stars in R136. In this way, we were able to mitigate (as much as possible) the complicating factor that both mass loss and internal AM transport affect the rotation of the star, which will determine the rotation of the remnant compact object. In all fairness, even when employing a tailored mass-loss prescription and exploring different strengths of internal AM transport, evolutionary modelling of VMSs remains challenging. This is largely due to these objects approaching the Eddington limit, with convection, magnetism, and envelope inflation also contributing to modelling uncertainties (e.g. Ishii et al. 1999; Sanyal et al. 2015, 2017).
This paper is structured as follows. In Section 2, we present the MESA software instrument and outline the input parameters of our models, including various internal angular momentum transport prescriptions. In Section 3, we detail the evolutionary model predictions from early to late stages. In Section 4, we confront our models with observations of the three WNh stars in the R136 cluster. In Section 5, we put our findings in a broader context and discuss the implications of our results. Our conclusions are summarised in Section 6.
2. Methods
For our numerical model calculations, we used Modules for Experiments in Stellar Astrophysics r22.11.01 (MESA; Paxton et al. 2011, 2013, 2015; Paxton et al. 2018, 2019) and MESA Software Development Kit (SDK) version 22.10.1 (Townsend 2020). We carried out test computations on the Dutch supercomputer Snellius2 and final computations on the calculation server of the Japanese supercomputer XC50 3. In brief, MESA is a robust, open-source software instrument, which has been aptly tested for the modelling of massive stars (Paxton et al. 2013; Jones et al. 2015; Martins & Palacios 2013; Keszthelyi et al. 2017). Several new investigations also use MESA to study models of VMSs (e.g. Vigna-Gómez et al. 2019; Gräfener 2021; Sabhahit et al. 2022; Higgins et al. 2022). Our input files (including the inlist files and run_star_extras), as well as the computed models, can be downloaded from Zenodo. The MESA microphysics is summarised in Appendix D. Here, we describe the main physical ingredients in our models.
2.1. Chemical composition
The initial metallicity in the LMC, and more locally within the R136 cluster, is a topic of active investigations (e.g. Lah et al. 2024). We followed Dopita et al. (2019), who combined the results of several different methods, including atmospheric modelling of hot stars, studies of SN remnants, and H II regions. For the initial elemental abundances of hydrogen, helium, and metals, these are: Xini = 0.73685, Yini = 0.25671, and Zini = 0.00644 (see their table 5). The adopted initial CNO abundances in mass fraction are XC = 9.25898 ⋅ 10−4, XN = 1.45717  ⋅ 10−4, and XO = 2.96143  ⋅ 10−3, and all other metals follow their tabulated values. Thus, we did not simply scale the solar abundance pattern by the metallicity ratio ZLMC/Z⊙ ∼ 0.5. The isotopic ratios were adopted from Lodders (2003). The same metallicity is used for the opacity calculations as for the chemical evolution of the models (unlike e.g. Brott et al. 2011a and Köhler et al. 2015).
2.2. Convection, overshooting
We assumed a mixing length parameter of αMLT  =  2.0 (typically considered in the range of 1.5–2.0, e.g. Joyce & Tayar 2023) and the ML1 scheme of convection in MESA, following Böhm-Vitense (1958). We used exponential overshooting, following the works of Herwig (2000), Paxton et al. (2013). We set the corresponding parameters such that the convective core is extended by approximately 20% of the local pressure scale height. In convectively unstable (non-burning) shells, we applied over- and under-shooting to avoid stiff boundaries. We did not use the semiconvective and thermohaline mixing options in MESA. Recently, Blouin et al. (2024) used detailed 3D simulations and found that semiconvective layers could be completely erased by the homogenising effect of overshooting. Therefore, while formally the Ledoux criterion is applied to calculate convective boundaries, in practice, the stability against convection is reduced to the Schwarzschild criterion. Anders et al. (2022) found that the two criteria should be equivalent over evolutionary timescales, as multidimensional simulations provide new insights into the problem (e.g. Andrassy et al. 2024; Leidi et al. 2024).
2.3. Rotational mixing
Chemical element transport driven by rotational mixing is assumed to be a diffusive process, following the seminal works of Pinsonneault et al. (1989) and Zahn (1992). In this approach, two scaling factors are commonly used. To account for the observed surface lithium depletion in solar-type stars and surface nitrogen enrichment in massive stars, the overall efficiency of chemical element transport compared to that of angular momentum transport is scaled by the free parameter, fc. The mixing efficiency also strongly depends on composition gradients inside the star. To mitigate the effects of composition gradients, a factor, fμ, is introduced to multiply ∇μ (see also Maeder & Zahn 1998). Although these parameters are uncalibrated and thus completely uncertain in the case of VMSs, we adopted fc = 0.05 and fμ = 0.1 (Yoon et al. 2006; Brott et al. 2011a; Paxton et al. 2013). The increase in fc (compared to the value 0.033 used by Heger et al. 2000) was adopted based on the findings of Markova et al. (2018), who determined that the physical characteristics (in particular, the surface abundances) of massive O-type stars are better reproduced with a higher mixing efficiency (see also Martins & Palacios 2017). The usual hydrodynamical mixing processes are assumed to operate: Eddington-Sweet circulation, shear mixing, and Goldreich-Schubert-Fricke (GSF) instability (Eddington 1925; Sweet 1950; Goldreich & Schubert 1967; Fricke 1968, see also, e.g. Zahn 1992; Talon & Zahn 1997; Maeder 1997).
2.4. Angular momentum transport
Rotational core-envelope coupling and, thus, the internal angular momentum transport remains highly uncertain in VMSs. During main sequence evolution, the large core is convectively unstable. In these regions, AM transport is very efficient, leading to solid-body rotation. In the radiative stellar envelope, (magneto)rotational instabilities could transport angular momentum; however, the exact physical scenario remains unclear. We used MESA’s diffusive approximation of AM transport, which is based on the works of Endal & Sofia (1978) and Pinsonneault et al. (1989), and described via:
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where DAM is the total diffusion coefficient responsible for AM transport, while r, ρ, m, and t are the radius, density, enclosed mass, and time, respectively. In convective regions, DAM is calculated from the mixing length theory. In radiative stellar layers, DAM is constructed as a sum of individual diffusion coefficients accounting for various rotationally-induced instabilities, although this approach is likely far too simplistic (see discussion by Keszthelyi et al. 2022, and references therein). We considered three assumptions, describing moderate, strong, and perfect coupling. These are:

	
Moderate coupling – HY: only hydrodynamical instabilities in stellar radiative zones (dominated by Eddington-Sweet currents) are considered. The transport is relatively efficient, but the angular velocity profile can decline more rapidly toward the stellar surface.



	
Strong coupling – TS: angular momentum transport in radiative stellar zones conform to the Tayler-Spruit dynamo (Tayler 1973; Spruit 2002). This leads to near solid-body rotation on the main sequence.



	
Perfect coupling – SB: Exact solid-body rotation (dΩ/dr = 0) is enforced by a high diffusion coefficient (DAM=1016 cm s−2) throughout the entire star.




2.5. Angular momentum loss
In the diffusive scheme, angular momentum transport in the stellar interiors leads to replenishing the surface reservoir. The speed of this process depends on the diffusivity, which we assume with three different scenarios as explained above. The upper layers lose AM because stellar winds remove mass. In the stellar model, the mass removed is assumed to take away the associated specific AM in the near surface layers. This procedure leads to a more rapid decline of the surface rotational velocity compared to approaches where the wind induced AM loss is subtracted from the total AM reservoir of the star.
2.6. Mass loss
In accordance with most previous studies, we relied on the surface helium abundance to determine whether the stellar model would have optically thin or thick winds. This is a large over-simplification of the actual physical nature of winds; however, currently no model exists to describe and implement the transition in one-dimensional stellar evolution codes (however, for alternative approaches, see Gräfener 2021 and Sabhahit et al. 2022). Optically thin winds allow us to directly infer the photospheric conditions, since corresponding lines are formed below the sonic point. On the other hand, diagnostics of optically thick winds only provide direct constraints on the wind properties. In the following, we apply an optically thin wind prescription when Teff >  10 kK and surface hydrogen mass fraction X >  0.4, and switch to an optically thick wind prescription when X <  0.4, with linear interpolation between X= 0.44 and 0.36. We assume that these cases correspond to optically thin and thick winds, respectively. For stars with Teff <  10 kK the wind driving is still not fully understood. We adopt the empirical de Jager et al. (1988) rates if the models evolve into this domain. If the effective temperature drops below 4 kK, we switch to the empirical red supergiant rates determined by van Loon et al. (2005).
2.6.1. Optically thin wind
A convenient way to represent the mass-loss rate of line-driven winds is to employ the wind momentum luminosity relation, WLR (Kudritzki et al. 1995; Puls et al. 1996; Kudritzki & Puls 2000). The key concept is that the wind momentum (Ṁ v∞, the product of mass-loss rate and terminal wind velocity) multiplied by the square root of the stellar radius is solely related to the stellar luminosity, namely,
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with Dmom as the modified wind momentum, R⋆ and L⋆ the radius and luminosity of the star, and α′ the difference of the so-called force multiplier parameters α and δ (α′=α − δ, see, e.g. Pauldrach et al. 1986). Underlying this relation is the assumption that for O-stars α′≈2/3 (conform observations and theory; e.g. Puls et al. 2000). In this case, the mass-dependence of the ‘exact’ expression drops out, and Dmom depends solely on luminosity. The scaling relation of Eq. (2) is usually cast in logarithmic form:
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using the 10-based logarithm of Eq. (2), x = 1/α′, and logD0 the offset to the linear fit. We adopt x = 2.00 (implying α′=0.5, slightly different than the value 2/3 discussed above) and D0 = 17.05 from Brands et al. (2022), which have been derived for both massive stars and VMSs in the R136 cluster (see Keszthelyi et al. 2017 for the first implementation of the WLR formalism in stellar evolution models and the impact of different values). In particular, for the most massive WNh stars (R136a1, R136a2, and R136a3), these parameters provide a reasonably good match to their observationally inferred mass-loss rates with standard deviations of around a factor of 2 (see Figure 13 of Brands et al. 2022). For this reason, our fiducial optically thin mass-loss rates are given by Equation (3) with x and D0, as specified above.
2.6.2. Optically thick wind
For the regime defined by Teff >  10 kK and X <  0.4, we applied the Wolf-Rayet (WR) type mass-loss rates recently determined by Sander & Vink (2020). Although these rates were originally derived for completely hydrogen-free atmospheres, our goal here is simply to simulate a change in wind behaviour as the stellar surface becomes helium rich in our models. In particular, the application of these rates will result in increased mass-loss rates compared to the ones obtained from the wind momentum luminosity relation specified above. The transition produces a relatively steep increase in mass-loss rates over time. We do not account for episodic mass loss characterising, for instance, luminous blue variables (LBVs).
2.6.3. Rotational enhancement
Rapid stellar rotation may increase the mass-loss rate (recently, e.g. Gagnier et al. 2019a, 2019b; Hastings et al. 2023). We followed the implementation of Keszthelyi et al. (2020) to include the rotational enhancement of theoretical mass-loss rates, as described by Maeder & Meynet (2000) (their Eq. 4.30),
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where Γe is the Eddington parameter for electron scattering and α′ is the difference of force multiplier parameters introduced in our Eq. 2. vrot is the surface rotational velocity, and vcrit is its critical value.
2.6.4. Other tests
In addition to our “standard wind scheme”, using the WLR for optically thin winds with the Brands et al. (2022) values and the Wolf-Rayet-type rates of Sander & Vink (2020) for optically thick winds, we explore (i) scaling the mass-loss rates (both for optically thin and thick winds) throughout the entire evolution with a factor of 0.5 and (ii) instead of switching to the Sander & Vink (2020) rates, switching to the Nugis & Lamers (2002) rates for optically thick winds. These additional tests were performed for one branch of models, namely, in the TS angular momentum transport scheme with MLT++ (see below) for an initial rotational velocity of 300 km s−1.
2.7. Terminal velocities
The asymptotic maximum velocities with which hot stars eject gas range from ∼1500–3500 km s−1 (e.g. Kudritzki & Puls 2000). Typical uncertainties in the terminal velocities of the stars in R136 are 200–400 km s−1, with sizeable offsets of hundreds of km s−1 between stars with otherwise similar properties (Brands et al. 2022). This is a behaviour that is typical for comparable data sets (e.g. Kudritzki & Puls 2000). For this reason, we employed a prescription that captures the mean trend in [image: equation], rather than adopting direct measurements. To this end, we used established scaling relations from Puls et al. (2000), that is, the terminal wind velocity is self-consistently calculated in our evolutionary models as a function of the effective surface escape velocity,
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with G the gravitational constant, M⋆ the stellar mass, and f∞ a parameter depending on effective temperature. For typical O-type stars, its value is adopted in the range of 2.0–3.5 for Teff >  20 kK and 1.3 for Teff <  20 kK (Prinja & Massa 1998; Kudritzki & Puls 2000; Crowther et al. 2006; Puls et al. 2008; Markova & Puls 2008; Hawcroft et al. 2024). Since a higher value provides a better match for the WNh stars, we adopted f∞ = 3.5 for the hot regime.
2.8. Eddington limit
For a star to be in hydrostatic equilibrium the inward-directed force due to gravity should be balanced by the outward-directed force by gas and radiation pressure4. If the force due to radiation pressure, grad, is so large that it exceeds the force of gravity, ggrav, the star may inflate its envelope to recover equilibrium and/or to initiate an outflow. The stability criterion is formulated as:
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where Lrad is the radiative luminosity of the layer being considered, c is the speed of light, and κ is the flux-weighted mean of the total opacity. At the photospheric radius, all energy is transported by radiation and Lrad = L⋆.
In VMSs, the Eddington limit, namely, Γ = 1, may be approached in sub-surface layers where the opacity peaks. This could lead to a dramatic inflation of the stellar envelope (Sanyal et al. 2015, 2017). Reaching the Eddington limit may directly or indirectly lead to numerical problems in evolutionary model computations (e.g. increasingly small timesteps due to density inversion in the upper envelope). Two main methods are commonly considered to mitigate these problems: (i) When the star is in proximity of the Eddington limit, the mass-loss rate may be artificially increased. This reduces the stellar mass and consequently the luminosity, although for VMSs a nearly linear mass-luminosity relation implies that a significant amount of mass may need to be removed before stability is restored. (ii) When the star reaches the Eddington limit, it can become locally convectively unstable as radiation alone cannot transport the entire flux. The MESA MLT++ scheme artificially increases the convective luminosity at the expense of the radiative luminosity (Paxton et al. 2013). This leads to reducing the local Eddington parameter. A similar restoring effect may be obtained if instead the efficiency of convection is artificially increased (for example, using αMLT ∼ 5). Since these are complex and unresolved questions, we computed models both with and without using MLT++. Models that use MLT++ evolve with higher effective temperatures than models that do not adopt it. Since inflation is prevented in this case, the models remain more compact. In models with MLT++, we limited the maximum change in ∇T per time step with a scaling of 0.05 (gradT_excess_max_change in MESA). Models without MLT++ can inflate their envelopes. We further elaborate on the model differences in Section 3.1.
2.9. Initialisation, final stages, and numerics
MESA contains pre-computed ZAMS models of a few representative metallicities up to 100 M⊙. Since our models are outside of this mass range, we employed MESA’s option to create a pre-main sequence model without mass loss and rotation until the luminosity is primarily produced via core burning instead of gravitational contraction. Then, we loaded these pre-main sequence models and allow for the relaxation of the initial model by setting both mass loss and rotation (and other main control options). In our figures, the ZAMS corresponds to the time when the core hydrogen content has decreased by 0.3% compared to its initial value5. We computed the models until the central temperature reached logTc = 9.10, which approximately corresponds to the end of carbon core burning and the onset of neon core ignition. We refer to this as the carbon terminal age main sequence (C-TAMS) in the following. For VMSs, this stage is within a few months prior to core collapse, set by the timescale of the subsequent oxygen core burning.
We employed high time and mesh resolutions. Our stellar models typically have order of 1000 zones and timesteps smaller than 103 years on the main sequence. It is well-known that rotating evolutionary models of high-mass stars are riddled with convergence problems. In particular, none of the models without MLT++ are able to reach convergence during post-main sequence evolution. Some models without MLT++ show severe numerical issues on the main sequence. We limited the computations to reasonable model numbers and iterations. As such, in some cases the TAMS is not reached. Some models with MLT++ and with initial rotational velocities below 300 km s−1 also fail to converge in their helium core burning stage. We chose to apply the same numerical setup consistently for all models in our grid and not to make arbitrary tweaks and adjustments on a model-by-model basis to resolve unconverged models. The only exception is the initially 630 M⊙ model with MLT++, which is the only model that fails to converge from the pre-main sequence model on the ZAMS. Here, we explored several numerical choices to reach convergence; however, without success. We further comment on these issues when necessary but the detailed discussion of this is beyond the scope of the paper.
2.10. Parameter space of the model grid
Our model grid covers the initial mass range of Mini = 100 − 800 M⊙, with a spacing of 0.05 in logarithmic scale (from 2.0 to 2.9), and initial spin rates of 100 − 500 km s−1, with a spacing of 100 km s−1. Three angular momentum transport schemes are considered (hydrodynamical, Tayler-Spruit, solid-body), as described above. We consider our fiducial mass-loss scheme as described in Section 2.6. We consider models with and without MLT++. The parameter space of the grid is summarised in Table 1, with the initial masses rounded to the nearest value in 5 M⊙.
Table 1. 
Summary of the computed models.

3. Results
In this section, we focus on the main properties of our new evolutionary models and present tracks both on the main sequence and beyond. We highlight differences that are caused by assumptions regarding mass loss, AM transport (core-envelope coupling), and the MLT++ schemes, in addition to the impact of initial mass and initial rotation.
3.1. Main-sequence characteristics of our models
3.1.1. Impact of angular momentum schemes and MLT++ on the main sequence
In Figure 1, we compare our evolutionary models for an initially 315 M⊙ star computed with different AM schemes and with/without MLT++ in the Hertzsprung-Russell diagram (HRD). The models with MLT++ evolve with significantly higher effective temperatures than models without MLT++. Models with MLT++ remain more compact and contract throughout the entire main-sequence evolution. In contrast, models without MLT++ increase in stellar radius by inflating their envelopes. Contraction only begins at around 1.5 Myr, when the enhanced mass-loss rates due to optically thick winds drive the evolution toward much lower luminosities. In the HRD, this is reflected in an initially redwards evolution, followed by a down-ward trajectory (which we discuss in the next section). The various coupling schemes yield almost identical tracks, illustrating that, without asteroseismic measurements, the strength of core-envelope coupling is difficult to diagnose on the main sequence. For reference, we indicated the position of R136a1 in the HRD, which makes it clear that main sequence models with MLT++ are incompatible with it. Only models without MLT++ evolve to the effective temperature range that is consistent with the measured value of R136a1. However, our models without MLT++ do not successfully reach the C-TAMS, only models with MLT++ do. Since we need to rely on models with MLT++ to discuss the post-main sequence evolution, it is logical to ask to what extent the models without MLT++ would differ on the post-main sequence if they could be successfully computed. We find that the TAMS properties of models with and without MLT++ are broadly consistent, for example, in luminosity, mass, and rotation, with the notable exception of a ∼15 kK offset in effective temperature (for this specific model), which also implies different radii and surface gravities. For this reason, we argue that the findings regarding the post-main sequence evolution are applicable to the WNh stars in R136. That is, one might anticipate that models without MLT++ may have, at least qualitatively, a rather similar post-main sequence evolution as models with MLT++.
	[image: thumbnail]	Fig. 1. Comparison of evolutionary models with different internal angular momentum coupling schemes (HY: hydrodynamical, SB: solid body, TS: Tayler-Spruit) and with (w) or without (w/o) MLT++ in a typical VMS model with initial mass of 315 M⊙ and initial rotational velocity of 300 km s−1 during main-sequence evolution from ZAMS to TAMS. Left: Hertzsprung-Russell diagram. For reference, the position of R136a1 according to Brands et al. (2022) is indicated. The shaded region shows the formal uncertainty of the observations. Right: Stellar radius vs age. Numerical smoothing is included for visualisation purposes.



3.1.2. Producing helium-rich main-sequence stars from single-star evolution
We selected the Tayler-Spruit coupling scheme and initial rotational velocity of 300 km s−1 as our fiducial model set. In terms of AM scheme these models are bracketed by the less (HY) and more (SB) efficient schemes. A rotation speed of 300 km s−1 is the median value in our grid. Our fiducial models without MLT++ during their main-sequence evolution are presented in Figure 2. Towards the end of main-sequence evolution, the surfaces of hot stars can become strongly enriched in helium, hereafter called ’helium-rich stars6’, if they undergo strong mass loss. Stars initially more massive than 250 M⊙ do not evolve to temperatures lower than 30 kK. Instead, they converge to a similar solution in their (L⋆, Teff) behaviour, in a down-ward evolution in the HRD, before reaching the TAMS with high effective temperatures and strongly reduced luminosities compared to their ZAMS values. This behaviour can be directly linked to their mass-loss properties (colour-coded in the Figure 2). Once the surface hydrogen abundance drops below X = 0.4, mass loss is given by the WR-type prescription by Sander & Vink (2020). These rates are much higher than those in the prior phase of evolution and quickly cause a decrease in luminosity as L ∝ Mα, with α ∼ 1 in the mass range considered. As stars become much less luminous during this ‘down-stream’ evolutionary trajectory, mass loss decreases again because the predicted rates also scale with luminosity.
	[image: thumbnail]	Fig. 2. HRD of the main-sequence evolution of the most massive models in our grid within the TS scheme without MLT++. The initial rotational velocity is 300 km s−1. Initial masses in solar units are indicated next to the starting point of the models. The colour-coding shows the logarithmic mass-loss rate. Stars with Mini >  250 M⊙ follow a ‘down-stream’ of rapidly decreasing luminosity evolution and become helium-rich objects by the TAMS. A mass fraction profile of the outer 30% of the mass near the TAMS is shown in the inset, illustrating that they become helium-rich stars. The three most massive stars in R136 are indicated with symbols and the filled areas show uncertainties in their HRD positions according to Brands et al. (2022). Numerical smoothing is applied for visualisation purposes.



This evolutionary trajectory has been identified in previous works (referred to as ‘vertical evolution’) and indeed been explicitly linked with an increased mass-loss rate, which triggers it (Higgins et al. 2022, 2023, Sabhahit et al. 2022, 2023; Sabhahit & Vink 2025). In this work, we prefer to call this trajectory down-stream for two reasons. First, it is not completely vertical; there is a sizeable increase in effective temperature. Second, it also helps express that these models converge to a similar solution in the HRD, regardless of initial mass. The main differences in our work are the consideration of various initial rotation rates, the use of different mass-loss rates, and the different condition for the onset of optically thick winds. Specifically, we used the surface helium abundance, whereas the above mentioned works use the Vink & Gräfener (2012) transition, which depends on the optical depth of the sonic point. Despite these quantitive differences, we find a generally good agreement regarding the predicted evolutionary paths.
Given these considerations, our prediction is that all stars at LMC metallicity in excess of initially 250 M⊙ should evolve towards helium-rich stars already on the main sequence. This result is robust against the adopted initial rotation rate and rotational coupling scheme.
As we discuss later, two out of three WNh stars, R136a2, and R136a3, might be in a down-stream evolution, even though their mass-loss rates are lower than expected from the Wolf-Rayet type wind prescription of Sander & Vink (2020). In our scenario, the Wolf-Rayet type rates are needed to initiate the steep drop in mass and luminosity. For initial rotational velocities higher than 300 km s−1, the stars might experience quasi-chemically homogeneous evolution. This too may result in main-sequence stars with a strongly enhanced surface helium abundance (e.g. Martins et al. 2013). As such, from single-star evolution scenarios, two channels may be identified as potentially leading to compact, helium-rich stars (Yoon & Langer 2005; Woosley & Heger 2006; Meynet & Maeder 2007; Georgy et al. 2009). According to Shenar et al. (2020) and Pauli et al. (2022), in high-metallicity environments, the majority of such objects may be produced via binary evolution, though low-metallicity environments might favour the single-star scenario. In Section 5.2, we briefly address the question of binarity.
3.1.3. Mass evolution on the main sequence
The evolution of stellar mass over time in the fiducial models7 is presented in Figure 3. We show models with MLT++ to best connect to a discussion of post-main sequence mass evolution (in Section 3.2), where the assumption of MLT++ in MESA is unavoidable for computing models up to the SN progenitor stage. As demonstrated in Section 3.1.1, the effective temperature is affected by this choice, however, the mass evolution is only weakly impacted. In particular, for models with Mini > 250 M⊙ the TAMS masses are practically the same with and without MLT++. Models without MLT++ in the range of Mini= 100 to 200 M⊙ tend to lose somewhat less mass in their main-sequence phase than corresponding ones with MLT++, because they experience a more extended redward evolution during which the mass-loss rates are lower. The switch in mass-loss treatment once the surface hydrogen mass fraction becomes low (X <  0.4) can be directly identified as a kink or discontinuity in Ṁ, with a much shallower decrease in mass until around 1.2–2.4 Myr, depending on initial mass. For example, in our fiducial scheme (upper panel of Figure 3), the model with Mini ∼ 795 M⊙ loses about 300 M⊙ in the first 1.2 Myr. Then, this models loses another 300 M⊙ within only 0.2 Myr once the optically thick WR-type winds kick in. The TAMS is reached at an age of about 2.2 Myr, with a mass of only ∼40 M⊙.
	[image: thumbnail]	Fig. 3. Evolution of stellar mass as a function of time. Models within the Tayler-Spruit coupling scheme with MLT++ are shown for an initial rotational velocity of 300 km s−1. The grey vertical line indicates the time when the first SN takes place. Mobs, max indicates the maximum stellar mass observable at that time. MpreCC, max is the highest pre-core collapse mass by the end of the evolution of all models. Green squares mark the TAMS and blue stars denote successfully reaching the C-TAMS phase. Top panel: our fiducial models. Middle panel: Reduced mass-loss rates over the entire evolution by a factor of 2. Note: this allows for the producion of SN progenitors with more than double the mass. Lower panel: Switching to the Nugis & Lamers (2002) rates instead of the Sander & Vink (2020) rates.



As initially more massive models have stronger early main-sequence mass loss ([image: equation] in our WLR approach) and shorter nuclear timescales to produce surface helium enrichment via rotational mixing, the switch to higher, WR-type mass-loss rates occurs sooner than for stars with lower initial mass. For example, a steeper decline in stellar mass occurs at 1.2 Myr for Mini = 795 M⊙, but only at ∼2.5 Myr for Mini = 100 M⊙. As a consequence, at some moment during the main-sequence evolution an initially higher mass star will have a lower current mass (Mcurr) than an initially lower mass star (see also, e.g. Köhler et al. 2015; Higgins et al. 2022). For the tracks shown in Figure 3 such a ‘Mini–Mcurr turnover’ first happens at about 1.4 Myr. At that time, several of the models have a current mass of ∼200–300 M⊙ from initially 200–800 M⊙ progenitors. Though these models have about the same current mass, other properties (e.g. core mass, rotation, and surface abundances) may differ more appreciably, thus they are not physically indistinguishable. The occurrence of Mini–Mcurr turnover is robust against varying the initial rotation or coupling schemes, though the quantitative details do depend on such properties (see Appendix A.1).
To gauge the impact of adopted mass-loss rates, we also show results with initially the same setup but, first, decreasing the overall mass-loss rates by a factor of 2 (middle panel), and second, keeping our fiducial mass-loss rates for the optically thin winds but adopting the Nugis & Lamers (2002) rates instead of the Sander & Vink (2020) rates when switching to optically thick WR-type winds (lower panel). In these cases, the C-TAMS masses are significantly higher than in the fiducial case.
3.2. Post-main-sequence evolution
Using Figure 3, we begin discussing the post-main sequence mass evolution and predicted final masses from our models. The most massive model has the most rapid evolution, reaching the C-TAMS in 2.64 Myr in our fiducial scheme, assuming a 300 km s−1 initial rotational velocity and the TS scheme with MLT++. When the mass-loss rates are lowered, the stellar mass remains higher, and the fusion in the core is more rapid. The time to reach the C-TAMS is 2.29 Myr and 2.43 Myr in the case of models with a factor of 2 lower overall rates and different WR rates, respectively.
The further time evolution to core collapse is rapid. From the models in our fiducial grid, the most massive stellar model at 2.64 Myr, when the first SN explodes, has a maximum observable mass Mobs, max = 68 M⊙. We predict that in 2–3 Myr co-evally formed clusters, VMSs would only appear as helium-rich stars in their post-main sequence evolution with significantly lower masses – potentially, by hundreds of solar masses – than their initial mass. This highlights that observations of VMSs is challenging, and R136 represents a prime opportunity to study VMSs at an age under 2 Myr. Considering the HY, TS, and SB angular momentum schemes and the various initial rotational velocities in our model grid, none of the maximum observable stellar masses would exceed 130 M⊙ by the time the first SN takes place (see also Appendix A). Changing the treatment of mass loss would allow for higher masses (102 and 97 M⊙ in our two tests shown in the middle and lower panel of Figure 3, respectively). We should highlight that these quantitive results depend on numerics as some models fail to converge (Figure A.1). However, the qualitative trends are robust and indicative of the changes in rotational and mass-loss properties. We further elaborate on the implications of these results, particularly in terms of constraining initial mass functions from present-day mass functions in Section 5.
Using Figure 3, we also investigate MpreCC, max, the highest stellar masses at the C-TAMS in our model grid, to get an indication for the expected most massive core-collapse SN progenitors at LMC metallicity assuming our model setup. This results in a maximum pre-SN mass of 24 M⊙ in our fiducial scheme. Interestingly, it does not originate from the initially most massive progenitor (see below). For various AM schemes and initial rotational velocities, the maximum C-TAMS masses typically range between about 20 and 50 M⊙ (Figure A.1). This highlights the crucial role of mass loss in shaping the post-mains sequence evolution and final fates of these stars. Decreasing the overall mass-loss rates by a factor of 2 leads to 67 M⊙, whereas using different WR-type rates results in 48 M⊙ for the maximum pre-SN mass. Thus even small changes in the mass-loss rate, that is, within currently best measured uncertainties, can drastically impact the model predictions in the pre-SN stage.
We report additional findings for the post-main sequence evolution of our fiducial models in Figure 4. The HRD (left panel) shows that all these models produce hot and luminous post-main sequence objects. In the full range of explored initial masses, the initially 225 M⊙ stellar model leads to the highest TAMS mass of 46 M⊙ and produces the most massive SN progenitor with 24 M⊙. The initially most massive model (795 M⊙) becomes a 40 M⊙ helium-rich star at the TAMS and evolves to a 22 M⊙ SN progenitor. The initially least massive 100 M⊙ star is also the least massive SN progenitor, with a C-TAMS mass of 19 M⊙. Clearly, there is no linear relation between initial and final mass.
	[image: thumbnail]	Fig. 4. Post-main sequence evolutionary tracks in the Taylor-Spruit scheme with vini =  300 km s−1. Left panel: HRD from the (TAMS with squares), through the helium-TAMS (diamonds), until carbon-TAMS (blue stars). The colours denote different initial masses. On the right-hand side of this panel, the TAMS masses are shown in solar units and the ZAMS masses are indicated in brackets. Corresponding to these cases, the masses at the C-TAMS are also shown in solar units on the left-hand side. Middle and right panels: post-main sequence evolution of core and surface helium, carbon, and oxygen mass fractions for the initially 315 M⊙ model.



For the adopted mass-loss properties, the fairly low final masses imply that VMSs at LMC metallicity are not expected to form exceptionally massive black holes, regardless of whether or not episodic or eruptive mass loss in the very final stages leading up to core collapse may remove larger amounts of mass (e.g. Hillier & Dessart 2019) and/or the core-collapse event itself leads to the ejection of the outer envelope.
We briefly discuss the final core and surface chemical composition for the initially 315 M⊙ stellar model. We pick this initial mass as it might be a possible progenitor for the WNh stars in the 30 Doradus central cluster. This model reaches the SN progenitor stage in less than 3 Myr, of which core helium and carbon burning take up less than 0.5 Myr. The star becomes very compact and hot during its post-main sequence evolution. Though the core becomes oxygen rich (middle panel of Figure 4), the surface abundances do not immediately reflect on the core composition (right panel). At the C-TAMS, the surface abundances of carbon and oxygen are about equal, with approximately a 10 percent mass fraction of helium still being present. The predicted surface C/He ratio is characteristic for WC and WO stars; the predicted O/He ratio, however, is a factor of a few higher (e.g. Sander et al. 2012; Tramper et al. 2015). If this picture is at least qualitatively correct, we may expect that the most massive stars in R136 become extremely hot and luminous, hydrogen-poor objects in their post main sequence evolution. In the next section, we elaborate on the final fates that we infer from our model calculations.
3.3. Expected final fate
Very massive stars are considered potential progenitors of super-luminous SNe, pair-instability SNe, gamma-ray bursts, and massive black holes of tens of solar masses recently identified in gravitational wave detections (e.g. Kuroda et al. 2018; Uchida et al. 2019; Moriya et al. 2020; Nicholl et al. 2020; Abbott et al. 2023). Their physical nature, evolution, and future are therefore of considerable interest. We discuss some aspects of this problem.
3.3.1. Escaping pair-instability
If encountered, the pair-instability mechanism is expected to completely disrupt a massive star without black-hole formation (Bond et al. 1984). The explosion mechanism leading up to a pair-instability SNe is thought to be well understood (e.g. Langer 2012). For such an event to occur, the core mass at the He-TAMS (consisting of mainly carbon and oxygen) needs to be in the range of 60–130 M⊙ or at least 40M⊙ for pulsational pair instability (El Eid & Langer 1986; Heger & Woosley 2002), though these estimates may depend on core rotation of the star (Chatzopoulos & Wheeler 2012; Chatzopoulos et al. 2013). In the (P)PISN scenario, the star can combine a relatively low (logρc ≈ 5 [g cm−1]) density with a relatively high temperature (logTc ≈ 9 [K]), allowing for electron-positron pair production. In Figure 5, we show the carbon-oxygen core mass at the final step of our computations in our models (c.f. Section 2.9) as a function of initial mass and initial rotation. When using the hydrodynamical or Tayler-Spruit rotational coupling schemes, we find that the CO core masses are systematically below the limit to produce (pulsational) pair-instability SN. The solid-body rotating models allow for PPISN progenitors in a few cases, notably in the initial mass range around 200 M⊙. In this case, the initial rotation plays an important role in achieving higher or lower CO core masses. In fact, for initial rotation rates less than 500 km s−1, the CO core mass at LMC metallicity does not increase linearly with the initial mass. This is in contrast with lower-metallicity models (e.g. Yoshida & Umeda 2011; Takahashi 2018). For initial masses in excess of 400 M⊙, the dependence on initial rotation or core-envelope coupling scheme becomes negligible to determine the maximum CO core mass because the strong mass loss produces slowly rotating stars early in the evolution. Our results are drastically impacted by the choice of mass-loss schemes (lower right panel of Figure 5). When reducing the mass-loss rates by a factor of 2, the stellar masses remain higher (c.f. Figure 3) and consequently much higher CO core masses can be achieved. In this case, several models have led to PPISN and, for the highest initial masses, PISN. This parameter test also reproduces the results in near zero metallicity VMS models, namely, the CO core mass increases as a function of initial mass. When switching to the Nugis & Lamers (2002) Wolf-Rayet type rates, we find that the trends remain as in our fiducial model; however, the predicted CO core masses are systematically larger, typically by about a factor of 2. Overall, our results fit the general picture that PISN may not be expected for a metallicity representative of the LMC (e.g. Langer et al. 2007). Strong winds remove sufficient mass that most models in the 100 to 800 M⊙ initial mass range will have CO cores below 40 M⊙ (see also Yusof et al. 2021; Higgins et al. 2021). Nonetheless, mass loss does not only depend on rotation and metallicity but also on magnetic fields. If VMSs at LMC metallicity harboured strong magnetic fields that could quench their mass loss, then they might remain more massive, as shown for solar metallicity models (Petit et al. 2017; Georgy et al. 2017).
	[image: thumbnail]	Fig. 5. Maximum carbon-oxygen core mass as a function of initial stellar mass. The HY, TS, and SB coupling schemes are shown on the top left, top right, and lower left, respectively. These panels include all initial rotational velocities calculated in our grid (shown with different symbols and colours). The lower right panel shows models with a 300 km s−1 initial rotational velocity in the TS coupling scheme, varying only the mass-loss schemes (magenta cross: nominal scheme; orange diamond: reduction of overall mass-loss rates by a factor of 2; green hexagon: switching to different Wolf-Rayet type rates). The shaded regions denote the approximate limits for pulsational pair instability (blue) and pair instability (light blue) SNe. We note the different vertical axis scale in the lower right panel.



3.3.2. Progenitors of long-duration gamma-ray bursts
Angular momentum transport, while uncertain in current stellar evolution models, crucially impacts the final outcome of VMS evolution. If sufficient AM can be retained, the star may produce an enigmatic long-duration gamma-ray burst (GRB). Current estimates are still rudimentary; however, an average specific angular momentum of 1016 cm2 s−1 in the central region of the star shortly before collapse might be considered to lead to long-duration GRBs (Yoon et al. 2006, 2012; Aguilera-Dena et al. 2018). In Figure 6, we demonstrate how the specific angular momentum reservoir within the inner 5 solar masses is depleted from ZAMS until the C-TAMS in case of a representative model. The HY model with moderate core-envelope coupling can retain more of its central angular momentum by approximately an order of magnitude compared to the TS model. Most of the angular momentum from the core is lost during the main sequence. The model with Tayler-Spruit coupling scheme also loses most of its central angular momentum on the main sequence. Subsequently, the specific angular momentum profile remains approximately constant. This result is in good qualitative agreement with previous findings obtained for models up to an initial mass of 100 M⊙ at Z ≈1/50 Z⊙ (Aguilera-Dena et al. 2018). The solid-body rotating model loses a drastic amount of angular momentum over the course of its evolution, leading to a decrease in its central specific angular momentum profile by 8 orders of magnitude from ZAMS to C-TAMS.
	[image: thumbnail]	Fig. 6. Specific angular momentum in the central 5 solar masses of the stellar model at representative evolutionary stages. Shown are the initially 315 M⊙ models with an initial rotational velocity of 300 km s−1, using the hydrodynamical (top panel), Tayler-Spruit (middle panel), and solid-body (lower panel) coupling schemes. MLT++ is used in these models. We note the different vertical axis scale in the lower panel.



In Figure 7, we summarise these findings for the hydrodynamical coupling scheme, using the entire parameter space in initial rotational velocities and initial mass. As expected, models in the Taylor-Spruit coupling scheme and with perfect solid-body rotation are systematically below the threshold to produce GRBs as they have little angular momentum remaining in their cores. We find that models with initial masses of approximately 100–200 M⊙ in the HY scheme could become GRB progenitors. However, the TS and SB schemes remove a larger amount of angular momentum from the central regions. Therefore, we do not expect GRBs from these models. In general, the initial rotation has a relatively modest impact on these findings. In our numerical experiments with a given scheme and initial rotation (TS, 300 km s−1), the different wind physics have a modest impact on these results. Thus, no GRB is expected when the mass-loss rates are lowered by an overall factor of 2 or when switching to different WR-type winds in the TS scheme. We conclude that the main constraint is posed by the use of various AM transport schemes to predict the production of long-GRBs.
	[image: thumbnail]	Fig. 7. Average specific angular momentum within the central 5 solar masses of the core at the end of carbon core burning versus the initial mass. Left: Hydrodynamical coupling scheme. Right: Our experiment with different mass-loss rates. The symbols denote different initial rotational velocities (left) or different mass-loss schemes (right). The approximate limit to produce GRBs is shown with the gray region.



4. Comparison to observations
In this section, we compare our models without MLT++ (see Figures 1 and 2 and related discussion) by means of interpolation and Markov chain Monte Carlo (MCMC) analysis with the observed properties of the most massive stars presently known: R136a1, R136a2, and R136a3. Our primary focus is on simultaneously reconciling the observed luminosity, effective temperature, and surface helium abundance with theoretical predictions. We also discuss constraints on mass-loss rates and surface rotation.
4.1. Empirical characterisation
Using HST optical spectroscopy, Crowther et al. (2010) found that the current masses of several stars in R136 exceed 150 M⊙. Bestenlehner et al. (2014, 2020) also studied the most luminous stars in 30 Doradus, finding current masses for the WNh stars of the order of 200–300 M⊙. These investigations used the CMFGEN model atmosphere code (Hillier 1990; Hillier & Dessart 2019). Pauldrach et al. (2012) studied R136a3 and the evolutionary history of VMSs. While they require a lower effective temperature (44 kK) to match the spectrum, the Helium abundance is in agreement with determinations by other authors. Most recently, Brands et al. (2022) analysed new HST optical and UV spectroscopy of luminous stars in the core of the R136 cluster. The spectral analysis was performed with the model atmosphere code FASTWIND (Santolaya-Rey et al. 1997; Puls et al. 2005; Sundqvist & Puls 2018) and the genetic fitting algorithm Kiwi-GA (Brands et al. 2022). The spectral resolution used by Brands et al. (2022) was relatively low for quantitative spectroscopy (λ/Δλ = 5840 − 7700 for the optical observations and λ/Δλ = 1250 for the UV spectra). For many of the stars, the signal-to-noise ratio is modest (S/N of ∼ 20–30); however, for the very bright WNh stars we focus on in this paper, the S/N is in the range of 50–70. This is sufficient to obtain constraints on stellar parameters including abundances and wind properties. Recently, Sabhahit et al. (2025) used the POWR stellar atmosphere code and constrained the clumping corrected mass-loss rate (log Ṁ = −4.69 M⊙ yr−1) and spectroscopic mass (233 M⊙) of R136a1. They used the luminosity from Bestenlehner et al. (2020), which is 0.07 dex lower than the one found by Brands et al. (2022). Indeed, the luminosity determination of these stars is still under some debate. For example, Rubio-Díez et al. (2017) argued that the commonly adopted high luminosities could be overestimated, which would lead to lower current mass estimates (see also Kalari et al. 2022).
In our comparison, we adopt the luminosity, effective temperature, and surface helium abundance of three WNh stars, R136a1, R136a2, and R136a3 from the study of Brands et al. (2022), and summarise the key parameters in Table 2. Since the listed uncertainties are the formal measurement uncertainties, we opt to increase these values to account for more general, systematic uncertainties when comparing with our models. Therefore, the uncertainty on the luminosity is considered to be ±0.1 dex. For the uncertainty on the effective temperature, we adopt 5% of the nominal measurement value, unless the formal uncertainty is larger.
Table 2. 
Empirically determined properties of the WNh stars in R136.

In Figure 8, we compare the three parameters (luminosity, effective temperature, and surface helium mass fraction) between our models and the most massive WNh stars. This shows that R136a1 is compatible with a redward evolution of an ≈300 M⊙ ZAMS progenitor, considering the Brands et al. (2022) measurements. On the other hand, the surface helium abundance obtained by Crowther et al. (2010) is notably higher, and would imply a down-stream evolution. Thus the uncertainty in surface helium abundance strongly impacts the evolutionary interpretation of R136a1. R136a2 and R136a3 have high surface helium abundances, which disfavours the interpretation that they could lie on the initially 250 M⊙ track and evolve redward. The observed surface helium abundances are robust: Crowther et al. (2010), Bestenlehner et al. (2020), and Brands et al. (2022) find no value lower than 0.50 for the surface helium mass fraction of R136a2 and R136a3 (Table 2).
	[image: thumbnail]	Fig. 8. HRD colour-coded with the surface helium mass fraction in our models (using the Taylor-Spruit scheme without MLT++ with an initial rotational velocity of 300 km s−1) and in observations of the WNh stars R136a1 (star), R136a2 (circle), and R136a3 (square). The initial mass of the evolutionary tracks is indicated in solar units. We apply smoothing to avoid numerical noise. Uncertainty ranges (lower and upper limits) in the measured helium abundances from three authors are indicated in the upper part (see also Table 2). For the nominal values, we adopt the Brands et al. (2022) results and show the lower and upper limits as the left and right side of the filled markers. The shaded regions show the formal uncertainty in logL and Teff from Brands et al. (2022).



4.2. The conundrum
From the empirical characterisation, a conundrum emerges: from the three WNh stars, R136a1 is the most luminous but the least helium-enriched (according to the analyses of Bestenlehner et al. 2020 and Brands et al. 2022, cf. Table 2). This is in tension with standard stellar evolution theory because the initially most massive star should evolve the most rapidly, and thus be the most helium-enriched. Previous inferences yielded the highest initial mass for R136a1 and lower initial masses for R136a2 and R136a3 (e.g. Crowther et al. 2010; Brands et al. 2022). This is incompatible with the surface helium abundances.
There are multiple ways to resolve this conundrum, including rapidly rotating stars (Section 5.1) and stellar mergers (Section 5.2). Based on our model calculations, we outline another possible resolution. Namely, R136a2 and R136a3 could have been initially more massive than R136a1, undergone a mass-turnover (Section 3.1.3), and currently be observable as less massive, less luminous, but more helium-enriched stars.
4.3. Interpolated models
Using the evolutionary models without MLT++ in the TS and SB schemes, we generate interpolated model grids8. First we normalise the main sequence time, and map the physical parameters onto the normalised time axis. As demonstrated in e.g. Figures 2 and 8, only models in their main-sequence phase cover the parameter space compatible with observations. Then a dense, high-resolution grid of 20 million data points is obtained bylinearly interpolating in time (20000) and initial mass (1000). The process is described in more detail in Appendix B.
Figure 9 shows one branch of the interpolated models, constructed from the evolutionary tracks in the TS scheme without MLT++, with an initial rotational velocity of 300 km s−1. For clarity, we display the interpolated models in two panels, showing only the models in a redward evolutionary trajectory (left panel) and in a down-stream evolution (right panel). The boundary is determined by the surface hydrogen mass fraction (0.44), corresponding to a surface helium mass fraction of approximately (0.56). This is where the adopted the mass-loss rates begin to follow the Wolf-Rayet type rates, which leads to a drastic change in evolutionary pathways. The interpolated models demonstrate a smooth behaviour between the evolutionary tracks and show a continuous coverage of the parameter space.
	[image: thumbnail]	Fig. 9. Interpolated models on the HRD with colour-coding showing the surface helium mass fraction. The Brands et al. 2022 observations are adopted as in Figure 8, but the uncertainty in logL and Teff are updated for the MCMC analysis (see text). The left panel shows models on a redward trajectory, the right panel shows models in a down-stream evolution. The values to the left indicate the initial stellar mass in solar units. The values to the right show the mass in solar units before the down-ward turn in evolutionary path. The arrows indicate the direction of the evolution.



4.4. Minimum ages
An absolute lower limit on the stellar age can be established by assuming that the measured helium abundance at the surface is the same as the core abundance. This is because in a single star, the surface helium enrichment is a result of the core-produced nucleosynthesis. Figure 10 shows the surface helium mass fraction for the evolutionary models, interpolated models, and observed WNh stars. Our stellar evolution models with initial masses of 500–800 M⊙ have surface helium abundances that evolve almost in parallel with the core helium abundance. Thus, in these models mass loss is the dominant process since it removes the upper layers of the star, revealing its (near) core composition. Models with initial masses of 200–500 M⊙ only show surface helium excess with a delay compared to the core composition. This means that rotational mixing still playsa relevant role. However, the enrichment in this case depends on the uncertain efficiency of mixing in the stellar interior (see also, Figure 4 for an example). Based on these constraints, and considering the lower limits on the observed surface helium abundances, we obtain that the minimum age of R136a1 has to be 0.5–0.8 Myr (from 800 to 500 M⊙ progenitors, respectively), whereas the ages of R136a2 and R136a3 have to be at least 0.9–1.2 Myr (also from 800 to 500 M⊙ progenitors, respectively). For progenitors with initial masses below 500 M⊙, the minimum ages are higher since they require more time to produce the helium excess in their cores, which is subsequently revealed at the stellar surface.
	[image: thumbnail]	Fig. 10. Surface helium mass fraction as a function of time. The evolutionary models are shown with black lines with decreasing initial mass from left to right. The model with Mini =  500 M⊙ is highlighted with thicker line. The colour-coding shows the interpolated models as a function of their current mass on a logarithmic scale. The observed surface helium mass fractions by Brands et al. 2022 are indicated for the three WNh stars (R136a1 – gray, R136a2 – magenta, R136a3 – navy, see also Table 2). The shaded region shows the associated uncertainty.



4.5. MCMC analysis
We used the Python package emcee to set up a MCMC framework with uniform priors over the interpolated grid. A Gaussian likelihood is defined based on the combined χ2 distribution of the three main parameters (logL, logTeff, and logYsurf). We examine both the combined χ2 minima and the Maximum A Posteriori (MAP) models, which are based on the joint posterior probability (jpp) distributions. The procedure is further detailed in Appendix C. Here, we assess how this Bayesian framework, comparing observations with 10 interpolated model grids of two schemes and five initial rotational velocities, allows for the estimation of the ages and the initial and current masses of the three WNh stars. Since the solutions are consistent across the 10 interpolated models grids, namely, the AM scheme and initial rotation does not significantly impact this quantitive comparison (Appendix Figure C.1 and Tables C.1 and C.2), we report best solutions as the mean values resulting from the individual comparisons to each star. The uncertainty of the age and current mass is considered as both the one resulting from the standard deviation when calculating the mean from the 20 individual solutions (χ2 minima and highest jpp for 10 interpolated model grids) and the mean of the standard deviations resulting from the individual posterior probability distribution. The former one can be understood as a scatter between results obtained from the different grids and statistical interpretations. The latter one is a combined estimate from all posterior probability distributions. These vary slightly between the interpolated model grids (Tables C.1 and C.2). The initial mass is a derived estimate from the models with the lowest combined χ2 and highest jpp, and as such, it does not have a posterior probability distribution and a formal uncertainty (see Appendix C for further discussion). Here, we only estimate the uncertainty as the scatter between the solutions produced by the different grids. Table 3 summarises our findings.

	
R136a1: We consistently find that this star is in a redwards evolutionary channel, evolving towards lower effective temperatures at almost constant luminosity. The χ2 distributions have well-pronounced minima and the MAP models provide solutions close to these minima.



	
R136a2 and R136a3: The down-stream evolution is compatible with the observations of these two stars. The age and current mass are well-constrained. However, in the down-stream channel, models with a large range of initially high masses converge to similar solutions. Although the MCMC analysis selects a formal χ2 minimum and highest jpp, which are in the range of 600–800 M⊙, the specific values are statistically less robust compared to the case of R136a1. This is because the χ2 distribution against the initial mass shows a very broad minimum in excess of approx. 500 M⊙ for both R136a2 and R136a3. Therefore, we only estimate the initial mass with a lower limit.




Table 3. 
Estimated parameters of the WNh stars from the MCMC analysis.

4.6. Posterior probability predictions for winds and rotation
4.6.1. Stellar winds
For R136a1, the posterior probability distribution of the mass-loss rates (around log Ṁ ∼ −4.2 M⊙yr−1) approximately recovers the empirically inferred values (Table 2). In this case, the models employ the WLR to calculate the optically thin rates. For R136a2 and R136a3, the mass-loss rates inferred from the posterior probability distributions are systematically, about an order of magnitude, higher than the spectroscopically derived rates by Brands et al. (2022). In these cases, the models apply the Wolf-Rayet type rates. While further investigating and calibrating the model details (e.g. lowering the WR rates, changing the switch condition between optically thin and thick winds) might provide a solution to match the empirically determined mass-loss rates, it is also necessary that the models reproduce the high effective temperatures. This will need to be explored in future works.
4.6.2. Rotation
In all cases, our models predict that the strong winds take away sufficient angular momentum that results in low surface rotational velocities after the ZAMS. In a down-stream evolution, the change in stellar radius is modest. The solid-body rotating models spin down the least rapidly since in this case the entire stellar reservoir loses angular momentum. As demonstrated in Section 3.3.2, the winds are powerful to significantly deplete this reservoir. In all AM transport schemes and for all initial rotational velocities without MLT++, we find models that are slowly rotating (vrot ≤ 50 km s−1) after ∼1 Myr.
The observationally inferred [image: equation] values are non-negligible (though within uncertainty, they are compatible with slow-rotation). However, the role of macroturbulence has not been well-determined. Therefore we propose that future efforts should focus on disentangling the components of line broadening to help distinguish between evolutionary scenarios.
4.7. Summary
Our model comparison with the three WNh stars shows that self-consistent solutions are possible with single-star models, when relying on three spectroscopically inferred quantities. In particular, we used the surface helium abundances, which have a strong constraining power. This is because in the single-star channel, the helium observed at the surface, has to be produced in the core of the star. For R136a2 and R136a3 the surface helium abundances are higher than the amount produced in the core of an initially ≈250 M⊙ model during the redward evolution. This rules out such progenitors within ≈ 1.5 Myr of evolution, when using our modelling assumptions. Based on our detailed comparison we find approximately the same ages for R136a2 and R136a3 (1.45, 1.48 Myr) and argue that both of these stars are undergoing a down-stream evolution, rapidly decreasing their mass and luminosity. In this process they reveal their helium-enriched, near core composition. On the other hand, R136a1 is the youngest star (1.02 Myr) out of the three WNh stars and we infer that it is still in a redward evolution. It is important though that this result strongly depends on the measured helium abundance, which is the least consistent among various authors for R136a1. Based on our model calculations and MCMC analysis, we find that while currently R136a1 is the most massive star, initially both R136a2 and R136a3 could have been more massive. We estimate that R136a2 and R136a3 could originate from ZAMS progenitors of ≳500 M⊙.
5. Discussion
5.1. Previous works on VMS evolutionary modelling at LMC metallicity and main uncertainties
We briefly outline previous works that computed VMS evolutionary models and address some of the physical and technical complexities of modelling VMSs. While VMS models are much studied, especially at galactic and (near-)zero metallicity, we only focus on models computed for an LMC metallicity so that we can make some direct comparisons with our study.
Yusof et al. (2013), Eggenberger et al. (2021), and Martinet et al. (2023) used the Geneva stellar evolution code to compute VMS models at LMC metallicity. These models account for an advecto-diffusive scheme in the angular momentum transport and do not allow for density inversions in the stellar envelope. Martinet et al. (2023) demonstrated that at LMC metallicity, VMS models do not maintain rapid rotation on the main sequence and (P)PISN progenitors may only be expected from initially slowly-rotating models. Our study is in agreement with these results (Figure 5). Martinet et al. find that the abundances of R136a1, R136a2, and R136a3 are challenging to explain with models up to Mini = 300 M⊙. Our best-matching solutions indeed imply higher initial masses.
Martins & Palacios (2017, 2022) used the STAREVOL code (Decressin et al. 2009) to study VMS evolution. They considered non-rotating models and found evolutionary trajectories that proceed redward on the HRD, resulting in inflating envelopes. The mass-loss implementation follows the work of Gräfener (2021), utilising the Vink et al. (2001) rates for optically thin winds, and an empirical fit by Bestenlehner et al. (2014) for optically thick winds; the switch between the two determined by the sonic point optical depth. Due to strong mass loss, their models become helium-enriched regardless of rotation. However, an important difference is that the redward evolution in their study results in effective temperatures that are much lower than inferred for the WNh stars in R136. Therefore, our study is in agreement in terms of utilising higher, optically thick winds to explain chemical enrichment, but in disagreement in terms of the general evolutionary trajectories in the HRD.
The PARSEC code (Bressan et al. 2012) has been utilised to compute grids that include VMSs at LMC metallicity (Costa et al. 2021, 2025). Their mass-loss implementation follows the Vink et al. (2001) rates for optically thin winds, and a luminosity-dependent scaling from Sander et al. (2019) for optically thick winds. The switch between the two is considered as a function of the surface hydrogen abundance (Costa et al. 2025 use X <  0.3, whereas we use X <  0.4.). Figure 12 of Costa et al. (2025) shows the observed stars in R136 with their evolutionary tracks. This reveals almost horizontal evolutionary trajectories, with VMSs evolving redward to the Red Supergiant phase, and then undergoing a blueward evolution. This highlights that both the early mass-loss rates and the details to switch to higher rates strongly impact the model predictions.
Köhler et al. (2015) used the Bonn evolutionary code and extended the Brott et al. (2011a) grid to VMSs. Their evolutionary models assume diffusive angular momentum transport (similar to our study) and extrapolate the Vink et al. (2001) mass-loss rates for optically thin winds in higher-mass VMSs. Insofar, these tracks have been most widely used to derive physical parameters of the WNh stars in R136 (e.g. Bestenlehner et al. 2020; Brands et al. 2022). For the best-matching solutions, their models maintain a high rotational velocity for ∼1 Myr. Thus the chemical enrichment and high effective temperatures are mostly associated with quasi-chemically homogeneous evolution due to rapid rotation. However, we find that rotation always becomes slow, thus physically mass loss is the driving mechanism that leads to these effects. This difference in rotational velocities, to a large extent, originates from the numerical treatment of angular momentum removal. While Köhler et al. (2015) subtracted the specific angular momentum loss from the total reservoir, we only removed specific angular momentum from a rich, near-surface reservoir (Section 2.5). Therefore, the initial masses we require for R136a2 and R136a3 are systematically and significantly higher than those inferred from the Köhler et al. (2015) models.
Several authors used the MESA code to study VMS models. Choi et al. (2016) computed a large, general grid (i.e. not specifically tailored for the physics of VMSs), and utilised the Vink et al. (2001) and Nugis & Lamers (2002) rates for optically thin and thick winds, respectively. Since they adopt the MLT++ routine, their models are generally not consistent with the effective temperatures measured for the WNh stars in R136 (as we demonstrate in our Section 3.1). However, the feature of a down-stream evolution is also seen in their tracks.
Gräfener (2021) also used MESA models with similar modelling assumptions as Schootemeijer et al. (2019). The mass-loss rates are given by the Vink et al. (2001) rates for optically thin winds, whereas an empirical scaling is adopted for optically thick winds from Bestenlehner et al. (2014). This combination results in a redward evolution, similar to the study of Martins & Palacios (2022). Higher optically thick mass-loss rates are required to produce a down-stream evolution from VMS models (their Figure 11). Gräfener (2021) also tested models with and without MLT++. Our study is consistent in terms of models with MLT++ evolving at higher effective temperatures. However, the main evolutionary trajectories are rather different, likely due to various choices in numerical treatments and mass-loss implementation.
Higgins et al. (2022) studied non-rotating MESA models, finding that strong mass loss leads to a down-stream evolution in luminosity, whereas lower rates allow for a redwards trajectory in the HRD (their Figure 3). Higgins et al. (2022) identify the mass turnover to be at ∼1.7 Myr. Our results agree qualitatively; however, we find that the way initially more massive stars become less massive than initially less massive ones is dependent on initial rotation and AM transport scheme (Figures 3 and A.1). In our fiducial scheme, we predict the turnover to begin at ∼1.4 Myr for models in excess of Mini ∼ 400 M⊙.
Recently, Sabhahit et al. (2022, 2023) scrutinised the transition from optically thin to optically thick winds in VMS models, using MESA. Similar to Gräfener (2021), the transition is considered to depend on the optical depth of the sonic point. In agreement with Higgins et al. (2022), Sabhahit et al. (2022) also find that utilising the canonically-considered Vink et al. (2001) rates for O-type stars leads to a redward evolution, whereas stronger mass-loss rates result in a down-stream channel. In their study, they utilise observational results from Bestenlehner et al. (2014). Considering the newer studies of Bestenlehner et al. (2020) and Brands et al. (2022), we believe that their down-stream evolution models would also provide quantitatively similar conclusions to our study. Namely, that the initial mass of the WNh stars can potentially be much higher than previously considered.
Physical processes, such as convection, magnetism, rotation, and mass loss are key to properly investigate the nature of VMSs. Their inferences rely on various diagnostics that often yield only indirect constraints. A necessary simplification in stellar evolution codes is the adaptation of appropriate parametric prescriptions to account for inherently three dimensional phenomena. However, we emphasise that stellar evolution codes often differ in detailed numerical treatments. Therefore, even when similar prescriptions are adopted (e.g. same mass loss and AM coupling scheme), the exact numerical treatment (e.g. how many layers are ascribed to lose mass and angular momentum) may differ considerably. This can ultimately result in significant differences between models computed with various codes that may be difficult to trace and quantify. Finally, physical processes considered in stellar evolution models often act on different timescales. The numerical hydrodynamic solvers, in principle, can reach convergence with time steps appropriate for the given problem. Nonetheless, choosing these time steps can be complex and indeed, it has been demonstrated that resolution can affect modelling results (Lau et al. 2014).
In summary, while all previous studies agree in the importance of stellar winds for VMSs and several scenarios have been explored with different numerical choices, the high effective temperatures in combination with strong surface helium enrichment has received less scrutiny. This is nonetheless essential to explain the nature of the WNh stars in the R136 cluster.
5.2. A single or binary nature of R136a1, R136a2, R136a3 
Confronting observations of R136a1, R136a2, and R136a3 to our models establishes that the full realm of properties of the WNh stars can be reconciled with single-star evolution within observational uncertainties. While dedicated surveys show that binarity is common amongst typical O and B-type stars (e.g. Almeida et al. 2017; Villaseñor et al. 2021; Shenar et al. 2022), recently, both Kalari et al. (2022) and Shenar et al. (2023) found a lack of evidence for close companion stars in the case of R136a1, R136a2, and R136a3. Along with earlier inferences of Crowther et al. (2010, 2016), this supports the hypothesis that these stars are single. If the WNh stars in R136 were indeed found to be the products of a merger, we might expect their inferred ages to be younger than those of other stars in the cluster, with the characteristics of rejuvenation being a function of time of merging (Schneider et al. 2014). However, R136 is a very young cluster and invoking, at least, main sequence stellar mergers does not seem required to explain the observed characteristics. In fact, main sequence stellar mergers would further aggravate the helium problem. For example, if a star with current mass of ≈200 M⊙ was formed via the equal-mass merger of two initially ≈100 M⊙ stars, then the timescale to produce the excess helium would take much longer because the fusion in the core of a 100 M⊙ star is much slower. In our fiducial setup without MLT++, the initially 100 M⊙ model takes 1.59 (2.07) Myr to produce a core helium mass fraction of 0.45 (0.6). If the merger was unequal mass, then the lower-mass companion would certainly not have a high helium abundance to enrich the surface of the primary star. Nonetheless, the formation of stars in excess of initially ∼300 M⊙ in the local Universe is an unresolvedproblem.
5.3. The formation of stars of Mini >  300 M⊙
Whether stars like R136a1, R136a2, and R136a3 form from a single molecular cloud filament or are the result of a series of proto-stellar mergers is still not fully understood (e.g. Bonnell & Bate 2002; Zinnecker & Bate 2002; Zinnecker & Yorke 2007; Vergara et al. 2025). Kuiper & Hosokawa (2018) performed hydrodynamical simulations and showed that if a sufficient amount of gas can be concentrated in a small enough volume, stars of several hundred solar masses may form. This suggests that nature merely needs to produce the right initial conditions for VMS formation to occur in the process of massive cluster formation. Fukui et al. (2017) argue that, in analogy to molecular cloud-cloud collisions, the tidal interaction between the LMC and SMC created a large-scale atomic gas flow that led to a strongly compressed region, which evolved to become R136. Formation of stars in excess of 100 M⊙ may then have taken place in very high-density hubs of filaments in such a compressed region (e.g. Fukui et al. 2015; Kumar et al. 2020). It seems vital that magnetic pressure supports these structures against gravitational collapse on the cloud scale (e.g. Hwang et al. 2022; Badmaev et al. 2022) and also against fragmentation on the core scale (Commerçon et al. 2011, 2022; Machida et al. 2008; Mignon-Risse et al. 2021; Oliva & Kuiper 2023, although see, e.g. Harada et al. 2021). Remaining puzzles about the exact formation of VMSs involve the uncertainty of the mass accretion rate (e.g. Haemmerlé et al. 2016, 2021).
The assembly of R136 is only a recent event in the star formation history of the larger 30 Doradus Nebula (which, projected in the sky, measures about 150 × 200 pc). 30 Doradus is likely undergoing multiple bursts of star formation (e.g. Schneider et al. 2018b; Khorrami et al. 2021), extending over several tens of Myr as witnessed by the 20–25 Myr-old clusters Hodge 301, SL 639, and NGC 2100 (Britavskiy et al. 2019). The burst that formed R136 possibly resulted in the formation of two sub-clusters, with a second more diffuse clump, currently at some 5 pc to the north-east, forming about a Myr later (Sabbi et al. 2012; Stoop et al. 2024). This may be in line with star clusters being the final products of the hierarchical merger of smaller sub-structures (Bonnell et al. 2003; Bate 2009; Federrath et al. 2010). The somewhat older population surrounding R136 (of ages 3–7 Myr; Cignoni et al. 2015) may too be related to R136, in that self-regulation from massive stars in this older part triggered the formation of R136 (Domínguez et al. 2023; Fahrion & De Marchi 2024).
Whether this complex history of star formation in 30 Doradus has somehow contributed to shaping the conditions for currently up to 300 M⊙ stars to be formed in the central cluster remains to be investigated (Castro et al. 2018). This may have been essential, as theoretical works indicate that stellar masses are not stochastically sampled from the IMF (Yan et al. 2023). That is, many small clusters do not yield the same IMF as a single massive cluster of the same combined number of stars. This may explain the finding that nearby dwarf galaxies show top-light IMFs, namely, the most massive stars in their star-forming regions are substantially lower in mass (at ∼ 40–60 M⊙; Pflamm-Altenburg et al. 2007, 2009) compared to those in R136.
An important implication from this work and other studies addressing the evolution of VMSs in R136 is that if the clusters that are studied are older than 2.5 Myr, stars of hundreds of solar masses will have evolved off from the main sequence. Our models predict that they should be identified as very hot and luminous helium-rich stars with present-day masses below 50 M⊙ if their initial mass was in excess of 200 M⊙. However, this phase lasts for only about 0.5 Myr until core-collapse. This underpins the significant uncertainty of inferring IMFs from present-day mass functions in young clusters, with potentially large implications for galaxy evolution (e.g. Goswami et al. 2022; Martins et al. 2023; Upadhyaya et al. 2024), and highlights the importance of large-scale programs aiming to address the upper-mass-limit problem from a star-formation perspective (e.g. Motte et al. 2022).
5.4. Stellar feedback
Our scenario implies that both R136a2 and R136a3 could have lost hundreds of solar masses into the surrounding ISM. Ejecting 300 M⊙ with a wind terminal velocity of 3500 km s−1 yields a kinetic energy of ≈1052 erg, which is an order magnitude larger than the kinetic energy of a typical core collapse SN. This opens the questions whether the ejected mass or the energy output from the WNh stars could be observed in 30 Dor. Unlike SNe, which release energy and mass in an instant, the stellar feedback from the WNh stars would be much more gradual over ≈1.5 Myr. During this time, the energy injected to the ISM can thermalise and the mass can disperse over the scales of up to a 100 pc (e.g. Garcia-Segura et al. 1996; Mackey et al. 2015; van Marle et al. 2015; Haid et al. 2018; Meyer et al. 2020; Geen et al. 2023; Lancaster et al. 2025). In this time frame, feedback from other stars, which are less massive but more numerous, will also affect the same region. Observational studies show evidence of large-scale stellar feedback in 30 Dor (e.g. Wong et al. 2022; Grishunin et al. 2024). However, disentangling the contribution from the WNh stars may be challenging. To test our evolutionary scenario based on the ISM properties, further observations and dedicated stellar feedback studies are necessary.
6. Conclusions
In this work, we computed and analysed a new grid of stellar evolution models for an LMC environment, adopting empirical mass-loss rates from state-of-the-art spectroscopic analysis of Brands et al. (2022) and theoretical Wolf-Rayet type rates from Sander & Vink (2020). We confronted our models with the three most massive stars in the R136 cluster in 30 Doradus in the LMC; stars with present-day masses between 150–300 M⊙. This provides the most direct and stringent constraints and predictions on the evolution of VMSs. Our main findings are as follows.

	
During the main sequence evolution of VMSs, assumptions on internal angular momentum transport can be characterised by moderate, strong, and very strong coupling between the core and the envelope; however, they have a negligible effect on observable properties, hampering investigations into this type of transport mechanism. However, the subsequent, post-main sequence evolution strongly depends on it.



	
Assumptions on angular momentum transport impact the internal rotational properties (i.e. CO core mass and core rotation), bringing on consequences for SN progenitors. For models with initial masses up to 400 M⊙, the initial rotational velocity from (100 to 500 km s−1 as explored here) plays a significant role in determining the pre-SN evolution. Our models with initially rapid rotation are avertedfrom a possible gamma ray burst ending when using the Tayler-Spruit and solid-body coupling schemes. On the other hand, GRB progenitors are plausible based on models with initial masses between 100 and 200 M⊙ using the hydrodynamical coupling scheme. The surface rotation brakes on a short timescale, therefore, we argue that chemical enrichment in VMSs is primarily the result of strong mass loss revealing the near-core composition.



	
We discuss that strong mass loss from VMSs can produce helium-enriched stars if Mini ≳ 200 M⊙. These objects shed so much mass already on the main sequence that they end up following a down-stream evolution in luminosity (log(L/L⊙)∼6.1–6.3) to become hot (50–60 kK), helium-rich stars with masses of 25–50 M⊙. We expect that they will avoid the pair instability regime. However, changing the mass-loss rates by only a factor of 2 (which is the uncertainty of the currently best determinations for optically thin winds), the quantitive results would drastically change regarding the pre-SN model predictions. For example, in our fiducial model, it would lead to doubling the stellar mass at core-collapse. We cannot make firm predictions whether the models would produce a SN; however, if they did, it would be of Type Ib/c.



	
We detail the impact of the mass turnover: initially, more massive stars will lose mass more rapidly and become less massive than initially less massive ones. For example, in our fiducial scheme at an age of 2 Myr, a star with an initial mass of 600 M⊙ will have a current mass of 50 M⊙, whereas an initially 200 M⊙ star will have a current mass of 150 M⊙. In fact, by the time the first SN takes place in a cluster, it seems very difficult to find stars in excess of 150 M⊙ – unless, of course, star formation is not coeval. This significantly impacts studies that aim to constrain the IMF from present-day mass and luminosity functions that (even in the best cases) are typically considered in clusters that are a few Myr old.



	
Previous observations have led to a conundrum about the evolutionary history of the three WNh stars. Specifically, R136a1, is the currently most luminous, but the least helium-enriched. We propose that the resolution to this is that both R136a2 and R136a3 were initially more massive, then shed a large amount of mass, and became less massive than R136a1.



	
We produce interpolated models from our evolutionary model grid and by means of an MCMC analysis, we confronted our model predictions with spectroscopically inferred quantities (luminosity, effective temperature, and surface helium abundance) of the three most massive stars known, R136a1, R136a2, and R136a3. We found matching solutions in the single-star channel. We argue that the surface helium abundances, measured by three authors independently, provide robust constraints on the evolutionary history of the WNh stars. For R136a2 and R136a3, we find that the best-matching models are those in a down-stream evolution, implying initial masses of ≳500 M⊙.



	
In the down-stream evolutionary scenario, the rate of the decrease in luminosity is approximately 1 dex / Myr. This would roughly correspond to a 25 ppm increase in the visual magnitude over 10 years. At the same time, we expect no significant changes in the effective temperature, contrary to a redwards evolutionary channel, in which Teff would continue to decrease. Therefore, our study strongly supports the long-term photometric and spectroscopic monitoring of these stars and consistent parameter determinations by means of stellar atmosphere codes.



	
For R136a1, we found compelling solutions in a typical, redwards evolutionary trajectory, implying an initial mass between 300 and 400 M⊙. We strongly recommend revisiting the helium abundance measurement since it is the least consistent for this star and it plays a large role in this interpretation. We infer that R136a1 is somewhat younger than R136a2 and R136a3, with estimated ages of 1.02±0.16, 1.45±0.11, and 1.48±0.14 Myr, respectively. These age estimates are broadly consistent with previous studies (Lennon et al. 2018; Brands et al. 2022) and would also suggest that R136a2 and R136a3 had more time to enrich their surfaces with helium.




These findings underpin the extraordinary role of mass loss and rotation in shaping the lives of VMSs, their fates as SN progenitors, and their contributions to the chemical and dynamical evolution of their host environments. By confronting our new theoretical model predictions with state-of-the-art spectroscopic analyses, we find that single-star models are able to explain the most massive stars known in the Universe. This work not only advances our understanding of VMSs, but also opens new avenues to explore their puzzling formation mechanism and their role in chemical enrichment on galactic scales.
7. Data availability
A full reproduction package has been shared on Zenodo at https://zenodo.org/records/15702085. This record contains the computed stellar structure and evolution models, the template files, as well as the shell and python scripts.


1 The precise definition of the mass limit for VMSs is not firmly established in the literature. Generally, VMSs are considered to have initial masses exceeding 60 or 100 M⊙, while supermassive stars are considered in excess of 1000 M⊙.


2 https://servicedesk.surf.nl/wiki/spaces/WIKI/pages/30660184/Snellius


3 https://www.cfca.nao.ac.jp/


4 And in the case of rapid-rotation, by the centrifugal force.


5 For example, Gräfener (2021) uses 5%, which can explain the offset in effective temperature seen between their and our models.


6 The term ‘helium stars’ often refers to objects from low-mass progenitors or resulting from binary evolution; however high-mass progenitors are sometimes implied as well (e.g. McClelland & Eldridge 2016; Woosley 2019; Götberg et al. 2020).


7 Here, the Mini = 630 M⊙ model did not converge from the ZAMS model, thus it is not included. Additionally, we omit the Mini = 200 M⊙ model from the figure because it produces a qualitatively different evolutionary trajectory than the other models in the grid.


8 The HY scheme is omitted because of the larger numerical noise and convergence problems affecting several models towards the TAMS.
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Appendix A:  Mass evolution
In Figure A.1, we demonstrate the mass evolution for all coupling schemes using MLT++ and all initial rotational velocities in our grid. The maximum pre-SN mass is higher if the initial rotation velocity is lower or the internal coupling scheme is stronger. For vini >  300 km s−1, the same trends are true for the maximum observable mass.
	[image: thumbnail]	Fig. A.1. Left to right: HY, TS, and SB angular momentum transport schemes. Top to bottom: Increasing the initial rotation velocity.




Appendix B:  Interpolation framework
Given the computational cost of generating large and dense grids of stellar evolution models, interpolation is commonly applied to facilitate comparison with observational data (e.g. Brott et al. 2011b; Georgy et al. 2014; Schneider et al. 2014, 2017; Szécsi et al. 2022). For this reason, we generate interpolated models and create a denser parameter space in mass and time.
A.1. Model selection
We adopted a subset of evolutionary models without MLT++, as models with MLT++ result in effective temperatures that are too high to match observations (see Figure 1 and related discussion). In the following, we only discuss models in excess of initially 200 M⊙ because it is clear that models with lower initial masses do not yield sufficiently high luminosities to reproduce the observations of the three WNh stars. We limit the models to the main sequence phase since in our grid comparison, post-main sequence models cannot match the three WNh stars and also have convergence problems. In addition, we chose not to generate interpolated grids in the HY scheme due to the larger numerical noise and more prominent convergence problems than in the other two schemes. In the TS and SB scheme, we omit those models from the interpolation where the TAMS is not resolved properly.
A.2. Interpolation method
The interpolation framework employs a two-step linear interpolation method to construct a dense, uniform grid of stellar models:

	
Time normalisation and interpolation: For each evolutionary track, we normalise the time axis to the maximum main sequence evolutionary time of the model. Then, a fixed, high-resolution time grid (Nt = 20, 000 points) is used to ensure consistent sampling across all models. This is comparable to the time spacing of the evolutionary models.



	
Interpolation over initial mass: In the evolutionary model grid, the initial stellar masses are logarithmically distributed, ranging from 225 M⊙ to 800 M⊙. The interpolated dataset is constructed on a dense initial mass grid (Nm = 1000 points). This effectively increases the mass resolution by more than two orders of magnitude (since we have 12 different initial masses in the evolutionary model grid in the given parameter space) such that the mass spacing is 1 M⊙ for the lower masses (around 100 M⊙), and 2 M⊙ for the higher masses (around 800 M⊙). Linear interpolation is performed across the logarithmic mass grid at each normalised time step. This includes the main stellar parameters of interest: effective temperature, luminosity, surface hydrogen, helium, and nitrogen abundances, mass-loss rate, and terminal velocity.




Since the mapping is onto a Nm × Nt grid, the number of interpolated points is 20 million. This provides a sufficiently dense coverage. We verified that for a given initial mass, the interpolated data well matches the original evolutionary model. The initial rotational velocity rapidly decreases in the models and can follow a non-monotonic trend with initial mass. For this reason, interpolation is only performed over time and initial mass. Likewise, we do not interpolate between the evolutionary tracks that employ different AM schemes. This leads to a total of 10 grids of interpolated models for the five initial rotational velocities and two AM schemes in our evolutionary model grid. In the following, we search for solutions in all of the 10 interpolated model grids.

Appendix C:  MCMC analysis
We implemented the Bayesian inference MCMC framework using the Python emcee package which employs an affine-invariant ensemble sampler for efficient exploration of high-dimensional parameter spaces (Foreman-Mackey et al. 2013). The MCMC analysis leverages the interpolated models to match observed stellar properties. To match the observed properties of the WNh stars R136a1, R136a2, and R136a3, we rely on the their luminosity, effective temperature, and surface helium abundance measurements.
C.1. MCMC workflow
The MCMC calculation consists of the following main steps.

	
Initialize the MCMC walkers at random positions across the parameter grid.



	
Calculate χ2 for the selected parameters.



	
Compute the posterior probability for each walker using the log-likelihood and log-prior functions, discarding those models where the central helium abundance is less than the lower limit of the observed surface helium abundance.



	
Iteratively update walker positions over a specified number of steps, allowing the ensemble to converge to the posterior distribution.



	
Discard initial burn-in steps to ensure convergence and extract samples from the posterior distribution.




C.2. χ2 function
The calculation of the χ2 function is implemented by first obtaining the individual χ2 values for each modelled parameter, thereby ensuring logarithmic scale in all instances (logL, logTeff, logYsurf). When the observational uncertainties are not on a logarithmic scale, we calculate them as:
[image: thumbnail](C.1)
with [image: equation] the observed values of the parameters and σparam, linscale their uncertainties on a linear scale. ln is the natural (e-based) logarithm. Then, the χ2 function is:
[image: thumbnail](C.2)
where [image: equation] are the interpolated model predictions. The individual χ2 values are then summed up to a total [image: equation] distribution with equal weight, accounting for all considered parameters. In practice, the individual χ2 distributions have very low minima (min. [image: equation] <  10−9) since the observed parameters are within the range of the parameter values of the dense interpolated model grid. The combined total [image: equation] distribution requires a compromise between the parameters and the typical values are between 0.1 and 10.
We explored including additional parameters in the calculations and comparison (log Ṁ, logv∞, logXnit, surf), and decided to avoid a more complex, highly multi-dimensional comparison. On the one hand, the observational uncertainty is more significant on these parameters, which lowers their constraining power. On the other hand, we have found that the effects of mass-loss rates and the surface nitrogen abundances tend to ’cancel out’ on the [image: equation] distribution. This is because the observed mass-loss rates require a model in its very early evolution, whereas the observed surface nitrogen abundances require a model in its late main sequence phase. These parameters therefore significantly skew the distribution into two different directions, which generally leads to a worsening of the fit to the other parameters.
C.3. Log-probability function
The logarithmic probability function is constructed from the sum of the logarithmic prior and logarithmic likelihood distributions.
Uniform priors are assumed for the parameter space, restricting models to physically valid indices within the interpolated dataset. This ensures that the exploration remains consistent with the available evolutionary models. We assume a Gaussian error distribution, hence the log-likelihood function is described from [image: equation]. For a given datapoint in the interpolated model grid (representing interpolated parameters at a specific time and mass), the log-likelihood function is defined as:
[image: thumbnail](C.3)
where [image: equation] = χlog L2 + χlogTeff2 + χlog Ysurf2.
C.4. Posterior probability density distributions
We obtain posterior probability density distributions for all parameters included in the interpolated model grid. From these, three parameters ([image: equation]) are included in the MCMC framework as direct constraints. These provide insights into the most probable values. The joint posterior probability (jpp) density is calculated by normalising the most frequently sampled models in the MCMC run. This effectively synthesises the multi-dimensional parameter space into a coherent statistical representation. While individual posterior distributions are useful for understanding parameter-specific constraints, the joint distribution accounts for the simultaneous fit of all observational constraints. By leveraging the joint probability distribution, the analysis ensures that the inferred stellar properties are robust and consistent across all dimensions of the parameter space. This method provides a statistically rigorous framework for interpreting the selected best models.
C.5. Statistical interpretation
The minimum value of the [image: equation] distribution identifies the model with the lowest discrepancy between model predictions and observed values, considering all three parameters (logL, logTeff, logYsurf) simultaneously. In the MCMC analysis, the posterior distribution reflects the probability of each model, given the data and prior assumptions. The peak of the joint posterior probability distribution, also referred to as the Maximum A Posteriori (MAP) estimate, provides a robust statistically interpretation. In practice, the MAP model does not necessarily have the lowest [image: equation] value; however, it is among the models with the lowest [image: equation] values, as higher posterior probabilities correlate with lower [image: equation]. Generally, the mode of the joint posterior probability distribution, that is, the most frequently sampled model in the MCMC analysis, also recovers the MAP estimate. In some cases (particularly in more complex Gaussian distributions) the mode can represent a secondary peak, which does not align with the highest posterior probability. In these cases, the mode also tends to have higher [image: equation] values compared to the MAP estimate.
In Tables C.1 and C.2, we report our findings from the MCMC analysis, considering the above two statistical interpretations. Here, the uncertainty estimate is obtained from the individual posterior probability distribution functions as a 1 σ standard deviation from the mean. In the interpolated grid, each data point can be traced back to an initial mass and as such an evolutionary trajectory can be reconstructed. We make us of this to obtain the initial mass that corresponds to a given model. For example, the model with the lowest [image: equation] has a corresponding initial mass and the model with the highest jpp has a corresponding initial mass. However, unlike the current parameters, the initial mass does not have a posterior probability density distribution because it is a derived quantity. To gauge the uncertainty on the initial mass we construct a reduced [image: equation] distribution against the initial mass as follows. For each initial mass in the interpolated grid, we have Nt=20,000 data points along its evolution. These 20,000 models have different current parameters and thus different [image: equation] values. We search for the lowest [image: equation] amongst these 20,000 models and associate it with the initial mass. We repeated this process for all Nm = 1, 000 initial masses. As a result, we obtained a reduced [image: equation] distribution against all initial masses in the interpolated grid. Using this [image: equation] distribution against the initial mass, we identify that R136a1 has well-defined minima in the range of 300–400 M⊙ (see also Figure C.2). On the other hand, the [image: equation] distribution becomes almost flat above approximately 500 M⊙ for R136a2 and R136a3. For this reason, we do not describe the initial mass with the [image: equation] or MAP estimate.
Figure C.1 summarises the results from tables C.1 and C.2, highlighting the scatter between interpolated grids with different schemes, initial rotational velocities, and different statistical interpretations. For R136a2 and R136a3, the results do not show any trends with AM scheme or initial rotational velocity. For R136a1, a clear trend is visible as a function of the initial rotational velocity. The age estimate increases, whereas the current and initial mass decreases for higher initial rotational velocities. This can be understood from the well-known degeneracy between initial mass and rotational velocity in typical massive star models evolving redwards on the HRD. Namely, a model with higher initial mass but lower rotational velocity has a similar evolutionary trajectory as model with lower initial mass but higher initial rotational velocity. This lends further support to describing R136a1 as a redwars evolving star, whereas R136a2 and R136a3 are in their down-stream evolution beyond the mass-turnover. We stress here that the AM scheme and initial rotational velocity cannot be deduced from our comparison. The scatter in the obtained results simply originates from the different evolution of the three parameters (effective temperature, luminosity, surface helium abundance) that form the basis of the comparison. As demonstrated in Figure C.1 and Tables C.1, this scatter is within the 1σ standard deviation of the posterior probability densities.
C.6. Comparison with the TS-300 grid
Figures C.2, C.3, and C.4 show the MCMC results based on the TS scheme and an initial rotational velocity of 300 km s−1 as a demonstration. As highlighted above, the SB scheme and other initial rotational velocities produce broadly consistentresults.
Table C.1. 
Summary of the results obtained from the MCMC analysis, using the interpolated models in the TS scheme. The first and second values correspond to the model with highest joint posterior probability densities and the lowest [image: equation], respectively. The values in brackets denote the mean value and the 1σ standard deviation from the individual posterior probability density distributions. For R136a2 and R136a3, *m denotes cases where the Mini = 800 M⊙ model is omitted from the interpolation; thus, the highest initial mass available in the comparison is Mini = 700 M⊙.

Table C.2. 
Same as Table C.1, but using the SB models.

	[image: thumbnail]	Fig. C.1. Summary of the results from Tables C.1 and C.2. The three columns correspond to the three WNh stars. The panels from the top to bottom show the estimates on the age, current mass, and initial mass as a function of the initial rotational velocity of the models. The symbol coding shows the AM scheme (Tayler-Spruit and solid body) and statistical interpretation method (minimum χ2 value and highest joint posterior probability density).



	[image: thumbnail]	Fig. C.2. MCMC analysis results for R136a1, considering the TS-300 interpolated grid as an example. The top panels show the individual posterior probability density distributions for the three parameters considered in the analysis. The lower left and middle panels show [image: equation] as a function of time and current mass (with colour-coding of current mass and time, respectively). The lower right panel shows a [image: equation] distribution projected for the initial masses. The grey line corresponds to the lowest [image: equation] value, the green line shows the MAP estimate.



	[image: thumbnail]	Fig. C.3. Same as Figure C.2, but for R136a2.



	[image: thumbnail]	Fig. C.4. Same as Figure C.2, but for R136a3.




Appendix D:  MESA microphysics
The MESA equation of state (EOS) is a blend of the OPAL (Rogers & Nayfonov 2002), SCVH (Saumon et al. 1995), FreeEOS (Irwin 2004), HELM (Timmes & Swesty 2000), PC (Potekhin & Chabrier 2010), and Skye (Jermyn et al. 2021) EOSes. Radiative opacities are primarily from OPAL (Iglesias & Rogers 1993, 1996), with low-temperature data from Ferguson et al. (2005) and the high-temperature, Compton-scattering dominated regime by Poutanen (2017). Electron conduction opacities are from Cassisi et al. (2007). Nuclear reaction rates are from JINA REACLIB (Cyburt et al. 2010), NACRE (Angulo et al. 1999) and additional tabulated weak reaction rates (Fuller et al. 1985; Oda et al. 1994; Langanke & Martínez-Pinedo 2000). Plasma screening is included via the prescription of Chugunov et al. (2007). Thermal neutrino loss rates are from Itoh et al. (1996).


All Tables
Table 1. 
Summary of the computed models.
In the text

Table 2. 
Empirically determined properties of the WNh stars in R136.
In the text

Table 3. 
Estimated parameters of the WNh stars from the MCMC analysis.
In the text

Table C.1. 
Summary of the results obtained from the MCMC analysis, using the interpolated models in the TS scheme. The first and second values correspond to the model with highest joint posterior probability densities and the lowest [image: equation], respectively. The values in brackets denote the mean value and the 1σ standard deviation from the individual posterior probability density distributions. For R136a2 and R136a3, *m denotes cases where the Mini = 800 M⊙ model is omitted from the interpolation; thus, the highest initial mass available in the comparison is Mini = 700 M⊙.
In the text

Table C.2. 
Same as Table C.1, but using the SB models.
In the text

All Figures
	[image: thumbnail]	Fig. 1. Comparison of evolutionary models with different internal angular momentum coupling schemes (HY: hydrodynamical, SB: solid body, TS: Tayler-Spruit) and with (w) or without (w/o) MLT++ in a typical VMS model with initial mass of 315 M⊙ and initial rotational velocity of 300 km s−1 during main-sequence evolution from ZAMS to TAMS. Left: Hertzsprung-Russell diagram. For reference, the position of R136a1 according to Brands et al. (2022) is indicated. The shaded region shows the formal uncertainty of the observations. Right: Stellar radius vs age. Numerical smoothing is included for visualisation purposes.
In the text



	[image: thumbnail]	Fig. 2. HRD of the main-sequence evolution of the most massive models in our grid within the TS scheme without MLT++. The initial rotational velocity is 300 km s−1. Initial masses in solar units are indicated next to the starting point of the models. The colour-coding shows the logarithmic mass-loss rate. Stars with Mini >  250 M⊙ follow a ‘down-stream’ of rapidly decreasing luminosity evolution and become helium-rich objects by the TAMS. A mass fraction profile of the outer 30% of the mass near the TAMS is shown in the inset, illustrating that they become helium-rich stars. The three most massive stars in R136 are indicated with symbols and the filled areas show uncertainties in their HRD positions according to Brands et al. (2022). Numerical smoothing is applied for visualisation purposes.
In the text



	[image: thumbnail]	Fig. 3. Evolution of stellar mass as a function of time. Models within the Tayler-Spruit coupling scheme with MLT++ are shown for an initial rotational velocity of 300 km s−1. The grey vertical line indicates the time when the first SN takes place. Mobs, max indicates the maximum stellar mass observable at that time. MpreCC, max is the highest pre-core collapse mass by the end of the evolution of all models. Green squares mark the TAMS and blue stars denote successfully reaching the C-TAMS phase. Top panel: our fiducial models. Middle panel: Reduced mass-loss rates over the entire evolution by a factor of 2. Note: this allows for the producion of SN progenitors with more than double the mass. Lower panel: Switching to the Nugis & Lamers (2002) rates instead of the Sander & Vink (2020) rates.
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	[image: thumbnail]	Fig. 4. Post-main sequence evolutionary tracks in the Taylor-Spruit scheme with vini =  300 km s−1. Left panel: HRD from the (TAMS with squares), through the helium-TAMS (diamonds), until carbon-TAMS (blue stars). The colours denote different initial masses. On the right-hand side of this panel, the TAMS masses are shown in solar units and the ZAMS masses are indicated in brackets. Corresponding to these cases, the masses at the C-TAMS are also shown in solar units on the left-hand side. Middle and right panels: post-main sequence evolution of core and surface helium, carbon, and oxygen mass fractions for the initially 315 M⊙ model.
In the text



	[image: thumbnail]	Fig. 5. Maximum carbon-oxygen core mass as a function of initial stellar mass. The HY, TS, and SB coupling schemes are shown on the top left, top right, and lower left, respectively. These panels include all initial rotational velocities calculated in our grid (shown with different symbols and colours). The lower right panel shows models with a 300 km s−1 initial rotational velocity in the TS coupling scheme, varying only the mass-loss schemes (magenta cross: nominal scheme; orange diamond: reduction of overall mass-loss rates by a factor of 2; green hexagon: switching to different Wolf-Rayet type rates). The shaded regions denote the approximate limits for pulsational pair instability (blue) and pair instability (light blue) SNe. We note the different vertical axis scale in the lower right panel.
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	[image: thumbnail]	Fig. 6. Specific angular momentum in the central 5 solar masses of the stellar model at representative evolutionary stages. Shown are the initially 315 M⊙ models with an initial rotational velocity of 300 km s−1, using the hydrodynamical (top panel), Tayler-Spruit (middle panel), and solid-body (lower panel) coupling schemes. MLT++ is used in these models. We note the different vertical axis scale in the lower panel.
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	[image: thumbnail]	Fig. 7. Average specific angular momentum within the central 5 solar masses of the core at the end of carbon core burning versus the initial mass. Left: Hydrodynamical coupling scheme. Right: Our experiment with different mass-loss rates. The symbols denote different initial rotational velocities (left) or different mass-loss schemes (right). The approximate limit to produce GRBs is shown with the gray region.
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	[image: thumbnail]	Fig. 8. HRD colour-coded with the surface helium mass fraction in our models (using the Taylor-Spruit scheme without MLT++ with an initial rotational velocity of 300 km s−1) and in observations of the WNh stars R136a1 (star), R136a2 (circle), and R136a3 (square). The initial mass of the evolutionary tracks is indicated in solar units. We apply smoothing to avoid numerical noise. Uncertainty ranges (lower and upper limits) in the measured helium abundances from three authors are indicated in the upper part (see also Table 2). For the nominal values, we adopt the Brands et al. (2022) results and show the lower and upper limits as the left and right side of the filled markers. The shaded regions show the formal uncertainty in logL and Teff from Brands et al. (2022).
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	[image: thumbnail]	Fig. 9. Interpolated models on the HRD with colour-coding showing the surface helium mass fraction. The Brands et al. 2022 observations are adopted as in Figure 8, but the uncertainty in logL and Teff are updated for the MCMC analysis (see text). The left panel shows models on a redward trajectory, the right panel shows models in a down-stream evolution. The values to the left indicate the initial stellar mass in solar units. The values to the right show the mass in solar units before the down-ward turn in evolutionary path. The arrows indicate the direction of the evolution.
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	[image: thumbnail]	Fig. 10. Surface helium mass fraction as a function of time. The evolutionary models are shown with black lines with decreasing initial mass from left to right. The model with Mini =  500 M⊙ is highlighted with thicker line. The colour-coding shows the interpolated models as a function of their current mass on a logarithmic scale. The observed surface helium mass fractions by Brands et al. 2022 are indicated for the three WNh stars (R136a1 – gray, R136a2 – magenta, R136a3 – navy, see also Table 2). The shaded region shows the associated uncertainty.
In the text



	[image: thumbnail]	Fig. A.1. Left to right: HY, TS, and SB angular momentum transport schemes. Top to bottom: Increasing the initial rotation velocity.
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	[image: thumbnail]	Fig. C.1. Summary of the results from Tables C.1 and C.2. The three columns correspond to the three WNh stars. The panels from the top to bottom show the estimates on the age, current mass, and initial mass as a function of the initial rotational velocity of the models. The symbol coding shows the AM scheme (Tayler-Spruit and solid body) and statistical interpretation method (minimum χ2 value and highest joint posterior probability density).
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	[image: thumbnail]	Fig. C.2. MCMC analysis results for R136a1, considering the TS-300 interpolated grid as an example. The top panels show the individual posterior probability density distributions for the three parameters considered in the analysis. The lower left and middle panels show [image: equation] as a function of time and current mass (with colour-coding of current mass and time, respectively). The lower right panel shows a [image: equation] distribution projected for the initial masses. The grey line corresponds to the lowest [image: equation] value, the green line shows the MAP estimate.
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	[image: thumbnail]	Fig. C.3. Same as Figure C.2, but for R136a2.
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	[image: thumbnail]	Fig. C.4. Same as Figure C.2, but for R136a3.
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      Table 1. 

      Summary of the computed models.

      
        


	Parameter
	Input values/choices





	Mini [M⊙]
	100, 110, 125, 140, 160, 180, 200, 225, 250, 280, 315, 355, 400, 445, 500, 560, 630, 705, 795 



	vini [km s−1]
	100, 200, 300, 400, 500



	AM scheme
	hydrodynamical (HY), Tayler-Spruit (TS), solid-body (SB)



	MLT++
	with, without



	Winds
	Teff >  10 kK, X >  0.4: WLR with Brands et al. (2022) fit, Teff >  10 kK, X <  0.4: WR-type winds from Sander & Vink (2020), 4 kK > Teff< 10 kK: cool winds from de Jager et al. (1988), Teff <  4 kK: RSG winds from van Loon et al. (2005)



	Wind test
	0.5 overall reduction (for 1 branch)



	
	Teff >  10 kK, X <  0.4: WR-type winds from Nugis & Lamers (2002) (for 1 branch)



	




	Total
	19 x 5 x 3 x 2 + 2 x 19 = 608 models
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        Comparison of evolutionary models with different internal angular momentum coupling schemes (HY: hydrodynamical, SB: solid body, TS: Tayler-Spruit) and with (w) or without (w/o) MLT++ in a typical VMS model with initial mass of 315 M⊙ and initial rotational velocity of 300 km s−1 during main-sequence evolution from ZAMS to TAMS. Left: Hertzsprung-Russell diagram. For reference, the position of R136a1 according to Brands et al. (2022) is indicated. The shaded region shows the formal uncertainty of the observations. Right: Stellar radius vs age. Numerical smoothing is included for visualisation purposes.

      

    

  
    
      Fig. 2. 
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        HRD of the main-sequence evolution of the most massive models in our grid within the TS scheme without MLT++. The initial rotational velocity is 300 km s−1. Initial masses in solar units are indicated next to the starting point of the models. The colour-coding shows the logarithmic mass-loss rate. Stars with Mini >  250 M⊙ follow a ‘down-stream’ of rapidly decreasing luminosity evolution and become helium-rich objects by the TAMS. A mass fraction profile of the outer 30% of the mass near the TAMS is shown in the inset, illustrating that they become helium-rich stars. The three most massive stars in R136 are indicated with symbols and the filled areas show uncertainties in their HRD positions according to Brands et al. (2022). Numerical smoothing is applied for visualisation purposes.
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        Evolution of stellar mass as a function of time. Models within the Tayler-Spruit coupling scheme with MLT++ are shown for an initial rotational velocity of 300 km s−1. The grey vertical line indicates the time when the first SN takes place. Mobs, max indicates the maximum stellar mass observable at that time. MpreCC, max is the highest pre-core collapse mass by the end of the evolution of all models. Green squares mark the TAMS and blue stars denote successfully reaching the C-TAMS phase. Top panel: our fiducial models. Middle panel: Reduced mass-loss rates over the entire evolution by a factor of 2. Note: this allows for the producion of SN progenitors with more than double the mass. Lower panel: Switching to the Nugis & Lamers (2002) rates instead of the Sander & Vink (2020) rates.
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        Post-main sequence evolutionary tracks in the Taylor-Spruit scheme with vini =  300 km s−1. Left panel: HRD from the (TAMS with squares), through the helium-TAMS (diamonds), until carbon-TAMS (blue stars). The colours denote different initial masses. On the right-hand side of this panel, the TAMS masses are shown in solar units and the ZAMS masses are indicated in brackets. Corresponding to these cases, the masses at the C-TAMS are also shown in solar units on the left-hand side. Middle and right panels: post-main sequence evolution of core and surface helium, carbon, and oxygen mass fractions for the initially 315 M⊙ model.
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        Maximum carbon-oxygen core mass as a function of initial stellar mass. The HY, TS, and SB coupling schemes are shown on the top left, top right, and lower left, respectively. These panels include all initial rotational velocities calculated in our grid (shown with different symbols and colours). The lower right panel shows models with a 300 km s−1 initial rotational velocity in the TS coupling scheme, varying only the mass-loss schemes (magenta cross: nominal scheme; orange diamond: reduction of overall mass-loss rates by a factor of 2; green hexagon: switching to different Wolf-Rayet type rates). The shaded regions denote the approximate limits for pulsational pair instability (blue) and pair instability (light blue) SNe. We note the different vertical axis scale in the lower right panel.

      

    

  
    
      Fig. 6. 

      
        [image: thumbnail]
      

      
        Specific angular momentum in the central 5 solar masses of the stellar model at representative evolutionary stages. Shown are the initially 315 M⊙ models with an initial rotational velocity of 300 km s−1, using the hydrodynamical (top panel), Tayler-Spruit (middle panel), and solid-body (lower panel) coupling schemes. MLT++ is used in these models. We note the different vertical axis scale in the lower panel.

      

    

  
    
      Fig. 7. 

      
        [image: thumbnail]
      

      
        Average specific angular momentum within the central 5 solar masses of the core at the end of carbon core burning versus the initial mass. Left: Hydrodynamical coupling scheme. Right: Our experiment with different mass-loss rates. The symbols denote different initial rotational velocities (left) or different mass-loss schemes (right). The approximate limit to produce GRBs is shown with the gray region.

      

    

  
    
      Table 2. 

      Empirically determined properties of the WNh stars in R136.

      
        


	
	R136a1
	R136a2
	R136a3
	Reference





	log(L/L⊙)
	6.94 ± 0.09
	6.78 ± 0.09
	6.58 ± 0.09
	[1]



	6.79 ± 0.10
	6.75 ± 0.10
	6.63 ± 0.10
	[2]



	6.86 [image: equation]
	6.71 [image: equation]
	6.70 [image: equation]
	[3]



	




	Teff [kK]
	53 ± 3.0
	53 ± 3.0
	53 ± 3.0
	[1]



	46 ± 2.5
	50 ± 2.5
	50 ± 2.5
	[2]



	46 [image: equation]
	47 [image: equation]
	50 [image: equation]
	[3]



	




	Ysurf [mass fraction]
	0.58 ± 0.05
	0.63 ± 0.05
	0.58 ± 0.05
	[1]



	0.50 ± 0.05
	0.55 ± 0.05
	0.55 ± 0.05
	[2]



	0.45 [image: equation]
	0.60 [image: equation]
	0.60 [image: equation]
	[3]



	




	log Ṁ [M⊙yr−1]
	−4.29± 0.08
	−4.34± 0.08
	−4.43± 0.08
	[1]



	<  − 3.80± 0.20
	<  − 3.84 ± 0.20
	<  − 3.83± 0.20
	[2]



	−4.57± 0.13
	−4.48± 0.12
	−4.64± 0.08
	[3]





      

      
Notes. [1] Crowther et al. (2010), [2] Bestenlehner et al. (2020), [3] Brands et al. (2022). Mass-loss rates from Bestenlehner et al. (2020) are upper limits.



    

  
    
      Fig. 8. 

      
        [image: thumbnail]
      

      
        HRD colour-coded with the surface helium mass fraction in our models (using the Taylor-Spruit scheme without MLT++ with an initial rotational velocity of 300 km s−1) and in observations of the WNh stars R136a1 (star), R136a2 (circle), and R136a3 (square). The initial mass of the evolutionary tracks is indicated in solar units. We apply smoothing to avoid numerical noise. Uncertainty ranges (lower and upper limits) in the measured helium abundances from three authors are indicated in the upper part (see also Table 2). For the nominal values, we adopt the Brands et al. (2022) results and show the lower and upper limits as the left and right side of the filled markers. The shaded regions show the formal uncertainty in logL and Teff from Brands et al. (2022).

      

    

  
    
      Fig. 9. 

      
        [image: thumbnail]
      

      
        Interpolated models on the HRD with colour-coding showing the surface helium mass fraction. The Brands et al. 2022 observations are adopted as in Figure 8, but the uncertainty in logL and Teff are updated for the MCMC analysis (see text). The left panel shows models on a redward trajectory, the right panel shows models in a down-stream evolution. The values to the left indicate the initial stellar mass in solar units. The values to the right show the mass in solar units before the down-ward turn in evolutionary path. The arrows indicate the direction of the evolution.

      

    

  
    
      Fig. 10. 

      
        [image: thumbnail]
      

      
        Surface helium mass fraction as a function of time. The evolutionary models are shown with black lines with decreasing initial mass from left to right. The model with Mini =  500 M⊙ is highlighted with thicker line. The colour-coding shows the interpolated models as a function of their current mass on a logarithmic scale. The observed surface helium mass fractions by Brands et al. 2022 are indicated for the three WNh stars (R136a1 – gray, R136a2 – magenta, R136a3 – navy, see also Table 2). The shaded region shows the associated uncertainty.

      

    

  
    
      Table 3. 

      Estimated parameters of the WNh stars from the MCMC analysis.

      
        


	
	R136a1
	R136a2
	R136a3





	Age [Myr]
	1.02 (±0.09, ±0.16)
	1.45 (±0.01, ±0.11)
	1.48 (±0.02, ±0.14)



	




	Mcurr [M⊙]
	291 (±34, ±46 )
	195 (±4, ±35)
	184 (±6, ±40)



	




	Mini [M⊙]
	346 (±42)
	≳500 (±46)
	≳500 (±53)





      

      
Notes. The first value in the brackets denotes the standard deviation between the solutions (both the χ2 and Maximum A Posteriori) from the 10 interpolated grids (see text). The second value for the age and current mass denotes the mean of the standard deviations from the individual posterior probability density distributions.



    

  
    
      Fig. A.1. 

      
        [image: thumbnail]
      

      
        Left to right: HY, TS, and SB angular momentum transport schemes. Top to bottom: Increasing the initial rotation velocity.

      

    

  
    
      Table C.1. 

      Summary of the results obtained from the MCMC analysis, using the interpolated models in the TS scheme. The first and second values correspond to the model with highest joint posterior probability densities and the lowest [image: equation], respectively. The values in brackets denote the mean value and the 1σ standard deviation from the individual posterior probability density distributions. For R136a2 and R136a3, *m denotes cases where the Mini = 800 M⊙ model is omitted from the interpolation; thus, the highest initial mass available in the comparison is Mini = 700 M⊙.

      
        


	R136a1
	TS scheme





	vrot, ini
	Mini
	Mcurr
	t
	[image: equation]



	




	100
	381, 396
	323, 335 (337[image: equation])
	0.94. 0.92 (0.95±0.15)
	5.34, 5.10



	200
	361, 379
	304, 315 (324[image: equation])
	0.95, 0.98 (0.96±0.16)
	4.24, 3.90



	300
	316, 326
	264, 272 (301[image: equation])
	1.10, 1.09 (0.99±0.16)
	2.61, 2.56



	400
	310, 317
	258, 268 (284[image: equation])
	1.15, 1.06 (1.00±0.17)
	1.91, 1.60



	500
	289, 312
	250, 263 (281[image: equation])
	1.00, 1.09 (1.03±0.17)
	2.53, 1.50



	




	R136a2



	




	100
	> 500 (625, 630)*m
	196, 199 (192[image: equation])
	1.46, 1.45 (1.50±0.11)
	4.37, 4.35



	200
	> 500 (648, 653)
	193, 192 (195[image: equation])
	1.45, 1.46 (1.50±0.11)
	2.99, 2.88



	300
	> 500 (783, 630)
	198, 196 (193[image: equation])
	1.44, 1.45 (1.52±0.11)
	4.60, 4.27



	400
	> 500 (638, 643)*m
	196, 202 (195[image: equation])
	1.46, 1.44 (1.50±0.12)
	3.77, 3.62



	500
	> 500 (652, 652)*m
	199, 193 (195[image: equation])
	1.44, 1.46 (1.50±0.12)
	2.87, 2.83



	




	R136a3



	




	100
	> 500 (675, 630)*m
	180, 181 (183[image: equation])
	1.48, 1.49 (1.54±0.13)
	4.14, 4.08



	200
	> 500 (677, 650)
	198, 187 (187[image: equation])
	1.47, 1.47 (1.54±0.14)
	4.29 (3.15)



	300
	> 500 (792, 630)
	189, 181 (187[image: equation])
	1.45, 1.48 (1.55±0.13)
	4.49, 3.98



	400
	> 500 (665, 639)*m
	183, 187 (192[image: equation])
	1.49, 1.47 (1.55±0.16)
	4.04, 3.75



	500
	> 500 (650, 650)*m
	189, 187 (193[image: equation])
	1.47, 1.47 (1.55±0.16)
	3.11, 3.10





      

    

  
    
      Table C.2. 

      Same as Table C.1, but using the SB models.

      
        


	R136a1
	SB scheme





	vrot, ini
	Mini
	Mcurr
	t
	[image: equation]



	100
	408, 425
	347, 351 (350[image: equation])
	0.83, 0.94 (0.92±0.16)
	7.80, 7.01



	200
	404, 397
	341, 330 (330[image: equation])
	0.84, 0.93 (0.93±0.15)
	5.94, 5.37



	300
	328, 329
	272, 276 (299[image: equation])
	1.11, 1.05 (0.97±0.16)
	3.77, 3.47



	400
	330, 316
	276, 264 (282[image: equation])
	1.07, 1.12 (1.00±0.16)
	2.40, 2.27



	500
	301, 303
	255, 255 (280[image: equation])
	1.07, 1.11 (1.00±0.16)
	2.04, 1.95



	




	R136a2



	




	100
	> 550 (716, 724)
	196, 195 (195[image: equation])
	1.44, 1.45 (1.50±0.10)
	3.85, 3.58



	200
	> 570 (728, 729)
	191, 193 (194[image: equation])
	1.46, 1.45 (1.50±0.10)
	3.31, 3.30



	300
	> 520 (720, 630)
	183, 197 (192[image: equation])
	1.47, 1.46 (1.50±0.10)
	4.65, 4.47



	400
	> 510 (687, 735)
	189, 195 (193[image: equation])
	1.46, 1.45 (1.50±0.11)
	4.54, 4.39



	500
	> 500 (675, 640)*m
	191, 202 (193[image: equation])
	1.48, 1.45 (1.50±0.11)
	4.49, 4.02



	




	R136a3



	




	100
	> 510 (715, 721)
	173, 187 (184[image: equation])
	1.50, 1.47 (1.52±0.11)
	4.00, 3.81



	200
	> 510 (725, 725)
	185, 186 (185[image: equation])
	1.47, 1.46 (1.53±0.13)
	3.58, 3.57



	300
	> 530 (789, 630)
	192, 182 (183[image: equation])
	1.45, 1.49 (1.52±0.12)
	4.58, 4.25



	400
	> 510 (769, 645)
	172, 182 (188[image: equation])
	1.50, 1.49 (1.52±0.13)
	4.51, 4.25



	500
	> 530 (635, 636)*m
	175, 188 (191[image: equation])
	1.51, 1.48 (1.54±0.14)
	4.24, 4.12





      

    

  
    
      Fig. C.1. 

      
        [image: thumbnail]
      

      
        Summary of the results from Tables C.1 and C.2. The three columns correspond to the three WNh stars. The panels from the top to bottom show the estimates on the age, current mass, and initial mass as a function of the initial rotational velocity of the models. The symbol coding shows the AM scheme (Tayler-Spruit and solid body) and statistical interpretation method (minimum χ2 value and highest joint posterior probability density).

      

    

  
    
      Fig. C.2. 

      
        [image: thumbnail]
      

      
        MCMC analysis results for R136a1, considering the TS-300 interpolated grid as an example. The top panels show the individual posterior probability density distributions for the three parameters considered in the analysis. The lower left and middle panels show [image: equation] as a function of time and current mass (with colour-coding of current mass and time, respectively). The lower right panel shows a [image: equation] distribution projected for the initial masses. The grey line corresponds to the lowest [image: equation] value, the green line shows the MAP estimate.

      

    

  
    
      Fig. C.3. 

      
        [image: thumbnail]
      

      
        Same as Figure C.2, but for R136a2.

      

    

  
    
      Fig. C.4. 

      
        [image: thumbnail]
      

      
        Same as Figure C.2, but for R136a3.
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