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Abstract

Context. The localised formation of planetesimals can be triggered with the help of streaming instability when the local pebble density is high. This can happen at various locations in the disc, and it leads to the formation of local planetesimal rings. The planetesimals in these rings subsequently grow from mutual collisions and by pebble accretion.

Aims. We investigate the early growth of protoplanetary embryos from a ring of planetesimals created from streaming instability to see if they reach sizes where they accrete pebbles efficiently.

Methods. We simulated the early stages of planet formation for rings of planetesimals, which we assumed were created by streaming instability at various separations from the star and for various stellar masses using a semi-analytic model.

Results. The rings in the inner disc are able to produce protoplanetary embryos in a short time, whereas at large separations there is little to no growth. The growth of the largest bodies is significantly slower around lower-mass stars.

Conclusions. The formation of planetary embryos from filaments during the disc lifetime is possible but strongly dependent on the separation from the star and the mass of the host star. Forming the seeds of pebble accretion early in the outer disc, ∼50AU, remains difficult, especially for low-mass stars.
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1 Introduction
To form planets in protoplanetary discs, the initially micronsized dust has to grow by many orders of magnitude. On this size ladder, there are many barriers to growth through coagulation, such as the fragmentation barrier and the limitation of growth through radial drift as the dust decouples from the gas. These barriers typically halt the growth of the dust at pebble-sizes (~ millimetre to centimetre sizes) defined by their Stokes number τs ≈ 10−2−10−1 (Güttler et al. 2010; Zsom et al. 2010; Krijt et al. 2015; Birnstiel et al. 2011; Stammler & Birnstiel 2022; Birnstiel 2023).
The streaming instability offers a potential avenue to grow past this barrier, as it helps concentrate the pebbles into clumps (Youdin & Goodman 2005; Johansen & Youdin 2007), and the direct gravitational collapse of these overdense clumps of pebbles into planetesimals is then also a promising way to further overcome the growth barrier. The initial mass function (IMF) of planetesimals formed through these mechanisms is typically sharply peaked at around 100 kilometres (Johansen et al. 2009; Bai & Stone 2010). Still, the distribution strongly depends on the local properties of the gas disc and the properties of the collapsing pebbles (Schäfer et al. 2017; Klahr & Schreiber 2020; Polak & Klahr 2022) and it is still poorly constrained.
To trigger the streaming instability, a highly enhanced local dust-to-gas ratio in the midplane (i.e. ρpeb ≈ ρgas) is needed. There are various viable mechanisms that can lead to such an enhancement of the dust-to-gas ratio at specific locations in the disc, and the ice lines of different elements and molecules serve as such potential locations. For example, the silicate and water condensation lines have been investigated in this context, as they account for a large portion of the mass budget, thus leading to a bigger enhancement of the local dust-to-gas ratio. This happens due to the re-condensation of vapour outside the respective ice line (Stevenson & Lunine 1988; Drążkowska & Alibert 2017; Schoonenberg & Ormel 2017; Abod et al. 2019; Schneider & Bitsch 2021). Further mechanisms to enhance the dust-to-gas ratio have been proposed, including the dead zone inner edge, where a transition in turbulence generates a pressure bump and can trap the drifting pebbles (Chatterjee & Tan 2013; Guilera et al. 2020). The edge of a gap in the gas disc carved by giant planets is also able to accumulate pebbles that lead to the formation of planetesimals (Shibaike & Alibert 2020, Shibaike & Alibert 2023; Sándor et al. 2024). Most of these formation mechanisms lead to the formation of planetesimals in small regions all over the disc, which is in contrast to the classical picture of core accretion that usually starts with planetesimals distributed in the entire disc (Emsenhuber et al. 2021; Chambers 2006a; Pollack et al. 1996).
If there exist variations in the pressure gradient of the gas disc (i.e. pressure bumps), regardless of their physical origin, they are also able to concentrate the drifting pebbles, thus enhancing the local dust-to-gas ratio and triggering the streaming instability. The formation of planetesimals and planets in these postulated structures has been investigated in many recent works (Jiang & Ormel 2021; Stammler et al. 2019; Lau et al. 2022; Sándor et al. 2024). Although the structures in the simulations are not modelled physically self-consistently, there is ample observational evidence for their existence in observations (Bae et al. 2023; Pinte et al. 2022). In these pressure structures, the largest planetesimals formed from direct collapse are directly able to accrete pebbles efficiently with negligible contributions from mutual collisions among planetesimals. In these environments, the longer encounter times between the planetesimals and pebbles lead to a higher accretion efficiency. This happens because the radial drift of pebbles is severely slowed down as the headwind from the gas disc vanishes.
The formation of planetesimals in discs without structures has also been investigated in various works (Lenz et al. 2019; Voelkel et al. 2020; Lau et al. 2024; Jiang & Ormel 2021). These formation models are motivated by transient pebble traps that could trigger the streaming instability anywhere in the disc while not affecting the global disc evolution. The subsequent growth in such planetesimal filaments or rings in discs without structures has been studied by Liu et al. (2019b); Jang et al. (2022) and Lorek & Johansen (2022). For these environments, the largest planetesimals formed are typically in the mass range where they accrete pebbles in the Bondi regime, which typically leads to slow growth. The second source of accretion is from the mutual collisions of planetesimals, which tend to be slow for large planetesimals, as they are weakly coupled to the gas but may contribute significantly in the early stages (Liu et al. 2019b). We note that the growth in planetary rings differs from the classical runaway and oligarchic regimes due to the fact that the width of the ring is typically smaller than the classical feeding zone, so the maximal mass the largest body can reach is limited by the total mass of the filament rather than the classical isolation mass. However, most planet formation models based on pebble accretion insert larger embryos as the initial conditions that can accrete pebbles efficiently (Lambrechts & Johansen 2014; Guilera et al. 2021; Drazkowska et al. 2021) to form planets during the lifetime of the gas disc. This timescale constraint is crucial for giant planets, as they are required to form early enough before the gas disc dissipates to accrete significant gaseous envelopes. Therefore we investigate the growth in such planetesimal rings in unstructured discs to see if and on what timescale protoplanetary embryos can form. To do this we simulated the growth in such filaments at different locations in the disc using our newly developed model.
This study, although similar in setup, is complementary to the aforementioned studies and differs from their approaches in the following ways. In the works of Liu et al. (2019b) and Jang et al. (2022), they use N-body methods to describe the planetesimals, and this forces them to truncate the initial size distribution and treat planetesimal collisions as perfect mergers in order to have reasonable computation times. In contrast, we use a Eulerian approach for our planetesimals that allows us to describe a larger number of planetesimals. In addition to the effects considered in the work of Lorek & Johansen (2022) that investigates the growth in these filaments from planetesimal accretion, we also consider the accretion of pebbles onto the embryo. Additionally, in our model, the distribution of planetesimals evolves in time by solving the continuity equation as opposed to their local approach. Lastly, we consider the full-size distribution when we calculate the fragmentation of planetesimals as opposed to a fixed size of fragments since this allows us to more accurately capture the size evolution of the planetesimals and the associated accretional processes.
This paper is structured in the following ways: in Sect. 2, we present the planet formation model used to simulate the early growth of protoplanetary embryos from a ring of planetesimals including pebble accretion. In Sect. 3, we show the results of our investigation and discuss how the different model parameters influence our results, we explore the formation around stars of different masses, and we discuss the implications of our simulation for the timing of core formation. In Sect. 4, we discuss our results, go over the limitations of our approach, and give a final summary.
2 Planet formation model and setup
We modelled the formation of planetary embryos from an initial ring of planetesimals at different locations in the disc. This localised formation of a ring of planetesimal is motivated by the streaming instability (Youdin & Goodman 2005; Johansen et al. 2007; Schäfer et al. 2017) that requires a local pebble overdensity to be triggered. This leads to the formation of a ring of planetesimals with a width that is dictated by the pressure gradient of the gas [image: equation] disc and the separation of the star r0 as ∆w ~ η * r0 (Yang et al. 2017; Li et al. 2019). There are many possible mechanisms that can lead to the required concentration of pebbles for the streaming instability to happen. For example, the ice line (Drążkowska & Alibert 2017) where the outwards diffusion of the water vapour leads to an enhanced enrichment of the disc. Other mechanisms proposed to concentrate the dust include the dead zone inner boundary (Hu et al. 2018), differential drift due to the back reaction of the dust (Jiang & Ormel 2021), and the external photo-evaporation in the outer disc (Carrera et al. 2017) or the gap opened by the other planets in the disc (Shibaike & Alibert 2020, 2023).
We tested the growth of a single discrete embryo in these planetesimal rings at different locations in a smooth disc without invoking a specific mechanism or structure for the formation. We used a semi-analytic model based on the Bern model (Emsenhuber et al. 2021) that simulates the growth of a single discrete embryo that represents the single largest planetesimal formed in a ring of planetesimals with a size distribution. Additionally, we calculated the evolution of the gas disc and the pebble flux from the outer disc. We first explain the evolution of the solids the accretion description used, then we go over the disc model, and finally we explain the initial conditions used.
2.1 Evolution of the solids
The solids in the disc are described by a two-component approach: the planetary embryo and the planetesimals. The planetary embryo is described as a discrete body of mass Mem, and it accretes planetesimals as described in Emsenhuber et al. (2021), Chambers (2006b), and Inaba (2001). Since the width of the initial filament is significantly smaller than the classical feeding zone of the embryo in the oligarchic regime, we had to define the mean local surface density of planetesimals used to calculate the accretion rate,
[image: equation](1)
where [image: equation] and Pcol is the intrinsic collision probability according to Inaba (2001) and σk is the local surface density of the planetesimals of population k. To do this, we calculated the mean surface density in an annulus around the embryo that contains erf(2−0.5) ≈ 68% of the total mass of the planetesimals. This choice was motivated by comparing our results with the analytical formula for the spreading of a planetesimal belt described in Eq. (17) of Liu et al. (2019b).
As this study focuses on the early stages of core formation, the gas accretion of a planetary envelope was neglected. The core was assumed to have the same initial bulk density as the planetesimals ρs and was considered to be on a circular orbit as the damping by dynamical friction of the embryo from the planetesimals leads to a rapid decay of its eccentricity and inclination (Lorek & Johansen 2022).
The planetesimals follow a fluid-like description on a grid and are characterised by their surface density σ, their mean root squared eccentricity (e) and inclination (i), and their bulk density (ρs). They are described on a grid both as a function of the distance from the star (ai) and planetesimal radius rpi, [image: equation] where the planetesimals occupy different logarithmic spaced bins ri according to their size:
[image: equation](2)
where [image: equation] is the size of the i’th planetesimal bin (population), N refers to the number of size bins, and rmax and rmin refer to the maximal and minimal size of planetesimals considered in the code. The surface density [image: equation] then describes the mass contained in bodies between [image: equation]. The maximal size is dictated by the initial conditions described in Sect. 2.5, and the minimal size was chosen to be 1 cm. The dynamical state of each size bin of planetesimals is described by their mean squared eccentricity (e) and inclination (i), which are calculated by solving their evolution equation as described in Kaufmann & Alibert (2023). The model takes into consideration the damping by gas drag (Chambers 2006a), the stirring by other planetesimals (Ohtsuki et al. 2002), and the embryo including dynamical friction (Emsenhuber et al. 2021), and it solves the evolution equation for e and i. Additionally, we solved the continuity equation for the planetesimals given by
[image: equation](3)
where the drift is caused by the headwind experienced by the planetesimals due to the sub-Keplerian orbital velocity of the gas (Guilera et al. 2014); however, as the large planetesimals are only weakly bound to the gas, we ignored the effects of radial drift in this study. The diffusion of the planetesimals due to their mutual gravitational interaction follows the description of Ohtsuki & Tanaka (2003) and Tanaka et al. (2003), yet this description of the viscosity can lead to a negative diffusion coefficient for small values of β = i/e when it is significantly below the equilibrium value of β = 0.5, which may not be physical. This can occur in the zones where the stirring by the protoplanetary embryo falls off and in the early stages of formation where the stirring rates for the eccentricities are significantly higher than for the inclinations (Liu et al. 2019b; Ohtsuki et al. 2002). For simplicity, we considered the averaged diffusion rate over the entire filament by calculating the viscosity using the average surface density in the filament and the values of e and i at the location of the embryo.
2.2 Planetesimal fragmentation model
To investigate the growth of the embryo in these filaments, we had to consider the fragmentation of planetesimals due to mutual collisions among them, as they can have an impact on the growth timescales involved due to the evolution of the size distribution of the planetesimals (Lorek & Johansen 2022). The outcome of the collisions among planetesimals is determined by both their material strength and the kinetic energy involved in the collisions. The mass distribution of the bodies emerging from the collision of a projectile of mass MP with a target of mass MT ≥ MP can be described by a remnant body Mr and the continuous distribution of smaller fragments represented by a power law [image: equation] up to the largest fragment size MF. The mass of the remnant after the collision between the target and a projectile can be described by (Morbidelli et al. 2009)
[image: equation](4)
where [image: equation] describes the ratio between the specific impact energy [image: equation] and where [image: equation] is the reduced mass and [image: equation] is the specific fragmentation energy of the target. The impact velocity vimp is given by the relative velocities between two swarms of planetesimals (i, j) whose eccentricities and inclination follow the Rayleigh distribution with mean ei,j and [image: equation], where [image: equation] and [image: equation].
The specific fragmentation energy describes the energy needed to fragment and disperse half of the target mass and can be described by (Benz & Asphaug 1999; Benz 2000)
[image: equation](5)
where ρs is the bulk density of the planetesimals and the coefficients Q0s, bs, Q0g, and bg can be found in Kaufmann & Alibert (2023). For simplicity, in this study, we utilise the fragmentation energy for icy bodies at 3 km/s. In general, the specific fragmentation energy depends on the composition, relative impact speeds, and whether one assumes the target to be monolithic or a rubble pile. This can lead to a significant shift in the shape and magnitude of the specific fragmentation energy and therefore changes the evolution of the size distribution of the planetesimals (e.g. see Stewart & Leinhardt 2009; Leinhardt & Stewart 2012; Kobayashi & Tanaka 2018; Krivov et al. 2018), but due to the large uncertainties in the actual initial properties of the primordial planetesimals, we chose the description of Benz (2000) used in many planet formation models including fragmentation (Sebastián et al. 2019; Lorek & Johansen 2022; Kobayashi & Tanaka 2018). For consistency, we calculated the specific fragmentation energy using the effective radius given by
[image: equation](6)
For very high impact energies ф ≫ 1, MR can become negative and is set to zero. The target is considered pulverised, and all the mass is lost. The mass excavated from the target body is then given by Mex = Mtot − MR. We note that this describes both accreting and disruptive collision, as MR can be larger than MT for low-impact energies (i.e. for [image: equation] for equal mass colliders). We distributed this excavated mass following a power law dn /dm = m−p between the largest fragment MF, given by
[image: equation](7)
and the minimum size considered, which is two orders of magnitude lower than the smallest planetesimal size (i.e. corresponding to rext = 10−2 cm), and the exponent is p = 5/3. The mass deposited in sizes below the smallest planetesimal bin is considered lost. For highly energetic collisions, we set the mass of the largest fragment to MF = 0.5MR.
The number of collisions between targets i and projectiles j during time δt is given by (Ormel & Kobayashi 2012)
[image: equation](8)
where [image: equation] is the intrinsic collision probability (Morbidelli et al. 2009), σi,j the collisional cross-section, and nk the number of targets and projectiles. To track the evolution of the size distribution, we calculated the resulting change in mass for each bin according to the collisions with all the smaller projectiles only in their respective radial bin. To prevent spurious waves in the size distribution (Guilera et al. 2014), in each step, we reconstructed the size distribution below the minimal size via extrapolation down to rext = 10−2cm and tracked the collisions of these particles with the larger ones as well. A comparison of our local fragmentation model with the model described in Guilera et al. (2014) can be found in Appendix A.
2.3 Pebble accretion
For our choice of planetesimal IMF, the largest bodies emerging from streaming instability are still too small to accrete pebbles efficiently if there is no migration trap for the pebbles to increase the encounter time (Lau et al. 2022). However, the mass of the most massive bodies emerging from streaming instability can be quite close to the transition between the Bondi and Hill regimes, where pebble accretion becomes more efficient. Therefore, we modelled the accretion of pebbles onto the embryo as described in Liu et al. (2019b); Ormel & Liu (2018) and Liu & Ormel (2018). For simplicity, we assumed a radially constant flux of pebbles. We explored either a value that is constant in time of Fpeb = 50 M⊕/Myr or a time-dependent flux inferred from the evolution of the disc, as described below. We assumed pebbles have a fixed Stokes number of τs = 0.1 in our nominal simulations, as informed by dust growth simulation (Birnstiel et al. 2012; Stammler & Birnstiel 2022). We note that considering a fixed Stokes number is a good approximation when the pebble growth is drift-limited, which usually happens in the outer part of the disc (see for example Drazkowska et al. 2021). In addition, this approximation is often adopted in planet formation models that do not include detailed dust growth and evolution models (e.g. Baumann & Bitsch 2020), which is the case in our study (Izidoro et al. 2021; Liu et al. 2019b; Jang et al. 2022).
The pebble accretion rate of the embryo can be described as a fraction of the incoming pebble flux as follows:
[image: equation](9)
where єpeb is the pebble accretion efficiency that is described by
[image: equation](10)
with [image: equation] being the settling factor determining the transition from the ballistic to the settling regime and [image: equation] vk as the corresponding transition velocity from the ballistic to the settling regime. The relative velocity between the planet and the pebble is given by
[image: equation](11)
where vhw = ηvk is the velocity contribution due to the particle drift, vsh = 0.52(qpτs)1/3vk is caused by the Keplerian shear, and factors qhw/sh = η3 /τs and qp = Mem /M⋆ govern the transition between the two regimes. The accretion in the settling regime in the 2D and 3D regimes is then given by
[image: equation](12)
and
[image: equation](13)
respectively, and [image: equation] is the ballistic cross-section. The pebble aspect ratio is given by [image: equation], where hgαs is the aspect ratio of the gas disc. We used a value of αz = 10−4 to describe the vertical mid-plane turbulence, which is different from the turbulent viscosity α used to evolve the gas disc (Pinilla et al. 2021).
Additionally, instead of assuming a pebble flux that is constant in time, we accounted for the evolution of the pebble flux described in Lambrechts & Johansen (2014). Therefore, we defined the growth radius rg, which is the distance from the star at which the dust has grown to sizes where its growth is halted by its inward drift (i.e. where its growth timescale is equal to its drift timescale),
[image: equation](14)
which results in a growth radius of
[image: equation](15)
As this growth radius moves outwards, one can calculate the resulting mass flux from the inward drifting pebbles, which we assumed to be radially constant inside the growth radius and is described by
[image: equation](16)
where σd,0 is the initial dust surface density at t = t0, which is linked to the initial gas surface density via the disc metallicity via σd,0 = Z0 * σg,0. The resulting pebble flux for our chosen disc model around a solar, a 0.3, and a 0.1 M⊙ mass star with Z0 = 0.01 can be seen in Fig. 1. We note that due to the time offset t0 in our initial conditions that accounts for the time for the filament to form, the pebble flux has to account for the same time offset to be consistent. This is described in further detail in Sect. 2.7. Since the characteristic planetesimal mass in our setup accretes pebbles well in the ballistic regime, which leads to negligible accretion rates, we only consider the accretion onto the embryo.
A good heuristic to identify which bodies grow significantly from pebble accretion is to compare the mass of the accreting body with the following characteristic masses. The onset mass Mon, marks the transition from the pebbles being accreted in the ballistic to the Bondi and Hill regimes, and it can be derived by equating the encounter time of the pebbles with the embryo and their friction time. Below this mass, pebble accretion is slow, as the cross-section of the accreting body is not enhanced by gas drag. This transition happens at a mass of
[image: equation](17)
Additionally, we introduced the transition mass Mtr. It describes the mass where the accretion regime of the pebbles changes from the Bondi to the Hill regime (Ormel & Liu 2018). Following Ormel (2017), it is described by:
[image: equation](18)
Above the transition mass Mtr, the accretion of pebbles is enhanced (in the 2D regime), as can be seen in Eq. (12).
Finally, when the embryo is large enough and reaches its isolation mass Miso, it carves a gap in the gas disc, thus reversing the local pressure gradient of the gas, and thereby cuts itself off from the incoming pebble flux, which happens at (Bitsch et al. 2018; Ataiee et al. 2018)
[image: equation](19)
where [image: equation] is the unperturbed local logarithmic pressure gradient. To illustrate the different accretion regimes and the corresponding pebble accretion times M/Ṁpeb in the mass ranges considered for our initial conditions, we plotted the pebble growth times for a pebble flux of 50 M⊕/Myr and τs = 0.1 for our chosen disc model, which can be seen in Fig. 2. One can clearly see the transitions in figure from the ballistic to the Bondi regime and from the Bondi to the Hill regime from the change in the accretion time dependency on the embryo’s mass. Here, one can clearly see the efficient accretion in the Hill regime where the accretion time only weakly depends on the embryo’s mass.
	[image: thumbnail]	Fig. 1 Resulting pebble fluxes from Eq. (16) for Z0 = 0.01 around a solar mass star (solid), a 0.3 M⊕ star (dashed), and a 0.1 M⊕ star (dotted) along with the t0 as described by Eq. (29) for filaments at different separations from the star.



2.4 Initial conditions and disc model
In this paper, we follow the growth after a localised formation of planetesimals, as has been investigated in multiple previous works (e.g. Lorek & Johansen 2022; Liu et al. 2019b). We did not simulate the concentration of the dust and subsequent collapse to form the initial ring of planetesimals, and we assumed that all the planetesimals are formed at time t0 in our simulation. However, to account for the fact that these processes have to take place before the start of our simulation, we chose the remaining initial conditions to reflect this, which we discuss in further detail in Sect. 2.7. We note that this means we have a different t0 for the different locations in the disc.
	[image: thumbnail]	Fig. 2 Accretion timescale (Mpl/Ṁpl [Myr]) for a fixed pebble flux and τpeb = 0.1 as a function of the embryo mass Mem and distance from the star with the different transition regimes.



2.5 Gas disc
To describe the initial gas disc and its evolution, we followed the viscously evolving α disc (Lynden-Bell & Pringle 1974) using the self-similar solution. The temperature profile of the disc was chosen to be (Ida et al. 2016)
[image: equation](20)
We chose a constant α = 10−2 throughout the disc. This resulted in a power-law dependence of the viscosity of [image: equation]. The evolution of the surface density for our chosen temperature profile and v ~ rγ (γ = 15/14) can be described by the self-similar solution, which is given by
[image: equation](21)
The characteristic evolution timescale is given by [image: equation], and r1 is the characteristic radius (Armitage & Kley 2019). The initial mass accretion rate was chosen to be M⋆,0 = 10−7 M⊙/yr at 0.5 Myr. The total disc mass was set to be Mgas = 0.1 M⋆ at time t = 0, which let us calculate the characteristic radius r1
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        Resulting pebble fluxes from Eq. (16) for Z0 = 0.01 around a solar mass star (solid), a 0.3 M⊕ star (dashed), and a 0.1 M⊕ star (dotted) along with the t0 as described by Eq. (29) for filaments at different separations from the star.
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        Accretion timescale (Mpl/Ṁpl [Myr]) for a fixed pebble flux and τpeb = 0.1 as a function of the embryo mass Mem and distance from the star with the different transition regimes.
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        Total ring mass (dotted) and the mass of the single largest (dashed) and characteristic (dashdotted) planetesimal mass for different stellar masses (colour) for filaments with different separations from the star.
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        Embryo masses for filaments at different separations from the star over time (top) and the surface density of planetesimals in the ring (bottom) as a function of time.
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        Mass of the largest body in the ring (embryo; solid), the initial characteristic planetesimal mass (dash doted), and ring mass (dotted). The background colours refer to the different pebble accretion regimes (red: ballistic/isolation regime; brown: Bondi regime; and green: Hill regime).
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        Surface density of the planetesimals (solid) and fragments (dashed) for the filaments at different separations.
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        Same as Fig. 5 but with the addition of the mass lost from collisions among planetesimals (dark red).
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        Same as Fig. 5 but excluding the diffusive widening of the planetesimal ring.
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        Same as Fig. 5 but including the accretion of pebbles of τpeb = 0.1 onto the embryo.

      

    

  

  
    
    Astronomy & Astrophysics
    

  
  
    
      Fig. 11 
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        Total mass of the embryo (solid), the mass budget of planetesimals accreted (dashed), and mass of accreted pebbles (dotted).
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        Same as Fig. 10 but for pebbles with a Stokes number of τs = 0.03 (top); mass of the embryo (bottom) considering the accretion of pebbles with τs = 0.1 (solid) and τs = 0.03 (dashed).
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        Time required for the embryo to reach the transition mass for the nominal simulations without pebble accretion (solid) when considering the time-dependent pebble flux (dashed) and the fixed pebble flux (dotted) for different stellar masses (colour). The blue-shaded region refers to the time after which the gas surface density is reduced by half.
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        Same as Fig. 13 but for the following setups: nominal (black), with a reduced initial embryo mass (yellow), reduced filament metallicity (red), and ignoring diffusion (magenta).
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      Parameter grid for the simulations to infer the timing of embryo formation.

      
        


	Parameter
	Value





	Distance (AU)
	[0.5, 1, 5, 10, 25, 50 ]



	Stellar mass (M⊙)
	[1, 0.7, 0.5, 0.3, 0.1]



	Pebble flux (M⊕/Myr)
	[200, 100, 50, 20]



	Mass factor fem
	[2, 1, 0.5, 0.1]
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        Transition timing (colour) for the grid simulations around a 1 M⊙ mass star as a function of two grid dimensions, where the last variable not plotted is given by the bold value in Table 1. The grey area refers to simulations where the initial embryo is already larger than the transition mass.

      

    

  

  
    
    Astronomy & Astrophysics
    

  
  
    
      Fig. 16 

      
        [image: thumbnail]
      

      
        Transition timing of the grid at different stellar masses and separations where Fpeb = 100 M⊕/Myr and Mem = 1 Mem,0.

      

    

  

  
    
    Astronomy & Astrophysics
    

  
  
    
      Fig. A.1 
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        Growth track of a moon-mass embryo at 5 AU in our model (blue) and (Guilera et al. 2014) with only the local collisions (red) and the multi-annulus case (green).

      

    

  

  
    
    Astronomy & Astrophysics
    

  
  
    
      Table B.1 

      Table with the chosen parameters for the simulations.

      
        


	Parameter
	Value
	Description





	M⋆
	M⊙
	Stellar mass



	Z
	0.1
	filament metallicity



	Z0
	0.01
	disc metallicity



	ϵd
	0.5
	dust growth efficiency



	τp
	0.1
	Stokes number of pebbles



	peff
	1
	planetesimal formation efficiency



	ρs
	2 g/cm
	bulk density of solids



	α
	10–2
	gas turbulence parameter



	r1
	71, 94, 121 AU
	disc truncation radius (M✶ ∈ [1, 0.3, 0.1]M⊙)



	vfrag
	1 m/s
	fragmentation speed



	αz
	10–4
	mid plane turbulence





      

    

  

  
    
    Astronomy & Astrophysics
    

  
  
    
      Fig. C.1 
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        Same as Fig. 15 but for a 0.3M⊙ (left) and a 0.1M⊙ (right) mass star.
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