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Abstract

Context. The features in the light curves and spectra of many Type I and Type II supernovae (SNe) can be understood by assuming an interaction of the SN ejecta with circumstellar matter (CSM) surrounding the progenitor star. This suggests that many massive stars may undergo various degrees of envelope stripping shortly before exploding, and may therefore produce a considerable diversity in their pre-explosion CSM properties.

Aims. We explore a generic set of about 100 detailed massive binary evolution models in order to characterize the amount of envelope stripping and the expected CSM configurations.

Methods. Our binary models were computed with the MESA stellar evolution code, considering an initial primary star mass of 12.6 M⊙ and secondaries with initial masses of between ∼12 M⊙ and ∼1.3 M⊙, and focus on initial orbital periods above ∼500 d. We compute these models up to the time of iron core collapse in the primary.

Results. Our models exhibit varying degrees of stripping due to mass transfer, resulting in SN progenitor models ranging from fully stripped helium stars to stars that have not been stripped at all. We find that Roche lobe overflow often leads to incomplete stripping of the mass donor, resulting in a large variety of pre-SN envelope masses. In many of our models, the red supergiant (RSG) donor stars undergo core collapse during Roche lobe overflow, with mass transfer and therefore system mass-loss rates of up to 0.01 M⊙ yr−1 at that time. The corresponding CSM densities are similar to those inferred for Type IIn SNe, such as SN 1998S. In other cases, the mass transfer becomes unstable, leading to a common-envelope phase at such late time that the mass donor explodes before the common envelope is fully ejected or the system has merged. We argue that this may cause significant pre-SN variability, as witnessed for example in SN 2020tlf. Other models suggest a common-envelope ejection just centuries before core collapse, which may lead to the strongest interactions, as observed in superluminous Type IIn SNe, such as SN 1994W and SN 2006gy.

Conclusions. Wide massive binaries exhibit properties that may not only explain the diverse envelope stripping inferred in Type Ib, IIb, IIL, and IIP SNe, but also offer a natural framework to understand a broad range of hydrogen-rich interacting SNe. On the other hand, the flash features observed in many Type IIP SNe, such as SN 2013fs, may indicate that RSG atmospheres are more extended than currently assumed; this could enhance the parameter space for wide binary interaction.
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1. Introduction
Massive stars produce supernovae (SNe), which play a key role in regulating star formation in galaxies and the chemical evolution of the Universe. The majority of massive stars are found in binary systems that are close enough to enable mass transfer between the component stars (Sana et al. 2012). Mass transfer has several consequences for the SNe produced by the binary components (see e.g., Podsiadlowski et al. 1992; Wellstein & Langer 1999; Claeys et al. 2011; Yoon et al. 2017; Sravan et al. 2019; Long et al. 2022).
First, stellar mass is the most essential parameter in determining the fate of the star (see e.g., Poelarends 2007; Smartt 2009; Langer 2012). Mass transfer therefore has the potential to affect the engine in the stellar core that produces the SN (Brown et al. 2001; Laplace et al. 2021; Schneider et al. 2021). Mass transfer can also drastically change the envelope properties of SN progenitors, notably their envelope mass, radius, wind, and chemical composition (e.g., Gilkis et al. 2019; Long et al. 2022; Klencki et al. 2022). While these properties might not directly affect the SN engine, they determine the key observable properties of the SN (Woosley et al. 1994; Dessart et al. 2011; Branch & Wheeler 2017).
Thanks to recent large SN surveys such as PTF (Law et al. 2009), Pan-STARRS (Kaiser et al. 2010), ASAS-SN (Shappee et al. 2014), ATLAS (Tonry et al. 2018), ZTF (Bellm et al. 2019), and others, estimates have been derived in recent years of the properties of the envelope and circumstellar medium (CSM) of many core collapse SNe. Notably, the progenitors of Type Ib and Type Ic SNe have been found to be hydrogen and helium depleted, respectively. In both cases, the mass of the envelope above the metal core is thought to be small, and the progenitor stars are found to be rather compact. Massive binary evolution models have been successful in reconciling the large number and properties of many Type Ib and Ic SNe (Dessart et al. 2011, 2015a, 2020; Bersten et al. 2013, 2014; Aguilera-Dena et al. 2022, 2023).
Studies of the Type IIb SN 1993J were amongst the first to demonstrate that binary-induced envelope stripping may be less radical in wide binaries, as the progenitor star still contained a hydrogen mass of about 0.1 − 0.4 M⊙ in an extended red supergiant (RSG)-like envelope (Höflich et al. 1993; Woosley et al. 1994; Aldering et al. 1994; Dessart et al. 2018). Progenitor evolution models for SN 1993J also indicated that such stripping can occur very close in time to the explosion of the donor star (Podsiadlowski et al. 1993; Maund et al. 2004; Claeys et al. 2011; Ouchi & Maeda 2017; Matsuoka & Sawada 2024).
At the same time, evidence for ejecta-CSM interaction has been inferred in numerous Type II SNe. This interaction may be short-lived and limited to the shock breakout phase in an otherwise standard Type IIP SN (e.g., SN 2013fs, Yaron et al. 2017; SN 2020tlf, Jacobson-Galán et al. 2022). It may also be present for a long time, producing a bona fide Type IIn SN, either with a luminous fast-declining light curve (e.g., SN 1998S, Leonard et al. 2000; Fassia et al. 2000, 2001) or an enduring superluminous light curve (e.g., SN 2010jl; Zhang et al. 2012; Fransson et al. 2014). Interaction may also be invisible early on but progressively turns on months or years after the explosion (e.g., SN 1993J, Matheson et al. 2000a,b; SN 2014C, Margutti et al. 2017). Despite this diversity in interaction timescales, the associated CSM is related to the mass lost from the progenitor in the final phase of evolution, which can last from weeks or months up to perhaps centuries and millennia depending on the CSM expansion rate.
Such mass-loss during the late stages of pre-SN evolution has often been described as outbursts occurring during the final evolution of single stars. It has been suggested that these outbursts could be due to, for example, generic wave-driven envelope excitation from the vigorous neutrino-loss-dominated late burning stages (Quataert & Shiode 2012; Fuller 2017; Wu & Fuller 2021), late thermonuclear flashes in semi-degenerate cores at the lower mass end of SN progenitors (Woosley et al. 1980; Dessart et al. 2009; Woosley & Heger 2015), mergers between RSGs and neutron stars or black holes (Chevalier 2012), or LBV-type eruptions in massive progenitors near the Eddington-limit (Smith & Arnett 2014).
Here we present new MESA binary calculations for initially wide binaries, in which the large scale-height of RSG atmospheres is taken into account during the mass transfer, as described in Sect. 2. We analyze these models in Sect. 3, and find that, in contrast to most previous calculations, any degree of envelope stripping may occur as a consequence of Case B or Case C Roche lobe overflow (RLOF). In Sect. 4, we discuss the consequences of the structure of our pre-SN models, in particular their envelope mass and radius, for the ensuing SNe, while in Sect. 5 we estimate the types of SNe and CSM interactions that may be expected from our models. In Sect. 6, we derive a simple rate prediction for the types of SNe that are predicted, and discuss their uncertainties, before concluding in Sect. 7.
2. Method and assumptions
We ran a series of binary star models with MESA (r10398, Paxton et al. 2011, 2013, 2015, 2018, 2019), in which both stars are evolved simultaneously from the zero-age main-sequence (ZAMS) up to the core collapse of the initially more massive star (more details on the numerical settings can be found in Appendix A). Our models are part of a larger grid of models described in Jin et al. (in prep.).
In this paper, we focus on models where the primary star (i.e., the initially more massive star) starts with M1, i = 101.1 M⊙ ≃ 12.6 M⊙. This choice largely avoids the formation of semi-degenerate cores and correspondingly unstable burning episodes (Woosley & Heger 2015; Chanlaridis et al. 2022) while the mass is still favored by the initial mass function (e.g., Salpeter 1955). At the same time, wind stripping is negligible for stars of 12.6 M⊙, such that corresponding single stars die with a large envelope mass, likely causing Type IIP SNe, and any significant reduction of the envelope mass must have a binary origin. The primary star is in orbit with a secondary star (i.e., the initially less massive companion) with a mass ratio from qi := M2, i/M1, i = 0.10 to 0.95. The initial orbital periods chosen for our models range between 562 d and 2818 d. Each component in the binary systems is given an initial rotational velocity of 20% of its breakup velocity, corresponding to the lower velocity peak in the observed rotational velocity distribution of Dufton et al. (2013).
In order to identify individual evolutionary models from our set, we use a nomenclature starting with capital letters N, B, BC, and C to identify the mass transfer case of the model (N implying no interaction), followed by two numbers which identify the initial orbital period in days and the initial mass ratio, separated by a dash. For example, Model BC1413−0.80 starts with an orbital period of 1413 d and a mass ratio of 0.80, and it first undergoes Case B and then Case C mass transfer. In practice, a model is labeled as having undergone a phase of mass transfer if at least 0.01 M⊙ of material has been stripped from the donor star via mass transfer.
In the following, we list the most important physical assumptions of our work. A more in-depth presentation of the uncertainties is given in Appendix B.
2.1. Metallicity, opacities, and nuclear network
For the initial chemical composition of our models, we adopt the values from Asplund et al. (2021), which estimates the proto-solar metallicity to be Z⊙ = 0.0154 and provides an updated table of the relative isotopic distribution of metals. The opacity tables for high temperature (log T[K] > 4) are custom-made from the OPAL website (Rogers & Iglesias 1992; Rogers et al. 1996) and those for low temperature (log T[K] < 4) are adopted from Ferguson et al. (2005), both sets of tables being compatible with the adopted initial chemical composition. The nuclear network adopted is approx21.net, a synthetic network available in MESA and originally developed by Weaver et al. (1978) which now also includes 56Fe and 56Ni. The rates adopted are those from the JINA Reaclib database (Cyburt et al. 2010).
2.2. Mixing and angular-momentum transport
Convection is implemented using the standard mixing length theory (Böhm-Vitense 1958; Cox & Giuli 1968), with a mixing length value of αMLT = 1.5. Superadiabatic layers are considered convective if the Ledoux criterion is fulfilled, and are otherwise treated as semiconvective, with an efficiency parameter of αsc = 1. The semiconvection parameter is motivated by the relative distribution of red and blue supergiants in the Small Magellanic Cloud (SMC, Schootemeijer et al. 2019). Mass-dependant convective overshooting of the hydrogen-burning core is included as in Hastings et al. (2021), extending the convective cores of our 12.6 M⊙ primaries by ∼0.18 pressure scale heights. Thermohaline mixing is included as in Cantiello & Langer (2010) with an efficiency parameter of αth = 1. Rotationally induced mixing and angular momentum transport are treated as in Brott et al. (2011) and Yoon et al. (2006), and tidal torques are included as in Detmers et al. (2008).
2.3. Stellar wind mass-loss
The wind prescription used is a combination of different wind recipes, as described in Pauli et al. (2022), which is a re-elaboration of the recipe from Brott et al. (2011). Below, we summarize the main features.
We define a “cold” wind for surface Teff below the bi-stability jump temperature (≃25 700 K, from Vink et al. 2001), in which case the maximum between the result from the prescriptions of Nieuwenhuijzen & de Jager (1990) and Vink et al. (2001) is used. We define a “hot” wind for higher temperatures than the bi-stability jump which uses different recipes depending on surface hydrogen mass fraction Xs. If Xs ≥ 0.7, then the recipe from Vink et al. (2001) is used. For 0.4 ≥ Xs ≥ 0.2, the mass-loss rate from Nugis & Lamers (2000) enhanced by a factor of about 2 is used (this is to consider the clumping factor of about 4; see Yoon 2017) and for Xs ≤ 10−5 the recipe from Yoon (2017) is used, which is itself a compilation of the recipes of Tramper et al. (2016), Hamann et al. (2006) and Hainich et al. (2014). For Xs between the specified ranges, a linear interpolation between the two closest “hot” recipes is performed. If Teff is found within ±5% of the bi-stability jump temperature, the “cold” and “hot” recipes are linearly interpolated as a function of temperature.
Wind mass-loss is also enhanced due to rotation via the term (1−v/vcrit)−0.43 where v is its equatorial rotational velocity and vcrit is its breakup velocity (Heger et al. 2000).
2.4. Roche lobe overflow
The choice of the initial orbital periods of our binary models is such that the primary star fills its Roche lobe climbing the RSG branch. This may happen following core-hydrogen exhaustion leading to Case B mass transfer (or Roche lobe overflow, RLOF) and after core-helium exhaustion leading to Case C. Depending on the initial conditions, our models exhibit either Case B, Case C, or both mass transfer events.
The prescription we used to model mass transfer is that of Kolb & Ritter (1990), which we refer to below as the Kolb scheme. This scheme was developed to deal with mass transfer from stars with extended atmospheres. It differs from the schemes adopted in many previous binary model calculations; for example, Claeys et al. (2011; which adopts the mass transfer scheme from de Mink et al. 2007), Marchant (2017), and Wang et al. (2020). The latter two use MESA’s default mass transfer scheme (Paxton et al. 2015) for systems similar to those investigated in this paper where mass is removed from the donor star until it underfills its Roche lobe. When this scheme is used for RLOF from stars with a deep convective envelope, which expand upon mass-loss (Hjellming & Webbink 1987), it often encounters numerical difficulties.
The Kolb scheme does not exhibit these problems as the algorithm evaluates mass removal in a different way. Firstly, it assumes an optically thin and isothermally expanding flow (as in Ritter 1988) above the photosphere, which allows mass transfer to smoothly activate before the donor stars actually begin overflowing their Roche lobes. Secondly, this scheme does not prevent the star’s radius to exceed its Roche lobe radius, thus removing the rigid condition set in by the default scheme. This actual overflow of the Roche lobe occurs due to the finite speed of mass transfer. Pavlovskii & Ivanova (2015) found a similar behavior in MESA models with their own mass transfer prescription.
We compute the angular momentum gain by the accreting star depending on whether the material is accreted via a Keplerian disk or by direct impact (de Mink et al. 2013). The mass transfer efficiency, that is the ratio of the accreted mass to the mass transferred by the donor, is not a free parameter in our models, but determined by the spin of the accretor. Accretion is assumed to be efficient until the mass gainer approaches critical rotation, after which the mass transfer becomes inefficient (Petrovic et al. 2005).
As discussed by Langer (2012), the assumption of the donor spin regulating the mass transfer efficiency is uncertain. In particular for disk accretion, Popham & Narayan (1991) and Paczynski (1991) argue that an accretion disk may drain any surplus angular momentum form the accretion star and move it outward. Vinciguerra et al. (2020) argue that indeed the properties of the Galactic Be/X-ray binary population can be best understood if the Be stars in these binaries accreted with an efficiency of at least 30%.
Our paper is concerned with the widest interacting binaries, which are not expected to form Be/X-ray binaries. Given that many of the widest binaries are likely eccentric at the time of interaction (cf. Sect. 6.3), the accretion flow may be complex and non-stationary. Walder et al. (2008) and Booth et al. (2016) find in 3D-SPH model of accretion from a low mass red giant to a white dwarf in a circular binary that the mass transfer efficiency is less than 10%, which supports the low efficiencies obtained in our models.
The fraction of the transferred mass which is not accreted by the mass gainer is assumed to leave the binary system. In our models, we assume that it carries the specific orbital angular momentum of the mass gainer. This assumption is also uncertain, and may affect the evolution of the binary separation (Podsiadlowski et al. 1992). We come back to this point in Sect. 5.2, and provide a more in-depth discussion of the effects of our different assumptions in Appendices B.3 and B.4.
2.5. Unstable mass transfer
Our models feature a donor star with an extended and deep convective envelope by the time they undergo RLOF, and as such they expand as mass is removed. For donors which are more massive than their companions, which is the typical situation at first, the orbit shrinks upon mass transfer. This can lead to a runaway mass transfer, that is unstable mass transfer, as more of the donor star will be overflowing the shrinking Roche lobe, where the donor’s envelope will engulf the secondary star, thus starting a common-envelope evolution.
2.5.1. Instability criterion
We determine whether a model system is undergoing unstable mass transfer by pinpointing whether the primary star overflows its outer Lagrangian point, which is roughly at 1.3 RL (Pavlovskii & Ivanova 2015; Marchant et al. 2021). Such outflow, which is not accounted for in the scheme developed by Kolb & Ritter (1990), not only removes additional mass but also carries away large amounts of angular momentum, given its bigger distance from the center of mass. How much material needs to be removed in this way to trigger a common envelope phase is not known. We define a system to undergo unstable mass transfer if more than 1 M⊙ is lost from the donor star while it exceeds its outer Lagrangian point. This method only reflects that 1D modeling is breaking down (Temmink et al. 2023), rather than truely capturing the onset of unstable mass transfer. We discuss the effects of the implementation of different critaria for mass transfer stability in Appendix B.5.
2.5.2. Common envelope evolution
MESA is a 1D code that is not well suited to describing the engulfment of a main-sequence star into a red supergiant envelope. For our models, we use simple prescriptions to describe the outcome and timescales of the common envelope phase (see Ivanova et al. 2020, for more details). We implement the energy criterion (or the αλ criterion, Webbink 1984; de Kool 1990; Dewi & Tauris 2000), which assumes that a fraction α of the released orbital energy ΔEorb is used to expand the envelope, which has an initial binding energy of
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where λ is a numerical factor that accounts for the density distribution of the envelope, as well as for the thermal and recombination energies (Han et al. 1994). We compute the value of λ following Wang et al. (2016) at the moment of the onset of unstable mass transfer (i.e., MCE = M1, env and RCE = R1). The efficiency parameter α is poorly constrained, and we adopt α = 1, as often assumed. The condition for common envelope ejection is then
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It implies that the orbital separation below which enough energy will be supplied to the common envelope to unbind it from the system is
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The in-spiraling system may merge before reaching this orbital separation, as the main-sequence star may fill its Roche lobe and undergo another phase of unstable RLOF, causing the two stars to coalesce. Assuming that the primary’s helium core and the secondary star remain at a constant radius during this process, we can evaluate whether they will fill their new Roche lobes once the orbit size shrinks to apost. We define mergers as those systems undergoing common envelope phase in which the main-sequence star fills its new Roche lobe once the system has reached the new orbital separation apost. If that is not the case, we assume that the system has enough energy to eject the CE.
The common envelope phase of a given binary system may consist of a sequence of several different events, each of which evolves on its own timescale (Ivanova et al. 2013). There is an initial inspiral phase in which the companion enters the low density parts of the envelope of the red supergiant. Chatzopoulos et al. (2020) derive the timescale of this phase, for binaries that are similar to those discussed here, as the ratio of the orbital angular momentum to the torque on the binary, which yields
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When all the values are taken at the moment of the onset of common envelope evolution, and the drag coefficient cD is set to 1 as recommended, for a M1 = 12 M⊙ RSG with a radius of 800 R⊙ capturing a M2 = 6 M⊙ main-sequence star with 5 R⊙, the predicted in-spiral time is ∼6000 yr.
Subsequently, during the so called plunge-in phase, the bulk of the energy is injected into the common envelope on a shorter timescale, short enough to be modeled by hydrodynamic calculations. If an envelope ejection is occurring, much of it may happen during this phase. Lau et al. (2022), for a model system similar to ours, find a plunge-in phase that lasts for ∼30 yr and brings the cores to an orbital separation of roughly 40 R⊙. In their hydrodynamic models, a major fraction of the envelope is found unbound after the plunge-in, i.e., ∼95% in a lower, ∼75% in a higher resolution calculation. However, significant fractions of the envelope may fall back later on, and the ejection of the rest of the envelope could take place in several steps on a much longer timescale (e.g., Passy et al. 2012; Clayton et al. 2017).
For cases where the majority of the envelope is ejected after plunge-in, still significant orbital shrinkage and mass ejection is expected. In particular, the radiative part of the RSG envelope may undergo expansion and strong interaction with the companion (e.g., Marchant et al. 2021; Hirai & Mandel 2022; Gagnier & Pejcha 2023), occurring on the thermal timescale of the remaining RSG envelope, which is typically of several hundred years.
The overall picture is too complex to yield reliable predictions for those of our binary systems for which a common envelope evolution is expected. Below, we provide a comparison of the remaining lifetime of the RSG component of our models with the spiral-in time given by Eq. (4).
3. Presupernova evolution
In this section, we describe the evolution of our models from the ZAMS until the core collapse of the primary star. Figure 1 gives an overview of the parameter space covered in this work. We first discuss the models with an initial mass ratio of 0.95, and subsequently, we analyze those with smaller initial mass ratios.
	[image: thumbnail]	Fig. 1. Initial orbital period Pi versus the initial mass ratio qi for the computed binary evolution models (squares), with a color-coding denoting the remaining envelope mass of the primary star at the time of its core collapse. The envelope mass can be used to indicate the anticipated SN type if no CSM interaction would occur (see color bar). The black lines separate systems without mass transfer (above the thick full-drawn), Case C (above the dashed line), Case B+C systems (above the dotted line), and pure Case B systems. where the latter is not investigated in the area in which no binary models are computed. The background pattern of circles indicates a likely CE evolution, where for wide, open circles the energy criterion implies that a CE ejection would be possible, and small filled circles imply the opposite. Here, symbols in red color indicate that the donor star’s core may collapse before the end of the common envelope phase is reached. As in this case, the pre-SN envelope structure is not well constrained, we give the corresponding squares multiple background colors, indicating the range of possibilities. The star symbols represent the multi-D models of Lau et al. (2022). Black arrows point out rows and columns in the plot for which data is displayed in Table 1.



3.1. Systems with an initial mass ratio of qi = 0.95
In this section, we consider the binaries where the initial mass of the secondary star is 12.0 M⊙ and the initial orbital period is between 562 d and 2818 d. Of the 15 binary models considered here (cf. Table 1, top part), 14 undergo either mass transfer after core hydrogen exhaustion (Case B), after core helium exhaustion (Case C), or both, while the initially widest one does not undergo RLOF anytime during its evolution. Since our set of physical parameters is close to those adopted by Brott et al. (2011), both binary components evolve very similarly to their models until mass transfer occurs. Due to the comparable nuclear timescales of both components, Case B RLOF happens when the secondary is close to depleting hydrogen in the core (Xc(H)≲0.1), while Case C RLOF happens when the secondary is at the bottom of the red giant branch (cf., Sect. 4.4).
Table 1. 
Properties of selected models which are highlighted in Fig. 1.

These binary models undergo stable mass transfer, which reduces the mass of the donor stars on the thermal time scale. This is possible even for the widest considered orbits where the donors are RSGs with fully convective envelopes because the orbits widen early on due to the large initial mass ratio. While this has been found in previous models for Case C mass transfer (Podsiadlowski et al. 1993; Woosley et al. 1994), due to our mass transfer scheme (Sect. 2) it occurs here also in wide Case B models (e.g., the Case LB binaries in Sravan et al. 2019). The history of mass transfer can be inferred from the mass and radius evolution of the primaries, as shown in Fig. 2. Model N2818−0.95 does not undergo RLOF and its primary serves as an analog to a single star.
	[image: thumbnail]	Fig. 2. Evolution of the radius as a function of the time left until core collapse (left) and as a function of the evolving envelope mass (right) of the primary star in models with qi = 0.95. Each plot is divided into two parts, with a linear ordinate scale (top) and a logarithmic ordinate scale (bottom). The color coding reflects the initial orbital periods, where dashed lines correspond to phases of RLOF. Key evolutionary phases are also highlighted by gray vertical bars (left) or markers (right), indicating respectively when core He and C are ignited (-ign) and depleted (-dep).



3.1.1. Case B mass transfer
Case B mass transfer happens for the systems with Pi ≤ 1778 d. The total amount of mass removed from the primary increases monotonically with decreasing orbital period. This trend can be interpreted in terms of the primary star’s expansion: the smaller the Roche lobe radius is compared to the maximum extent of the single-star counterpart during this phase, the earlier mass transfer begins, resulting in more mass being transferred. Figure 3 shows this behavior quantitatively and highlights that for every primary star undergoing Case B RLOF, their Roche lobe radius prior to mass transfer (RL, pre RLOF − B) is smaller than the maximum radius of the non-interacting model in this phase (Rmax). A notable exception is the initially widest system undergoing Case B RLOF (BC1778−0.95) in which this difference is slightly negative. In this model, mass transfer was exclusively regulated by the outflow of the extended, optically thin atmosphere above the photospheric radius (Ritter 1988), which induced the expansion of the convective envelope of the primary star.
	[image: thumbnail]	Fig. 3. Amount of mass lost during stable Case B mass transfer for all models where this is encountered, as a function of the maximum radius the star would have exhibited in this phase without a companion (i.e., the maximum radius of the model N2818−0.95) minus the Roche lobe radius prior to interaction. Different colors represent different initial orbital periods, as in Fig. 2, and the dashed lines connect systems with the same initial mass ratio, whose value is labeled on the left.



Because the initial mass ratio is close to one, the ratio exceeds one early during mass transfer and then the orbit widens during RLOF. The envelope’s expansion following mass removal results in the primary star still overflowing at this stage. This continues until the star ignites helium in the core (Fig. 2) as the hydrogen-burning shell becomes less strong, and the envelope responds by contracting. The star’s reaction to mass transfer combined with the orbital evolution explains why the models with initial periods in the range 794 − 1778 d expand to higher radii than the maximum radius expected from a single-star model during the same phase (Fig. 2). The model with the largest radius by the time of helium ignition (BC1259−0.95), with a radius of 750 R⊙, is not the initially widest Case B system. This result is the combination of two competing effects, as wider systems have initially larger Roche lobe radii due to the larger initial separation, but also shed less mass via mass transfer which drives less expansion of the Roche lobe.
3.1.2. Evolution during core-helium burning
After the ignition of helium, the envelope contracts, causing the end of mass transfer for the systems undergoing Case B RLOF (Fig. 2). Following this point, the envelope mass Menv (defined as the mass of the hydrogen-rich shells, with X > 0.01; see Appendix C for a discussion on different definitions) is further reduced by wind mass-loss and shell burning. Higher envelope masses following core helium ignition result in stronger winds and core-growth (cf. Fig. C.1). The only exception to this is the initially tightest model in the set (B562−0.95) which becomes very hot and exhibits stronger winds, leading to the complete loss of the envelope.
The growth of the mass of the helium core is proportional to the nuclear luminosity of the hydrogen shell, which is similar in all models by the time of helium ignition in the core. However, during core-helium burning, the more stripped envelopes will exert less pressure on the hydrogen-burning shell, making it less luminous and hindering further core growth. The wind strength is affected by the core growth, as less massive cores result in lower luminosities and thus lower mass-loss rates (e.g., Vink et al. 2001; Nieuwenhuijzen & de Jager 1990). However, in the case of the tightest model in this set (B562−0.95), the envelope is He-enhanced and becomes very hot during the phase of core-helium burning. Consequently, the wind ramps up (cf. Sect. 2.3) and removes the remaining envelope in a short timescale.
In the Hertzsprung-Russell diagram (Fig. 4) we see that the luminosity is similar for all models, as it is mainly set by the helium core mass, which varies by at most 0.56 M⊙ between the initially widest and tightest systems (Fig. C.1). The effective temperature however differs more significantly. A blue-ward motion across the HR diagram occurs for models in which Menv ≲ 0.7 MHe − core (i.e., those with Pi < 1122 d), and is more extreme for smaller envelope masses. Some models eventually cross the main-sequence, and the bluest region of these loops is where the stars spend the majority of the time during core helium burning (up to ∼105 yr, cf. Fig. 4).
	[image: thumbnail]	Fig. 4. Evolution of the primary stars for our models with qi = 0.95 in the HRD (left) and sHRD (right). The markers indicate the position where the primaries reach core collapse, and the color-coding is as in Fig. 2. Thick gray lines reflect the ZAMS and terminal-age main-sequence (TAMS) positions of single stars, and thin gray dashed lines show the main-sequence evolution of single stars with initial mass displayed at the edges of the tracks. For models that leave the RSG regime after core helium ignition, dots are placed on their tracks at a fixed time interval of 50 kyr.



Such stars could be mistaken for main-sequence stars just based on their colors and magnitudes. They have similar radii as main-sequence stars of the same luminosity, but far less mass, and thus a lower surface gravity g. Furthermore, they would be strongly nitrogen and helium enriched (see below). In the spectroscopic HR diagram (Fig. 4), they share the same location as very massive main-sequence stars.
The Case B models with Menv > 0.7 MHe − core, as well as those that have not yet undergone interaction, perform a much smaller loop in the HR diagram and stay close to the Hayashi line. In particular, the Case B systems that do not move blue-wards are redder than the non-Case B models, with up to 100 K lower surface temperatures.
Once helium is depleted in the core, the models expand again, following the ignition of the helium-burning shell. The partially stripped models evolve back towards the Hayashi line to become RSGs once again. The fully stripped Model B562−0.95 does not expand above 12 R⊙. Model B631−0.95 has retained a H-rich envelope of 0.12 M⊙ and expands to 440 R⊙ to explode as a yellow supergiant.
3.1.3. Case C mass transfer
The envelope expansion following core helium depletion leads to Case C RLOF for all Case B models with Pi ≥ 794 d, as well as for those models that have not yet undergone any interaction with Pi ≤ 2512 d. For the initially tighter systems which underwent Case B RLOF, the expansion is too small to reach their post-Case B Roche lobe radius (cf. the radius at the moment of helium ignition and the expansion following core helium depletion in Fig. 2) and will thus reach core collapse without undergoing further mass transfer. For Models C1995−0.95, C2239−0.95, and C2512−0.95, this is the first and only mass transfer event. Their mass ratio exceeds unity before the onset of mass transfer due to wind mass-loss.
All primaries undergoing Case C RLOF, and also our Case BC models, develop again an extended convective envelope, which keeps the star from detaching once it fills its Roche lobe. As such it is expected that the systems undergoing Case C RLOF will remain in this predicament until core collapse.
The amount of mass lost in this phase scales with the envelope mass prior to interaction (Fig. 5), in spite of the fact that the Roche lobe radii depend non-monotonically on the envelope mass at this time. Exceptions to this trend can be found in the low- and high-envelope mass regimes, as these models begin to overflow later and thus have less time to transfer mass (see the tracks of Models BC794−0.95, BC891−0.95 and C2512−0.95 in Fig. 6). The system that transfers the most mass in this phase is C1995−0.95, which is the tightest system undergoing exclusively Case C RLOF, and it sheds more than half of its envelope. At the other end of the spectrum, primaries that retained Menv ≲ 0.30 M⊙ (or similarly a hydrogen mass MH ≳ 0.10 M⊙) do not interact again.
	[image: thumbnail]	Fig. 5. Amount of mass lost by the primary star during stable Case C mass transfer as a function of the envelope mass prior to Case C RLOF. Models with different initial orbital periods are shown in different colors, as in Fig. 2. Models with qi = 0.95 are marked with a star, and models with smaller initial mass ratios are shown with smaller square markers. The gray horizontal lines mark the maximum mass that the secondaries accrete during the first (right) or second (left) phase of mass transfer.



For the majority of the models undergoing Case C or Case BC mass transfer, the time dependence of the mass transfer rate shows two maxima, corresponding to the onset of RLOF (we call it Case C-a), and to the phase of core-carbon burning (Case C-b; see Fig. 6). Figure 6 shows that the final mass transfer rate is a strong function of the initial orbital period of our models, with values largely exceeding the stellar wind mass-loss rates of the primary stars.
	[image: thumbnail]	Fig. 6. Mass-transfer rate and wind mass-loss rate as a function of time prior to collapse for the models with qi = 0.95. The color coding and vertical gray bars are the same as in Fig. 2. The phase of neon ignition is also highlighted (Ne-ign).



The winds, Case B mass transfer, and Case C mass transfer remove mass with different trends with increasing initial orbital periods (cf. Fig. 7). Combined, these three result in a monotonic increase in the final envelope mass as a function of the initial orbital period, as can be seen in Fig. 1.
	[image: thumbnail]	Fig. 7. Stacked-bar chart showing how much of the primary star’s initial mass of 12.6 M⊙ is left at core collapse (red), and how much is lost (white hatching), as a function of the initial binary orbital period for our systems with an initial mass ratio of qi = 0.95. The helium core mass (red filling, black dots) is distinguished from the mass of the remaining H-rich envelope (red filling, no hatching) with a black line. The three colored white-hatched bars represent the mass lost via wind (azure), Case B RLOF (blue), and Case C RLOF (green).



3.1.4. Changes in surface composition
As our models include rotational mixing, nuclear-processed material may already be transported to the envelope during the main-sequence. However, this effect is not strong given the initial rotation rate of only 20% critical. By the time of core-hydrogen depletion, the surface abundance of 14N is enhanced by ∼17% (cf., Brott et al. 2011).
Thereafter, while the stars climb the RSG branch, the so-called first dredge-up occurs. As the star is expanding during this phase, RLOF may occur before the convective region reaches the base of the envelope. If this is the case, it is expected that the amount of enrichment of He and CNO-processed material will be affected, as there will be a smaller envelope to dredge material into.
The models that undergo Case B RLOF show a post-RLOF surface helium abundance of up to Ys = 0.56 in the most-stripped model, and a surface mass fraction ratio N/C of at most 300. In comparison, these quantities are 0.30 and 28 respectively for the ones not undergoing Case B RLOF after the end of the first dredge up. These abundance patterns remain mostly unaltered during the following evolution unless the system exhibits a further phase of mass transfer. In this case, more He- and CNO-processed material will be exposed, depending on the degree of stripping.
3.2. Binary models with qi ≤ 0.95
Initially, given a fixed orbital period, systems with lower secondary masses are tighter, while the primary’s Roche lobe radius (Eggleton 1983) is instead larger. This implies that RLOF will start later on in the evolution and that the orbits will shrink more. As our models with qi = 0.95 (cf., Sect. 3.1), all our models with smaller mass ratios develop deep convective envelopes by the time mass transfer starts. This means that once mass transfer ensues, a potentially unstable phase of mass transfer may develop, as the expanding radius of the primary star will meet a strongly shrinking Roche lobe, which may lead to unstable mass transfer. As such it is expected that only models with initial mass ratio above a certain threshold may undergo stable mass transfer.
Below, we discuss in more detail three sets of models, with initial orbital periods of Pi = 1413, 1995 and 2512 d, and varying initial mass ratio (cf. Fig. 1 and Table 1).
3.2.1. Systems with Pi = 1413 d
All models except the one with the lowest considered mass ratio (C1413−0.1) undergo Case B mass transfer. Case B mass transfer has an increasing maximum mass transfer rate with decreasing qi, as well as total mass transferred (cf. Fig. 3). By the time mass transfer stars, wind mass-loss from the primary during the main-sequence is too weak to reverse the mass ratio, so the mass transfer rate always exhibits a strong initial phase, during which the majority of the mass is transferred.
Models with qi ≤ 0.60 experience unstable mass transfer. This is compatible with Pavlovskii & Ivanova (2015), in which they found the critical mass ratio of 0.45 − 0.65. As the orbits are tighter and the envelopes are more bound in this phase compared to the models at Pi = 1995 d (see below), these binaries are expected to merge. We assume that the majority of the envelope remains bound (as in the hydrodynamical simulations in Chatzopoulos et al. 2020), and the systems merge. As this happens at core helium ignition, these binaries would not contribute to binary-induced interacting SNe. The model with qi = 0.65 does not undergo unstable mass transfer, but its hydrogen-rich envelope does not expand significantly following core-helium depletion. This model will thus not undergo a second phase of mass transfer, and it will not result in an interacting SN.
Case C mass transfer follows for the models that retained an envelope Menv > 0.3 M⊙ following Case B mass transfer, which is found for systems with qi > 0.65. The mass shed during Case C mass transfer scales with increasing pre-interaction envelope mass (cf. Fig. 5), which itself scales with qi. Also as qi decreases, the time between the beginning of Case C and core collapse decreases (Fig. 8), further decreasing the amount of mass that will be shed. Models with qi > 0.75 clearly exhibit both Case C-a and Case C-b mass transfer phases, while the model with qi = 0.70 only exhibits the Case C-b phase due to the later start of the mass transfer.
	[image: thumbnail]	Fig. 8. Mass-loss rate (top) and envelope mass (bottom) as a function of time prior to collapse in the models with Pi = 1995 d (left) and Pi = 1413 d (right), and with different qi shown in different colors (see legend). The vertical gray bars highlight, from left to right, the moment of ignition and depletion of carbon in the core. The markers represent the start of unstable mass transfer. Model C1413−0.10 is not shown, but its behavior is similar to Model C1995−0.20.



Finally, the Roche lobe radius of Model C1413−0.10 is wide enough to only trigger Case C mass transfer, but given the extreme initial mass ratio, mass transfer quickly becomes unstable and is expected to lead to a common envelope phase. As the low mass of the secondary results in a lower orbital potential energy, this system cannot unbind its envelope completely. However, the in-spiral is expected to be still ongoing by the time the primary star undergoes core collapse.
3.2.2. Systems with Pi = 1995 d
The systems in this set with qi > 0.15 undergo RLOF and do so only after core helium exhaustion, which occurs roughly ∼55 kyr prior to collapse. Mass transfer starts later for systems with smaller initial mass ratios (cf., Fig. 8). Despite having less time to transfer mass prior to collapse, the systems with smaller qi undergoing stable mass transfer lose more mass overall, because their binary orbit shrinks faster.
During core helium burning, the primaries lose about 1.5 M⊙ due to their RSG wind. This allows the models at qi = 0.95 and 0.90 to already invert the mass ratio before Case C mass transfer starts. In contrast, the models with qi ≤ 0.50 develop unstable mass transfer after having transferred less than half of the envelope mass (cf. Table 1) with mass transfer rates that exceed the thermal-timescale mass transfer rate Ṁth = Menv/τKH ≃ 0.25 M⊙ yr−1.
The time evolution of the mass transfer rate of these systems shows again two peaks (see Sect. 3.1), with an initial burst (Case C-a) followed by a second maximum after carbon is ignited in the core (Case C-b). The mass transfer rate during Case C-a, where most of the mass is transferred, reaches a higher and sharper peak for decreasing qi (see Fig. 8) since more mass needs to be transferred to invert the mass ratio. The mass transfer rate drops once the orbit widens enough for the Roche lobe to catch up with the primary’s radius. Case C-b follows once carbon is ignited in the core, undergoing a similar time evolution as described in Sect. 3.1. Here the mass transfer rate correlates with the envelope mass retained following Case C-a.
The systems with qi < 0.55 undergo unstable-mass transfer and enter a CE phase. The envelope binding energy is sufficiently small such that it could be ejected. However, the onset of the unstable mass transfer occurs close to core collapse (cf., the diamonds in Fig. 8), the more so the more extreme the initial mass ratio. In Model C1995−0.20, this happens only near core-carbon depletion, some 2000 yr before core collapse.
3.2.3. Systems with Pi = 2512 d
The models in this set begin mass transfer just 5 kyr prior to core collapse. During this time, the mass transfer is not enough to invert the mass ratio, and thus all models explode while the orbit is still tightening.
For models with qi ≥ 0.80, the mass transfer is enabled by the extended RSG atmosphere (Ritter 1988). The mass ratio is already quite close to unity, and thus the Roche lobe radii can keep up with the already expanded envelope (cf. Table 1). The mass transfer rate shows a peak near the time of core-carbon depletion (as in Case C-b), after which the envelope slightly contracts and limits the increase in the mass-transfer rate (cf. Fig. 9). The peak of mass transfer gets as strong as 10−3 M⊙ yr−1, and in total up to 1.8 M⊙ are removed from the envelope by the time of core collapse.
	[image: thumbnail]	Fig. 9. Mass-loss rate as a function of time prior to collapse for the models with Pi = 2412 d, with different qi shown in different colors as in Fig. 8. The vertical gray bar highlights the moment of core carbon depletion.



The models with qi = 0.70 and 0.65 also transfer mass only through their extended envelopes. As the mass transfer started very late, the envelope does not have time to significantly expand and, even as the Roche lobe radius contracts, the mass-transfer rate stalls once the primary reaches core carbon depletion.
In the model with qi = 0.75, differently from the models with lower qi, the rate of mass transfer is high enough to induce a significant expansion of the envelope, even as the star undergoes core-carbon depletion. The Roche lobe radius also shrinks more significantly than in the models at higher qi. This model achieves the largest mass transfer rate at core collapse, with a value of 3 × 10−3 M⊙ yr−1.
3.3. Trends in the considered parameter space
So far we have considered the main features of four subsets of the investigated parameter space. Here we briefly discuss the general trends which appear in the entire explored parameter space (cf. Figs. 1 and 10). A comparison between some of these results and previous studies is available in Appendix D.
	[image: thumbnail]	Fig. 10. Pi − qi diagrams for our models as in Fig. 1, focusing on the models with qi ≥ 0.5, where the color-coding now denotes different properties. From left to right, they show the mass lost by the system (i.e., not accreted by the secondary) during Case C mass transfer ([image: equation]), the average mass-loss rate due to RLOF during the last 100 years prior to the end of the simulation (ṀRLOF), and the fraction of the SN kinetic energy that is expected to be converted into radiation by the interaction (MCSM/(Mej + MCSM), see Sect. 5.2). The hatching, as well as contour lines, are the same as in Fig. 1. Since the pre-SN envelope properties of the two longest-period Case C models with qi = 0.5 are rather unconstrained, we give the corresponding squares in the first and third panels a range of background colors indicating the range of possibilities. In the middle panel, we use a question mark for the three models which are expected to explode during or after a common envelope phase.



3.3.1. Case B systems
Case B mass transfer is stable for all the simulated models with qi ≥ 0.65, and the overall mass being shed from the primary increases with decreasing Pi and decreasing qi (cf. Fig. 3). After Case B RLOF, the winds remove ≲1 M⊙ of the envelope, which allows those that retained less than that to completely shed their envelopes during core-helium burning. Those that have instead retained Menv < 0.3 M⊙ (or MH < 0.1 M⊙) after core helium depletion do not expand enough to fill their Roche lobe again. Indeed, even a small envelope of ∼0.1 M⊙ is enough for the star to already exhibit an extended envelope of more than 200 R⊙, which can reach up to 600 R⊙ for Menv = 0.3 M⊙ by the time of collapse (cf. Fig. 11).
	[image: thumbnail]	Fig. 11. Radius (left) and effective temperature (right) of the primary stars at core collapse as a function of their envelope mass, for models that undergo stable mass transfer and that are not fully stripped (filled markers). Different colors are defined as in Fig. 2, and different symbols indicate their mass transfer history (crosses for models not undergoing mass transfer, diamonds for Case C models, squares for Case BC and circles for Case B). Grey arrows indicate models with values outside of the bounds of the plot. The total mass of hydrogen in the models is displayed as a secondary axis on top. Estimated progenitor properties of several observed Type IIb SNe are also shown (cf. Table 2) with error bars. Solid-line error bars refer to several references (see Table 2) while those in dotted lines are taken from Gilkis & Arcavi (2022). The progenitor radius estimates from light-curve fitting are shown as shaded boxes.



Systems undergoing unstable Case B mass transfer are those with qi ≤ 0.60, all of which are expected to merge following the phase of CE evolution. We will not provide quantitative estimates of the post-merger structure, as this is outside the scope of this work. However, as these models are similar to the ones calculated in Chatzopoulos et al. (2020), we expect them to share a similar evolution, in which the post-merger product retains a relatively massive envelope.
3.3.2. Case B+C systems
All systems that have undergone Case B RLOF and retained an envelope Menv ≳ 0.3 M⊙ after core helium exhaustion expand enough to fill their Roche lobes again, and will transfer mass proportionally to their envelope masses prior to Case C RLOF (cf. Fig. 5). As Case B mass transfer has already reversed the mass ratio, this second mass transfer is always stable. These systems do not detach before collapse, and show higher final mass transfer rates for larger final envelope mass, with values of up to 10−4 M⊙ yr−1 (cf., Fig. 10, central panel). The systems that retain the higher envelope masses at the time of collapse are those with larger initial period and initial mass ratio, as also shown in Ouchi & Maeda (2017).
3.3.3. Case C systems with stable mass transfer
For the widest interacting systems, Case C mass transfer is stable for qi ≥ 0.55. Like for systems undergoing Case B RLOF, here the amount of mass transferred is higher in systems with initially lower Pi and lower qi (cf. Fig. 5). Also in these systems, mass transfer will continue until the moment of core collapse (in qualitative agreement with the recent works of Ouchi & Maeda 2017; Matsuoka & Sawada 2024, see also Appendix D.4), at which time the mass transfer rates can exceed values of several times 10−3 M⊙ yr−1 (cf., Model C2512−0.75 and Fig. 10, central panel).
3.3.4. Case C Systems with unstable mass transfer
Systems with qi ≤ 0.50 undergo unstable Case C mass transfer. In contrast to the Case B systems, the orbital energy of the smallest possible orbit during a common envelope evolution exceeds the envelope binding energy in most of them, except for the Case C systems with Pi ≤ 1778 d and qi ≤ 0.20.
The CE evolution during Case C mass transfer has a limited timescale to proceed, as the primary’s core has a remaining lifetime of less than ∼20 kyr. Systems with higher Pi and lower qi (i.e., those with larger Roche lobe radii) start RLOF later, reducing the time available prior to collapse, while at the same time τCE increases for systems in which the secondary star is less massive (cf. Table 1). This means that the initially tightest Case C systems which undergo CE evolution (i.e., those with lower Pi and higher qi, e.g., Model C1778−0.50; see Fig. 1) may be able to eject the CE just prior to collapse.
On the other hand, the common envelope phase would still be ongoing at the time of the SN, independent of whether there is enough energy to eject the envelope (e.g., Model C2239−0.40) or not (as in Model C1585−0.20). While our estimates about the common envelope evolution are very simplistic, the qualitatively different situations at the time of SN may well have a reflection in reality. We discuss the possible consequences for the SN display in Sect. 4.3.
3.3.5. Outliers
Five models deviate from the behavior so far described, i.e., Models BC1778−0.55, C2239−0.35, C2512−0.65, C2512−0.70, C2512−0.75. These models start mass transfer shortly before their radius starts shrinking.
Model BC1778−0.55 is located close to the boundary between unstable Case B mass transfer and no Case B interaction. In this system, RLOF starts right when the star begins helium burning, and detachment occurs after only 0.02 M⊙ of material is transferred during Case B. It therefore behaves more like a pure Case C binary.
The other four models fill their Roche lobes less than 7000 yr prior to collapse, and could only manage to transfer less than 1 M⊙ before core collapse.
Some models not classified as undergoing RLOF also pertain to this category as they removed less than 0.01 M⊙ prior to collapse (e.g., Model C2512−0.60, which only transfers 0.009 M⊙ prior to collapse).
4. Expected supernovae disregarding the CSM
In this section, we provide a tentative association between the different types of models discussed above and corresponding observed SN types. For this, we first ignore the CSM. In this case, the SN properties depend on the progenitor envelope properties at the time of core collapse. In Sect. 5, we assess the CSM properties of our different types of models, the associated properties of the ejecta–CSM interaction, and how the associated SN type is altered.
Of key importance for the SN display is the progenitor core mass (Dessart et al. 2011; Sukhbold et al. 2016; Branch & Wheeler 2017; Aguilera-Dena et al. 2023), which may determine the explosion energy and the explosive nucleosynthesis (cf., Sect. 4.2). The decay of iron-group elements, in particular of 56Ni, powers the bell-shaped region in the light curves for stripped-envelope SNe, as well as the radioactive tail at late times. As all our pre-explosion models are derived from the same initial mass, the core mass is not a parameter in our models.
We can obtain a good idea of the expected SN display based on existing SN models. For a fixed explosion energy and nickel mass, the key parameters of hydrogen-rich models are the model radius and the envelope mass, where larger radii lead to larger peak (i.e., plateau) luminosities, and larger envelope masses to longer-lasting and dimmer plateau phases (Popov 1993; Young 2004; Moriya et al. 2023).
A sufficiently large amount of hydrogen is required for the SN to show hydrogen lines in its spectra, and larger radii will allow for bright light curves and an extended plateau phase. Finally, the envelope’s composition will also affect the opacity and emissivity of the material, further affecting the appearance of the SN.
4.1. Properties of the primary star
By the time of collapse, binary mass transfer has brought about many changes in properties of the primary (Table 1), most drastically in its envelope mass. Generally, the final envelope mass of the primaries remains larger for higher Pi and higher qi (Fig. 1). The parameter space considered in this paper covers the entire range of envelope masses, from the non-RLOF models which never underwent any mass transfer, to the set of initially tighter models which lose their envelopes completely.
The most extended pre-SN models occur in the initially tightest binaries which exclusively undergo Case C mass transfer (see Fig. 11, and Table 1), which retain envelopes of Menv ∼ 2.6 M⊙ and extend to ∼970 R⊙. The reason why the largest progenitors have intermediate envelope masses stems from two competing effects. Initially wider systems allow the progenitor star to develop a larger envelope prior to mass transfer, but at the same time the more mass is lost during mass transfer the wider the primary’s Roche lobe (and thus radius) can become. Overall, any of our primary models that retains an envelope develops a radius of at least 200 R⊙, since their envelope masses exceed 0.08 M⊙, with at least 0.01 M⊙ of hydrogen. To obtain compact, hydrogen-free SN progenitors from models which undergo mass transfer shortly before core-collapse (i.e., Case BC and Case C) appears to require a pre-SN common envelope evolution, while stellar wind mass-loss from the stripped donor star may produce this frequently in Case B systems (cf., Fig. 1).
The approximately similar luminosity between these models results in a similar (albeit reversed) trend in terms of the progenitor effective temperature prior to collapse (Fig. 11). The models with the largest radii are also the coolest, reaching surface temperatures as low as 3034 K (114 K cooler than the non-interacting model), while the hottest ones are those with the smallest envelope masses, which are yellow super-giants.
Overall, effective temperature and radius correlate strongly with envelope mass (cf. Fig. 11). The models with 0.15 M⊙ ≲ Menv ≲ 0.4 M⊙ add some scatter around the expected trend line, which, however, may be due to numerical noise in the models during the last ∼20 yr prior to core collapse (see Fig. A.1 and Appendix A.1).
4.2. Explosion energy and nickel mass
Here, we obtain estimates for the explosion energy Eexp, the mass of nickel ejected M(56Ni), the gravitational mass of the remnant Mns, and its birth kick velocity vkick. We apply the method of Müller et al. (2016) to our models with qi = 0.95 and different Pi, which is a representative sample of our entire model set. With the exception of the three models that crashed after core silicon burning (cf., Table 1), they all reached iron-core infall velocities of 1000 km s−1.
The explosion properties are sensitive to the CO-core mass (Schneider et al. 2021). Our primary star models have the same initial mass and managed to retain a H-rich envelope (except for the pure Case B models). Therefore, the He-cores end up having very similar pre-SN masses (cf., Table 1), and also the final CO-core masses differ by less than 5%. Consequently, our Case BC and Case C models can be expected to have a similar nickel mass, explosion energy and remnant mass, regardless of the envelope surrounding the core, and thus regardless of the mass-loss history of the system. For this reason, we quote here the average values across the different models. Using the parameters in the applied method as adopted in Aguilera-Dena et al. (2023), we obtain M(56Ni) = (4.02 ± 0.83)×10−2 M⊙, Eexp = (0.97 ± 0.15)×1051 erg, Mns = (1.36 ± 0.03) M⊙ and vkick = (313 ± 67) km s−1, where the scatter is within 20% of the mean value. Changing the adopted input parameters by 5% only slightly increases the spread, while leaving the average unaltered.
We define the ejecta mass of our models as Mejecta = (MHe − core + Menv)−Mns. Given the high kick velocities, it is likely that the binary system will break up after the explosion of the primary.
4.3. Expected SN types
Based on Fig. 11, we expect a one-dimensional family of SN light curves from our models, spanning all the way from Type IIP-like light curves with extended plateaus for the higher hydrogen envelope masses (∼7 M⊙), to Type IIL SNe exhibiting fast-declining light curves (from a few down to ∼0.3 M⊙) and Type IIb SNe (with Menv in the range ∼0.3 − 0.001 M⊙) to Type Ib SNe for fully stripped models (Morozova et al. 2015; Dessart & Hillier 2019; Hillier & Dessart 2019; Hiramatsu et al. 2021; Dessart et al. 2024). Figure 1 highlights where in the considered parameter space to expect the different SN types from our models.
These quoted boundaries distinguish between different orders of magnitudes of the mass of hydrogen and are only meant qualitatively. The boundary between Type Ib and IIb SNe has been discussed in the literature. Hachinger et al. (2012) argue that hydrogen lines disappear from the SN spectra with MH ≲ 0.033 M⊙. Dessart et al. (2011) explores Type IIb SN models that show strong Hα lines even when the hydrogen mass is as low as 0.001 M⊙ and the same is found for the larger grid of models presented in Dessart et al. (2015b, 2016a). Only five models in our grid fall between these definitions (cf. the yellow models in Fig. 1), and using the boundary proposed by Hachinger et al. (2012) or that of Dessart et al. (2011) would merely shrink the parameter space for Type IIb in favor of Type Ib SNe. However, the uncertainty in the implemented physics (cf. Appendix B) may result in the boundary between Type IIb and Type Ib SNe to be found at lower orbital periods than shown in our models.
4.4. Type IIP/IIL SNe
All our models with initially wide orbits retain enough hydrogen to be classified as either Type IIP or IIL SNe. More specifically, this includes the models not undergoing RLOF, all the systems undergoing stable Case C mass transfer, and those undergoing Case BC mass transfer with the highest Pi and qi.
Type IIP progenitors retain an envelope of at least 1 M⊙, which corresponds to an extension of more than roughly 900 R⊙ and an effective temperature of less than 3.1 kK. (Fig. 11). Type IIL progenitors from our set of models also all appear as RSG by the time of collapse, as their effective temperatures are found within 3.1 − 3.5 kK and their radii between 750 − 900 R⊙. It follows that they would be difficult to discern from pre-explosion photometry alone, and only light-curve modeling would thus allow to distinguish them.
The SN light curve and spectra of models that undergo Case C RLOF will inevitably be affected by the dense CSM surrounding them (cf., Sect. 5). As such, the only systems that explode as non-interacting Type IIP SNe will be the models which never undergo RLOF, as well as systems that merged during Case B RLOF. This means that within the progenitor initial mass range probed by our models, we do not expect any Type IIL SNe without exhibiting interaction with the surrounding CSM.
4.5. Type IIb SNe
In our models, Type IIb progenitors can have a wide range of surface properties prior to collapse, which clearly scale with the envelope mass (cf. Fig. 11; see Appendix C for how this is affected by the definition of the envelope mass). They can exhibit pre-explosion radii between 200 and 700 R⊙, from the least to the most massive envelopes, and it is likely that smaller radii might be achieved if we had a more refined grid of models. The effective temperatures also vary significantly, going from 6.0 kK for the models with the least massive envelopes to 3.5 kK for the most massive ones.
Figure 11 compares our models with observed Type IIb pre-explosion stars (see Table 2). It shows that estimates of the progenitor radii (from both pre-explosion images or light-curve modeling) and envelope masses lie within the region traced by our models. The observed Type IIb progenitors are found in the region of the diagram which is mostly populated by our Case B models, and by the shortest period Case B+C models (Fig. 1). This suggests that most of the observed SNe shown in Fig. 11 are not expected to undergo significant CSM interaction (see the right panel in Fig. 10).
Table 2. 
Data for observed SN-IIb progenitor stars, similarly to what has been reported in Yoon et al. (2017) and Sravan et al. (2020).

The luminosities of our models with low envelope masses (60.5 − 65.0 k L⊙) are lower than of all of the progenitors reported in Table 2, but they are compatible within 1σ to those of SN 2008ax and SN 2011dh. Light-curve modeling of these two SNe indeed yielded that they may share similar progenitor masses (4 − 5 M⊙ for SN 2008ax, Folatelli et al. 2015 and 3 − 4 M⊙ for SN 2011dh, Bersten et al. 2012) to our models (≲4 M⊙). Similar analysis on the progenitor masses of SN 2016gkg (4 − 5 M⊙, Bersten et al. 2018) and SN 1993J (3 − 6 M⊙, Woosley et al. 1994) yielded masses compatible to our progenitors, even though their pre-explosion luminosities are higher by a factor of two. Finally, estimates for SN 2013df place both the pre-explosion luminosity and final mass (5 − 6 M⊙, Szalai et al. 2016) to higher values than what our models predict. While our models were not tailored to fit the mentioned Type IIb progenitors, the dependence of their final radii and surface temperatures on their envelope mass appears qualitatively in good agreement with the observations.
4.6. Type Ib
All the Case B models that managed to shed their entire envelope via wind can be expected to end as Type Ib SNe. The models computed here explode with R ≃ 12 R⊙ and Teff ≃ 25 kK.
Helium stars with smaller mass experience a stronger expansion after core helium burning and could therefore produce cooler SN progenitors and even undergo Case BC mass transfer (e.g., Kleiser et al. 2018; Woosley 2019; Wu & Fuller 2022), which could be the case for models with initially lower Pi and qi than our models exploding as Type Ib SNe.
4.7. Properties of the secondary star
The secondary star, being less massive than the primary star, evolves on longer timescales, and as such it remains in earlier stages of evolution, and the more so the lower its mass. Its evolution is followed until the point at which the primary star reaches core collapse (in some cases where numerical problems arise, its evolution is stopped during RLOF sometime after the primary depletes carbon, ≲50 yr prior to the primary’s collapse; see Appendix A.2 for details). For models with qi = 0.95, the secondary’s evolution lags only slightly behind the primary’s, and it reaches the TAMS ∼9000 yr before the primary’s collapse. The expansion following core hydrogen exhaustion brings the secondary to a radius of ∼160 R⊙, which would have been enough to also fill its Roche lobe if the orbit were initially tighter. This would have also occurred if the secondary’s mass was even higher (but still smaller than the primary). For lower initial mass ratios, the secondary is always still on the main-sequence by the time the primary reaches core collapse.
Regardless of their evolutionary stage, our secondary stars only accrete a small amount of mass as it is enough to spin them to critical rotation. During the first mass transfer event (whether it is Case B or Case C) this amounts to less than 0.25 M⊙ for all models, while during the second mass transfer event (if there is one) only less than ∼0.03 M⊙ is accreted (cf. Fig. 5), as the star did not have enough time to spin down via wind mass-loss. Following the SN explosion of the primary star, the high rotation rate of the secondary star will be the main telltale sign of the system having undergone RLOF.
We do not consider any influence of the secondary star on the visible manifestation of the SN explosion of the primary.
5. Expected interacting supernovae
When the interaction between SN ejecta and CSM is considered, the classification proposed above may be significantly altered, in particular, if the interaction power dominates the various power sources (i.e., decay power and release of shock-deposited energy prior to shock breakout). A model identified as a Type IIP SN in the absence of CSM could turn into a Type IIL with IIn signatures at early times. The complex CSM configurations produced in our grid of models probably leads to a wide range of light curve and spectral evolution, and similarly a diversity in SN classification (although most of our models would be of Type II due to the systematic presence of hydrogen in the CSM). One further issue is the shortcomings of SN classification. For example, only the most extreme CSM configurations lead to a Type IIn classification, while ejecta–CSM interaction is without doubt much more universal (see, e.g., Dessart & Hillier 2022). Below, we review the various CSM configurations associated with our progenitor models at the time of core collapse and discuss the potential impact of such a CSM on the SN radiative properties.
5.1. RSG radii and “flash spectroscopy”
In our wide binary models, the primary stars are RSGs. The structure of the atmospheres and the outflows from RSGs are not well understood. Here, we demonstrate the range of possibilities with some simple considerations. For this, we first consider an isolated RSG.
Using the wind mass-loss recipe described in Sect. 2.3, our ∼12.6 M⊙ primaries have a steady-state wind mass-loss rate of ∼3 × 10−6 M⊙ yr−1 (cf., Fig. 6). With a radius of ∼1000 R⊙, and typical densities at the outermost grid point of the MESA models (defined by a Rosseland optical depth of 2/3) of ∼10−9 g cm−3, this leads to average outflow velocities at this point of the order of 3 cm s−1. The sound speed here is ∼105 times larger. This implies that while the radius of the MESA models – which is used to determine the mass transfer rates – corresponds to the edge of the optically thick stellar body, it does not represent the edge of the hydrostatic part of the star.
Therefore, an optically thin hydrostatic layer extends our fictitious star, and one can integrate the hydrostatic equation, assuming an isothermal structure, up to where the velocity reaches the sound speed to estimate its extent (cf., Fig. 12). The result is that the hydrostatic part of the star is extended by several pressure scale heights, which, based on the structure of our MESA model, amounts to ∼10% of the radius. This extension is essentially accounted for in the mass transfer scheme adopted in our work (Sect. 2.4).
	[image: thumbnail]	Fig. 12. Circumstellar density (top panel) and velocity (bottom panel) as a function of the distance from the outer boundary of our 12.6 M⊙ single star RSG model 1 year prior to collapse. Its radius as derived by MESA is R = 897 R⊙, and its wind mass outflow rate 3.3 × 10−6 M⊙ yr−1. The three dashed lines correspond to an isothermal subsonic atmosphere which includes various turbulent pressure contributions (see legend), which transition to a β-wind law with β = 5 and v∞ = 25 km s−1 when the local velocity reaches the sound speed (marked by a thick dot). The purple line corresponds to the fiducial turbulent pressure-driven RSG wind model of Kee et al. (2021), while the green line represents the semi-empirical outflowing atmosphere model of González-Torà et al. (2023) which fits the interferometric observations of the Galactic nearby RSG HD 95687. The blue area represents the constraints for the circumstellar density distribution derived by Yaron et al. (2017) based on the flash-spectroscopy of the ordinary Type IIP SN 2013fs. The vertical shading marks the typical orbital separation found in our binary models at core collapse.



On the other hand, the outer envelopes and atmospheres of RSGs are strongly affected by the turbulence imposed by convection. It has been argued that this turbulence provides a major contribution to the pressure in these layers (Jiang & Huang 1997a; Stothers 2003; Grassitelli et al. 2016; Goldberg et al. 2022) and that it may help or even cause the driving of the RSG wind (Jiang & Huang 1997a,b,c; Kee et al. 2021). For a constant turbulent velocity (Kee et al. 2021 propose 15 km s−1), and assuming isotropic turbulent pressure as [image: equation], the hydrostatic equation is again easily integrated. Figure 12 shows that, in this case, the sound speed is reached only at a large distance from the edge of the optically thick stellar surface. This is consistent with the wind models of Kee et al. (2021), where this happens in their fiducial case (10 M⊙) at five times the stellar radius. If turbulent pressure is taken into account, the subsonic optically thin region may contain as much as 0.2 M⊙ of material.
Also, interferometric observations of RSGs imply extended quasi-stationary envelopes (Arroyo-Torres et al. 2015). González-Torà et al. (2023) have analyzed the nearby ∼15 M⊙ RSG HD 95687, for which they derived the outflow structure shown in Fig. 12. While in their solution, the sonic point is reached at three times the RSG model radius, it is not free of ambiguities, as a velocity and temperature structure needs to be assumed in order to interpret the interferometric visibility functions.
Such large extensions of RSGs can have important effects in two main areas. Firstly, if the quasi-hydrostatic size of RSGs was five times larger than the stellar structure radius provided by MESA, mass transfer in a given binary model would start much earlier, while, on the other hand, the upper initial period limit for interaction in circular binaries would shift from ∼20 yr to ∼75 yr for our selected primary star mass – where eccentric systems could even interact at much longer periods. In addition, especially when the wind speed is smaller than the orbital speed of the mass gainer, Mohamed & Podsiadlowski (2007, 2010) showed that the companion stars can capture much more mass from the primary’s wind than what is expected from Bondi-Hoyle accretion (cf., Saladino et al. 2018).
Secondly, quasi-hydrostatic, optically thin extensions of RSGs can strongly affect the first days of the display of the SN. For our most extreme model in Fig. 12, the sonic point at ∼8000 R⊙ implies a light travel time of 5 h, and it will be reached by the SN shock after ∼3 d (assuming a shock velocity of 20 000 km s−1).
In Fig. 12, we compare the theoretical and semi-empirical density profiles with that deduced from the very early time spectra (“flash-spectroscopy”) of the normal Type IIP SN 2013fs Yaron et al. (2017). Noticeably, all but perhaps the isothermal model with the largest assumed turbulence velocity fall somewhat short in reproducing the density structure surrounding SN 2013fs. However, Kee et al. (2021) and González-Torà et al. (2023) are considering average, i.e., core-helium burning, RSGs, while at the time of core collapse, RSGs have an elevated L/M-ratio, and thus likely a denser wind than during core helium burning (cf., Appendix B.1). Similarly, the adopted RSG mass-loss rate in our MESA model is empirically calibrated to observed RSGs, and the adopted rate of Ṁ = 3.3 × 10−6 M⊙ yr−1 may also underestimate the true pre-SN mass-loss rate for a ∼12 M⊙ RSG. We argue in Appendix B.1 that the pre-SN mass-loss rate may be up to ten times larger than what is assumed for all the curves in Fig. 12, which would shift them upwards by one order of magnitude, well into the regime of agreement with SN 2013fs.
It has been concluded from very early time spectra of several Type IIP SNe that many, if not most RSGs, are enshrouded in a rather dense envelope at the time of core collapse (see, e.g., Bruch et al. 2023). Yaron et al. (2017) concluded for SN 2013fs that this envelope is produced by a 100 km s−1 outflow with Ṁ ≃ 10−3 M⊙ yr−1 over the last year in the life of the pre-SN star. Our considerations above may allow for the less spectacular interpretation that rather ordinary RSG winds, with Ṁ ≃ 10−5 M⊙ yr−1, can perhaps accelerate slowly enough to reproduce the results from flash spectroscopy (see also discussion in Dessart et al. 2017; Moriya et al. 2017). In this case, the flash spectroscopy results would strictly speaking not indicate CSM interaction, as the observed narrow lines would be produced by a hydrostatic and quasi-stationary (even though turbulent and possibly pulsating) part of the progenitor star.
5.2. Supernovae during stable mass transfer
In many of the analyzed models, mass transfer is continuing up to the core collapse of the RSG primaries (cf. Figs. 6 and 8). As the mass gainer in our binary models is quickly spun up, nearly all the transferred matter is lost from the binary system in our models (cf., Sect. 2.4). While the mass transfer efficiency, and thereby also the rate of mass ejected by the mass transfer process into the CSM, is uncertain (Claeys et al. 2011; Langer 2012; Sravan et al. 2019), the order of magnitude of the latter is in any case expected to be the same as that of the mass transfer rate (cf., Sect. 2.4). From this effect alone, we expect the CSM density in systems with ongoing mass transfer to be much higher than, e.g., in single RSGs.
The range of mass transfer rates spans all the way from values near those of standard RSG wind mass-loss rates (BC794−0.95; Fig. 5) to more than 0.1 M⊙ yr−1 (C1995−0.60; Fig. 6), where models with even larger mass transfer rates are expected to undergo a common envelope phase (cf., Sect. 3.3). The peak in the mass transfer rates for systems that avoid a common envelope occurs typically ∼20 kyr before the SN, with rates between 10−5 − 10−3 M⊙ yr−1 at the time of the SN explosion (see Table 1).
The total mass lost during this thermal timescale pre-SN mass transfer ranges from to a few tenths to seven solar masses (cf., Fig. 10, first panel). The larger values occur in the pure Case C systems, since the partially stripped Case B systems that undergo a final Case C mass transfer have lost much of their envelope already during Case B mass transfer about 106 yr earlier.
The fate of the ejected matter is uncertain. Hydrodynamic simulations of the outflowing matter would be required, but do not exist for our situation, and they would need to cover several thousand orbital periods, which is difficult on principle grounds. However, we can derive an expectation from two types of models in the literature.
Roche lobe overflow or wind mass transfer from a low-mass red giant to a compact companion star in a binary system has been modeled in several works (e.g., Theuns & Jorissen 1993; Mastrodemos & Morris 1998; Walder et al. 2008; Booth et al. 2016). These simulations show that the inefficient binary mass transfer leads to a mass outflow from the binary in which most of the mass is confined towards the orbital plane. In these simulations, hydrodynamic and tidal effects accelerate the gas to velocities beyond the escape speed, such that the mass density near the binary system remains relatively low. However, in these simulations, the wind particles are injected with velocities exceeding the orbital velocities of the stars (typically 20 km s−1), and the lost mass is negligible in the mass budget of the system.
In our models, the situation is different. As the amount of lost mass is substantial, this material can be expected to have a significantly smaller outflow velocity than the ordinary RSG wind. Furthermore, the outflows of red supergiants may be very slow out to significant distance (e.g., comparable to the orbital separation; cf., Fig. 12), and thus may remain much slower than the orbital motion. In this respect, it is useful to consider the circumbinary disk models of Artymowicz & Lubow (1994), who modeled the effect of a central binary system on an otherwise steady, Keplerian disk. They showed that the central binary creates an inner cavity or gap by pushing most of the closest particles to a bigger distance, and that most of the disk mass accumulates in a circumbinary torus at the outer edge of this gap, at a radius of 2 − 3 orbital radii (see, e.g., their Fig. 9).
The situation in our binaries could be comparable, when considering that matter is released from the Roche lobe of the red supergiant in near Keplearian motion and spreading in the orbital plane. It may form a thick circumbinary torus, with the bulk of the matter remaining close to the binary system, with perhaps some matter falling back, some being driven further out. With a pre-SN stellar radius of ∼6 × 1013 cm and an orbital separation of ∼1014 cm, the inner radius of a circumbinary torus should be beyond ∼3 × 1014 cm, according to Artymowicz & Lubow (1994). A stationary situation may not be achieved in reality, as internal viscosity would tend to spread the torus, with some mass moving out, some back to the binary. However the timescale for that, when using our binary geometry and the standard viscosity parameter of α = 0.1, equals to several thousand orbital periods (Pringle 1981; Martin et al. 2024).
Circumbinary tori are a widespread phenomenon, found or expected in binaries that are young (e.g., Price et al. 2018; Duffell et al. 2020), evolved (e.g., Kashi & Soker 2011; Kluska et al. 2022), or even supermassive (e.g., Franchini et al. 2021). A potential observed case which may relate to our binary models is the spatially resolved dust torus of the red supergiant WOH G64 in the LMC (Ohnaka et al. 2008). With an inner torus radius of ∼2 × 1015 cm, it might support the scenario above.
In view of this situation, which leaves plenty of uncertainty, we assume in the following that the bulk of the material lost from the binary during the pre-SN mass transfer is at r ≃ 1015 cm, which means that SN ejecta, flying at 10 000 km s−1, will reach it within ∼12 days. As mass transfer is ongoing, the interaction of the SN with CSM may start earlier. Notably, Smith & McCray (2007) in their analysis of the Type IIn SN 2006gy, which produced a radiated energy of ∼1051 erg, found consistency with the observed supernova properties by adopting a radius for a massive circumstellar shell of 1015 cm.
We can estimate the total energy that the ejecta loses in the form of radiation as it rams into the CSM. Following the work of Aguilera-Dena et al. (2018), we assume conservation of momentum and an inelastic collision, resulting in an amount of kinetic energy being lost equal to
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where [image: equation] and [image: equation]. Assuming that all of this energy is released as radiation and that the CSM is slow-moving compared to the SN ejecta, the fraction of kinetic energy that is converted in radiation is given just by the factor fM, which is more significant for those systems where the CSM is more massive. Given an explosion energy of ∼1051 erg (see Sect. 4.2), and a cumulative luminosity from the light-curve on the order of ∼3 × 1049 erg (Dessart et al. 2024), it is clear that the models where fM ≳ 0.01 may exhibit significant effects on the light-curve. However, the actual structure and extent of the CSM will determine when and how strongly this effect will be visible in the light-curve.
When distributing the mass that is lost during the final mass transfer phase evenly within 1015 cm, we can obtain a density of [image: equation]. When ionized, this may give rise to an optical depth of [image: equation], using κ = 0.2 cm2 g−1. Below, we distinguish several situations based on these numbers.
5.3. Case BC mass transfer
In our Case BC models, the Case C mass transfer removes between 0.01 and 2 M⊙ during the last 104 yr before the SN, with a typical value of ∼0.2 M⊙. With the assumptions above, this would result in a CSM density of 10−13 g cm−3 and an optical depth of 20. The average envelope mass of 0.5 M⊙ leads to a typical mass of the SN ejecta of 3 M⊙. Using Eq. (5) implies that in this situation, the SN-CSM interaction can transform less than 10% of the SN kinetic energy into radiation. These models would therefore not qualify for Superluminous SNe.
On the other hand, the interaction power could still exceed the luminosity of the SN if it was exploding into a vacuum. However, this is certainly not expected for some of our models, for which the computed CSM mass is even a factor of 10 smaller (BC794−0.95, BC891−0.95, and BC1413−0.70).
Our Case BC models could correspond to the class of Type IIn SNe which are thought to have a density configuration in which the dense CSM extends out to 1015 cm, often assumed to be produced by wind with mass-loss rates of order 0.01 M⊙ yr−1 during the last decades of the life of the SN progenitor. In these SNe, the IIn signatures are present for about one week and then disappear. The prototype for this is SN 1998S (Leonard et al. 2000; Dessart et al. 2016b), and more recent examples have been observed: SN 2020tlf (an event with recorded pre-SN activity, Jacobson-Galán et al. 2022), and the already famous SN 2023ixf (Jacobson-Galán et al. 2023; Jencson et al. 2023; Smith et al. 2023). We also suggest the Type IIb SN 1993J to be in this category. It might fit to our Model B794−0.95, due to its small remaining hydrogen envelope mass (0.28 M⊙) and small expected CSM mass (0.01 M⊙).
5.4. Stable Case C mass transfer
For our Case C models, the predicted pre-SN CSM mass is one order of magnitude larger than for our Case BC models. Here, we first focus on the models which avoid a common envelope phase, specifically on models with an initial mass ratio above 0.6. These models expel 1 − 4 M⊙ during their final evolution, which would result in a CSM density of 6 × 10−13 g cm−3 and an optical depth of 200. In some of the considered models (e.g., B2512−0.95), the mass of the SN ejecta is larger than that of the CSM mass; however, in some cases, they are rather comparable, such that perhaps as much as 50% of the kinetic energy of the SN can be absorbed and radiated.
As such the total photon output of the SN may exceed 1050 erg due to the interaction of several solar masses of hydrogen-rich ejecta with a CSM whose mass is larger or at least comparable to the ejecta mass. Such events are expected to be super-luminous (10 times more radiation emitted than in non-interacting SNe IIP), exhibit emission lines with narrow cores and electron-scattering broadened wings arising from the unshocked CSM and photo-ionized by radiation arising from shock. Examples are SN 2010jl (Zhang et al. 2012) or SN 2017hcc (e.g., Moran et al. 2023). Modeling of the light curve and spectra of SN 2010jl suggested a CSM configuration formed through a mass-loss rate of 0.1 M⊙ yr−1 and a velocity of 100 km s−1 for ∼30 yr (Fransson et al. 2014; Dessart et al. 2015a).
5.5. Supernovae in a common envelope
Our lower mass-ratio Case C models develop such high mass transfer rates that a common envelope phase is expected. However, all these models do transfer 1 − 2 M⊙ before a common evelope forms, which happens in the most extreme case just 2000 yr before core collapse (Fig. 8). This will lead to a high CSM density similar to the cases discussed above.
For the description of the common envelope evolution, we have to rely on analytic estimates (see Sect. 2.5). While these are uncertain, the prediction that the lowest mass-ratio systems will merge, and that the ones with the highest mass ratio have the energy to eject their common envelope (Fig. 1) appears reasonable. In our calculation, the critical initial mass ratio for merging is about 0.2. On the other hand, the transition between systems that merge and those where the orbit decay produces enough energy to eject the envelope is perhaps smooth.
The reason is that the duration of the common envelope phase may be similar to the remaining lifetime of the RSG primary at its onset. Our estimate of the duration of the common envelope phase (Eq. (4) in Sect. 2.5) leads to the prediction that in some of our models, it is still ongoing at the time of core collapse, while in others it is already finished. We therefore discuss both cases here.
For the case where the common envelope phase is still ongoing when core collapse occurs, we have no robust estimate of the amount of CSM that is already ejected at that time, except for the 1 − 2 M⊙ of matter which have been transferred before the common envelope phase started. In particular considering systems which encounter strong fall back (cf., Sect. 2.5) leaves a large uncertainty on the amount of envelope mass which is lost before the supernova occurs. We reflect the corresponding uncertainty for the SN-CSM interaction by considering the whole possible pre-SN envelope mass range, i.e., ∼0.2 − 7 M⊙, for the corresponding models in Figs. 1 and 10 and Table 1.
However, the time from the onset of the common envelope phase to the SN explosion is clearly long enough to severely disturb the hydrostatic and thermal equilibrium of the SN progenitor. This implies that the progenitor, as well as the mass outflow rate from it, may be highly time-variable. We suggest that this variability could be related to the pre-SN activity observed in some interacting SNe (Strotjohann et al. 2021). It might apply to some SNe IIP with early time signatures of interaction (e.g., SN 2020tlf; Jacobson-Galán et al. 2022). The situation may be similar in binaries in which there is not enough energy to eject the common envelope (e.g., C1778−0.20, C1585−0.15, C1413−0.10). Also here, ∼1 M⊙ of matter may be spilled before the onset of the common envelope phase, and the SN progenitor will be far from thermal equilibrium at the time of core collapse. In this situation, the derivation of progenitor properties from pre-SN photometry, including the progenitor luminosity and mass, could give spurious results.
On the other hand, when the common envelope phase ends with an envelope ejection before the SN event, it will do so very shortly before, such that the bulk of the envelope mass – here ∼7 M⊙ or so – is still close to the binary system. As it dominates the mass budget, with only about 2.5 M⊙ of SN ejecta, this may form a classical case of a superluminous SN, with 80% of the kinetic energy transformed into radiation. An example model system may be BC1788−0.55.
Perhaps, broad lines are never seen in such supernovae. In the single-star scenario, this configuration was proposed to arise from nuclear flashes in lower-mass massive stars, although in the corresponding models these flashes seem to occur too late, in association with a Si flash (see Woosley & Heger 2015). The prototypes for this are SN 1994W (Dessart et al. 2016b), and SN 2011ht (Mauerhan et al. 2013; Chugai 2016; Dessart et al. 2016b). In this category, we also have SN 2006gy, proposed as a Ia-CSM (Jerkstrand et al. 2020). Earlier interpretations of SN 2006gy as pair-instability SN (Woosley et al. 2007) or Eta-Car analog (Smith et al. 2007, 2010) appear to have numerous points of tension.
Finally, if the time between the end of the common envelope phase and the SN exceeds the thermal timescale of the remaining stripped-envelope star, the direct SN progenitor may also be a blue supergiant. This may offer a connection to objects that stand apart from all the cases discussed above. The prototype for this type is SN 2009ip (Pastorello et al. 2013; Fraser et al. 2013, 2015; Margutti et al. 2014; Smith et al. 2014). Smith et al. (2014) and others again argue for a massive LBV progenitor, but there is no conclusive evidence for a very massive progenitor (this is usually inferred from the helium core luminosity of a star in hydrostatic equilibrium).
6. Expected number of interacting Type II SNe
In the strict sense of the word, every Type II SN interacts with the CSM, because all RSGs have a relatively dense wind. As explored in Sect. 5.1, many, perhaps all, RSGs should also have extended stationary envelopes, which could produce interaction features, in particular narrow spectral lines, during the first day or two after core collapse. For our rate estimate below, we do not consider these cases but only include Case BC and Case C models corresponding to the colored pixels in Fig. 1.
We perform a simple estimate of the number of interacting SNe normalized to the total core collapse SN rate, based on the parameter space we explore. We only consider binary systems with our chosen single star mass and adopt an initial binary fraction of one.
Figure 1 predicts an interacting SN in 88 of 1224 binaries undergoing RLOF. If the initial parameter distribution was linear in log Pi and in qi, and with about half of the other 1136 systems merging and giving rise to only one SN IIP per system, the other half producing one SN from a stripped star and one SN IIP, we would obtain 65% Type IIP, 30% Type Ib/c and 5% interacting SNe. Of the latter, roughly half could have the SN light dominated by the interaction, including cases producing superluminous Type IIn SNe.
Here, in particular, the initial binary fraction and the merger fraction introduce uncertainty factors on the order of two. Moreover, the fraction of interacting SNe could be much larger than what we predict, due to three neglected effects which are discussed in the remainder of this section.
6.1. Red supergiant extended envelopes
We already include the Kolb scheme for RLOF, but this only accounts for a radius increase of 10% (cf. black model in Fig. 12). If the hydrostatic radius of RSG was larger by a factor of five, then binaries with an initial orbital period of up to ∼75 yr may interact. In the best case scenario, as in all of the binaries between what we have simulated and this new upper boundary undergo Case C RLOF, the number of interacting SNe can increase by ∼10 − 15% at the expanse of the normal Type IIP. This alone would push our estimates closer to the observed number in Smartt (2009).
6.2. Red supergiant pulsations
Based on the recent Gaia data, Maíz Apellániz et al. (2023) show that all galactic and Magellanic Cloud RSGs are semi-regular brightness variables. This implies that all RSGs are pulsating to some extent. Considering the best-studied examples, namely Betelgeuse and Antares, the typical variability timescale is several hundred days (see e.g., Stothers & Leung 1971; Smith et al. 1989; Percy & Khatu 2014; Jadlovský et al. 2023), and spectroscopic velocity measurements identify velocity amplitudes on the order of 5 km s−1 (Dupree et al. 2022). This implies radius fluctuations of ordinary RSGs on the order of 10%.
These ordinary semi-regular pulsations are possibly triggered by the large-scale convection in the outer RSG envelopes (Chiavassa et al. 2010; Ahmad et al. 2023). As showcased by Betelgeuse’s Great Dimming (Montargès et al. 2021), the stochastic behavior of these pulsations may also occasionally enhance the RSG mass-loss rate by factors of ten or more (Dupree et al. 2022).
Furthermore, RSG pulsations have been found in hydrodynamic stellar evolution models (Heger et al. 1997; Yoon & Cantiello 2010; Moriya & Langer 2015). Due to the 1D nature of these calculations, only radial oscillations have been identified; however, the excitation of non-radial pulsations can not be excluded. These single-star models consistently identify the L/M-ratio as a driving factor, in the sense that faster growth rates are found for higher L/M-values. Heger et al. (1997) confirmed the pulsational instability, pulsational periods and growth time scales found in the non-linear pulsation models with linear stability analyses, which excludes numerical effects as the cause of the pulsations in the numerical hydrodynamic models.
The non-linear models found pulsation amplitudes of up to 50% in radius, at which time the numerical calculations broke down. Moriya & Langer (2015), who investigated models of initially metal-free very massive RSGs, explored the damping of the pulsation by enhanced mass outflows, and found a saturation of the growth of the pulsations at radius amplitudes of roughly 50%, for mass-loss rates on the order of 10−4 − 10−2 M⊙ yr−1.
The models presented here were computed without hydrodynamics, such that their pulsational properties are not examined. However, as many of them experience a significant stripping of their hydrogen-rich envelope during Case B and/or Case C mass transfer, their mass is strongly reduced while their luminosity remains largely unaffected (cf. Table 1). Consequently, their L/M-ratio is boosted to the level of ∼16 k L⊙/ M⊙, or analogously their value of [image: equation] is increased by a factor of two or more, which puts them into the regime of the most violently pulsating models of Heger et al. (1997), with growth timescales as short as 40% of their dynamical timescale.
Whereas in single stars, pulsations may enhance the density of the outflow and thus the RSG mass-loss rate, the consequences in a binary system may be more drastic. Most of our pre-collapse models are either close to filling their Roche lobe or undergoing RLOF and mass transfer. In these models, a fluctuating RSG radius would obviously increase the pre-SN RSG mass-loss drastically.
A second effect of the large amplitude pulsations expected for the partially stripped RSGs is that they would lead to temporary RLOF in binary systems which would be too wide to induce mass transfer otherwise. For example, our initial orbital period limit for interaction in circular binaries with 12.6 M⊙ primaries of ∼2800 d would increase to ∼7900 d (∼22 yr) if the maximum radius of the pulsating RSG would be twice that in quiescence.
The Roche lobe filling and possible mass transfer by a (semi-regular) pulsating star is intermittent, and thus one might expect a smaller time-averaged mass-transfer rate in this case, compared to that of a non-pulsating Roche lobe filling RSG. However, also in this situation, the induced mass-loss from the RSG will lead to an increase in its (time-averaged) radius, such that the loss of a substantial fraction of the envelope mass can be expected. These effects together are thus likely to expand the part of the initial binary parameter space in which RSG mass primaries are partially stripped.
6.3. Orbital eccentricity
Our models assume initially circular orbits. However, while in tight binaries tidal forces can quickly lead to circular orbits during the main-sequence evolution, systems with initial orbital periods in the range discussed here are likely to be eccentric at the time when mass transfer begins. In this case, mass stripping from the more evolved primary star will only occur during the periastron passage.
While solid predictions for this situation are not available, some insights may be derived from considering observed eccentric eclipsing RSG binaries, of which the well-studied system VV Cep is a prominent example. It consists of a RSG and an early B type main-sequence companion (Hagen Bauer et al. 2008). With an orbital period of 7430 d (20.4 yr) and an eccentricity of 0.38, the supergiant’s Roche radius shrinks to less than 1000 R⊙ near periastron, which triggers episodic mass transfer (Pollmann & Bennett 2020).
While VV Cep has only been studied for about half a century, its existence argues in favor of the long-term stability of eccentric RSG binaries with episodic mass transfer. Since the RSG is only stripped during a fraction of its orbital period, the time-averaged mass transfer rate is expected to be smaller than for continuous mass transfer, increasing the likelihood of partial stripping of the supergiant. Together with the fact that such partial stripping may then occur for initial orbital periods which are much larger than the upper period limit for interaction in circular orbits (∼2500 d for our models with ∼12.6 M⊙ primaries), may imply that many more RSGs end up just partially stripped than what is implied by our analysis of circular systems (i.e., Fig. 1). Furthermore, the episodic non-conservative mass transfer may contribute additional CSM structures to the already rich spectrum of possibilities, as well as lead to pre-SN activities of the progenitor star itself.
Together, the effects of larger RSG extensions (Sect. 6.1), RSG pulsations (Sect. 6.2) and finite eccentricities, could significantly increase the fraction of interacting SNe produced in wide binaries relative to the estimate provided at the beginning of this section.
7. Conclusions
We investigated a set of more than 100 detailed long-period binary evolution models with MESA using a fixed initial primary star mass of ∼12.6 M⊙. These models initiate a strong binary mass interaction from 30 kyr to 1 kyr before the primary star undergoes core collapse, either via Case C or Case B+C mass transfer, which is still ongoing at the time of the SN explosion.
We find that the widest systems undergoing RLOF manage to undergo stable mass transfer, even if only within a limited initial mass-ratio range, and sometimes only for part of the mass-transfer phase. The mass donors do not always lose the entire hydrogen-rich envelope in the process, but exhibit a continuous spectrum of final envelope masses, from completely stripped models in the tighter binaries to models containing progressively more massive H-rich envelopes in wider systems. If no CSM interaction were to occur, these models would cover the whole sequence from Type Ib, IIb, IIL, to IIP SNe.
However, we find that the SNe expected from our model grid could have a significant, and in part dominant, power contribution from an ejecta–CSM interaction. In those models where the SN explosion occurs during RLOF, the primary typically sheds a few tenths of a solar mass in the Case BC systems, and between 2 and 7 M⊙ in our Case C models.
The recent findings of Ouchi & Maeda (2017) and Matsuoka & Sawada (2024) support our results for wide binaries undergoing stable mass transfer. Although the shape and size of the CSM is not well constrained by our work, we expect a strong interaction with the SN ejecta, leading to a variety of short- and long-lived Type IIn SNe in events that would otherwise (i.e., in the absence of CSM) have appeared as Type IIP, IIL, or even IIb SNe.
We find that the final mass transfer in our Case C models with companions of less than half the initial primary mass becomes unstable after several solar masses of material have been transferred. We assume that this leads to the formation of a CE, for which we estimate the outcome and timescale based on analytical recipes. While these recipes are uncertain, the results imply an interesting range of possible outcomes.
In most of our binary models undergoing a phase of CE, the phase of CE evolution is expected to be in an advanced stage at the moment of collapse but not yet complete. In some of those models, the orbital energy of the in-spiraling companion is found to be sufficient to unbind the RSG envelope, while for the lowest initial mass ratios (≲0.25) it is not. In most cases, neither the stage of CE ejection nor that of a merger is achieved before the core collapse of the RSG. Instead, the CE evolution is still ongoing during core collapse, such that it may produce significant pre-SN activity.
The CSM structure is difficult to estimate, but hydrodynamic CE models show that the common envelope may not be lost in one episode, but rather in several episodes, with some matter also falling back. Between 1 and 7 M⊙ of material is expected in the CSM, which would be conducive to a strong ejecta–CSM interaction. In those of our models for which a CE ejection is estimated to occur before the SN, the massive CSM is expected to be found close to the SN, leading to a superluminous event.
While our models leave many open questions, in particular regarding the CSM structure, they may reveal just a small amount of the potential of wide binaries to contribute to interacting SNe. In particular, we identified three physical mechanisms, all of which had to be neglected in this paper. First, the part of the RSG envelope with highly subsonic average ourflow velocities may extend far beyond the edge of the star as predicted by stellar models. If so, much wider binaries than investigated here could undergo late mass transfer and RLOF. Second, RSGs may pulsate with significant amplitudes, especially during their final evolution. This could again widen the parameter space for interaction, and lead to more partially stripped RSGs and further enhanced CSM densities. Third, most of the wide binaries must be expected to be eccentric, such that mass transfer could occur only episodically near periastron.
These effects may imply that the rate of interaction-dominated SNe exceeds our simple estimate of ∼5% of all core-collapse SNe. Furthermore, as these effects may be equally important in binary systems consisting of RSGs and compact companions, interacting SNe may provide important lessons for understanding the CE evolution channel towards tight double neutron star and black hole binaries (see, e.g., Moreno et al. 2022).
Finally, the processes ruling the hydrogen-rich interacting SNe may occur analogously in stripped-star binaries. In corresponding models, when the hydrogen- and/or helium-deficient star is of sufficiently low mass (≲3.5 M⊙; Wellstein et al. 2001; Yoon et al. 2010; Wu & Fuller 2022), it may expand enough to initiate mass transfer shortly before collapse.

Acknowledgments
We thank the anonymous referee, whose comments and criticism helped to improve important parts of this manuscript. We also thank Alex de Koter, Markus Wittkowski, and Gemma González-Torà for the insightful discussions. This work was fostered by the participation of NL and LD at the MIAPP Workshop on Interacting Supernovae in February 2023. This research was supported by the Munich Institute for Astro-, Particle and BioPhysics (MIAPbP) which is funded by the Deutsche Forschungsgemeinschaft (DFG, German Research Foundation) under Germany’s Excellence Strategy – EXC-2094 – 390783311. A.E. acknowledges the support from the DFG through grant LA 587/22-1.

References
	
Aguilera-Dena, D. R., Langer, N., Moriya, T. J., & Schootemeijer, A. 2018, ApJ, 858, 115
[See]
	
Aguilera-Dena, D. R., Langer, N., Antoniadis, J., et al. 2022, A&A, 661, A60
[See]
	
Aguilera-Dena, D. R., Müller, B., Antoniadis, J., et al. 2023, A&A, 671, A134
[See]
	
Ahmad, A., Freytag, B., & Höfner, S. 2023, A&A, 669, A49
[See]
	
Aldering, G., Humphreys, R. M., & Richmond, M. 1994, AJ, 107, 662
[See]
	
Arroyo-Torres, B., Wittkowski, M., Chiavassa, A., et al. 2015, A&A, 575, A50
[See]
	
Artymowicz, P., & Lubow, S. H. 1994, ApJ, 421, 651
[See]
	
Asplund, M., Amarsi, A. M., & Grevesse, N. 2021, A&A, 653, A141
[See]
	
Bellm, E. C., Kulkarni, S. R., Graham, M. J., et al. 2019, PASP, 131, 018002
[See]
	
Bersten, M. C., Benvenuto, O. G., Nomoto, K., et al. 2012, ApJ, 757, 31
[See]
	
Bersten, M. C., Tanaka, M., Tominaga, N., Benvenuto, O. G., & Nomoto, K. 2013, ApJ, 767, 143
[See]
	
Bersten, M. C., Benvenuto, O. G., Folatelli, G., et al. 2014, AJ, 148, 68
[See]
	
Bersten, M. C., Folatelli, G., García, F., et al. 2018, Nature, 554, 497
[See]
	
Böhm-Vitense, E. 1958, Z. Astrophys., 46, 108
[See]
	
Booth, R. A., Mohamed, S., & Podsiadlowski, P. 2016, MNRAS, 457, 822
[See]
	
Branch, D., & Wheeler, J. C. 2017, Supernova Explosions (Germany: Springer-Verlag GmbH)[See]
	
Braun, H., & Langer, N. 1995, A&A, 297, 483
[See]
	
Brott, I., de Mink, S. E., Cantiello, M., et al. 2011, A&A, 530, A115
[See]
	
Brown, G. E., Heger, A., Langer, N., et al. 2001, New Astron., 6, 457
[See]
	
Bruch, R. J., Gal-Yam, A., Yaron, O., et al. 2023, ApJ, 952, 119
[See]
	
Cantiello, M., & Langer, N. 2010, A&A, 521, A9
[See]
	
Cehula, J., & Pejcha, O. 2023, MNRAS, 524, 471
[See]
	
Chanlaridis, S., Antoniadis, J., Aguilera-Dena, D. R., et al. 2022, A&A, 668, A106
[See]
	
Chatzopoulos, E., Frank, J., Marcello, D. C., & Clayton, G. C. 2020, ApJ, 896, 50
[See]
	
Chevalier, R. A. 2012, ApJ, 752, L2
[See]
	
Chiavassa, A., Haubois, X., Young, J. S., et al. 2010, A&A, 515, A12
[See]
	
Chugai, N. N. 2016, Astron. Lett., 42, 82
[See]
	
Claeys, J. S. W., de Mink, S. E., Pols, O. R., Eldridge, J. J., & Baes, M. 2011, A&A, 528, A131
[See]
	
Clayton, M., Podsiadlowski, P., Ivanova, N., & Justham, S. 2017, MNRAS, 470, 1788
[See]
	
Cox, J. P., & Giuli, R. T. 1968, Principles of Stellar Structure (New York: Gordon and Breach)[See]
	
Cyburt, R. H., Amthor, A. M., Ferguson, R., et al. 2010, ApJS, 189, 240
[See]
	
de Jager, C., Nieuwenhuijzen, H., & van der Hucht, K. A. 1988, A&AS, 72, 259
[See]
	
de Kool, M. 1990, ApJ, 358, 189
[See]
	
de Mink, S. E., Pols, O. R., & Hilditch, R. W. 2007, A&A, 467, 1181
[See]
	
de Mink, S. E., Langer, N., Izzard, R. G., Sana, H., & de Koter, A. 2013, ApJ, 764, 166
[See]
	
Dessart, L., & Hillier, D. J. 2019, A&A, 625, A9
[See]
	
Dessart, L., & Hillier, D. J. 2022, A&A, 660, L9
[See]
	
Dessart, L., Hillier, D. J., Gezari, S., Basa, S., & Matheson, T. 2009, MNRAS, 394, 21
[See]
	
Dessart, L., Hillier, D. J., Livne, E., et al. 2011, MNRAS, 414, 2985
[See]
	
Dessart, L., Audit, E., & Hillier, D. J. 2015a, MNRAS, 449, 4304
[See]
	
Dessart, L., Hillier, D. J., Woosley, S., et al. 2015b, MNRAS, 453, 2189
[See]
	
Dessart, L., Hillier, D. J., Woosley, S., et al. 2016a, MNRAS, 458, 1618
[See]
	
Dessart, L., Hillier, D. J., Audit, E., Livne, E., & Waldman, R. 2016b, MNRAS, 458, 2094
[See]
	
Dessart, L., Hillier, D. J., & Audit, E. 2017, A&A, 605, A83
[See]
	
Dessart, L., Yoon, S.-C., Livne, E., & Waldman, R. 2018, A&A, 612, A61
[See]
	
Dessart, L., Yoon, S.-C., Aguilera-Dena, D. R., & Langer, N. 2020, A&A, 642, A106
[See]
	
Dessart, L., Gutierrez, C. P., Ercolino, A., Jin, H., & Langer, N. 2024, A&A, submitted [arXiv:2402.12977]
[See]
	
Detmers, R. G., Langer, N., Podsiadlowski, P., & Izzard, R. G. 2008, A&A, 484, 831
[See]
	
Dewi, J. D. M., & Tauris, T. M. 2000, A&A, 360, 1043
[See]
	
Duffell, P. C., D’Orazio, D., Derdzinski, A., et al. 2020, ApJ, 901, 25
[See]
	
Dufton, P. L., Langer, N., Dunstall, P. R., et al. 2013, A&A, 550, A109
[See]
	
Dupree, A. K., Strassmeier, K. G., Calderwood, T., et al. 2022, ApJ, 936, 18
[See]
	
Eggleton, P. P. 1983, ApJ, 268, 368
[See]
	
Ergon, M., Jerkstrand, A., Sollerman, J., et al. 2015, A&A, 580, A142
[See]
	
Fassia, A., Meikle, W. P. S., Vacca, W. D., et al. 2000, MNRAS, 318, 1093
[See]
	
Fassia, A., Meikle, W. P. S., Chugai, N., et al. 2001, MNRAS, 325, 907
[See]
	
Ferguson, J. W., Alexander, D. R., Allard, F., et al. 2005, ApJ, 623, 585
[See]
	
Folatelli, G., Bersten, M. C., Kuncarayakti, H., et al. 2015, ApJ, 811, 147
[See]
	
Franchini, A., Sesana, A., & Dotti, M. 2021, MNRAS, 507, 1458
[See]
	
Fransson, C., Ergon, M., Challis, P. J., et al. 2014, ApJ, 797, 118
[See]
	
Fraser, M., Inserra, C., Jerkstrand, A., et al. 2013, MNRAS, 433, 1312
[See]
	
Fraser, M., Kotak, R., Pastorello, A., et al. 2015, MNRAS, 453, 3886
[See]
	
Fuller, J. 2017, MNRAS, 470, 1642
[See]
	
Gagnier, D., & Pejcha, O. 2023, A&A, 674, A121
[See]
	
Gilkis, A., & Arcavi, I. 2022, MNRAS, 511, 691
[See]
	
Gilkis, A., Vink, J. S., Eldridge, J. J., & Tout, C. A. 2019, MNRAS, 486, 4451
[See]
	
Goldberg, J. A., Jiang, Y.-F., & Bildsten, L. 2022, ApJ, 929, 156
[See]
	
González-Torà, G., Wittkowski, M., Davies, B., Plez, B., & Kravchenko, K. 2023, A&A, 669, A76
[See]
	
Grassitelli, L., Fossati, L., Langer, N., et al. 2016, A&A, 593, A14
[See]
	
Hachinger, S., Mazzali, P. A., Taubenberger, S., et al. 2012, MNRAS, 422, 70
[See]
	
Hagen Bauer, W., Gull, T. R., & Bennett, P. D. 2008, AJ, 136, 1312
[See]
	
Hainich, R., Rühling, U., Todt, H., et al. 2014, A&A, 565, A27
[See]
	
Hamann, W. R., Gräfener, G., & Liermann, A. 2006, A&A, 457, 1015
[See]
	
Han, Z., Podsiadlowski, P., & Eggleton, P. P. 1994, MNRAS, 270, 121
[See]
	
Hastings, B., Langer, N., Wang, C., Schootemeijer, A., & Milone, A. P. 2021, A&A, 653, A144
[See]
	
Heger, A., Jeannin, L., Langer, N., & Baraffe, I. 1997, A&A, 327, 224
[See]
	
Heger, A., Langer, N., & Woosley, S. E. 2000, ApJ, 528, 368
[See]
	
Hillier, D. J., & Dessart, L. 2019, A&A, 631, A8
[See]
	
Hirai, R., & Mandel, I. 2022, ApJ, 937, L42
[See]
	
Hiramatsu, D., Howell, D. A., Moriya, T. J., et al. 2021, ApJ, 913, 55
[See]
	
Hjellming, M. S., & Webbink, R. F. 1987, ApJ, 318, 794
[See]
	
Höflich, P., Langer, N., & Duschinger, M. 1993, A&A, 275, L29
[See]
	
Houck, J. C., & Fransson, C. 1996, ApJ, 456, 811
[See]
	
Ivanova, N., Justham, S., Chen, X., et al. 2013, A&ARv, 21, 59
[See]
	
Ivanova, N., Justham, S., & Ricker, P. 2020, Common Envelope Evolution (Bristol: IOP Publishing)[See]
	
Jacobson-Galán, W. V., Dessart, L., Jones, D. O., et al. 2022, ApJ, 924, 15
[See]
	
Jacobson-Galán, W. V., Dessart, L., Margutti, R., et al. 2023, ApJ, 954, L42
[See]
	
Jadlovský, D., Krtička, J., Paunzen, E., & Štefl, V. 2023, New Astron., 99, 101962
[See]
	
Jencson, J. E., Pearson, J., Beasor, E. R., et al. 2023, ApJ, 952, L30
[See]
	
Jerkstrand, A., Maeda, K., & Kawabata, K. S. 2020, Science, 367, 415
[See]
	
Jiang, S. Y., & Huang, R. Q. 1997a, A&A, 317, 121
[See]
	
Jiang, S. Y., & Huang, R. Q. 1997b, A&A, 317, 114
[See]
	
Jiang, S.-Y., & Huang, R.-Q. 1997c, Chin. Astron. Astrophys., 21, 461
[See]
	
Kaiser, N., Burgett, W., Chambers, K., et al. 2010, SPIE Conf. Ser., 7733, 77330E
[See]
	
Kashi, A., & Soker, N. 2011, MNRAS, 417, 1466
[See]
	
Kee, N. D., Sundqvist, J. O., Decin, L., de Koter, A., & Sana, H. 2021, A&A, 646, A180
[See]
	
Kleiser, I., Fuller, J., & Kasen, D. 2018, MNRAS, 481, L141
[See]
	
Klencki, J., Istrate, A., Nelemans, G., & Pols, O. 2022, A&A, 662, A56
[See]
	
Kluska, J., Van Winckel, H., Coppée, Q., et al. 2022, A&A, 658, A36
[See]
	
Kolb, U., & Ritter, H. 1990, A&A, 236, 385
[See]
	
Kuruwita, R. L., Staff, J., & De Marco, O. 2016, MNRAS, 461, 486
[See]
	
Langer, N. 2012, ARA&A, 50, 107
[See]
	
Laplace, E., Justham, S., Renzo, M., et al. 2021, A&A, 656, A58
[See]
	
Lau, M. Y. M., Hirai, R., González-Bolívar, M., et al. 2022, MNRAS, 512, 5462
[See]
	
Law, N. M., Kulkarni, S. R., Dekany, R. G., et al. 2009, PASP, 121, 1395
[See]
	
Leonard, D. C., Filippenko, A. V., Barth, A. J., & Matheson, T. 2000, ApJ, 536, 239
[See]
	
Long, G., Song, H., Meynet, G., et al. 2022, ApJS, 262, 26
[See]
	
Maíz Apellániz, J., Holgado, G., Pantaleoni González, M., & Caballero, J. A. 2023, A&A, 677, A137
[See]
	
Marchant, P. 2017, PhD Thesis, Rheinische Friedrich Wilhelms University of Bonn, Germany
[See]
	
Marchant, P., Pappas, K. M. W., Gallegos-Garcia, M., et al. 2021, A&A, 650, A107
[See]
	
Margutti, R., Milisavljevic, D., Soderberg, A. M., et al. 2014, ApJ, 780, 21
[See]
	
Margutti, R., Kamble, A., Milisavljevic, D., et al. 2017, ApJ, 835, 140
[See]
	
Martin, R. G., Lepp, S., Zhang, B., Nixon, C. J., & Childs, A. C. 2024, MNRAS, 528, L161
[See]
	
Mastrodemos, N., & Morris, M. 1998, ApJ, 497, 303
[See]
	
Matheson, T., Filippenko, A. V., Barth, A. J., et al. 2000a, AJ, 120, 1487
[See]
	
Matheson, T., Filippenko, A. V., Ho, L. C., Barth, A. J., & Leonard, D. C. 2000b, AJ, 120, 1499
[See]
	
Matsuoka, T., & Sawada, R. 2024, ApJ, 963, 12
[See]
	
Mauerhan, J. C., Smith, N., Silverman, J. M., et al. 2013, MNRAS, 431, 2599
[See]
	
Maund, J. R., Smartt, S. J., Kudritzki, R. P., Podsiadlowski, P., & Gilmore, G. F. 2004, Nature, 427, 129
[See]
	
Maund, J. R., Fraser, M., Ergon, M., et al. 2011, ApJ, 739, L37
[See]
	
Mohamed, S., & Podsiadlowski, P. 2007, ASP Conf. Ser., 372, 397
[See]
	
Mohamed, S., & Podsiadlowski, P. 2010, AIP Conf. Ser., 1314, 51
[See]
	
Montargès, M., Cannon, E., Lagadec, E., et al. 2021, Nature, 594, 365
[See]
	
Morales-Garoffolo, A., Elias-Rosa, N., Benetti, S., et al. 2014, MNRAS, 445, 1647
[See]
	
Moran, S., Fraser, M., Kotak, R., et al. 2023, A&A, 669, A51
[See]
	
Moreno, M. M., Schneider, F. R. N., Röpke, F. K., et al. 2022, A&A, 667, A72
[See]
	
Moriya, T. J., & Langer, N. 2015, A&A, 573, A18
[See]
	
Moriya, T. J., Yoon, S.-C., Gräfener, G., & Blinnikov, S. I. 2017, MNRAS, 469, L108
[See]
	
Moriya, T. J., Subrayan, B. M., Milisavljevic, D., & Blinnikov, S. I. 2023, PASJ, 75, 634
[See]
	
Morozova, V., Piro, A. L., Renzo, M., et al. 2015, ApJ, 814, 63
[See]
	
Müller, B., Heger, A., Liptai, D., & Cameron, J. B. 2016, MNRAS, 460, 742
[See]
	
Nakar, E., & Piro, A. L. 2014, ApJ, 788, 193
[See]
	
Nieuwenhuijzen, H., & de Jager, C. 1990, A&A, 231, 134
[See]
	
Nugis, T., & Lamers, H. J. G. L. M. 2000, A&A, 360, 227
[See]
	
Ohnaka, K., Driebe, T., Hofmann, K. H., Weigelt, G., & Wittkowski, M. 2008, A&A, 484, 371
[See]
	
Ouchi, R., & Maeda, K. 2017, ApJ, 840, 90
[See]
	
Paczynski, B. 1991, ApJ, 370, 597
[See]
	
Passy, J.-C., De Marco, O., Fryer, C. L., et al. 2012, ApJ, 744, 52
[See]
	
Pastorello, A., Cappellaro, E., Inserra, C., et al. 2013, ApJ, 767, 1
[See]
	
Pauli, D., Langer, N., Aguilera-Dena, D. R., Wang, C., & Marchant, P. 2022, A&A, 667, A58
[See]
	
Pavlovskii, K., & Ivanova, N. 2015, MNRAS, 449, 4415
[See]
	
Paxton, B., Bildsten, L., Dotter, A., et al. 2011, ApJS, 192, 3
[See]
	
Paxton, B., Cantiello, M., Arras, P., et al. 2013, ApJS, 208, 4
[See]
	
Paxton, B., Marchant, P., Schwab, J., et al. 2015, ApJS, 220, 15
[See]
	
Paxton, B., Schwab, J., Bauer, E. B., et al. 2018, ApJS, 234, 34
[See]
	
Paxton, B., Smolec, R., Schwab, J., et al. 2019, ApJS, 243, 10
[See]
	
Percy, J. R., & Khatu, V. C. 2014, J. Am. Assoc. Var. Star Obs., 42, 1
[See]
	
Petrovic, J., Langer, N., & van der Hucht, K. A. 2005, A&A, 435, 1013
[See]
	
Podsiadlowski, P., Joss, P. C., & Hsu, J. J. L. 1992, ApJ, 391, 246
[See]
	
Podsiadlowski, P., Hsu, J. J. L., Joss, P. C., & Ross, R. R. 1993, Nature, 364, 509
[See]
	
Poelarends, A. J. T. 2007, PhD Thesis, University of Utrecht, The Netherlands
[See]
	
Pollmann, E., & Bennett, P. 2020, J. Am. Assoc. Var. Star Obs., 48, 118
[See]
	
Popham, R., & Narayan, R. 1991, ApJ, 370, 604
[See]
	
Popov, D. V. 1993, ApJ, 414, 712
[See]
	
Price, D. J., Cuello, N., Pinte, C., et al. 2018, MNRAS, 477, 1270
[See]
	
Pringle, J. E. 1981, ARA&A, 19, 137
[See]
	
Quataert, E., & Shiode, J. 2012, MNRAS, 423, L92
[See]
	
Reimers, D. 1975, Mem. Soc. R. Sci. Liege, 8, 369
[See]
	
Ritter, H. 1988, A&A, 202, 93
[See]
	
Rogers, F. J., & Iglesias, C. A. 1992, ApJS, 79, 507
[See]
	
Rogers, F. J., Swenson, F. J., & Iglesias, C. A. 1996, ApJ, 456, 902
[See]
	
Saladino, M. I., Pols, O. R., van der Helm, E., Pelupessy, I., & Portegies Zwart, S. 2018, A&A, 618, A50
[See]
	
Salpeter, E. E. 1955, ApJ, 121, 161
[See]
	
Sana, H., de Mink, S. E., de Koter, A., et al. 2012, Science, 337, 444
[See]
	
Schneider, F. R. N., Podsiadlowski, P., & Müller, B. 2021, A&A, 645, A5
[See]
	
Schootemeijer, A., Langer, N., Grin, N. J., & Wang, C. 2019, A&A, 625, A132
[See]
	
Schröder, K. P., & Cuntz, M. 2005, ApJ, 630, L73
[See]
	
Shappee, B., Prieto, J., Stanek, K. Z., et al. 2014, Am. Astron. Soc. Meet. Abstr., 223, 236.03
[See]
	
Smartt, S. J. 2009, ARA&A, 47, 63
[See]
	
Smith, N., & Arnett, W. D. 2014, ApJ, 785, 82
[See]
	
Smith, N., & McCray, R. 2007, ApJ, 671, L17
[See]
	
Smith, M. A., Patten, B. M., & Goldberg, L. 1989, AJ, 98, 2233
[See]
	
Smith, N., Li, W., Foley, R. J., et al. 2007, ApJ, 666, 1116
[See]
	
Smith, N., Chornock, R., Silverman, J. M., Filippenko, A. V., & Foley, R. J. 2010, ApJ, 709, 856
[See]
	
Smith, N., Mauerhan, J. C., & Prieto, J. L. 2014, MNRAS, 438, 1191
[See]
	
Smith, N., Pearson, J., Sand, D. J., et al. 2023, ApJ, 956, 46
[See]
	
Sravan, N., Marchant, P., & Kalogera, V. 2019, ApJ, 885, 130
[See]
	
Sravan, N., Marchant, P., Kalogera, V., Milisavljevic, D., & Margutti, R. 2020, ApJ, 903, 70
[See]
	
Stothers, R. B. 2003, ApJ, 589, 960
[See]
	
Stothers, R., & Leung, K. C. 1971, A&A, 10, 290
[See]
	
Strotjohann, N. L., Ofek, E. O., Gal-Yam, A., et al. 2021, ApJ, 907, 99
[See]
	
Sukhbold, T., Ertl, T., Woosley, S. E., Brown, J. M., & Janka, H. T. 2016, ApJ, 821, 38
[See]
	
Szalai, T., Vinkó, J., Nagy, A. P., et al. 2016, MNRAS, 460, 1500
[See]
	
Temmink, K. D., Pols, O. R., Justham, S., Istrate, A. G., & Toonen, S. 2023, A&A, 669, A45
[See]
	
Theuns, T., & Jorissen, A. 1993, MNRAS, 265, 946
[See]
	
Tonry, J. L., Denneau, L., Heinze, A. N., et al. 2018, PASP, 130, 064505
[See]
	
Tramper, F., Sana, H., & de Koter, A. 2016, ApJ, 833, 133
[See]
	
Van Dyk, S. D., Zheng, W., Fox, O. D., et al. 2014, AJ, 147, 37
[See]
	
Vinciguerra, S., Neijssel, C. J., Vigna-Gómez, A., et al. 2020, MNRAS, 498, 4705
[See]
	
Vink, J. S. 2017, A&A, 607, L8
[See]
	
Vink, J. S., de Koter, A., & Lamers, H. J. G. L. M. 2001, A&A, 369, 574
[See]
	
Walder, R., Folini, D., & Shore, S. N. 2008, A&A, 484, L9
[See]
	
Wang, C., Jia, K., & Li, X.-D. 2016, Res. Astron. Astrophys., 16, 126
[See]
	
Wang, C., Langer, N., Schootemeijer, A., et al. 2020, ApJ, 888, L12
[See]
	
Weaver, T. A., Zimmerman, G. B., & Woosley, S. E. 1978, ApJ, 225, 1021
[See]
	
Webbink, R. F. 1984, ApJ, 277, 355
[See]
	
Wellstein, S., & Langer, N. 1999, A&A, 350, 148
[See]
	
Wellstein, S., Langer, N., & Braun, H. 2001, A&A, 369, 939
[See]
	
Woosley, S. E. 2019, ApJ, 878, 49
[See]
	
Woosley, S. E., & Heger, A. 2015, ApJ, 810, 34
[See]
	
Woosley, S. E., Weaver, T. A., & Taam, R. E. 1980, in Texas Workshop on Type I Supernovae, ed. J. C. Wheeler, 96
[See]
	
Woosley, S. E., Eastman, R. G., Weaver, T. A., & Pinto, P. A. 1994, ApJ, 429, 300
[See]
	
Woosley, S. E., Blinnikov, S., & Heger, A. 2007, Nature, 450, 390
[See]
	
Wu, S., & Fuller, J. 2021, ApJ, 906, 3
[See]
	
Wu, S. C., & Fuller, J. 2022, ApJ, 940, L27
[See]
	
Yaron, O., Perley, D. A., Gal-Yam, A., et al. 2017, Nat. Phys., 13, 510
[See]
	
Yoon, S.-C. 2017, MNRAS, 470, 3970
[See]
	
Yoon, S.-C., & Cantiello, M. 2010, ApJ, 717, L62
[See]
	
Yoon, S. C., Langer, N., & Norman, C. 2006, A&A, 460, 199
[See]
	
Yoon, S. C., Woosley, S. E., & Langer, N. 2010, ApJ, 725, 940
[See]
	
Yoon, S.-C., Dessart, L., & Clocchiatti, A. 2017, ApJ, 840, 10
[See]
	
Young, T. R. 2004, ApJ, 617, 1233
[See]
	
Zhang, T., Wang, X., Wu, C., et al. 2012, AJ, 144, 131
[See]



Appendix A:  Advanced evolutionary stages and numerical instabilities
After the depletion of carbon in the core, successive burning stages develop off-center flames, which often result in convergence issues. This problem is more pronounced in models with a smaller helium core, where the burning flames develop further off-center. To help convergence and speed up the calculation, some numerical settings (e.g., mesh and timestep refinement) are altered after core-carbon depletion, as well as some mixing settings, namely the thermohaline mixing efficiency is increased to 2 and a small step-overshooting is introduced across the metal-burning regions with αov = 0.008. These minor changes have a negligible effect on the overall core and envelope structure at the end.
The termination point for the models at qi = 0.95 is core collapse, which is defined in MESA as the moment when the iron core collapses at velocities above 1 000 km s−1. Of these, some exhibit numerical instabilities in the final stages, and the end of the run is found after the end of Si-burning, which is only a few hours ahead of core collapse. This guarantees that the structure of the star outside the Si/Fe-rich core will be practically unchanged by the time of the explosion. To capture the collapse of the iron core, the hydrodynamic terms are switched on inside the helium core. Due to numerical issues in some models when they become RSGs, the hydrodynamic terms are also turned on for the inner regions of the envelope. The usage of the hydrodynamic terms throughout the entire envelope was not pursued. Even though this would have allowed proper modeling of radial pulsations, this would have been outside the scope of this work. For all other models with qi ≤ 0.90, the termination is set to core silicon depletion.
However, some models still fail to reach Si burning or do so while exhibiting some anomalous behavior. We will discuss these numerical issues, depending on whether they occurred on the primary star or the secondary.
A.1. Numerical instabilities of the primary star model
A limited set of models (with Menv ∼ 0.15 − 0.40 M⊙) exhibited strong oscillations of surface quantities (such as radius, luminosity and effective temperature) with periods of 12 − 20 days between the end of core-carbon burning and the onset of neon burning. Given such short characteristic timescales, which are almost an order of magnitude smaller than the dynamical or thermal timescale of the models, we believe that these oscillations arise from numerical instabilities rather than some physical process. This instability would arise at most 20 years before the end of the run (which, in all but one model, is the moment of core collapse), and with such small timescales the effect on mass-loss is negligible. However, if one examines the models before the oscillations would set in, all the models in Fig. 11 would align on one trend line, and the noise would disappear (cf. Fig. A.1).
	[image: thumbnail]	Fig. A.1. Zoomed-in section of Fig. 11, where in black we report the values of the radius (top) and effective temperature (bottom) of the primary star 21 years prior to the end of the run and in red those at the end of the calculation.



A.2. Numerical instabilities of the secondary star model
When the secondary star accretes He-enhanced material while critically rotating during Case C RLOF (which occurs exclusively in the Case B+C systems), its outer layers exhibit numerical instabilities that often result in a termination of the run during the final stages of the primary star’s evolution. This seems to arise due to the abrupt change in its surface composition which results in a change in the radius of the star while critically rotating. Since our main focus is on the primary star rather than the secondary star, we stop following the detailed evolution of the secondary (i.e., it is set to a point mass and mass transfer is artificially set as inefficient) if it reaches critical rotation and the primary has reduced the mass fraction of carbon in the center below 10−5. This does not affect our primary star evolution, as mass transfer is still accounted for and only ≲40 years are left before the collapse. Specifically, the set of models with Pi = 1000,  …,1995 d generally suffer from this. The core evolution of the secondary star is also not expected to be significantly affected by the almost negligible amount of mass that would otherwise be accreted during this time span.

Appendix B:  Discussion of inherent uncertainties
B.1. Winds from RSGs
In many of the binary models investigated above, the primary star ends its life as a RSG with a highly reduced envelope mass, i.e., for our chosen initial primary mass of ∼12.6 M⊙, many models end up with an envelope mass well below 1 M⊙, while a single star would retain an envelope of ∼7 M⊙.
The driving mechanism of RSG winds is not yet well understood. Therefore, we cannot predict the effect of the reduced mass on the mass-loss rate. In our RSG stellar models, for which we use the empirical mass-loss recipe of Nieuwenhuijzen & de Jager (1990), a mass dependence of the mass-loss rate is included, but it predicts weaker winds for less massive stars with the same radius and luminosity (Ṁ ∼ M0.16).
However, since radius, effective temperature and luminosity of the partially stripped models are similar to that of the single star model, one might argue that the mass-loss rate must be enhanced, due to the reduced gravity and increased Eddington factor, as envisioned in the classical Reimers-law (Ṁ ∼ RL/M, Reimers 1975). The Reimers-law is just based on dimensional arguments and lacks a physical basis. However, the latter is provided by Schröder & Cuntz (2005), who also refine it through additional dependencies of the mass-loss rate on the effective temperature and on the RSG surface gravity, leaving the mass dependence, and found that the result is nearly unaffected. The implication is that the stellar wind mass-loss rate of partially stripped RSGs may be up to three times higher than those of ordinary RSGs of the same luminosity and radius, and that the wind mass-loss rates of our partially stripped RSG models (cf., Figs. 6 and 8 and Table 1) may be underestimated by a similar factor.
In addition to that, stellar models generally increase their radius and luminosity considerably after core helium exhaustion, due to helium shell burning. This feature (which enables Case C mass transfer) increases the L/M-ratio by another factor of ∼3 over the corresponding value during core helium burning in our models. We conclude that the RSG mass-loss rates of our pre-SN models may be underestimated by up to a factor of 10, in addition to the inherent uncertainty of the empirical RSG mass-loss rate recipe.
B.2. Winds of hot stripped stars
Wind mass-loss in hot stripped stars can play a role in the evolution of systems which have undergone Case B mass transfer (Gilkis et al. 2019). A lower mass-loss rate in this phase would imply a higher final envelope mass and perhaps prevent full stripping for the tighter systems. The work of Gilkis & Arcavi (2022) shows that for partially stripped-envelope SN progenitors which have been imaged before the explosion, the best fitting models favor wind mass-loss rates as described in Vink (2017), rather than those of Nugis & Lamers (2000), which are adopted here. This may imply that for our models which perform blue-loops during core helium burning (Sect. 3.1), less mass-loss may be expected, which would shift the parameter space for Type Ib SNe towards initially tighter systems, thereby extending the parameter space for Type IIb progenitors.
B.3. Mass-transfer efficiency
Our models are run with a variable mass transfer efficiency, which is high as long as the accretor is not critically rotating, at which point drops to zero. This results in a very low mean mass transfer efficiency in every model transferring significant amounts of material, as the secondary is spun-up after accreting only a fraction of a solar mass.
In our models, a higher mass transfer efficiency would have a number of effects. Firstly, increasing the efficiency means that less angular momentum is lost from the system during mass transfer, leading to wider orbits. Secondly, the mass ratios would increase, leading to tighter Roche lobes for the primary stars. The overall result of these two competing effects is that the primary star removes more mass compared to the case of inefficient mass transfer (Claeys et al. 2011; Ouchi & Maeda 2017). Owing to the smaller Roche lobe of the primary, this can also increase the likelihood of mass transfer turning unstable, according to our definition. This would similarly affect systems undergoing Case B RLOF as well as systems exhibiting only Case C. However, the effect on Case C RLOF after having already undergone Case B is less clear, as the orbit is wider while the star retains more of its envelope.
If both the accretion efficiency and the mass transfer rate are high, then the secondary could find it difficult to thermally relax during accretion (Braun & Langer 1995, Schürmann et al., in prep.). This would lead to an expansion and a higher likelihood of filling its Roche lobe, which could lead to the development of a common envelope.
B.4. Loss of mass and angular momentum from the system
Mass that is not accreted onto the secondary is assumed to be ejected from the binary and it is assumed that it carries away, on average, the specific orbital angular momentum of the secondary star, as commonly used in other works (e.g., Claeys et al. 2011; Gilkis et al. 2019; Long et al. 2022; Klencki et al. 2022). However, this is uncertain. A larger angular momentum loss than that used in our models would cause the orbit to widen less during mass transfer, forcing the primary to shed more mass. During the first mass transfer event, this would result in more stripping and tighter orbits, making it difficult to determine the behavior of a second RLOF. If the system only exhibited Case C mass transfer, then the higher mass transfer rates would also produce a denser CSM. Additionally, this would likely result in more systems developing unstable mass transfer. Less angular momentum loss would have the opposite effect.
The work from Podsiadlowski et al. (1992) summarizes how different combinations of assumptions in the accretion efficiency and angular-momentum losses affect the final envelope of the primary star. Here, they show that for binaries with qi = 1, 0.75 and 0.5 and M1, i = 12 M⊙ (cf. their Fig. 6-8) the final envelope mass is highly sensitive to the assumptions of angular-momentum losses for inefficient mass transfer, which becomes less significant for higher accretion efficiencies. Although a direct comparison with their models is not possible, due to different initialization and physics, their results nevertheless indicate that different assumptions on the angular-momentum losses will inevitably result in significant differences in the final envelope masses, possibly shrinking or widening our parameter space.
B.5. Stability of mass transfer
B.5.1. The effect of different mass-transfer stability criteria
In this paper, the criterion for unstable mass transfer is determined based on the amount of mass lost by the primary star while expanding beyond its outer Lagrangian point. This amount was set to 1 M⊙, which is an arbitrary choice. Setting this threshold to a lower (higher) value would result in the boundary between systems undergoing stable and unstable mass transfer shifting towards higher (lower) qi. However, even the extreme case, that is setting this threshold to zero (which then coincides with the criterion proposed in Pavlovskii & Ivanova 2015, whereby a system would be considered undergoing unstable mass transfer as soon as the primary star overflows the outer Lagrangian point), only adds a few more models towards higher qi.
Another marker for the onset of unstable mass transfer might be the so-called dynamical-timescale mass transfer (Ivanova et al. 2020). Here, the plunge-in phase is expected to occur once changes to the orbital configuration or the donor mass have timescales comparable to that of the orbital period. In our models, if we adopt the same threshold parameter as in Ivanova et al. (2020) and Temmink et al. (2023), then all Case C models with qi ≤ 0.65 and Case B models with qi ≤ 0.70 would undergo unstable mass transfer.
A different approach was used in Marchant et al. (2021), where the onset of unstable mass transfer is set when ṀRLOF > 1 M⊙ yr−1. This criterion would result in more models being labelled as unstable, as all Case C models models with qi ≤ 0.60 and most of the wide Case B models with qi ≤ 0.80 reach this mass transfer rate threshold.
B.5.2. The effect of different mass-transfer schemes
We cannot discuss the stability of mass transfer without also mentioning the effect of different mass transfer schemes, as there exist more recent alternatives to, or improvements of, the scheme from Kolb & Ritter (1990) for the scope of the study of the systems in this work.
One such example is the recent improvement to the scheme of Kolb & Ritter (1990) introduced in Marchant et al. (2021) that better accounts for mass transfer by including radiation pressure and a better approximation to the Roche potential around the L1 point. This scheme results in a slightly more compact donor during mass transfer and higher mass transfer rates compared to the original scheme. The first effect would result in more of our systems undergoing stable mass transfer according to our criterion and that of (Pavlovskii & Ivanova 2015), while the latter would do the exact opposite when adopting criteria based on limits on the mass transfer rate (e.g., Ivanova et al. 2020; Temmink et al. 2023). Another important example is the scheme developed in Cehula & Pejcha (2023), which offers, under different circumstances, higher or lower mass transfer rates than that of Kolb & Ritter (1990).
This highlights that the adoption of different mass transfer schemes in the calculations has important consequences on the expected stability of mass transfer, which can have different outcomes depending on the criterion adopted.
B.6. Common-envelope evolution
The phase of CE evolution following the onset of unstable mass transfer is still poorly understood. The energy criterion requires knowledge of the efficiency with which the orbital energy is used to unbind the common envelope, which is encapsulated in the variable αCE which we set to one. Lower values would result in tighter post-CE evolution orbits and more of the CE systems fulfilling the merger criterion as more orbital energy is required to unbind the same amount of envelope. This does not affect the systems undergoing unstable Case B mass transfer, since in these systems a merger occurs even with αCE = 1, while for the Case C systems this would shift the boundary between possible common-envelope ejection and possible merger systems further towards higher qi. At the same time, the value of λ is also a source of uncertainty, as it is evaluated at the onset of unstable mass transfer and does not take into account the changes in the density structure and thermodynamic properties of the CE during CE evolution.
Finally, the time sequence of events during a CE evolution is also subject to many uncertainties. For example, during the plunge-in phase, the CE may not always become completely unbound (Lau et al. 2022), and it may fall back into the binary system during the in-spiral phase (Kuruwita et al. 2016). This may result in some hydrogen being reaccreted onto the primary star, which would strongly affect the SN features. Furthermore, in some 3D-hydrodynamical simulations, the secondary star is swallowed by the primary’s envelope and then accreted onto the primary’s core due to tidal disruption (Chatzopoulos et al. 2020), while in others (Lau et al. 2022) parts of the CE may be unbound by the time tidal-disruption occurs. It is also important to note that the material that is ejected during CE evolution is not leaving the system isotropically but has a preference towards the orbital plane (e.g., Kuruwita et al. 2016; Lau et al. 2022; Gagnier & Pejcha 2023).

Appendix C:  Definition of envelope mass
Stellar modeling in MESA refers to helium core mass MHe − core as the mass coordinate of the star that has negligible amounts of hydrogen, the threshold of which is set in this work as X = 0.01. Using this definition, the envelope mass will be defined as the remaining mass of the star found outside this mesh, that is M − MHe − core. The time evolution of the envelope mass is linked to the mass-loss of the star, via winds or mass transfer, as well as the growth of the helium core (cf. Fig. C.1).
	[image: thumbnail]	Fig. C.1. Evolution of the envelope mass of the primary star in the models with qi = 0.95 as a function of time prior to core collapse (left) and the different contributors to its removal (right): growth of the helium core (top), mass-loss by winds (middle) and mass-loss by mass-transfer (bottom). The colors, dashing, and shading are the same as in Fig. 2.



This definition of the helium core has practical uses, as the layers just above this should have enough hydrogen to undergo convective hydrogen burning. This implies that the steep density gradient associated with the extended envelope will be found at points further out than the boundary prescribed by the code (cf. Fig. C.2).
	[image: thumbnail]	Fig. C.2. Close-up view of the density (solid) and hydrogen (dashed) profile around the core-envelope boundary in some of the models with qi = 0.95 at the time of core collapse. The dotted line indicates the location of the helium core mass as evaluated from MESA.



It is important to note that there is a difference between this definition of the envelope mass and the one used in light-curve modeling, which is instead based on thresholds in density.
In light-curve modeling, only the ‘loosely’ bound envelope, that is the meshes found at large radii, contribute sensitively to the light curve, regardless of their composition. The region surrounding the core exhibits a relatively steep density gradient, which would jump from ≳10−2 g cm−3 to as low as 10−5 in a matter of 0.05 − 0.15 M⊙ (cf. Fig. C.2). Assuming that regions with densities ρ ≳ 10−4 do not contribute to the signal in the light-curve, as they are found in our models within 6 R⊙, then it is safe to assume that the extended envelope mass of our models actually is 0.05 − 0.15 M⊙ less compared to our estimate from the hydrogen-abundance threshold.
While this difference is negligible for stars with envelope masses greater than 1 M⊙, it can become important for our models with smaller estimated envelope masses (cf. Fig. C.3). In these models, this difference results in a significant fraction of the estimated envelope mass to actually be found in the dense layers surrounding the core and thus do not contribute to the shape of the light-curve. Finally, the sudden drop in radius at Menv ≲ 0.3 M⊙ in Fig. 11 is now replaced in Fig. C.3 by a log-linear trend. With this change, our results appear to be more in contrast with the estimates of SN 2011dh and especially SN 2008ax, while they are still compatible within the errors to the estimates for SN 2016gkg.
	[image: thumbnail]	Fig. C.3. Same as Fig. 11 but with the envelope mass estimated by only considering the mass of the star with ρ ≤ 10−5 g cm−3 (colored markers), instead of that with X > 0.01 (gray markers).




Appendix D:  Comparison with previous works
Here we compare and contrast the findings of previous studies with the key results of this work, namely the presence and features of partially stripped supergiants, the number of Type Ib progenitors, Case B+C mass transfer, stable Case C mass transfer, and Type IIn progenitors.
D.1. Partially stripped supergiants
We find evidence of partially stripped supergiants at solar metallicity, in agreement with the initially wider binary models described Claeys et al. (2011), Yoon et al. (2017), Ouchi & Maeda (2017), Sravan et al. (2019, 2020), and Long et al. (2022). These works also generally agree with our finding that there exists some threshold MH which distinguishes RSGs and YSGs and compact progenitors, although the specific thresholds vary between studies.
We find that a star will swell up to become a supergiant if MH ≳ 0.01 M⊙, and specifically those with MH ≲ 0.02 M⊙ explode as YSGs while those with larger MH do so as RSGs. In Claeys et al. (2011), which focused on initially wide binaries with high mass ratios and M1, i = 15 M⊙, they do not find any compact progenitor, which may be owed to the limited parameter space explored and the wind schemes adopted, while the boundary between YSGs and RSGs is found at MH ∼ 0.1 M⊙. In the solar-metallicity binary models from Sravan et al. (2019, 2020) with different initial masses, and initial orbital parameters, compact progenitors are found for MH ≲ 0.2 M⊙, YSGs for MH ≲ 0.3 M⊙ and RSGs for larger masses. In the models from Yoon et al. (2017) with M1, i = 11 M⊙ and 13 M⊙, they find compact progenitors which retain hydrogen if MH ≲ 0.004, while the YSG/RSG boundary is found at MH ∼ 0.015 M⊙. These results are still compatible with Klencki et al. (2022), where they find that, for models with M1, i = 12 M⊙ and 14 M⊙, even their initially widest systems undergoing Case B mass transfer become fully stripped due to winds during core-helium burning, which can be attributed to the initially lower mass ratio of qi = 0.60, which favors much stronger stripping during Case B RLOF.
D.2. Type Ib progenitors
The parameter space for Type Ib progenitors is sensitive to the adopted wind schemes after Case B interaction (Gilkis et al. 2019), and thus there is no clear consensus between different work.
Our work implements the Nugis & Lamers (2000) wind mass-loss in hot and helium-enhanced post-Case B envelopes, and results in full stripping in those that had retained an envelope of Menv ≲ 1 M⊙ following Case B RLOF. This result is qualitatively shared by the works of Yoon et al. (2017), Sravan et al. (2019), Long et al. (2022), and Klencki et al. (2022) and the NL00 series from Gilkis et al. (2019), which share our wind prescription for hot and helium-enhanced stars.
A different behavior arises in Claeys et al. (2011), where they use weaker winds described in de Jager et al. (1988), and the V17 models from Gilkis et al. (2019) which adopted the winds from Vink (2017), result in almost no fully stripped post-Case B primaries.
In Ouchi & Maeda (2017), while the adopted winds are similar to ours, the implementations differ, and this results in only their tightest models losing the entire envelope.
D.3. Case B+Case C mass transfer
We find that all models which retained Menv ≳ 0.3 M⊙ filled their Roche lobes once again, transferring up to 2 M⊙ of material. This second phase of mass transfer is present in some models in the literature, for example in Woosley et al. (1994), Claeys et al. (2011), Yoon et al. (2017), Long et al. (2022), Ouchi & Maeda (2017), and Matsuoka & Sawada (2024), but there is no systematic investigation of this phase.
In Gilkis et al. (2019), their parameter space does not cover wide enough binaries to exhibit a second phase of mass transfer like ours, and they instead exhibit a second phase of mass transfer for their initially tighter models run with the wind mass-loss rates from Vink (2017) for hot and helium enhanced stars. A similar behavior is also found in Yoon et al. (2017) for the models with an artificially reduced wind mass-loss rate. As such, different choices of the wind scheme for post-Case B primaries may add the tightest Case B systems to the pool of systems undergoing a second phase of RLOF.
In Ouchi & Maeda (2017), evidence for a significant second mass transfer phase is also seen for wider models, regardless of mass-transfer efficiency.
D.4. Case C mass transfer
Case C interaction is an evolutionary phase that has not been systematically investigated in the literature, due to its limited parameter space (see e.g., Schneider et al. 2021) and the general idea that fully convective envelopes undergoing mass transfer quickly become unstable, even though it was invoked to explain the progenitor structure for SN 1993J (Podsiadlowski et al. 1993; Maund et al. 2004). In our work we do find this phase of mass transfer to be stable if qi > 0.5. In works like Claeys et al. (2011) and Sravan et al. (2019), whose purpose was to investigate the parameter space for Type IIb SNe, there are progenitor models that only undergo Case C mass transfer. However, the stability and the full extent of the parameter space for this phase is not discussed. In Marchant et al. (2021), where they investigate main-sequence stars of 30 M⊙ with black-hole companions of up to 15 M⊙ with a modified version of the Kolb-scheme, they do find that stable Case C mass transfer is found for qi ≳ 0.5 and for models which filled their Roche lobes close to core collapse (see Sect. 3.3).
The work from Ouchi & Maeda (2017) shows example calculations for mass transfer in wide binaries of slightly larger initial mass to ours (16 M⊙). Comparing their Fig. 10 and Fig. 11 with our Fig. 6 confirms the essentials for our models undergoing stable Case C mass transfer, while some differences in the detailed time dependence of the mass transfer rate may depend on the different implemented physics and parameters (e.g., their models are non-rotating and adopt αMLT = 2), as well as the exact initial binary configuration. These differences also result in the boundaries between models undergoing Case B+Case C mass transfer, Case C mass transfer and no mass transfer at all to be found at initially tighter systems compared to our own. Similarly, the recent work of Matsuoka & Sawada (2024), which expands on the work of Ouchi & Maeda (2017) to models with a primary initial mass of 12 M⊙, also shows qualitative agreement with our models undergoing Case C mass transfer (cf., their Fig. 1 and Fig. 4 with our Fig. 6).
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	[image: thumbnail]	Fig. 1. Initial orbital period Pi versus the initial mass ratio qi for the computed binary evolution models (squares), with a color-coding denoting the remaining envelope mass of the primary star at the time of its core collapse. The envelope mass can be used to indicate the anticipated SN type if no CSM interaction would occur (see color bar). The black lines separate systems without mass transfer (above the thick full-drawn), Case C (above the dashed line), Case B+C systems (above the dotted line), and pure Case B systems. where the latter is not investigated in the area in which no binary models are computed. The background pattern of circles indicates a likely CE evolution, where for wide, open circles the energy criterion implies that a CE ejection would be possible, and small filled circles imply the opposite. Here, symbols in red color indicate that the donor star’s core may collapse before the end of the common envelope phase is reached. As in this case, the pre-SN envelope structure is not well constrained, we give the corresponding squares multiple background colors, indicating the range of possibilities. The star symbols represent the multi-D models of Lau et al. (2022). Black arrows point out rows and columns in the plot for which data is displayed in Table 1.
In the text



	[image: thumbnail]	Fig. 2. Evolution of the radius as a function of the time left until core collapse (left) and as a function of the evolving envelope mass (right) of the primary star in models with qi = 0.95. Each plot is divided into two parts, with a linear ordinate scale (top) and a logarithmic ordinate scale (bottom). The color coding reflects the initial orbital periods, where dashed lines correspond to phases of RLOF. Key evolutionary phases are also highlighted by gray vertical bars (left) or markers (right), indicating respectively when core He and C are ignited (-ign) and depleted (-dep).
In the text



	[image: thumbnail]	Fig. 3. Amount of mass lost during stable Case B mass transfer for all models where this is encountered, as a function of the maximum radius the star would have exhibited in this phase without a companion (i.e., the maximum radius of the model N2818−0.95) minus the Roche lobe radius prior to interaction. Different colors represent different initial orbital periods, as in Fig. 2, and the dashed lines connect systems with the same initial mass ratio, whose value is labeled on the left.
In the text



	[image: thumbnail]	Fig. 4. Evolution of the primary stars for our models with qi = 0.95 in the HRD (left) and sHRD (right). The markers indicate the position where the primaries reach core collapse, and the color-coding is as in Fig. 2. Thick gray lines reflect the ZAMS and terminal-age main-sequence (TAMS) positions of single stars, and thin gray dashed lines show the main-sequence evolution of single stars with initial mass displayed at the edges of the tracks. For models that leave the RSG regime after core helium ignition, dots are placed on their tracks at a fixed time interval of 50 kyr.
In the text



	[image: thumbnail]	Fig. 5. Amount of mass lost by the primary star during stable Case C mass transfer as a function of the envelope mass prior to Case C RLOF. Models with different initial orbital periods are shown in different colors, as in Fig. 2. Models with qi = 0.95 are marked with a star, and models with smaller initial mass ratios are shown with smaller square markers. The gray horizontal lines mark the maximum mass that the secondaries accrete during the first (right) or second (left) phase of mass transfer.
In the text



	[image: thumbnail]	Fig. 6. Mass-transfer rate and wind mass-loss rate as a function of time prior to collapse for the models with qi = 0.95. The color coding and vertical gray bars are the same as in Fig. 2. The phase of neon ignition is also highlighted (Ne-ign).
In the text



	[image: thumbnail]	Fig. 7. Stacked-bar chart showing how much of the primary star’s initial mass of 12.6 M⊙ is left at core collapse (red), and how much is lost (white hatching), as a function of the initial binary orbital period for our systems with an initial mass ratio of qi = 0.95. The helium core mass (red filling, black dots) is distinguished from the mass of the remaining H-rich envelope (red filling, no hatching) with a black line. The three colored white-hatched bars represent the mass lost via wind (azure), Case B RLOF (blue), and Case C RLOF (green).
In the text



	[image: thumbnail]	Fig. 8. Mass-loss rate (top) and envelope mass (bottom) as a function of time prior to collapse in the models with Pi = 1995 d (left) and Pi = 1413 d (right), and with different qi shown in different colors (see legend). The vertical gray bars highlight, from left to right, the moment of ignition and depletion of carbon in the core. The markers represent the start of unstable mass transfer. Model C1413−0.10 is not shown, but its behavior is similar to Model C1995−0.20.
In the text



	[image: thumbnail]	Fig. 9. Mass-loss rate as a function of time prior to collapse for the models with Pi = 2412 d, with different qi shown in different colors as in Fig. 8. The vertical gray bar highlights the moment of core carbon depletion.
In the text



	[image: thumbnail]	Fig. 10. Pi − qi diagrams for our models as in Fig. 1, focusing on the models with qi ≥ 0.5, where the color-coding now denotes different properties. From left to right, they show the mass lost by the system (i.e., not accreted by the secondary) during Case C mass transfer ([image: equation]), the average mass-loss rate due to RLOF during the last 100 years prior to the end of the simulation (ṀRLOF), and the fraction of the SN kinetic energy that is expected to be converted into radiation by the interaction (MCSM/(Mej + MCSM), see Sect. 5.2). The hatching, as well as contour lines, are the same as in Fig. 1. Since the pre-SN envelope properties of the two longest-period Case C models with qi = 0.5 are rather unconstrained, we give the corresponding squares in the first and third panels a range of background colors indicating the range of possibilities. In the middle panel, we use a question mark for the three models which are expected to explode during or after a common envelope phase.
In the text



	[image: thumbnail]	Fig. 11. Radius (left) and effective temperature (right) of the primary stars at core collapse as a function of their envelope mass, for models that undergo stable mass transfer and that are not fully stripped (filled markers). Different colors are defined as in Fig. 2, and different symbols indicate their mass transfer history (crosses for models not undergoing mass transfer, diamonds for Case C models, squares for Case BC and circles for Case B). Grey arrows indicate models with values outside of the bounds of the plot. The total mass of hydrogen in the models is displayed as a secondary axis on top. Estimated progenitor properties of several observed Type IIb SNe are also shown (cf. Table 2) with error bars. Solid-line error bars refer to several references (see Table 2) while those in dotted lines are taken from Gilkis & Arcavi (2022). The progenitor radius estimates from light-curve fitting are shown as shaded boxes.
In the text



	[image: thumbnail]	Fig. 12. Circumstellar density (top panel) and velocity (bottom panel) as a function of the distance from the outer boundary of our 12.6 M⊙ single star RSG model 1 year prior to collapse. Its radius as derived by MESA is R = 897 R⊙, and its wind mass outflow rate 3.3 × 10−6 M⊙ yr−1. The three dashed lines correspond to an isothermal subsonic atmosphere which includes various turbulent pressure contributions (see legend), which transition to a β-wind law with β = 5 and v∞ = 25 km s−1 when the local velocity reaches the sound speed (marked by a thick dot). The purple line corresponds to the fiducial turbulent pressure-driven RSG wind model of Kee et al. (2021), while the green line represents the semi-empirical outflowing atmosphere model of González-Torà et al. (2023) which fits the interferometric observations of the Galactic nearby RSG HD 95687. The blue area represents the constraints for the circumstellar density distribution derived by Yaron et al. (2017) based on the flash-spectroscopy of the ordinary Type IIP SN 2013fs. The vertical shading marks the typical orbital separation found in our binary models at core collapse.
In the text



	[image: thumbnail]	Fig. A.1. Zoomed-in section of Fig. 11, where in black we report the values of the radius (top) and effective temperature (bottom) of the primary star 21 years prior to the end of the run and in red those at the end of the calculation.
In the text



	[image: thumbnail]	Fig. C.1. Evolution of the envelope mass of the primary star in the models with qi = 0.95 as a function of time prior to core collapse (left) and the different contributors to its removal (right): growth of the helium core (top), mass-loss by winds (middle) and mass-loss by mass-transfer (bottom). The colors, dashing, and shading are the same as in Fig. 2.
In the text



	[image: thumbnail]	Fig. C.2. Close-up view of the density (solid) and hydrogen (dashed) profile around the core-envelope boundary in some of the models with qi = 0.95 at the time of core collapse. The dotted line indicates the location of the helium core mass as evaluated from MESA.
In the text



	[image: thumbnail]	Fig. C.3. Same as Fig. 11 but with the envelope mass estimated by only considering the mass of the star with ρ ≤ 10−5 g cm−3 (colored markers), instead of that with X > 0.01 (gray markers).
In the text
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        Amount of mass lost during stable Case B mass transfer for all models where this is encountered, as a function of the maximum radius the star would have exhibited in this phase without a companion (i.e., the maximum radius of the model N2818−0.95) minus the Roche lobe radius prior to interaction. Different colors represent different initial orbital periods, as in Fig. 2, and the dashed lines connect systems with the same initial mass ratio, whose value is labeled on the left.

      

    

  
    
      Fig. 5. 
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        Amount of mass lost by the primary star during stable Case C mass transfer as a function of the envelope mass prior to Case C RLOF. Models with different initial orbital periods are shown in different colors, as in Fig. 2. Models with qi = 0.95 are marked with a star, and models with smaller initial mass ratios are shown with smaller square markers. The gray horizontal lines mark the maximum mass that the secondaries accrete during the first (right) or second (left) phase of mass transfer.

      

    

  
    
      Fig. 7. 

      
        [image: thumbnail]
      

      
        Stacked-bar chart showing how much of the primary star’s initial mass of 12.6 M⊙ is left at core collapse (red), and how much is lost (white hatching), as a function of the initial binary orbital period for our systems with an initial mass ratio of qi = 0.95. The helium core mass (red filling, black dots) is distinguished from the mass of the remaining H-rich envelope (red filling, no hatching) with a black line. The three colored white-hatched bars represent the mass lost via wind (azure), Case B RLOF (blue), and Case C RLOF (green).

      

    

  
    
      Fig. 10. 
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        Pi − qi diagrams for our models as in Fig. 1, focusing on the models with qi ≥ 0.5, where the color-coding now denotes different properties. From left to right, they show the mass lost by the system (i.e., not accreted by the secondary) during Case C mass transfer ([image: equation]), the average mass-loss rate due to RLOF during the last 100 years prior to the end of the simulation (ṀRLOF), and the fraction of the SN kinetic energy that is expected to be converted into radiation by the interaction (MCSM/(Mej + MCSM), see Sect. 5.2). The hatching, as well as contour lines, are the same as in Fig. 1. Since the pre-SN envelope properties of the two longest-period Case C models with qi = 0.5 are rather unconstrained, we give the corresponding squares in the first and third panels a range of background colors indicating the range of possibilities. In the middle panel, we use a question mark for the three models which are expected to explode during or after a common envelope phase.

      

    

  
    
      Fig. 11. 
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        Radius (left) and effective temperature (right) of the primary stars at core collapse as a function of their envelope mass, for models that undergo stable mass transfer and that are not fully stripped (filled markers). Different colors are defined as in Fig. 2, and different symbols indicate their mass transfer history (crosses for models not undergoing mass transfer, diamonds for Case C models, squares for Case BC and circles for Case B). Grey arrows indicate models with values outside of the bounds of the plot. The total mass of hydrogen in the models is displayed as a secondary axis on top. Estimated progenitor properties of several observed Type IIb SNe are also shown (cf. Table 2) with error bars. Solid-line error bars refer to several references (see Table 2) while those in dotted lines are taken from Gilkis & Arcavi (2022). The progenitor radius estimates from light-curve fitting are shown as shaded boxes.

      

    

  
    
      Fig. 12. 
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        Circumstellar density (top panel) and velocity (bottom panel) as a function of the distance from the outer boundary of our 12.6 M⊙ single star RSG model 1 year prior to collapse. Its radius as derived by MESA is R = 897 R⊙, and its wind mass outflow rate 3.3 × 10−6 M⊙ yr−1. The three dashed lines correspond to an isothermal subsonic atmosphere which includes various turbulent pressure contributions (see legend), which transition to a β-wind law with β = 5 and v∞ = 25 km s−1 when the local velocity reaches the sound speed (marked by a thick dot). The purple line corresponds to the fiducial turbulent pressure-driven RSG wind model of Kee et al. (2021), while the green line represents the semi-empirical outflowing atmosphere model of González-Torà et al. (2023) which fits the interferometric observations of the Galactic nearby RSG HD 95687. The blue area represents the constraints for the circumstellar density distribution derived by Yaron et al. (2017) based on the flash-spectroscopy of the ordinary Type IIP SN 2013fs. The vertical shading marks the typical orbital separation found in our binary models at core collapse.

      

    

  
    
      Fig. A.1. 
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        Zoomed-in section of Fig. 11, where in black we report the values of the radius (top) and effective temperature (bottom) of the primary star 21 years prior to the end of the run and in red those at the end of the calculation.

      

    

  
    
      Fig. C.1. 
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        Evolution of the envelope mass of the primary star in the models with qi = 0.95 as a function of time prior to core collapse (left) and the different contributors to its removal (right): growth of the helium core (top), mass-loss by winds (middle) and mass-loss by mass-transfer (bottom). The colors, dashing, and shading are the same as in Fig. 2.

      

    

  
    
      Fig. C.2. 
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        Close-up view of the density (solid) and hydrogen (dashed) profile around the core-envelope boundary in some of the models with qi = 0.95 at the time of core collapse. The dotted line indicates the location of the helium core mass as evaluated from MESA.

      

    

  
    
      Fig. C.3. 
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        Same as Fig. 11 but with the envelope mass estimated by only considering the mass of the star with ρ ≤ 10−5 g cm−3 (colored markers), instead of that with X > 0.01 (gray markers).
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