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Abstract

Context. A precise understanding of the equation of state (EOS) of dense and hot matter is key to modeling relativistic astrophysical environments, including core-collapse supernovae (CCSNe), protoneutron star (PNSs) evolution, and compact binary mergers.

Aims. In this paper, we extend the microscopic zero-temperature BL (Bombaci and Logoteta) nuclear EOS to finite temperature and arbitrary nuclear composition. We employ this new EOS to describe hot β-stable nuclear matter and to compute various structural properties of nonrotating PNS. We also apply the EOS to perform dynamical simulations of a spherically symmetric CCSN.

Methods. The EOS is derived using the finite temperature extension of the Brueckner–Bethe–Goldstone quantum many-body theory in the Brueckner–Hartree–Fock approximation. Neutron star properties are computed by solving the Tolman–Oppenheimer–Volkoff structure equations numerically. The sperically symmetric CCSN simulations are performed using the AGILE-IDSA code.

Results. Our EOS models are able to reproduce typical features of both PNS and spherically symmetric CCSN simulations. In addition, our EOS model is consistent with present measured neutron star masses and particularly with the masses: M = 2.01 ± 0.04 M⊙ and [image: equation] of the neutron stars in PSR J0348+0432 and PSR J0740+6620 respectively. Finally, we suggest a feasible mechanism to produce low-mass black holes (M ∼ 2 M⊙) that could have far-reaching consequences for interpreting the gravitational wave event GW190814 as a BH–BH merger.
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1. Introduction
One of the main inputs for the study of high-energy astrophysical systems, like core-collapse supernovae (CCSNe; see, e.g., Burrows 2013; Janka et al. 2016 for recent reviews), protoneutron stars (PNSs; e.g., Prakash et al. 1997; Roberts & Reddy 2017), and binary compact stars mergers including at least one neutron star (e.g., Baiotti & Rezzolla 2017; Shibata & Hotokezaka 2019; Radice et al. 2020), is the relationship between matter pressure (P), energy density (ε), baryonic density (n), and temperature (T). The relationships between these physical quantities, together with information on the matter composition, make up the equation of state (EOS) of the system (Prakash et al. 1997; Lattimer & Prakash 2016; Oertel et al. 2017). In recent years, increasing interest surrounding the above-mentioned astrophysical phenomena has stimulated several studies that aimed to provide as accurate a description as possible of matter under extreme conditions of density and temperature. Because of the huge density and temperature variations expected during the dynamical evolution of collapsing stellar cores and merging neutron stars (Fischer et al. 2014; Hanauske & Bovard 2018; Perego et al. 2019), the derivation of an EOS suitable for their description requires an enormous theoretical and numerical effort. Such an EOS needs to be capable of describing matter in a wide range of conditions, ranging from homogeneous nuclear matter down to a mixture of fully ionized atoms. To this end, several finite-temperature, composition-dependent EOSs have been developed according to different frameworks and philosophies; among the many, we only mention EOS models based on nonrelativistic Skyrme interactions (Lattimer & Swesty 1991; Schneider et al. 2017), variational approaches (Togashi et al. 2017), and relativistic mean field (RMF) models (Sugahara & Toki 1994; Steiner et al. 2013; Typel et al. 2010; Fattoyev et al. 2010).
The recent detection of gravitational waves (GWs) produced in binary neutron star mergers (BNSMs; see, e.g., LIGO Scientific Collaboration & Virgo Collaboration 2017, 2020a) has provided a strong boost to the research on dense matter physics. Gravitational wave astronomy has thus opened up the possibility to explore matter under extreme conditions in regimes that would be inaccessible by experiments on earth. Gravitational waves from the inspiral phase of BNSMs (LIGO Scientific Collaboration & Virgo Collaboration 2018), especially when combined with robust lower limits on the maximum mass of neutron stars (NSs), can set stringent constraints on the EOS of cold (i.e., T = 0) nuclear matter up to two to three times nuclear saturation density n0 = 0.16 fm−3 (corresponding to ∼2.6 × 1014 g cm−3). The post-merger GW signal and the associated electromagnetic signature could provide unique information on the EOS of hot (T ≥ 10 MeV) and dense (n ≥ 3n0) stellar matter (see e.g., Radice et al. 2018a,b). In particular, post-merger GWs could carry information about the possible appearance of new particle species (e.g., hyperons) or new phases of matter (e.g., deconfined quark matter; see e.g., Shibata et al. 2005; Bauswein & Janka 2012; Hotokezaka et al. 2013; Bernuzzi et al. 2015, 2016; Rezzolla & Takami 2016; Zappa et al. 2018; Bauswein et al. 2019; Most et al. 2020). In addition, the combined mass-radius measurements provided by Neutron Star Interior Composition Explorer (NICER; see, e.g., Miller et al. 2019; Riley et al. 2019) set other independent, robust constraints on the high-density EOS.
The purpose of the present work is to extend the microscopic zero-temperature EOS of nucleonic matter derived by Bombaci & Logoteta (2018) to finite temperature. Here “microscopic” refers to the fact that the EOS has been derived within a specified quantum many-body approach starting from two-body and three-body nuclear interactions which reproduce nucleon-nucleon (NN) scattering data, the experimental binding energy of light (A = 3, 4) atomic nuclei, and the empirical saturation properties of nuclear matter.
Various zero-temperature microscopic EOS models are available in the literature (e.g., Wiringa et al. 1988; Baldo et al. 1997; Akmal et al. 1998) and have mainly been employed to describe neutron star structure. Some of these EOSs have also been used in BNSM simulations adding a thermal contribution from the so-called Γ-law prescription (Bauswein et al. 2010; Kiuchi et al. 2014).
The nuclear many-body problem at finite temperature has been considered by several authors and various techniques have been developed to handle this very complicated topic. Among the most popular ones are those based on Green’s function method (Frick & Müther 2003; Frick et al. 2005; Rios et al. 2006), on Bloch-De Dominicis (BD) diagrammatic expansion (Bloch & De Dominicis 1958, 1959a,b), and, more recently, on many-body perturbation theory (Fiorilla et al. 2012). Thus several microscopic EOSs have been extended to finite temperature (e.g., Bombaci et al. 1994; Baldo & Ferreira 1999; Zuo et al. 2004; Burgio et al. 2011; Wellenhofer et al. 2015; Drischler et al. 2016; Carbone et al. 2018; Carbone & Schwenk 2019).
In the present work, as in Bombaci & Logoteta (2018), we model the neutron star core as a uniform charge-neutral fluid of neutrons, protons, electrons, and muons. The EOS is calculated for arbitrary lepton fractions, densities, and temperatures as is indeed required by CCSNe and BNSM simulations in order to describe the behavior of matter which, in the more general case, may be out of equilibrium with respect to the weak interactions. We note that even considering this “simplified” picture which does not take into account “exotic” degrees of freedom (like hyperons or deconfined quarks), the determination of the EOS from the underlying nuclear interactions is still a very challenging theoretical problem. In fact, it is necessary to calculate the EOS under extreme conditions of density, neutron-proton asymmetry, and temperature in a regime where the EOS is poorly constrained by nuclear data and experiments.
In order to describe the interactions between nucleons, consistently with Bombaci & Logoteta (2018), we use the version b of the local chiral two-nucleon potential reported by Piarulli et al. (2016 see Table 2 of that work), supplemented with the three-nucleon force discussed by Logoteta et al. (2016). Finally, using the Brueckner–Bethe–Goldstone (BBG; see, e.g., Day 1967) many-body theory within the Brueckner–Hartree–Fock (BHF) approximation extended to finite temperature, we calculate the Helmholtz free energy of asymmetric nuclear matter. All the other relevant thermodynamic quantities (pressure, energy density, etc.) can then be obtained using standard thermodynamic relations. This finite temperature EOS will be provided in parametric form, ready for use in numerical simulations of BNSMs and CCSNe. In the particular case of β-stable nuclear matter at finite temperature, we use our new EOS to compute various structural properties of nonrotating protoneutron stars considering several different stellar conditions such as isoentropic and isothermal neutron star sequences. In addition, we apply this new EOS to perform some spherically symmetric (1D) CCSN simulations.
We stress that in the present work we are extending the zero-temperature EOS of Bombaci & Logoteta (2018) to finite temperature using modern two-body and three-body nuclear interactions based on chiral effective field theory, while employing the existing finite-temperature BHF many-body approach.
The paper is organized as follows: in Sect. 2 we describe the extension of the BBG many-body theory at finite temperature. In Sect. 3, we present the results of our new finite-temperature, microscopic EOS for stellar matter. Section 4 is devoted to describing several astrophysical applications of our new EOS, namely: the construction of the EOS in β-equilibrium both in the isoentropic and the isothermal cases, the calculation of protoneutron stars structure using these EOSs, and finally its application to spherically symmetric simulations of CCSNe. In the last section, we summarize our results and outline the main conclusions of the present work.
2. Brueckner–Bethe–Goldstone many-body theory at finite temperature
The Bloch-De Dominicis diagrammatic expansion of the grand canonical thermodynamic potential (Bloch & De Dominicis 1958, 1959a,b) is significant in that it corresponds, in the zero temperature limit, to the BBG expansion of the ground-state energy (Baldo & Ferreira 1999). Thus, BD expansion can be viewed as the natural extension of the BBG many-body theory at finite temperature. In particular, Baldo & Ferreira (1999) showed that the dominant terms in the BD expansion are the ones that correspond to the (zero temperature) BBG diagrams, where the temperature is introduced in the occupation numbers only, represented by Fermi distribution functions (Bombaci et al. 1993, 1994).
More specifically, the BBG many-body theory is based on a linked cluster expansion (the hole-line expansion) of the energy per nucleon [image: equation] of nuclear matter. The various terms of the expansion can be represented by Goldstone diagrams grouped according to the number of independent hole lines (i.e., lines representing empty single particle states in the Fermi sea). The basic ingredient in this approach is the Brueckner reaction matrix G, which sums, in a closed form, the infinite series of the so-called ladder diagrams and takes into consideration the short-range strongly repulsive part of the nucleon–nucleon (NN) interaction.
In the general case of asymmetric nuclear matter with neutron number density nn, proton number density np, total nucleon number density n = nn + np, and isospin asymmetry (asymmetry parameter),
[image: thumbnail](1)
the reaction matrix depends on the isospin third components τ and τ′ of the two interacting nucleons (τ, τ′ = n, p). Thus, there are different G-matrices describing the nn, pp, and np in medium effective interactions. These are obtained by solving the generalized Bethe–Goldstone equations
[image: thumbnail](2)
where v is the bare NN interaction (or a density-dependent two-body effective interaction where averaged three-nucleon forces are introduced) and the quantity ω is the so-called starting energy. In the present work we consider spin unpolarized nuclear matter, and therefore in Eq. (2) and in the following equations, we drop the spin indices to simplify the formalism1. The operator
[image: thumbnail](3)
is the finite temperature Pauli operator, which can be written in terms of the Fermi distribution function
[image: thumbnail](4)
of the two nucleons in the intermediate scattering states. In the above expression, [image: equation] is the so-called auxiliary chemical potential and is obtained using the normalization condition
[image: thumbnail](5)
where nτ is the number density of neutrons (τ = n) or protons (τ = p). The Bethe–Goldstone equation therefore describes the two nucleons scattering in the presence of other nucleons, and the Brueckner G-matrix represents the effective interaction between two nucleons in the nuclear medium and properly takes into account the short-range correlations arising from the strongly repulsive core in the bare NN interaction.
The single-particle energy ϵτ(k, T) of a nucleon (τ = n, p) with momentum k and mass mτ is given by
[image: thumbnail](6)
where Uτ(k, T) is a single-particle potential that represents the mean field felt by a nucleon due to its interaction with the surrounding nucleons in the medium. In the BHF approximation of the BBG theory, Uτ(k, T) is calculated through the real part of the on-energy-shell G-matrix (Bethe et al. 1963; Hüfner & Mahaux 1972) and is given by:
[image: thumbnail](7)
where ω* = ϵτ(k, T)+ϵτ′(k′,T), and the matrix elements are properly antisymmetrized. We make use of the so-called continuous choice (Jeukenne et al. 1976; Grangé et al. 1987; Baldo et al. 1990, 1991) for the single-particle potential Uτ(k, T) when solving the Bethe–Goldstone equation. As shown by Song et al. (1998) and Baldo et al. (2000), the contribution of the three-hole-line diagrams to the energy per nucleon E/A is minimized in this prescription and a faster convergence of the hole-line expansion for E/A is achieved with respect to the gap choice for Uτ(k, T).
We finally performed the usual angular average of the Pauli operator and of the energy denominator (Grangé et al. 1987; Baldo et al. 1991) in the Bethe–Goldstone Eq. (2). We note that, as opposed to the zero-temperature case, the average of the Pauli operator should be performed numerically at finite temperature. In this way, the Bethe-Goldstone equation can be expanded in partial waves. In the present work, we consider partial wave contributions up to a total two-body angular momentum Jmax = 8. We verified that the inclusion of partial waves with Jmax >  8 does not appreciably change our results.
In this scheme, Eqs. (2)–(7) have to be solved self-consistently using an iterative numerical procedure. Once a self-consistent solution is achieved, the energy per nucleon of asymmetric nuclear matter is given by:
[image: thumbnail](8)
The total entropy S has been calculated in the approximation of a mixture of two ideal Fermi gases of quasi-particles in the mean fields Uτ(k; n, β, T) (Bombaci et al. 1993):
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Subsequently, the Helmholtz fee energy F can be calculated using the standard thermodynamic relation:
[image: thumbnail](10)
In this scheme, the bare two-body nuclear interaction v is the only physical input we need for the numerical solution of the Bethe-Goldstone equation. As already mentioned, in the present work, as two-body nuclear interaction, we employ the model b of the local chiral N3LOΔ interaction derived by Piarulli et al. (2016).
It is however well established that within the most advanced nonrelativistic quantum many-body approaches it is not possible to reproduce the empirical saturation point of symmetric nuclear matter (SNM) when using two-body nuclear interactions only. The saturation points obtained using different NN potentials lie within a narrow band called the Coester band (Coester et al. 1970; Day 1981), with either an overly high saturation density or an overly low binding energy (B = −E/A) compared to the empirical values. In particular, SNM turns out to be overbound with an overly high saturation density when using modern high-precision NN potentials, fitting NN scattering data up to an energy of 350 MeV, with a χ2 per datum close to 1 (Li et al. 2006). For the nuclear matter case, as in the case of few-nucleon systems (Kalantar-Nayestanaki et al. 2012; Hammer et al. 2013; Binder et al. 2016), three-nucleon-forces (TNFs) are considered to be the missing physical effect of the whole picture. The inclusion of TNFs is therefore required in order to reproduce a realistic saturation point (Friedman & Pandharipande 1981; Baldo et al. 1997; Akmal et al. 1998; Li et al. 2008; Zuo et al. 2014; Kievsky et al. 2018). In addition, TNFs are crucial in the case of dense β-stable nuclear matter to obtain a stiff EOS (Baldo et al. 1997; Akmal et al. 1998; Li & Schulze 2008; Chamel et al. 2011) compatible with the measured masses2M = 1.97 ± 0.04 M⊙ (Demorest et al. 2010), M = 2.01 ± 0.04 M⊙ (Antoniadis et al. 2013), and [image: equation] (Cromartie et al. 2019) of the neutron stars in PSR J1614−2230, PSR J0348+0432, and PSR J0740+6620 respectively.
In the present work we use the same TNFs adopted by Bombaci & Logoteta (2018) namely the N2LOΔ. The parameters of such force were determined in Logoteta et al. (2016) in order to reproduce good saturation properties of SNM. The specific parametrization that we use in the present work is the N2LOΔ1 (Logoteta et al. 2016; Bombaci & Logoteta 2018). As in Logoteta et al. (2016) and Bombaci & Logoteta (2018), we derive an effective density-dependent two-body force [image: equation] starting from the original three-body force by averaging over one of the three nucleons (Holt et al. 2010). The Bethe–Goldstone Eq. (2) is then solved adding this effective density-dependent two-body force to the bare NN interaction. This strategy allows us to avoid the need to solve three-body Faddeev equations in the nuclear medium (Bethe–Faddeev equations) (Bethe 1965; Rajaraman & Bethe 1967) which are currently too complicated to deal with.
We note that adopting the two- and three-nucleon interactions described above, the resulting EOS is consistent with the one derived in Bombaci & Logoteta (2018) at zero temperature.
Finally, we want to emphasize that the compatibility between the BBG many-body method and other two independent many-body methods, namely the Fermi hypernetted chain/single-operator chain, and the auxiliary-field diffusion Monte Carlo, was recently checked in benchmark calculations (Piarulli et al. 2020) of the energy per particle of pure neutron matter.
3. Equation of state of hot nuclear matter
For baryon densities greater than about 0.05 fm−3, the stellar matter can be described as an homogeneous fluid of neutrons and protons (nuclear matter) with leptons (electrons and muons) to guarantee electric charge neutrality. In this density region, the finite temperature BHF approach outlined in the previous section is appropriate to describe the system. For densities smaller than about 0.05 fm−3, nucleons start to form clusters and, as a consequence, the stellar matter becomes inhomogeneous3. In these conditions, the BHF approach does not provide a reliable description of the nuclear component and another theoretical framework is therefore required to compute the EOS. We return to this point below.
In the density range 0.05 fm−3 ≲ n ≲ 1.2 fm−3, the free energy per nucleon [image: equation] of asymmetric nuclear matter can be calculated by solving Eqs. (2)–(9) numerically for various values of the asymmetry parameter (0 ≤ β ≤ 1) and temperatures (0 ≲ T ≲ 100 MeV). In order to evaluate the free-energy contribution of asymmetric nuclear matter, we employ the so-called parabolic approximation in the asymmetry parameter β (Bombaci & Lombardo 1991; Bombaci et al. 1993, 1994; Wellenhofer et al. 2016):
[image: thumbnail](11)
where Fsym(n, T) is the so-called nuclear symmetry free energy which, in the T = 0 limit, gives the nuclear symmetry energy. In the parabolic approximation of Eq. (11), the symmetry free energy can therefore be obtained as the difference between [image: equation] of pure neutron matter (PNM, β = 1) and that of SNM (β = 0):
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It has been shown that such approximation provides accurate results both at zero (Bombaci & Lombardo 1991) and finite temperature (Bombaci et al. 1993, 1994; Wellenhofer et al. 2016). Therefore, the two basic quantities appearing in Eqs. (11) and (12) are the free energies per nucleon of SNM and of PNM as a function of density and temperature. Their behaviors are shown in Figs. 1 and 2 for SNM and PNM, respectively. The filled square symbols represent the results of our microscopic BHF calculations described in the previous section, whereas the continuous lines are the results of the fit obtained using the following parametrization:
[image: thumbnail](13)
	[image: thumbnail]	Fig. 1. Free energy per particle (F/A) of SNM as a function of the nucleon number density (n) for the interaction model considered in this work. The square symbols represent the results of our microscopic BHF calculations, whereas the continuous lines represent the energy per particle obtained using the parametrization given by Eq. (13). Temperatures (T) in the figure are in MeV.



	[image: thumbnail]	Fig. 2. Same as in Fig. 1, but for PNM.



where we define t ≡ T/(100 MeV). The fit parameters ai for SNM and PNM are reported in Table 1. The two-dimensional fit in the variables (n, T) produces a very good χ2/datum ∼ 1 for both SNM and PNM.
Table 1. 
Value of the coefficients ai (with i = 0, 1, ...,12) in the parametrization of the free energy per particle F/A (see Eq. (13)) for SNM (first row) and PNM (second row).

Using these parametrizations of the free energy per nucleon we can easily obtain analytic expressions for all the relevant thermodynamic quantities defining the EOS of hot asymmetric nuclear matter. To this purpose we introduce the free-energy density as 𝔣N = F/V = n (F/A), and then the neutron (μn) and proton (μp) chemical potentials can be obtained using:
[image: thumbnail](14)
and the entropy density sN = S/V = n (S/A) (in units of Boltzmann constant kB) can be obtained using:
[image: thumbnail](15)
The nuclear pressure is then given by:
[image: thumbnail](16)
and finally the energy density by:
[image: thumbnail](17)
Before proceeding, we wish to comment on the procedure that we have outlined above. It is well known that in the BHF approximation the nucleon chemical potentials, calculated according to the thermodynamic definition in Eq. (14), differ from the auxiliary chemical potentials in Eq. (5) used in the many-body approach. As a consequence, the Hugenholtz-Van Hove theorem (Hugenholtz & Van Hove 1958) is not fulfilled. In the case of SNM at zero temperature, the Hugenholtz-Van Hove theorem states that the energy per nucleon at the saturation density must be equal to the Fermi energy of the quasi-particles. A violation of this theorem is therefore a signal of the thermodynamic inconsistency of the BHF approximation. This problem can be solved by going beyond the BHF approximation of the single-particle energy by including some extra diagrams of the hole-line expansion of the mass operator (see e.g., Hüfner & Mahaux 1972) as discussed in Baldo et al. (1990), Zuo et al. (1999), Zuo et al. (2006). In particular, it turns out that the inclusion of the so-called rearrangement contribution M2, which is a second-order diagram in the G-matrix, and the renormalization contributions of third and fourth order in the G-matrix, strongly improve the thermodynamic consistency of the perturbative many-body approach. Inclusion of such diagrams is beyond the scope of the present work. Here we employ a different scheme: we use the expression of the free energy per particle obtained from our microscopic calculations and provided by Eqs. (11)−(13), and afterwards we derive all the other thermodynamic quantities from it; see Eqs. (14)−(17). Within this scheme we obtain a thermodynamically consistent EOS. This strategy has been successfully adopted in various works (Burgio & Schulze 2010; Burgio et al. 2011) which make use of the finite temperature extension of the BHF approximation.
In order to compare the microscopic BHF calculations with respect to the thermodynamically consistent EOS derived from the fit of the free energy, we show in Fig. 3 the entropy per nucleon (S/A) as a function of the nucleon density n at different temperatures (T = 20, 50, 70 MeV) for SNM (left panel) and PNM (right panel). The continuous lines represent S/A calculated using Eq. (15) in which we employ the fit formula shown in Eq. (13) for the free energy. The circular symbols represent the entropy per nucleon, calculated using Eq. (9), in the approximation of a mixture of two ideal Fermi gases of quasi-particles in the BHF mean fields Uτ(k; n, β, T). The agreement between the two results is relatively good but deteriorates at the highest temperatures and densities. In Fig. 4 we report the same type of analysis as shown in Fig. 3 but for the energy per particle E/A. The continuous lines represent E/A = εN/n calculated using Eq. (17) whereas the circular symbols represent the results of the self-consistent BHF calculations of Eq. (8). The agreement between the two results is particularly good at all the considered temperatures and densities.
	[image: thumbnail]	Fig. 3. Entropy per nucleon (S/A) as a function of the nucleon density n at different temperatures, T = 20, 50, 70 MeV (from bottom to top) for SNM (left panel) and PNM (right panel). The continuous lines represent S/A calculated using Eq. (15) in which we employ the fit formula (Eq. (13)) for the free energy. The circular symbols represent the entropy per nucleon, calculated using Eq. (9) in the approximation of a mixture of two ideal Fermi gases of quasi-particles in the BHF mean fields.



	[image: thumbnail]	Fig. 4. Energy per particle (E/A) as a function of the nucleon density n at different temperatures T = 20, 50, 70 MeV (from bottom to top) for SNM (left panel) and PNM (right panel). The continuous lines represent E/A = εN/n calculated using Eq. (17) whereas the circular symbols represent the results of the self-consistent BHF calculations, i.e., Eq. (8).



We finally note that in the present paper we do not employ any approximation in the calculation of the BHF single-particle neutron and proton potentials, which are evaluated at finite temperature by solving Eqs. (2), (6), and (7) consistently. A so-called frozen correlation approximation for U(k, T), namely the use of the values calculated at zero temperature, has often been applied instead in other works (e.g., Burgio et al. 2011).
Additionally, we note that nuclear chiral interactions are usually employed up to two to three times the nuclear saturation density n0. As shown for instance in Drischler et al. (2019), Piarulli et al. (2020), the uncertainty estimates on many-body nuclear observables increase for increasing nuclear density. However, to describe astrophysical systems like NSs or BNS mergers we need to extend the density range of our many-body calculations above the trusted region of chiral effective field theory. This scheme is more consistent than the use of piecewise polytropic extensions of the EOS for example, which are sometimes used in numerical general relativity simulations.
We now consider the low-density region, that is, baryon densities n ≤ 0.05 fm−3 where nucleon clusters appear. For T ≳ 0.5 MeV, matter is in nuclear statistical equilibrium (NSE), i.e., strong and electromagnetic interactions are in equilibrium. Under these conditions, the possible nuclear species are also fully determined by the baryon density, temperature, and asymmetry parameter. The latter parameter is often expressed in terms of the total4 proton fraction, Yp. In the present work in order to describe all the thermodynamical quantities for n ≤ 0.05 fm−3, we consider the HS EOS (Hempel & Schaffner-Bielich 2010) in its publicly available tabular forms. This EOS was derived in the framework of the RMF approach and models the appearance of nuclei through an excluded volume approach (see Hempel & Schaffner-Bielich 2010 for more details). In particular, we consider two specific EOS tables derived from two different RMF nuclear interaction parametrizations: the TM1 (Sugahara & Toki 1994) and SFHo (Steiner et al. 2013) ones. As detailed in these latter studies, these EOSs take into account matter clusterization in the low-density regions and therefore complement the EOS provided by our microscopic BHF approach. Specifically, we performed a linear interpolation in all the relevant thermodynamical quantities between the microscopic BHF and the RMF calculations in the region 0.05 fm−3 ≤ n ≤ 0.08 fm−3. We checked that the match between the EOSs provided by the two different approaches is smooth enough to avoid the creation of fictitious phase transitions. Despite its simplicity, such an interpolation preserves the thermodynamical consistency of the two underlying EOSs. In addition, the spherically symmetric CCSN simulations discussed in the following section serve as additional verification of the construction of the complete EOS. Such simulations are indeed very sensitive in a wide density range: from very low density (∼10−13 fm−3) up to ∼0.32 fm−3. The closeness of the match between the BHF EOS and the EOSs based on the RMF approach can therefore be additionally tested by checking that the typical features of 1D CCSNe simulations are correctly reproduced. We finally note that we have also compared our results with others obtained using different EOSs for the low-density region, such as the one reported by Togashi et al. (2017) which were derived using a variational approach, or one of the Lattimer-Swesty (Lattimer & Swesty 1991) EOS family (specifically the one with compressibility modulus K∞ = 220 MeV). We did not find appreciable differences at least for our purposes.
4. Astrophysical applications
In astrophysical applications involving nuclear matter, the astrophysical plasma is assumed to be charge neutral and composed of hadrons (nuclei, nucleons), massive leptons (electron, muons, and their antiparticles), and photons in thermodynamical equilibrium. Hadrons are usually considered in NSE. Under these assumptions, the most general full EOS could be expressed as a function of baryon density, temperature, and a couple of particle abundances, such as for example the net (i.e., subtracted by the antiparticle contribution) abundance of electrons, Ye ≡ ne/n = (ne−−ne+)/n and of muons, Yμ ≡ nμ/n = (nμ−−nμ+)/n. The abundances Ye and Yμ, together with that of protons (Yp), must satisfy the local charge neutrality. Depending on the matter conditions and on the explored timescales, a gas of trapped neutrinos in weak equilibrium can also be present.
In order to obtain a complete EOS suitable for astrophysical applications we have to add the contributions of massive leptons (L), photons (γ), and possibly neutrinos (ν, in three different species) to the hadronic entropy, energy density, and pressure, namely: S = SN + SL + Sν + Sγ, ε = εN + εL + εν + εγ, and P = PN + PL + Pν + Pγ. The energy density (εi), pressure (Pi), and entropy (Si) for the massive leptons and neutrinos (i = L,  ν) have been computed using the expressions for relativistic ideal Fermi gases at finite temperature with mec2 = 0.511 MeV, mμc2 = 105.658 MeV and mν = 0 (Timmes & Arnett 1999). Additional requirements, including weak equilibrium conditions, are usually needed to fix the relative amounts of electrons, muons, and neutrinos (see below for a few concrete examples). The resulting number densities fix the particle chemical potentials. Photon contributions are instead calculated according to the Bose statistic and result in well-known analytic expressions. In the remainder of this section, we show results related to the application of our new EOS to various astrophysical systems. We first discuss the calculation of the EOS for stellar β-stable nuclear matter; we then determine the corresponding structure for nonrotating protoneutron stars, and finally analyze the results of simulations of CCSNe. We also note that both the T = 0 and the finite temperature versions of the BL EOS have already been used in numerical relativity simulations of BNSMs (Endrizzi et al. 2018; Bernuzzi et al. 2020).
4.1. Equation of state for β-stable nuclear matter
As a first application of our new EOS, we derive a finite-temperature, β-stable EOS suitable for describing hot neutron star matter. The latter is required to model PNSs produced in successful CCSN explosions and the possibly metastable remnant of a BNSM in the case where a black hole (BH) does not form promptly at merger. In both cases, the large temperatures resulting from the collapse or merger dynamics produce a copious amount of neutrinos, which initially form a trapped neutrino gas and diffuse out over the diffusion timescales (∼seconds). The fate of these hot neutron stars, as well as their properties, depends on the progenitor system. Numerical simulations show that in both scenarios the bulk of matter is characterized by a quasi-uniform, low-entropy-per-baryon profile [image: equation] (in units of the Boltzmann constant kB), which decreases only over the cooling timescale because of neutrino emission (Burrows & Lattimer 1986; Prakash et al. 1997; Pons et al. 1999; Fischer et al. 2010; Hüdepohl et al. 2010; Roberts et al. 2012; Kastaun & Galeazzi 2015; Perego et al. 2019). In the PNS case, the total lepton fraction is initially rather high (Yle ≡ (ne + nνe)/n ∼ 0.3 − 0.35, where nνi is the net electron neutrino density) and the cooling process is associated with a significant deleptonization towards cold neutrino-less weak equilibrium. In the BNSM case, matter is characterized by an initially low Yle ≲ 0.1, and experiences a leptonization process because of decompression and temperature increase.
To account for the different NS profiles and cooling phases, we model hot nuclear matter by adopting an isoentropic EOS and fixing the value of the entropy per baryon S/A in the range 0 ≤ S/A ≤ 3. In the following section, we also consider the case of a isothermal EOS although this case is not particularly realistic. We consider both the case of neutrino-less and neutrino trapped matter. In the latter case we fix the total lepton fractions to Yle = 0.33 and Ylμ = 0.
In order to calculate the composition of β-stable nuclear matter we solve the equations for chemical equilibrium at a given nuclear density n and temperature T:
[image: thumbnail](18)
In addition, charge neutrality requires
[image: thumbnail](19)
In the case of neutrino-free matter we set: μνe = μνμ = 0. Once the solutions of the above equations have been determined, all the other thermodynamical quantities can be calculated according to standard relations as discussed in the previous section.
In Fig. 5 we report the temperature profiles as a function of the nuclear density for isoentropic, β-stable EOSs with constant entropy per baryon S/A = 1 (continuous lines) and S/A = 2 (dashed lines), in the case of neutrino-free and neutrino-trapped matter. As matter is compressed, the temperature rises. As expected, larger temperatures are reached when increasing the value of the entropy per baryon. For a fixed nuclear density, the effect of neutrino-trapping reduces the value of the temperature compared with the neutrino-free case. This effect is well understood noting that when neutrinos are trapped, a new degree of freedom is introduced in the system which therefore becomes more “disordered” causing the total entropy to increase. For a fixed value of S/A, and a given nuclear density n, a lower temperature is therefore required.
	[image: thumbnail]	Fig. 5. Temperature profiles as a function of nuclear density n for isoentropic (S/A = const) β-stable EOSs in the case of neutrino-free (red lines) and neutrino trapped (blue lines) matter.



The composition of isoentropic (S/A = 2) β-stable nuclear matter, that is, the particle fractions Yi = ni/n (with i = n, p, e−, μ−) without (with) neutrino trapping, is shown in Fig. 6. In the same figure we report the T = 0 particle composition of the BL EOS for comparison (Bombaci & Logoteta 2018). The main effect of thermal contribution is to increase the number of protons and to move the muon onset to smaller density. This behavior is similar to that found by many other phenomenological and microscopic approaches (Burgio et al. 2011). We note that in the case of matter including trapped neutrinos (right panel in Fig. 6), the electron fraction rises and the composition of matter becomes more symmetric in the neutron and proton fractions than in the untrapped case. As a consequence, the EOS of neutrino-trapped matter is expected to become softer (Prakash et al. 1997 see Bombaci 1996 for a detailed discussion on the role of neutrino trapping and the value of the neutron star maximum mass).
	[image: thumbnail]	Fig. 6. Composition of dense matter for different physical regimes. Left (right) panel: composition of β-stable neutrino-free (trapped) nuclear matter, i.e., the particle fractions Yi = ni/n (with i = n, p, e−, μ−), in the case of an isoentropic EOS with S/A = 2. Right panel: we fix Yle = 0.33. The dashed lines in the left panel represent the composition of the T = 0 BL EOS (Bombaci & Logoteta 2018) which is reported for comparison. See text for further details.



Figure 7 shows the EOSs (namely the relation between pressure and energy density (ε)) for β-stable nuclear matter assuming several thermodynamical stellar conditions in logarithmic (left panel) and linear (right panel) scale. The two different scales are adopted in order to highlight the low- and high-density parts of each EOS. We considered the following cases: T = 0.1 MeV, isoentropic with S/A = 1 and S/A = 2 without neutrino trapping, and isoentropic with S/A = 1 and S/A = 2 with neutrino trapping. We also report the T = 0 EOS of Bombaci & Logoteta (2018) for comparison. We note that for nuclear densities below 0.08 fm−3, the BL EOS is joined with the Sly4 EOS (Haensel & Pichon 1994; Douchin & Haensel 2001). This combination has been adopted in Endrizzi et al. (2018) in order to simulate a BNSM of equal-mass neutron stars. In this work, as explained in the previous section, for n ≤ 0.05 fm−3, we employ the TM1 model (Sugahara & Toki 1994) (and very similar results were obtained in the case of the SFHo EOS). We therefore note that for each EOS reported in Fig. 7 we have consistently employed the same thermodynamical conditions assumed for the core as for low-matter density (n ≤ 0.05 fm−3). Additionally, we note that in the case of trapped neutrinos we have enforced the weak equilibrium conditions discussed above in the same density interval. An additional comment about this point is in order. Neutrinos rapidly escape from the star in low-density matter. This is usually schematized introducing the concept of a neutrino-sphere inside which neutrinos are trapped. However, as discussed in several works (e.g., Strobel et al. 1999; Fischer et al. 2009; Endrizzi et al. 2020), the exact location of the “radius” of the neutrino-sphere is energy dependent. In the references quoted above this “radius” was found in a range of densities, namely 10−5 − 10−3 fm−3, for relevant neutrino energies. In the present work, fixing S/A = 1 in β-stable matter, we find that at a nuclear density of around 4.7 × 10−5 fm−3 neutrinos disappear. Increasing S/A, this threshold drops slightly; for instance setting S/A = 2 we find that the threshold becomes 1.4 × 10−5 fm−3. We therefore locate the radius of the neutrino-sphere according to the density at which neutrinos disappear. We consider this criterion to deal with the low-density neutrino component as a natural and reasonable one for our purposes.
	[image: thumbnail]	Fig. 7. Pressure vs. energy density (ε) relations for various β-stable EOSs derived in different thermodynamical stellar conditions. Left (right) panel: we use a logarithmic (linear) scale. The BL T = 0 (black continuous line) taken from Bombaci & Logoteta (2018) is shown for reference. We note that for the BL EOS for nuclear densities below 0.08 fm−3, the Sly4 EOS (Haensel & Pichon 1994; Douchin & Haensel 2001) has been adopted (Endrizzi et al. 2018). The BLh with T = 0.1 MeV is represented by the black dashed line. Red and blue curves refer to the following cases: isoentropic EOS with S/A = 1 and S/A = 2 without neutrino trapping (red dashed lines) and isoentropic EOS with S/A = 1 and S/A = 2 with neutrino trapping (blue continuous and dashed lines). For the low-density part of the BLh EOSs, we employ the TM1 model (Sugahara & Toki 1994). Temperatures (T) in the figure are in MeV. (See text for further details).



4.2. Neutron star structure
The structural properties of nonrotating neutron stars can be obtained by integrating the equation for hydrostatic equilibrium in general relativity (Tolman 1934; Oppenheimer & Volkoff 1939). We numerically integrated these equations using the microscopic EOSs of β-stable nuclear matter described in the previous sections. For each static neutron star configuration, we additionally compute the total baryon number NB, and we define the baryonic mass (or “rest mass”) of the neutron star as MB = muNB, where mu is the baryonic mass unit that we take equal to mu = m(12C)/12 = 1.6605 × 10−24 g. The total binding energy of the star is therefore given by Ebind = (MB − MG)c2 which represents the total energy liberated during the birth of the neutron star. The results are shown in Fig. 8, where we plot the gravitational mass MG (in unit of solar mass M⊙) as a function of the surface stellar radius R (left panel), and the gravitational mass as a function of the central density nc (right panel) for the considered EOS models. We note that our zero-temperature EOS model (BL) is compatible with the largest current measured neutron star mass, which is [image: equation] (Cromartie et al. 2019) for the neutron stars in PSR J0740+6620. Various structural properties of the maximum mass configuration for the considered EOS models are listed in Table 2. We note that thermal effects lead to a monotonic behavior (Bombaci et al. 1995) of the gravitational maximum mass, both in the case of isoentropic and isothermal EOSs. Neutrino trapping instead makes the EOS softer and thus leads to a decrease in the values of both the gravitational and baryonic maximum mass (Bombaci 1996; Prakash et al. 1997). This can be seen when comparing the results in Table 2 for the isoentropic EOS in the neutrino-free and neutrino-trapped (last three rows in Table 2) cases. This effect was already apparent in the discussion of the composition of β-stable matter in the neutrino-free and neutrino-trapped cases (see Fig. 6). The electron chemical potential μe in neutrino-trapped matter is indeed increased by the value of the neutrino chemical potential μνe (see Eq. (18)). In this way, a larger fraction of electrons and thus protons (due to charge neutrality) are present at a given nuclear density. Consequently, the EOS becomes softer, being more proton rich. However, we note that the presence of other degrees of freedom in neutrino-trapped matter, like for instance hyperons, may change the previous conclusion (Bombaci 1996; Prakash et al. 1997). A final remark is that a consistent treatment of neutrinos in the low-density region produces an increase in the minimum neutron-star mass. Looking at Fig. 7 it is clear that for 1 MeV fm−3 ≲ ε ≲ 103 MeV fm−3 (which corresponds to 10−5 fm−3 ≲ n ≲ 0.1 fm−3) the EOSs with trapped neutrinos (blue lines) are stiffer than the ones obtained in the neutrino-less case. This is in agreement with the findings of other works (Burgio & Schulze 2010).
	[image: thumbnail]	Fig. 8. Mass–radius (left panel) and mass–central density (nc) (right panel) for the EOSs reported in Fig. 7. Temperatures (T) in the figure are in MeV.



Table 2. 
Maximum mass configuration properties for various thermodynamical stellar conditions considered in this work.

To test the zero temperature limit of our finite temperature EOS model, we calculated an isothermal NS sequence with T = 0.1 MeV. As one can see, comparing the results in the first two rows of Table 2, we recover the properties of the maximum mass configuration predicted by the T = 0 BL EOS. The differences in the radius (see Fig. 8) for stars with masses of less than about 1 M⊙, between the BL EOS and the BLh at T = 0.1 MeV, are due to the different EOS models used at low densities (nB <  0.05 fm−3). We note in addition that in Bombaci & Logoteta (2018), in order to construct a parametrization of the energy per nucleon for nuclear E/A densities n ≥ 0.08 fm−3, only the potential energy part of microscopic calculations was included in the fit. At zero temperature, the kinetic contribution to E/A is indeed analytic (Eqs. (6) and (7) in Bombaci & Logoteta 2018). In the present work, in which we have extended the microscopic results of Bombaci & Logoteta (2018) to finite temperature, we have instead performed a fit of the full free energy per nucleon F/A because in this case the kinetic term is also nonanalytic. It is therefore important that the two β-stable EOSs BL and BLh (T = 0.1 MeV) provide almost indistinguishable results (see right panel of Fig. 7) in the range n ≥ 0.08 fm−3.
4.3. Early evolution of a newborn neutron star
It has been shown (Bombaci 1996) that the concept of neutron star maximum mass has to be re-examined when the formation and early evolution dynamics of a newborn PNS are taken into account. The early evolution of a PNS is driven by thermal and neutrino trapping effects on the EOS. The main features of this process can be schematically investigated considering the following two snapshots of the evolution process:

	
(i) 
the hot PNS at a time t ∼ 3 s after core bounce (t = 0), described by the isoentropic EOS with trapped neutrinos;



	
(ii) 
the cold and deleptonized NS at t ∼ 30 s (neutrino diffusion time), described by the cold and neutrino-free EOS.




As most of the matter accretion on the forming NS happens in the very early stages after birth (t <  3 s) (Chevalier 1989), the neutron star baryonic mass MB stays almost constant during the evolution between these two configurations. The evolution of a PNS can therefore be analyzed in the MG − MB plane. To this purpose we show in Fig. 9 the gravitational mass as a function of the baryonic mass for the following stellar sequences: (i) PNSs (red dashed line), that is, isoentropic EOS with S/A = 2 and trapped neutrinos with Yle = 0.33; and (ii) cold deleptonized NSs (continuous black line) with T = 0.1 MeV and neutrino-free matter. The end point on each curve represents the corresponding maximum mass configuration, which we denote as [image: equation] and [image: equation] for the PNS sequence, and with [image: equation] and [image: equation] for the final cold deleptonized NS sequence. The values of these quantities for the present BLh EOS model are reported in Table 2. From our results in Fig. 9 one can see that a PNS born with [image: equation] will evolve to a cold deleptonized NS with a gravitational mass [image: equation] and the same baryonic mass [image: equation] of the initial PNS configuration. The binding energy of the star will increase by [image: equation]. This energy will be released mainly through neutrino emission. In the specific case where [image: equation] and for the case considered in Fig. 9, we find [image: equation] and ΔB = 1.358 × 1053 erg. We now consider a PNS with [image: equation]. In this case the PNS cannot be supported by the matter pressure against gravitational collapse because its baryonic mass [image: equation] is greater than the maximum possible baryonic mass [image: equation] for the initial configuration. Thus, the collapsing stellar core will collapse to a BH after reaching supranuclear densities. In the classical analysis, à la Oppenheimer–Volkoff, where the dynamical evolution of the PNS is not taken into account, stars in this baryonic mass range are considered to have a stable equilibrium configuration in the cold deleptonized stellar sequence. Thus, the gravitational mass [image: equation] of the star, corresponding to the evolution of the maximum mass PNS configuration, plays the role of an effective maximum mass for the cold deleptonized NS sequence (Bombaci 1996). We stress that this is a feasible mechanism to produce low-mass black holes (MBH ∼ 2 M⊙) and could have far-reaching consequences for interpreting the gravitational wave event GW190814 (LIGO Scientific Collaboration & Virgo Collaboration 2020b) as a BH–BH merger. Finally, when [image: equation] the stellar core will collapse to a BH.
	[image: thumbnail]	Fig. 9. Gravitational mass MG as a function of the baryonic mass MB for our EOS model. The red dashed line represents the protoneutron star (PNS) sequence calculated using the isoentropic EOS with S/A = 2 and trapped neutrinos with Yle = 0.33. The black continuous line represents the cold deleptonized NS sequence calculated using the T = 0.1 MeV EOS for neutrino-free matter. The end point on each curve represents the corresponding maximum mass configuration. The values of these quantities for the present BLh EOS model are reported in Table 2. The asterisk on the black continuous line represents the effective maximum mass [image: equation] for the cold deleptonized NS sequence (see text for more details).



Consider now a NS in a binary stellar system in which the companion star is a normal star. If a common envelope is formed during the evolution of the binary system, the NS can accrete matter from its companion star with a certain accretion rate ṀB. After a sufficiently long time the NS is able to increase its baryonic mass above the value [image: equation] and begins to populate the portion of the final NS sequence with [image: equation], eventually reaching and then overcoming the Oppenheimer–Volkoff maximum mass configuration [image: equation]. Thus, as pointed out for the first time in Bombaci (1996), in the baryonic mass range [image: equation], [image: equation] one can have both NSs and BHs. For the case depicted in Fig. 9, this range is [2.289, 2.457] M⊙.
4.4. Application to spherically symmetric core-collapse supernovae
To test our finite temperature EOS in an astrophysical dynamical scenario, we set up simulations of a CCSN in spherical symmetry. For recent reviews of the physics and the status of CCSN modeling we refer to Burrows (2013), Janka et al. (2016). In the following, we summarize only the most significant aspects necessary to understand results from our simulations.
A CCSN marks the end of the life of a massive star, with a zero-age main sequence mass above ∼8 M⊙, up to the pair instability limit. During the so-called silicon-burning phase, in the centre of the star silicon is converted into iron group elements in NSE conditions. The forming iron core is mainly sustained by the pressure of degenerate electrons. However, once the Chandrasekhar mass limit has been reached, the gravitational collapse becomes unavoidable and the core collapses under its own gravity. At the onset of the collapse, matter in the center has already developed a significant deviation from isospin symmetry (Ye ≲ 0.48) and typical densities and temperatures are ρc ∼ (3 − 8) × 109 g cm−3 and Tc ≳ 0.5 MeV, respectively, with an intrinsic variability due to the progenitor initial mass, metallicity, and possibly binarity. The core collapses on the dynamical timescale of τ ∼ (Gρc)−1/2 ∼ 100 ms and the collapse is further accelerated by the core deleptonization, through electron captures on nuclei and protons, and the subsequent escape of the produced neutrinos. While neutrinos initially escape freely, only when ρc ∼ 1012 g cm−3 does the typical neutrino mean free path decrease below the size of the inner core and neutrinos start to be trapped. The collapse proceeds until ρc ∼ ρ0. The subsequent EOS stiffening halts the collapse and produces an outgoing shock wave. The moment when the maximum density is reached is called core-bounce. At core bounce, the electron fraction at the center of the core is Ye ≲ 0.3, while the fraction of trapped electron neutrino is Yνe ≲ 0.1. Temperatures increase up to a few tens of MeV and the shock photodissociates the iron core into free neutrons and protons. Neutrinos of all flavors are copiously produced and emitted with typical neutrino luminosities of the order of a few times 1052 erg s−1. After a few tens of milliseconds, the shock loses its energy because of photodissociation and neutrino emission, and then stalls and converts into an accretion shock, inside which a PNS forms. The neutrino diffusion from the optically thick PNS, and the persistent deleptonization and compression of the accreting matter guarantee high neutrino luminosities over a timescale of one second. The re-absorption of electron flavor (anti)neutrinos mainly emitted at the surface of the PNS produces a region of net energy deposition just behind the shock (the so-called gain region). This energy deposition is thought to be the cause of the shock revival that eventually explodes the star. Detailed models in spherical symmetries including all the relevant physics fail to revive the shock through neutrino heating. Multi-dimensional simulations proved that convection and hydrodynamical instabilities play a crucial role in helping the explosion to occur.
Our hydrodynamic simulations are performed with the Lagrangian general-relativistic, adaptive-grid code Agile (Liebendörfer et al. 2001). We employ the isotropic diffusion source approximation (IDSA) for the transport of electron (anti)neutrinos (Liebendörfer et al. 2009). The neutrino energy is discretized using 20 geometrically spaced energy bins in the range [3, 300] MeV. The neutrino reactions included in the IDSA are electron captures on nuclei, electron and positron captures on free nucleons, and scattering off free nucleons and nuclei (Bruenn 1985; Mezzacappa & Bruenn 1993). These represent the minimal set of the most relevant weak processes during the collapse and in the early post-bounce phase. The emission of μ and τ (anti)neutrinos in the post-bounce phase is handled by a gray leakage scheme (Cabezón et al. 2018). This scheme has been gauged on detailed Boltzmann transport models, and includes pair annihilation, nucleon–nucleon bremsstrahlung, and scattering off nucleons. With this setup, we simulate the collapse, bounce, and post-bounce phases (roughly the first 700 ms after bounce) for a 20 M⊙ ZAMS, solar metallicity progenitor star (Woosley & Heger 2007). We have chosen this progenitor because it has been extensively explored in several recent comparison papers in spherical symmetry and in multi-dimensions (O’Connor et al. 2018; Pan et al. 2019; Schneider et al. 2019). For this specific progenitor, at the onset of the collapse, ρc ≈ 3.3 × 109 g cm−3, Tc ≈ 0.67 MeV, and Ye, c ≈ 0.44. In all our models we use 103 radial zones which includes the innermost ∼2.1 M⊙. This corresponds to an initial radius of R ≈ 5 × 108 cm. We finally stress that the code that we are using is identical to the publicly available version of AGILE-IDSA5.
To close the set of hydrodynamics equations and to compute the necessary neutrino emissivities, absorptivities, and opacities, we couple a finite-temperature, composition-dependent nuclear EOS to the CCSN model. We consider four different EOSs: two versions of the complete BLh EOS and two RMF EOSs, namely the SFHo and HD(TM1) EOS. The two versions of the BLh EOS differ in the EOS used for the low-density part (nB <  0.05 fm−3) joined to the high-density BLh EOS according to the procedure described in Sect. 3. All these EOSs include electron, positrons, and photons as outlined at the beginning of this section. In particular, we used precisely the same SFHo and HS(TM1) EOSs. Thus, our choice allows us to directly address the impact of the transition to the low-density EOS, as well as the difference between our EOS and other EOSs commonly used in the literature. Trapped neutrinos are consistently modeled by the IDSA, while muons are neglected. We stress that the use of a CCSN model to test the transition is challenging, because all matter inside the domain is initially at low densities and most of it has dynamically transited to high densities by the end of the simulation.
All the different models run without problems through the different CCSN phases (collapse, bounce, after-bounce). Core bounce happens ∼378.6(384.6) ms after the beginning of the simulation for the SFHo and TM1 (for the SFHo+BLh and TM1+BLh) models. In Figs. 10 and 11 we present the outcome of our set of simulations. In particular, in the left panel of Fig. 10 the temporal evolution of the shock radius and the PNS radius are depicted. The latter is defined as the radius where the rest mass density is equal to 1011 g cm−3. In the right panel of the same figure, we present the evolution of the central density and temperature. In Fig. 11 the neutrino luminosities and mean energies are reported from the latest phase of the collapse up to the end of the simulation.
	[image: thumbnail]	Fig. 10. Left: temporal evolution of the shock radius (solid) and of the PNS radius (dashed) for each of the four spherically symmetric CCSN models. Models differ by the nuclear EOSs, including two versions of the BLh EOS and two RMF EOSs, namely HS(TM1) and SFHo. The two BLh EOSs use the HS(TM1) and the SFHo EOS for the low-density regime (n <  nth). We note the logarithmic scale on the time axis. Right: same as on the left panel, but for the central density (solid) and temperature (dashed). The cyan (blue) shaded area represents matter below (above) the threshold density nth (used to join the BLh and the HS(TM1) EOS) for the BLh+TM1 model.



	[image: thumbnail]	Fig. 11. Left: same as in Fig. 10, but for the electron neutrino (solid) and antineutrino (dashed) luminosities measured at the edge of the computational domain. Right: same as in the left panel, but for the electron neutrino (solid) and antineutrino (dashed) mean energies.



The CCSN models employing the BLh high-density EOS show all the features expected from a spherically symmetric CCSN. The PNS radius, shock radius, neutrino luminosities, and mean energies follow the expected trends, with all the models being close to one another throughout the simulated time. When the central density reaches values above nuclear saturation density, the core bounces, and an outgoing shock wave forms. The shock expands up to ∼135 km and then recedes and converts into an accretion shock. A hot mantle is built below the shock, and the forming PNS contracts inside it due to the emission of neutrinos.
Matter in the center compresses, steadily increasing the central density. Due to compression, the core temperature also increases. As the neutrino diffusion time from the PNS is of the order of seconds (much larger than the simulated time), the lepton fraction, the electron fraction, and the entropy in the center remain almost constant during the simulation (Yl ≈ 0.32 − 0.34, Ye ≈ 0.28 − 0.30 and S/A ≈ 1.25 − 1.35). Matter in the center is highly degenerate and the increase in temperature is relatively small (Tc ≲ 20 − 30 MeV, even at the end of the simulation) compared to the corresponding Fermi temperature. Among the different EOSs, HS(TM1) is the stiffest and its central densities are significantly lower than for the other EOSs. The largest densities are reached by the BLh-based EOSs, with very minor differences between its two different implementations. The BLh models also present the largest central temperature. For this quantity, the relative difference between BLh+SFHo and BLh+TM1 varies slightly with time, with the latter being very close to the former close to bounce and towards the end of the simulation. Due to the lower densities and temperatures reached by the TM1 model, its shock and PNS radii are systematically larger than for other EOS models, while the neutrino luminosities and mean energies are systematically smaller. Apart from this expected difference, we note how the SFHo+BLh and TM1+BLh stay close to each other during the entire simulation, including during the νe burst peak and the corresponding rapid shock expansion phase, between 1 and 10 ms after bounce. Finally, in the lower part of the right panel of Fig. 10, by the end of the simulation, for models using the BLh-based EOS, most of the matter in the computational domain is described by the high-density part of the EOS.
5. Summary
In this work, we extend the zero-temperature microscopic EOS of dense asymmetric and β-stable nuclear matter of Bombaci & Logoteta (2018) to finite temperature. For consistency, we used the same many-body method as well as the same two- and three-body nuclear forces of Bombaci & Logoteta (2018). For the low-ensity part of our EOS (namely below 0.05 fm−3), we connected our microscopic EOS with a EOS derived in the RMF approach (Hempel & Schaffner-Bielich 2010). In order to test different choices, we used two publicly available EOS tables obtained from two different parametrizations of the nuclear RMF Lagrangian: the TM1 (Sugahara & Toki 1994) and SFHo (Steiner et al. 2013) ones.
We considered three applications of this new EOS. The first one concerned the calculation of the isoentropic β-stable EOS considering both the case of ν-free and ν-trapped matter. We note that the effects of neutrino trapping has been analyzed in the whole range of density of interest for hot neutron stars, therefore including the low-density EOS part. In our second application, we used the finite temperature β-stable EOSs to describe the structure of nonrotating protoneutron stars. We discuss the thermal effects on the maximum and minimum neutron star masses obtained according to the various physical scenarios analyzed in this paper. In our last application, we employed our new EOS to perform a dynamical simulation of spherically symmetric CCSNe. This last application turned out to be particularly important because it is very sensitive to the density range where we match microscopic calculations with the RMF results. Our findings are in agreement with those present in the literature on this kind of simulation, supporting the plausibility of the EOS construction proposed in this paper.
We note in addition that the zero-temperature neutron star maximum mass predicted by our new EOS is consistent with present measured neutron star masses and particularly with the mass [image: equation] of the neutron stars in PSR J0740+6620.
The consistent thermodynamical approach adopted in this work is relevant for multidimensional CCSNe and BNSM simulations (Shen et al. 1998; Hempel & Schaffner-Bielich 2010; Steiner et al. 2013; Oertel et al. 2017; Togashi et al. 2017). In the near future we indeed plan to apply this new EOS to BNSMs as well as to 3D CCSN simulations.
We also plan to develop a more consistent treatment of the low-density part of our EOS namely below 0.05 fm−3. A possibility may consist in finding a skyrme parametrization able to fit microscopic calculations around saturation density and to join the high-density part of the EOS based on fully microscopic calculations with the latter.
We finally note that due to the very high central densities expected in the core of NSs, various “exotic” constituents like hyperons (Glendenning 1985; Vidaña et al. 2011; Chatterjee & Vidaña 2016; Haidenbauer et al. 2017) or a deconfined quark phase (Glendenning 1996; Bombaci et al. 2008, 2016; Logoteta et al. 2012; Bombaci & Logoteta 2013) cannot be excluded. Thermal effects may favor the presence of these additional degrees of freedom in neutron star matter. Work in this direction is ongoing. Specifically, we are currently trying to extend our present calculations to the case of finite-temperature hyperonic matter, adopting nucleon-hyperon (Haidenbauer et al. 2013) and hyperon-hyperon (Haidenbauer et al. 2016) interactions derived in the framework of ChPT, and to include hyperonic three-body forces like those in the zero-temperature case discussed by Logoteta et al. (2019).


1 Spin polarized nuclear matter within the BHF approach has been considered by, e.g., Vidaña & Bombaci (2002) and Bombaci et al. (2006).


2 Stellar masses are given in units of solar mass M⊙ = 1.989 × 1033 g.


3 We note however that this consideration strongly depends on the temperature of the system: above some critical temperature (∼18 MeV), at all densities clusters disappear and matter becomes homogeneous.


4 In this context, “total” refers to both free and bound protons in nuclei.


5 https://astro.physik.unibas.ch/en/people/matthias-liebendoerfer/download.html
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	[image: thumbnail]	Fig. 1. Free energy per particle (F/A) of SNM as a function of the nucleon number density (n) for the interaction model considered in this work. The square symbols represent the results of our microscopic BHF calculations, whereas the continuous lines represent the energy per particle obtained using the parametrization given by Eq. (13). Temperatures (T) in the figure are in MeV.
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	[image: thumbnail]	Fig. 3. Entropy per nucleon (S/A) as a function of the nucleon density n at different temperatures, T = 20, 50, 70 MeV (from bottom to top) for SNM (left panel) and PNM (right panel). The continuous lines represent S/A calculated using Eq. (15) in which we employ the fit formula (Eq. (13)) for the free energy. The circular symbols represent the entropy per nucleon, calculated using Eq. (9) in the approximation of a mixture of two ideal Fermi gases of quasi-particles in the BHF mean fields.
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	[image: thumbnail]	Fig. 4. Energy per particle (E/A) as a function of the nucleon density n at different temperatures T = 20, 50, 70 MeV (from bottom to top) for SNM (left panel) and PNM (right panel). The continuous lines represent E/A = εN/n calculated using Eq. (17) whereas the circular symbols represent the results of the self-consistent BHF calculations, i.e., Eq. (8).
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	[image: thumbnail]	Fig. 5. Temperature profiles as a function of nuclear density n for isoentropic (S/A = const) β-stable EOSs in the case of neutrino-free (red lines) and neutrino trapped (blue lines) matter.
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	[image: thumbnail]	Fig. 6. Composition of dense matter for different physical regimes. Left (right) panel: composition of β-stable neutrino-free (trapped) nuclear matter, i.e., the particle fractions Yi = ni/n (with i = n, p, e−, μ−), in the case of an isoentropic EOS with S/A = 2. Right panel: we fix Yle = 0.33. The dashed lines in the left panel represent the composition of the T = 0 BL EOS (Bombaci & Logoteta 2018) which is reported for comparison. See text for further details.
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	[image: thumbnail]	Fig. 7. Pressure vs. energy density (ε) relations for various β-stable EOSs derived in different thermodynamical stellar conditions. Left (right) panel: we use a logarithmic (linear) scale. The BL T = 0 (black continuous line) taken from Bombaci & Logoteta (2018) is shown for reference. We note that for the BL EOS for nuclear densities below 0.08 fm−3, the Sly4 EOS (Haensel & Pichon 1994; Douchin & Haensel 2001) has been adopted (Endrizzi et al. 2018). The BLh with T = 0.1 MeV is represented by the black dashed line. Red and blue curves refer to the following cases: isoentropic EOS with S/A = 1 and S/A = 2 without neutrino trapping (red dashed lines) and isoentropic EOS with S/A = 1 and S/A = 2 with neutrino trapping (blue continuous and dashed lines). For the low-density part of the BLh EOSs, we employ the TM1 model (Sugahara & Toki 1994). Temperatures (T) in the figure are in MeV. (See text for further details).
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	[image: thumbnail]	Fig. 8. Mass–radius (left panel) and mass–central density (nc) (right panel) for the EOSs reported in Fig. 7. Temperatures (T) in the figure are in MeV.
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	[image: thumbnail]	Fig. 9. Gravitational mass MG as a function of the baryonic mass MB for our EOS model. The red dashed line represents the protoneutron star (PNS) sequence calculated using the isoentropic EOS with S/A = 2 and trapped neutrinos with Yle = 0.33. The black continuous line represents the cold deleptonized NS sequence calculated using the T = 0.1 MeV EOS for neutrino-free matter. The end point on each curve represents the corresponding maximum mass configuration. The values of these quantities for the present BLh EOS model are reported in Table 2. The asterisk on the black continuous line represents the effective maximum mass [image: equation] for the cold deleptonized NS sequence (see text for more details).
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	[image: thumbnail]	Fig. 10. Left: temporal evolution of the shock radius (solid) and of the PNS radius (dashed) for each of the four spherically symmetric CCSN models. Models differ by the nuclear EOSs, including two versions of the BLh EOS and two RMF EOSs, namely HS(TM1) and SFHo. The two BLh EOSs use the HS(TM1) and the SFHo EOS for the low-density regime (n <  nth). We note the logarithmic scale on the time axis. Right: same as on the left panel, but for the central density (solid) and temperature (dashed). The cyan (blue) shaded area represents matter below (above) the threshold density nth (used to join the BLh and the HS(TM1) EOS) for the BLh+TM1 model.
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	[image: thumbnail]	Fig. 11. Left: same as in Fig. 10, but for the electron neutrino (solid) and antineutrino (dashed) luminosities measured at the edge of the computational domain. Right: same as in the left panel, but for the electron neutrino (solid) and antineutrino (dashed) mean energies.
In the text
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        Free energy per particle (F/A) of SNM as a function of the nucleon number density (n) for the interaction model considered in this work. The square symbols represent the results of our microscopic BHF calculations, whereas the continuous lines represent the energy per particle obtained using the parametrization given by Eq. (13). Temperatures (T) in the figure are in MeV.
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      Table 1. 

      Value of the coefficients ai (with i = 0, 1, ...,12) in the parametrization of the free energy per particle F/A (see Eq. (13)) for SNM (first row) and PNM (second row).

      
        


	
	a0
	a1
	a2
	a3
	a4
	a5
	a6
	a7
	a8
	a9
	a10
	a11
	a12





	SNM
	−2.33
	206.30
	−87.49
	20.54
	−111.36
	−172.48
	310.13
	67.20
	1.84
	13.35
	−11.42
	1.49
	−12.37



	




	PNM
	3.205
	158.61
	−54.64
	12.11
	−28.17
	−123.14
	415.96
	47.55
	1.91
	19.43
	−18.37
	1.66
	17.00





      

      
Notes. The coefficients a0, a1, a2, a3 and a12 are given in MeV, the coefficients a4 and a5 are given in MeV fm3, a6 and a7 in MeV fm3a8, a9 and a10 in MeV fm−3, a8 and a11 are dimensionless quantities. The χ2/datum resulting from the fit is 1.05 for SNM and 1.1 for PNM.
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        Entropy per nucleon (S/A) as a function of the nucleon density n at different temperatures, T = 20, 50, 70 MeV (from bottom to top) for SNM (left panel) and PNM (right panel). The continuous lines represent S/A calculated using Eq. (15) in which we employ the fit formula (Eq. (13)) for the free energy. The circular symbols represent the entropy per nucleon, calculated using Eq. (9) in the approximation of a mixture of two ideal Fermi gases of quasi-particles in the BHF mean fields.
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        Energy per particle (E/A) as a function of the nucleon density n at different temperatures T = 20, 50, 70 MeV (from bottom to top) for SNM (left panel) and PNM (right panel). The continuous lines represent E/A = εN/n calculated using Eq. (17) whereas the circular symbols represent the results of the self-consistent BHF calculations, i.e., Eq. (8).
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        Temperature profiles as a function of nuclear density n for isoentropic (S/A = const) β-stable EOSs in the case of neutrino-free (red lines) and neutrino trapped (blue lines) matter.
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        Composition of dense matter for different physical regimes. Left (right) panel: composition of β-stable neutrino-free (trapped) nuclear matter, i.e., the particle fractions Yi = ni/n (with i = n, p, e−, μ−), in the case of an isoentropic EOS with S/A = 2. Right panel: we fix Yle = 0.33. The dashed lines in the left panel represent the composition of the T = 0 BL EOS (Bombaci & Logoteta 2018) which is reported for comparison. See text for further details.
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        Pressure vs. energy density (ε) relations for various β-stable EOSs derived in different thermodynamical stellar conditions. Left (right) panel: we use a logarithmic (linear) scale. The BL T = 0 (black continuous line) taken from Bombaci & Logoteta (2018) is shown for reference. We note that for the BL EOS for nuclear densities below 0.08 fm−3, the Sly4 EOS (Haensel & Pichon 1994; Douchin & Haensel 2001) has been adopted (Endrizzi et al. 2018). The BLh with T = 0.1 MeV is represented by the black dashed line. Red and blue curves refer to the following cases: isoentropic EOS with S/A = 1 and S/A = 2 without neutrino trapping (red dashed lines) and isoentropic EOS with S/A = 1 and S/A = 2 with neutrino trapping (blue continuous and dashed lines). For the low-density part of the BLh EOSs, we employ the TM1 model (Sugahara & Toki 1994). Temperatures (T) in the figure are in MeV. (See text for further details).

      

    

  
    
      Fig. 8. 
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        Mass–radius (left panel) and mass–central density (nc) (right panel) for the EOSs reported in Fig. 7. Temperatures (T) in the figure are in MeV.

      

    

  
    
      Table 2. 

      Maximum mass configuration properties for various thermodynamical stellar conditions considered in this work.

      
        


	EOS model
	MG (M⊙)
	R (km)
	nc (fm−3)
	MB (M⊙)





	BL T = 0
	2.080
	10.26
	1.156
	2.456



	BLh T = 0.1
	2.070
	10.18
	1.175
	2.457



	BLh T = 5
	2.072
	10.00
	1.162
	2.457



	BLh T = 10
	2.073
	10.05
	1.158
	2.457



	BLh T = 30
	2.090
	10.31
	1.141
	2.449



	BLh T = 50
	2.112
	10.91
	1.084
	2.406



	BLh S/A = 1
	2.076
	10.37
	1.141
	2.446



	BLh S/A = 2
	2.082
	10.81
	1.098
	2.390



	BLh S/A = 3
	2.088
	11.97
	0.992
	2.296



	BLh S/A = 1 ν
	2.021
	10.39
	1.190
	2.323



	BLh S/A = 2 ν
	2.034
	10.92
	1.129
	2.289



	BLh S/A = 3 ν
	2.051
	12.07
	1.018
	2.223





      

      
Notes. Stellar gravitational maximum mass MG, corresponding radius R, central baryon number density nc, and baryonic maximum mass MB. Stellar masses are given in units of solar mass M⊙ = 1.989 × 1033 g.



    

  
    
      Fig. 9. 
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        Gravitational mass MG as a function of the baryonic mass MB for our EOS model. The red dashed line represents the protoneutron star (PNS) sequence calculated using the isoentropic EOS with S/A = 2 and trapped neutrinos with Yle = 0.33. The black continuous line represents the cold deleptonized NS sequence calculated using the T = 0.1 MeV EOS for neutrino-free matter. The end point on each curve represents the corresponding maximum mass configuration. The values of these quantities for the present BLh EOS model are reported in Table 2. The asterisk on the black continuous line represents the effective maximum mass [image: equation] for the cold deleptonized NS sequence (see text for more details).

      

    

  
    
      Fig. 10. 

      
        [image: thumbnail]
      

      
        Left: temporal evolution of the shock radius (solid) and of the PNS radius (dashed) for each of the four spherically symmetric CCSN models. Models differ by the nuclear EOSs, including two versions of the BLh EOS and two RMF EOSs, namely HS(TM1) and SFHo. The two BLh EOSs use the HS(TM1) and the SFHo EOS for the low-density regime (n <  nth). We note the logarithmic scale on the time axis. Right: same as on the left panel, but for the central density (solid) and temperature (dashed). The cyan (blue) shaded area represents matter below (above) the threshold density nth (used to join the BLh and the HS(TM1) EOS) for the BLh+TM1 model.

      

    

  
    
      Fig. 11. 
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        Left: same as in Fig. 10, but for the electron neutrino (solid) and antineutrino (dashed) luminosities measured at the edge of the computational domain. Right: same as in the left panel, but for the electron neutrino (solid) and antineutrino (dashed) mean energies.

      

    

  OEBPS/aa39457-20-eq8.gif
Az 1),
e =) fe(ksi
—





OEBPS/aa39457-20-eq9.gif
e (k. T) = fi»Ur(k ),





OEBPS/aa39457-20-fig9_small.jpg





OEBPS/aa39457-20-eq4.gif
| Ka, ki) Qo (Kar K |
. =y e L G, T,
Grv(@.T) ‘+V;w*é,(kavT)*ér'(kr’,TH»m .





OEBPS/aa39457-20-eq27.gif





OEBPS/aa39457-20-eq5.gif
 KarKp) Qurt (Kao K | =| Ka-Kp) Qee(Karkpin, 1) (Kar Ky |
=[1 = fitkaiie D] [1 = folhipa i )]





OEBPS/aa39457-20-eq26.gif





OEBPS/aa39457-20-eq6.gif
~ 1
felbo e 1) = e T = AT





OEBPS/aa39457-20-eq29.gif





OEBPS/aa39457-20-eq7.gif
1L+





OEBPS/aa39457-20-eq28.gif
e
Mg = 2. 147+, Mg





OEBPS/aa39457-20-eq23.gif
Py, p, 1) = pphy + ity — I,





OEBPS/aa39457-20-eq22.gif
A |

sN(n, B,T) = “ar|
v

.





OEBPS/aa39457-20-eq25.gif
S/A ~





OEBPS/aa39457-20-eq24.gif
EN

N + 1 sy.





OEBPS/aa39457-20-eq21.gif
|

|

o -
in (1,5, T) =

(0,8, =





OEBPS/aa39457-20-eq20.gif
~ F
Fon1= STy

2 n
un+uu—+agﬂ+mﬂ)|..< ! )
fm’

+ (a3 +ast®) n + (a6 + a7t®) n%

[
+—(agr® +angt™) +az,









OEBPS/aa39457-20-fig5_small.jpg





OEBPS/aa39457-20-eq1.gif
et
M =2.1477 Mg





OEBPS/aa39457-20-fig2_small.jpg





OEBPS/aa39457-20-eq2.gif
E=E/A





OEBPS/aa39457-20-eq3.gif





OEBPS/aa39457-20-eq38.gif





OEBPS/aa39457-20-eq37.gif
M

I ax





OEBPS/aa39457-20-eq39.gif





OEBPS/aa39457-20-eq34.gif





OEBPS/aa39457-20-eq33.gif
W<
My <=M,





OEBPS/aa39457-20-fig8_small.jpg





OEBPS/aa39457-20-eq36.gif
AB =MD —mly 3





OEBPS/aa39457-20-eq35.gif





OEBPS/aa39457-20-fig1.jpg
F/A [MeV]

300

200

100

-200

-300

-400

LA N L L L B L BB L

T T T [T T T[T T T T[T T T T[T T T T[T T T[T T T T[T T T T[T T T T[T TTT[TTTigT

o b b b b b b b b By B 1

SNM

Eoo v oo b bovvon b bov v Lo o id

O

0.1 02 03 04 05 06 07 08 09

n[ﬁns]

1

1.1

1.2





OEBPS/aa39457-20-eq30.gif
M

L





OEBPS/aa39457-20-fig2.jpg
0.1 02 03 04 05 06 07 08 09

H // H
| ////// S E
H

[ASIN] V/H

1.1 1.2

1

0

n [fm>3]





OEBPS/aa39457-20-fig3.jpg
TTTT

T T[T T T T [ TT T T[T T [TTTT

r SNM

TR BB

TT T T[T T T T[T T T[T T T [TTTT]

PNM

|||||||||||||b||||||\

RN SNENE SRR SRR EEREE AR

N SREE FEEEE FENEE AR AR

0 02 04 06 08 1 12

n [fm'3]

02 04 06 08 1 12
n[fm'S]





OEBPS/aa39457-20-eq32.gif
m

ol





OEBPS/aa39457-20-fig4.jpg
E/A [MeV]

400

300

(3]
=
S

100

T T T[T T[T T[T T[Tt

- SNM

e STl EEETE FEEEE FEREE AR

TTTT

TTT

v b b by b b |

T T[T T T [ TT T T[T TTTT]

o b b b b by

0 02 04 06 08
n [fm”]

1

1.2

0 02 04 06 08 1 12

n [fm>]

600

500

400

300

200

100

E/A [MeV]





OEBPS/aa39457-20-eq31.gif
M





OEBPS/aa39457-20-fig5.jpg
Temperature [MeV]

7|||T||T|T||T||‘||T|IITITIITTIIIITII|||||||T||T|Tl
L _-
- —— S/A=1 -~
T ——- S/A=2 =T _-7
L —— S/A=1v //////
60— ——- S/A=2v /// _-
i - ///
- // -
_ -
- —~
- -
L - P>
L L _-
7 7
3 -
r 7
F /7
20///
4
_Ill\ll\|\ll\ll‘ll\|‘II\Il\II\|\IIVlI\II‘IIIIlII\Il\I\I

I T WA

01 02 03 04 05 06 07 08 09 1 1.1
n [fm_S]

1.2





OEBPS/aa39457-20-fig6.jpg
i

particle fractions Y.

C —_— . ] n

F - E .

r ] i p ]
|- - = e -
:_I E F E!
E,’ —— S/A=2 ] F — S/A=2 ]
i ——-T=0 4 i Y,=0.33 ]
I Y, =0 1 - . 1
! . | i |
1 I P I P I A T PR T R

02 04 06 08 1
n[fm-3]

1.2

02 04 06 08 1 12

n [fm'z]

0.1

0.01

particle fractions Y,

i





OEBPS/aa39457-20-fig7.jpg
Pressure [MeV/fm3]

?—‘—FI'ITITIVI | TTTTIr | T IIII!l T T 17T T T 1T T T 17T ‘ T T 1T 1000
F—— BLT=0 3 r /.
1000 — —- BLh T=0.1 . C ]
—— BLh S/A=1 L 1
— —- BLh S/A=2 = —800
—— BLh S/A=1v [ ]
E——- BLhS/A=2v r ]
- 1 F 600
i F 400
0.001F - i ]
= 200
1e-065 I [ |.....E L AN R
0.001 1 1000 0 500 1000 1500 2000

& [MeV/fm’] € [MeV/fm']

Pressure [MeV/fmS]





OEBPS/aa39457-20-fig8.jpg
2.5

1.5

sun

M;/M

0.5

LA I O B B L L B

o Lo b

LIS S s B N B B O B B

BL T=0

— = BLhT=0.1
—— BLh S/A=I
-/ — — BLhS/A=2
—— BLhS/A=1vV
—— BLhS/A=2Vv

o b b b by

05 1 15
n_[fm”]

2

0.5





OEBPS/aa39457-20-fig10_small.jpg





OEBPS/aa39457-20-fig9.jpg
221






OEBPS/aa39457-20-fig1_small.jpg





OEBPS/dash.png





OEBPS/aa39457-20-eq49.gif





OEBPS/aa39457-20-eq48.gif





OEBPS/aa39457-20-eq45.gif
M

L





OEBPS/aa39457-20-eq44.gif





OEBPS/aa39457-20-eq47.gif
m

ol





OEBPS/aa39457-20-eq46.gif
() L
My (0

< My = M,





OEBPS/aa39457-20-eq41.gif
M

L





OEBPS/aa39457-20-fig4_small.jpg





OEBPS/aa39457-20-eq40.gif





OEBPS/aa39457-20-eq43.gif
)

e max





OEBPS/aa39457-20-eq42.gif
My =Ml





OEBPS/aa39457-20-eq50.gif
et
M =2.1477 Mg





OEBPS/aa39457-20-fig7_small.jpg





OEBPS/aa39457-20-eq19.gif
Fom(n,T) = F(n,p = 1,T) —






OEBPS/aa39457-20-fig3_small.jpg
o





OEBPS/aa39457-20-eq16.gif
F=F/A





OEBPS/aa39457-20-fig10.jpg
L

Ripock

SFHo
—— TMI1+BL
—— SFHo+BL

pe [10Mg em™) & M |

107

-
1072
Time after bounce

i !
0.0 0.2 0.4 0.6
Time after bounce






OEBPS/aa39457-20-eq15.gif
e
Vi (n)





OEBPS/aa39457-20-eq18.gif





OEBPS/aa39457-20-eq17.gif
F(n,,T) = Fi






OEBPS/aa39457-20-fig11.jpg
»
20
=
3]

S

N

=
3
(=8
™M1 5
L, SFHo -
Ly, TMI4BL 5 - X )
SFHo+BL b 00 005
| | | N . ) | Time afer bouce [y
0.2 0.4 0.6 0.0 0.2 0.4 0.6
Time after bounc

Time after bounce [s]





OEBPS/aa39457-20-eq12.gif
SupT) =~k Y3 [/,(wpr) In (fe(k.fic, T))
B

+ (1 = felk, e, T)) In (1 */r(kﬂnT))}.





OEBPS/aa39457-20-eq11.gif
Em.p.T) = %(n,ﬁ.T)

1 B2
:;ZZ[,’M +5u,(k‘r)}/,(k~ﬁpr)
A= e amy






OEBPS/aa39457-20-eq14.gif
et
M =2.1477 Mg





OEBPS/aa39457-20-eq13.gif





OEBPS/aa39457-20-fig11_small.jpg





OEBPS/aa39457-20-eq10.gif
Urk;T) = ) ) Re (kiK' | Gen (@, T) | koK) fo(K', i, T),

i





OEBPS/aa39457-20-fig6_small.jpg





