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Abstract

Context. It is now well established that the majority of massive stars reside in multiple systems. However, the effect of multiplicity is not sufficiently understood, resulting in a plethora of uncertainties about the end stages of massive-star evolution. In order to investigate these uncertainties, it is useful to study massive stars just before their demise. Classical Wolf-Rayet stars represent the final end stages of stars at the upper-mass end. The multiplicity fraction of these stars was reported to be ∼0.4 in the Galaxy but no correction for observational biases has been attempted.

Aims. The aim of this study is to conduct a homogeneous radial-velocity survey of a magnitude-limited (V ≤ 12) sample of Galactic Wolf-Rayet stars to derive their bias-corrected multiplicity properties. The present paper focuses on 12 northern Galactic carbon-rich (WC) Wolf-Rayet stars observable with the 1.2 m Mercator telescope on the island of La Palma.

Methods. We homogeneously measured relative radial velocities (RVs) for carbon-rich Wolf-Rayet stars using cross-correlation. Variations in the derived RVs were used to flag binary candidates. We investigated probable orbital configurations and provide a first correction of observational biases through Monte-Carlo simulations.

Results. Of the 12 northern Galactic WC stars in our sample, seven show peak-to-peak RV variations larger than 10 km s−1, which we adopt as our detection threshold. This results in an observed spectroscopic multiplicity fraction of 0.58 with a binomial error of 0.14. In our campaign, we find a clear lack of short-period (P < ∼100 d), indicating that a large number of Galactic WC binaries likely reside in long-period systems. Finally, our simulations show that at the 10% significance level, the intrinsic multiplicity fraction of the Galactic WC population is at least 0.72.
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⋆ Based on observations made with the Mercator Telescope, operated on the island of La Palma by the Flemish Community, at the Spanish Observatorio del Roque de los Muchachos of the Instituto de Astrofísica de Canarias.

⋆⋆ Based on observations obtained with the HERMES spectrograph, which is supported by the Research Foundation – Flanders (FWO), Belgium, the Research Council of KU Leuven, Belgium, the Fonds National de la Recherche Scientifique (F.R.S.-FNRS), Belgium, the Royal Observatory of Belgium, the Observatoire de Genève, Switzerland and the Thüringer Landessternwarte Tautenburg, Germany.



1. Introduction
Stars with initial masses Mi ≳ 8 M⊙ are expected to end their lives as core-collapse supernovae (SNe), forming compact stellar remnants such as neutron stars and black holes (BHs) (Heger et al. 2003). Through their strong stellar winds, intense radiation and powerful explosions, they dominate the transport of energy and momentum into the interstellar medium (cf. Mac Low et al. 2005). A small subset of massive stars appear as Wolf-Rayet (WR) stars. They are a spectroscopic class of stars dominated by broad emission lines that are a tell-tale sign of strong, radiation driven winds (see review by Crowther 2007). WR stars are subdivided into three main classes: nitrogen-rich (WN), carbon-rich (WC), and the extremely rare oxygen-rich (WO) sequences. They reflect the chemical composition of their atmospheres - N-rich (products of the CNO cycle) or C/O-rich (products of He-burning).
Due to the absence of a hydrogen envelope and their chemical composition, most WR stars are believed to be evolved, post-main sequence objects. These objects are called “classical WR stars” (cf. Massey 1981) and they are thought to evolve spectroscopically from O-type stars to WN, WC and, finally, WO stars, possibly through an intermediate luminous blue variable or red supergiant phase (Conti 1976; Crowther 2007). However, very massive stars can also appear as WR stars during their main-sequence phase (de Koter et al. 1997). In contrast to the classical WRs, young WR stars contain and display hydrogen in their atmospheres.
The role of multiplicity in the formation of WR stars is a long-standing question that is still widely debated (Paczyński 1967; Vanbeveren et al. 1998; Shenar et al. 2019, 2020). It is still not clear whether the dominant channel is through stripping via stellar winds or through a binary companion. This knowledge and, hence, the study of WR stars, is important to improve our understanding of observed SNe (Zapartas et al. 2017; Eldridge et al. 2018) and gravitational-wave (Eldridge et al. 2019) rates, the properties of the resulting compact objects (e.g. de Mink et al. 2014; Marchant et al. 2016) and the evolution of massive stars (e.g. Meynet & Maeder 2003; Hamann et al. 2006; Shenar et al. 2016; Sander et al. 2019; Woosley 2019).
Large-scale multiplicity surveys in the past decade have shown that the majority of massive stars live in binaries or higher multiple systems (Mason et al. 2009; Sana et al. 2012, 2013, 2014; Kobulnicky et al. 2014; Barbá et al. 2014; Dunstall et al. 2015; Maíz Apellániz et al. 2016, 2019). These systems are so close that the majority will interact (Fryer et al. 2007; Sana et al. 2012, 2013; Dunstall et al. 2015), fundamentally impacting the evolution of most of these systems (Pols 1994). However, most modern radial velocity (RV) surveys of massive stars in the Galaxy have focussed on main-sequence OB-stars, with the exception of WN stars from the OWN survey (Barbá et al. 2014). The state of affairs for extragalactic surveys is much better, with numerous surveys of the Magellanic Clouds (Bartzakos 1999; Foellmi et al. 2003a,b; Schnurr et al. 2008) and the like for M31 and M33 (Neugent & Massey 2014).
This is not without good reason, as surveys of WR stars face numerous challenges. First and foremost, the classical WR phase is quite short-lived in the evolution of massive stars (∼10% of their total lifetime). Combined with the fact that most WR stars that have been discovered in the past two decades are mainly infra-red bright, the sample size for an optical RV survey is severely limited. Second, spectral lines for WR stars are formed far out in the winds. They are therefore broad and affected by variability in the winds, rendering traditional tools to measure RVs unsuitable. Additionally, the complexity of each WR system along with the diverse physics that they present (e.g. wind-variability, clumping, dust production, etc.) has prompted a system-to-system modelling, making it difficult to apply a single method in a systematic fashion to a large sample. Finally, with input on the initial conditions of the systems, recent simulations have shown that post-interaction binary systems most likely exist with periods of the order of a year (Langer et al. 2019).
The Galactic Catalogue of WR stars1 (henceforth GCWR) is maintained by Paul Crowther (originally, Appendix 1 in Rosslowe & Crowther 2015), with 666 objects currently (v1.24). In the literature, the observed multiplicity fraction of WR stars is reported to be ∼0.4 (van der Hucht 2001). This value includes both spectroscopic and visual WR binaries. However, this fraction has not been corrected for observational biases and hence the intrinsic multiplicity of WR stars is yet to be constrained. An even worse situation stands for the distributions of mass-ratios and orbital periods, which are important resources that can be used to calibrate the physics in binary stellar evolution codes (e.g. efficiency of mass-transfer and angular momentum transport) as well as what is used in stellar population synthesis (e.g. BPASS, Eldridge et al. 2017). Accurate RV measurements and well-constrained uncertainties are of critical importance in order to obtain a reliable correction for observational biases.
Binary WR candidates are usually identified through Doppler shifts, the dilution of emission lines (the companion OB-star can sometimes be more luminous in the optical), the presence of absorption lines in the spectra, photometric variability, X-ray spectroscopy for hints of RV variability and wind-wind collision, and with astrometry. Modern techniques to detect periodicities in WR stars include measuring the equivalent-width and change in the full-width half-maxima of emission lines (e.g. WR1; Morel et al. 1999). Other state-of-the-art techniques to measure RVs include measuring the centroid of the emission (Fahed & Moffat 2012), fitting Gaussians to line profiles (e.g. WR127; de La Chevrotière et al. 2011), using (Fourier) cross-correlation (Lefèvre et al. 2005; David-Uraz et al. 2012; Shenar et al. 2019; Chené et al. 2019), or even modelling excess emission (e.g. Hill et al. 2000).
The variable nature of these strong, broad emission lines of WR stars have traditionally made it challenging to detect velocity shifts of the order of a few km s−1. These shifts are of the order of a fraction of a resolution element in low-resolution spectra and so they are extremely difficult to detect even with a high signal-to-noise (S/N) ratio. In terms of the parameter space for binary systems, these RV shifts correspond to systems that have long periods, and those with extreme mass-ratios.
Clumping and time-variability studies, however, have shown that emission lines are variable on the scale of days to weeks. They have further shown that this variability is different for different ions and is mostly limited to the centers of emission lines (Lépine et al. 2000; St-Louis et al. 2009; Chené & St-Louis 2011). Moreover, studies with high-resolution and high-S/N spectra have reported RV measurement accuracies of WR stars with formal uncertainties as small as ∼1 km s−1 (e.g. WR 113; David-Uraz et al. 2012). This is mainly due to the fact that high-resolution spectra contain more information, and this allows for a statistically more accurate solution. Furthermore, the high-ionisation “weak” lines can also be used to derive reliable RV measurements (e.g. R144, WR21a and R145; Sana et al. 2013; Tramper et al. 2016; Shenar et al. 2017, respectively). This is an advantage for systems with wind-wind collision, as the weaker lines are usually unaffected. Finally, high-resolution spectra make it possible to detect any narrow absorption lines that could be superimposed on top of the broad emission lines.
In this context, we initiated a new monitoring program aiming at improving the observational constraints on the WR multiplicity properties. In this first paper, we present and test out RV measurement method and apply it to a magnitude-limited sample of Northern, Galactic WC stars. The sample, observations and data reduction are presented in Sect. 2. Section 3 elaborates on the RV measurements and relevant masks used for cross-correlation. In Sect. 4, the correction for observational biases is discussed, along with the spectroscopic binary fraction and intrinsic period and mass-ratio distributions. Section 5 presents our conclusions.
2. Overview of the sample and data reduction
2.1. The sample
Our sample was selected from the GCWR and contains all WC stars with V ≤ 12 and declination δ ≥ −30° that were selected from the GCWR. For objects with missing V band magnitudes, narrow-band v magnitudes (Smith 1968; Massey 1984) were used with the condition v ≤ 13. This resulted in a final sample of 12 WC stars. The spectral type distribution among our sample is shown in Fig. 1.
	[image: thumbnail]	Fig. 1.
Spectral type distribution of the stars in our sample.




2.2. Observations
The WR RV monitoring campaign began in 2017 using the High-Efficiency and high-Resolution Mercator Echelle Spectrograph (HERMES, Raskin et al. 2011) mounted on the 1.2 m Flemish Mercator Telescope on La Palma. HERMES covers the optical wavelength range from 3800 Å to 9000 Å, with a spectral resolving power of R ∼ 85 000. As we show below, the combination of high-resolution with good S/N over a long period of time results in a powerful tool to search for binarity.
For most objects, at least four epochs were obtained over the course of 15 months. Table 1 gives the an oerview of the campaign (including archival HERMES data). The number of epochs for WR 137 is larger because we obtained an additional 16 epochs with a high cadence over 15 days, with three observations over the same night to investigate the effect of short-term atmospheric/wind variability on the measured RVs (Sect. 3.3).
Table 1.

Sample of WC stars in the RV monitoring campaign with the number of spectra, time coverage, and average S/N per resolution element at 5200 Å.


2.3. Data reduction and normalisation
The HERMES spectra were first reduced by the HERMES pipeline which includes the bias, flat-field corrections, cosmic removal and order merging of the spectra (Raskin et al. 2011). However, the resulting spectra are still affected by atmospheric extinction, telluric lines, interstellar reddening and the instrumental response. In order to achieve a normalisation procedure that is homogeneous over multiple epochs, we developed an algorithm that corrects for these effects. This minimises the effect of variable normalisation on the RV measurements.
We first correct the spectra for atmospheric extinction, applying a wavelength and airmass-dependent correction. Molecfit (Smette et al. 2015; Kausch et al. 2015) is then used to remove telluric lines with meteorological conditions as input from the Mercator meteo-station. Standard calibration stars that are used for the order merging are then used to derive the instrumental response function for the night. Once corrected for these three effects, the only remaining effect is due to that of interstellar (or even circumstellar) reddening.
To normalise these spectra, pseudo-continuum regions were chosen based on normalised model spectra for WC stars from the Potsdam Wolf-Rayet code (PoWR: Gräfener et al. 2002; Hamann & Gräfener 2003; Sander et al. 2012). Two continuum regions were adopted: in the red, around 8100 Å, and in the blue, around 5200 Å. By anchoring the respective continuum models to the red point and then reddening them based on Fitzpatrick (2004) we fit the slope and normalise the spectra. For this purpose, we used an RV value of 3.1, the average value for the Galaxy. The various steps in the data handling are illustrated in Fig. 2. We note that we only rely on the above-mentioned reddening law to obtain a homogeneous normalisation process and therefore refrain from providing the reddening values obtained though the continuum-fitting procedure.
	[image: thumbnail]	Fig. 2.
Main steps in our data reduction process. From top to bottom: (a) flatfield corrected spectrum produced by the HERMES pipeline. (b) Spectrum corrected for the instrumental response function and telluric contamination. (c) Continuum flux models from PoWR to the pseudo-continuum region around 5200 Å for different values of E(B − V). (d) Resulting normalised spectrum.




3. Radial velocity determination
In order to derive RVs for broad WR emission lines in a systematic manner, one needs a method that can be applied to most, if not all, of the objects in our sample and that yields meaningful errors. The uncertainty on each measurement will have contributions from different sources: statistical (based on the method and S/N), systematic (instrumental and normalisation), and intrinsic (variability in spectral lines). It is important to have reliable estimates of the uncertainties affecting the RV measurements as these will directly propagate into the observational bias correction. For binary systems, an upper limit on the RV measurement uncertainties can be estimated by measuring the dispersion in the residuals after fitting an orbit. However, the very long periods involved do not allow us to use this.
In this study, we focus solely on RV measurements of WR stars. In the case of SB2 binaries (i.e. double-lined spectroscopic binaries), it is, in principle, also possible to measure the RVs of the secondary star (typically an OB-type star). However, as the goal of our current study is binary detection rather than orbital analysis, there is little advantage in doing so. The WR component, being typically the lighter component, would exhibit larger RV amplitudes than its OB-type companion. Moreover, applying additional binary-criteria to SB2 binaries would require us to introduce non-trivial adjustments to our bias correction (see Sect. 4.3.2).
In all cases, the estimation of uncertainties depends on the method used to measure the RVs. In the case of Gaussian fitting, the errors on the RV measurements are usually derived using the co-variance matrix of the least-squares fit. Cross-correlation relies on applying a peak-finding algorithm to the cross-correlation function (CCF), which can be a Gaussian, Lorentzian, parabola or, a sinc function (e.g. Tody 1993). Another approach is to find the bisector of the CCF. The errors are derived based on the width, number of pixels, height of the CCF peak, and the antisymmetric noise (Tonry & Davis 1979). When measured for WR stars with low-resolution spectra, the errors are magnified by the low number of pixels around a broad CCF peak. In this work, we use a different statistical formulation for the CCF that represents it as a log-likelihood function. The latter is then maximised and fit with a parabola. This is explained in detail below.
3.1. Cross-correlation
The method that we used for the cross-correlation is based on Zucker (2003). The method, assumptions and limitations are briefly discussed here. For a more thorough derivation we refer to Zucker (2003). The observed spectrum is denoted by f(n) and is assumed to be Doppler shifted with respect to the “template” of zero-shift, denoted by g(n). Both the spectrum and the template are described as a function of pixel, n, such that a Doppler shift results in a uniform, linear shift in the spectrum (Tonry & Davis 1979).
In this work, the observed spectrum is assumed to be reproducible by scaling the template with a constant (a0) and shifting it by a certain number of pixels (p0). The noise in the observed spectrum is assumed to be Gaussian with a fixed standard deviation (σ0), so that:
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The spectra (or specific masks) are assumed to be “continuum-subtracted”, such that they have a zero mean:
[image: thumbnail](3)
[image: thumbnail](4)
The last assumption that the number of pixels, N, is constant breaks down. For very small velocity shifts, the edge effects are negligible. However, for velocities of the order of 1000 km s−1, the assumption is not applicable and hence, we use a rolling function to carry out the shift in pixels. This does not have any impact on the computation of the CCF or the determination of the peak.
In order to express the CCF in terms of a log-likelihood function, for a given shift of p pixels we first define the cross-covariance function,
[image: thumbnail](5)
The standard deviation of the spectrum (sf) and template (sg) can be expressed as
[image: thumbnail](6)
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Following this, we define the CCF of f and g as
[image: thumbnail](8)
This CCF can be written in the form of a log-likelihood function. We denote a shift [image: equation] that maximises the CCF. The errors can then be derived from the covariance matrix following maximum log-likelihood theory and can be expressed as
[image: thumbnail](9)
where C″(p) is the second derivative of the CCF. Equation (9) shows that the errors depend on the number of pixels N, the sharpness of the peak [image: equation] and the line S/N ratio [image: equation].
The success of the cross-correlation depends on the accuracy and stability of the template. This is due to the fact that the template is implicitly assumed to represent the data accurately. In practice, the template is chosen to be the observations with the highest S/N. A parabola is fit to the top of the CCF in order to determine the peak and the related derivatives. The errors from the least-squares fitting of the parabola agree with those derived from Eq. (9), giving confidence in the validity of the method. Once the RVs and measurement uncertainties are derived, a weighted average of the shifted spectra is used to derive a co-added spectrum that has a higher S/N. This is then used as a template to re-derive the relative RVs and, thus, in an iterative fashion, an ideal mask and a final measurement are converged upon. We note that the RVs derived are relative to a particular observation in time, and that the velocities measured are, by no means, absolute values. In order to compare with those in the literature or to the rest frame, a uniform shift must be imposed.
3.2. Mask selection
After addressing the choice of the template, the question of which spectral lines or wavelength ranges (henceforth “masks”) to be used for the RV measurements arises. Most traditional methods of measuring RVs are applied to the strongest lines, as they contain the most signal (see Sect. 1). On the other hand, different lines originate in different ions and form in different regions in the wind. Therefore, by comparing the RVs measured using different sets of lines, we can both probe different parts of the wind as well as identify the most reliable mask to represent the motion of the star.
However, with high-resolution and good S/N, weak lines also contain significant amounts of information that can be used. As the WR spectra contains much broader (and stronger) spectral features, using the entire spectrum in the cross-correlation process can mitigate the problem of contamination from the secondary (David-Uraz et al. 2012). To investigate which masks are the most appropriate and if individual lines are better than the full spectrum, RVs are first measured using a variety of masks. These masks are created by selecting lines of different strengths and different ions, as well as with the full spectrum.
For WC stars, most lines originate from carbon (C II, C III and C IV), oxygen (O II, O III, O V, O VI) and helium (He I, He II). Naturally, the strength of the lines of various ions depends on the temperature (among other things) of the WR star, and are identified star-by-star using PoWR models with parameters from Sander et al. (2012). For each star in the sample, this results in “strong”, “moderate” and “weak” masks for different ions. An example of C IV masks for WR 137 is shown in Fig. 3.
	[image: thumbnail]	Fig. 3.
Spectrum of WR 137, rebinned for clarity, with different masks of C IV indicated (see legend). This process is repeated for all other ions, producing a plethora of masks.




The motivation for using lines of the same ion in the same mask is straightforward, while that for using only strong or weak lines is a bit more complex. Lines of the same ion are thought to have formed in the same region of the wind and should thus provide the same RV measurement. Moreover, it is useful to use only strong lines to measure RVs in order to compare the results of this work to what is available in the literature. The errors from the CCF (Eq. (9)), additionally, depend inversely on the S/N in the line, which is higher for strong lines. However, weak lines of highly ionised ions are formed closer to the surface and thus are thought to be less susceptible to wind variability, making them a logical choice for a mask. It is further essential to isolate and quantify the effects of wind variability on WR spectra. Once this is accounted for, we can decide which masks are the most appropriate to detect genuine RV variability. This is addressed in the following section.
3.3. Uncertainties from systematic sources and wind-variability: A proto-study of the binary WR 137
In this section, we investigate the effect of systematic sources and wind variability on RV measurements. To understand the extent to which wind variability can affect our measured RVs, WR 137 (WC7pd + O9 V) is an ideal candidate to examine. It is a well-studied long-period binary system with an orbital period of 13.05 years (Lefèvre et al. 2005; Richardson et al. 2016). We obtained 16 spectra over the course of 15 days during August 2019, significantly away from its periastron passage (which will happen in 2022). Therefore, we can neglect the effects of orbital motion and wind-wind collision (e.g. Lührs et al. 2002) due to binary interaction on the RV measurements for the purpose of this short-cadence study.
The RVs were measured as described in the previous subsection with different masks, with the additional condition that lines contaminated by absorption from the companion were excluded. The RV measurements using different masks with strong C IV lines, weak He II lines and the full spectrum can be seen in Fig. 4. Given RV measurements (vi ± σi), we calculated the weighted mean (μRV) and standard deviation (σRV) as:
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	[image: thumbnail]	Fig. 4.
Phased RV plot for WR 137. Archival RV measurements are shown in blue and are taken from Lefèvre et al. (2005). The RV measurements from HERMES using the strong C IV lines are shown in red. Along with these measurements, the inset shows the short cadence measurements with the full spectrum (green) and weak He II lines (purple). All HERMES RV measurements have been shifted by −23.5 km s−1 in order to convert relative RV measurements to absolute values.




where σRV is a measure of the real dispersion in the data. Since we have already ruled out orbital and wind-wind collision effects, this dispersion can be assumed to represent the statistical error (σp) along with some contribution from systematic sources and wind variability (σw). These errors are not expected to be correlated and are therefore added in quadrature, such that they can be expressed as follows:
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Accounting for the wind variability provides us with an estimate on the effective uncertainty on the RV measurements (σRV). As σp is already derived, σw can be calculated for different ions and different line strengths, giving us a direct probe of how wind variability affects these lines. For now, however, it is sufficient to inspect σRV for different ions. Figure 5 depicts this comprehensively, plotting the RVs measured by each mask over the short cadence period, with σRV indicated at the bottom of the plot.
	[image: thumbnail]	Fig. 5.
RV measurements for WR 137 during the short cadence study. At the bottom of the plot are the values of (σw, σRV) (km s−1) for each mask. It is observed that the helium lines (and weak lines in general) have large dispersions. The masks least affected by wind variability are “full spec”, “C4 strong”, “C4 moderate”, and “C4 all” (determined by their values of σw).




Upon examination, two observations can be made based on Fig. 5. The first is that for masks with He II lines, a large scatter is seen independent of the strength of the lines. The second is that across other ions, masks with strong lines perform better than those with weak lines. It is not trivial to explain these observations, as there are multiple factors that are at play for each line (e.g. oscillator strength, number populations of the particular state, line-formation region, etc.).
In order to ascertain that the statistical errors do not bias our mask selection, we calculated values for σw using Eq. (13). The results are twofold – masks with ions of a higher ionisation state are the least affected by wind variability and strong lines are affected less than weak lines. Finally, by comparing the absolute values of σw in Fig. 5, the full spectrum mask is least affected by wind variability. For strong C IV lines, the average σp is larger than the corresponding value of σRV, implying that the wind variability is within the statistical error (and hence σw = 0). Given that the winds of all WC stars do not necessarily exhibit the same characteristics, this exercise has to be conducted for each object individually in order to select a specific ion to use. Upon inspection, diagnostic plots such as Fig. 5 for each object indicate that the full spectrum shows the least scatter. Considering the fact that the WR component dominates the spectrum for all of our objects, we decided to use the full spectrum to measure RVs.
4. Results and discussion
4.1. Observed spectroscopic binary fraction
For all the objects in our sample, RVs were measured using multiple masks. The tests described in the previous section reveal that the measurements using the full spectrum are the most reliable and we adopt those in the following section. These are given in Appendix B. To identify objects with significant RV variation, we look at the maximum RV variation for each star, given by
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where vi and vj are the RV measurements for two epochs i − j for a given star. One then imposes a minimum amplitude threshold C for RV variations computed from any individual pair of epochs to be “significant”.
[image: thumbnail](15)
Unlike in Sana et al. (2013), we do not enforce a significance criteria for each pair of RV measurements (Eq. (4) in Sana et al. 2013 compared to Eq. (15) above). This is due to the fact that the values for σp are typically very small (sub-km s−1) and underestimate the true error (see Sect. 3.3).
Given this criterion, the observed fraction of RV variable objects (fobs) can be calculated as a function of threshold C (Fig. 6). It is encouraging to see all the known binary systems group together on the right side of the plot. We can now take advantage of the fact that a subset of our sample are confirmed binaries to constrain a suitable value for C.
	[image: thumbnail]	Fig. 6.
Observed binary fraction (fobs) as a function of the threshold C. The adopted threshold is the vertical dotted-dashed line at 10 km s−1, resulting in fobs = 0.58. The objects are labelled as and when they are classified as binaries based on Δ RV. Names in bold are known binaries.




	[image: thumbnail]	Fig. 7.
Top: phased RV plot for WR 140. Archival RV measurements are shown in blue (Fahed et al. 2011) and green (Thomas et al. 2020). The RV measurements from HERMES (red) using C IV strong lines have been shifted by 19 km s−1 in order to convert relative RV measurements to absolute ones. Bottom: same for WR 113. Archival RV measurements are shown in blue (Hill et al. 2018) and green (Massey & Niemela 1981). The RV measurements from HERMES (red and yellow) have been shifted by −135 km s−1 in order to convert relative RV measurements to absolute values.




Two kinks can be seen, in the ranges of 5 to 10 km s−1 and of 12 to 19 km s−1. A threshold value of 10 km s−1 leads to an observed binary fraction of fobs = 0.58, and that of 15 km s−1 results in fobs = 0.33. To include the known and candidate binaries in our binary fraction, we choose the former threshold of 10 km s−12.
4.2. Comparison with the literature
Although the magnitude-limited sample of WC stars in this study is small, the even distribution across spectral types (Fig. 1) omits any selection bias. With this in mind, two important conclusions can be drawn from Fig. 6. The first is that our value of fobs is comparable to the value of 0.56 observed for main-sequence O-type stars by Sana et al. (2012).
The second is that there seems to be a lack of short-period (P < 100 d) binaries compared to the overabundance of short-period systems observed for main-sequence O-type stars (Sana et al. 2012). This is especially surprising given that the observational bias favours the detection of short-period WR binaries, which are expected to exhibit high RV amplitudes. Of the known binaries in our sample, orbits are derived only for WR 137, WR 140 and WR 113, with only WR 113 being part of a short-period binary system (P ∼ 29.7 d). This low fraction of detected short-period binary systems (0.08) is in stark contrast to what has been found for main-sequence O-type stars.
In order to investigate the observed lack of short-period WC binary systems, we scoured the literature in order to expand our small sample. The GCWR reports 237 WC stars in the Galaxy, of which 87 were included in van der Hucht (2001). For the sake of considering WC stars that were thoroughly studied for binarity, we focus on this subset of 87 stars.
Of this subset, 37 WCs are classified as detected or probable binaries, resulting in an observed Galactic WC binary fraction of 0.41. However, this fraction is severely biased towards short-period systems. This is because historical studies were mainly sensitive to short-period systems, given typical RV measurement uncertainties of the order of ∼20 km s−1. Despite the large bias towards detecting short-period systems, 15 report periods shorter than 100 d, seven of which have derived orbits. Therefore, the fraction of Galactic WC stars that are conclusively in short-period binary systems is only 0.09, which is consistent with the findings of this study.
4.3. Instrinsic multiplicity properties
4.3.1. Binary detection probability
To estimate the sensitivity domain of our survey, we perform Monte-Carlo (MC) simulations following the method described in Patrick et al. (2019). In short, for a grid of orbital period and secondary masses ranging from 1 to 105 d and 1 to 20 M⊙ respectively, we adopt a flat eccentricity distribution between 0.0 and 0.9, a random orientation of the orbital planes in the three-dimensional space, random times of periastron passage, and RV measurements uncertainties of 1.6 km s−1 that are taken from the single stars in Table 2. Simulated RV time series of 2500 systems are computed at each log P − M2 grid cells, with steps of Δ log P = 0.1 and ΔM2 = 1 M⊙, allowing us to compute the probability that the given orbital configuration would yield a RV signal passing our detection threshold, i.e. max(ΔRV) > 10 km s−1, given the observational sampling corresponding to each specific object. WC primary masses of 10 M⊙ are adopted throughout the simulations (cf. Massey 1981). An example of the resulting detection probability maps is given in Fig. 8. Plots for all other sources in our sample are included in Fig. B.1. Detection probabilities well over 90% are reached up to periods of 102.5 to 103.5 d (i.e., 1 to 10 years) depending on the object, except at very low-mass companion masses. Figure 9 shows the combined detection probability as a function of the orbital period assuming a flat mass-ratio distribution between 0.5 and 2.0 (e.g., as in Langer et al. 2019) and indicates excellent detection rates close to 100% up to periods of 100 d, above 80% up to 1000 d, then dropping to 20% at 10 000 d.
	[image: thumbnail]	Fig. 8.
Detection probability for WR 137 as a function of the orbital period and secondary mass. A representative primary mass 10 M⊙ has been adopted for the WR star.




Table 2.

Results of the RV measurements for the sample of WC stars.


4.3.2. Intrinsic multiplicity properties
The observed binary fraction is a minimum estimate on the number of true WC binaries in our sample. The number of undetected binary systems depends on our time sampling, our RV measurement accuracy, and the intrinsic distribution of orbital parameters. Given our limited sample size, it is beyond the scope of this paper (and probably unrealistic) to perform a self-consistent derivation of the distributions of orbital parameters, and of the binary fraction (as in, e.g., Sana et al. 2012, 2013). Nevertheless, it is still possible to obtain useful information on the multiplicity properties of the parent population. In this context, we adopt two different and complementary approaches, both using MC simulations and the same underlying assumptions as in Sect. 4.3.1.
As a first step, we attempt to constrain the true binary fraction among our sample of WC stars. A simple approach would be to correct the number of detected binaries using a detection probability factor that depends on the orbital period of the detected binaries. This probability can be readily read from Fig. 9. Unfortunately, only three of the objects above our binary threshold have known orbital periods (see Table 2). Lacking further information, we conservatively adopt the detection probability corresponding to period of 103.5 d (approximately 10 years) for the remaining objects (shorter periods can be excluded on the basis of the previous step, as they would have yield a RV-amplitude larger than 30 km s−1 in over 90% of the cases). Under these hypotheses, the obtained correction factor is found to be of the order of 3/2, suggesting an intrinsic binary fraction of about 0.9 for the objects in our sample in the considered parameter space (P up to 105 d and mass-ratios up to 3.0).
	[image: thumbnail]	Fig. 9.
Average detection probability curve of our campaign as a function of the orbital period and assuming a flat mass-ratio distribution between 0.5 and 2.0. Known orbital periods of WC stars in our sample are indicated by vertical lines.




To test these intriguing results, we set up a last experiment where we test different period distributions and intrinsic binary fractions with the same assumptions on q, i, and e as in Sect. 4.3.1. We reject combinations of orbital configurations and binary fractions that cannot reproduce a simple observational fact: six objects are observed with values of ΔRV between 10 and 30 km s−1 within 1-σ (Fig. 6)3. We constructed two experiments based on:

	
a uniform log P distribution with variable minimum and maximum boundaries, and



	
a normal log P distribution with variable central period and 1σ-dispersion.




For these experiments, we removed WR 113 from the sample as its significantly different orbital period would require more complicated functional forms than those adopted here. In that case, we also request that no system with an RV variation amplitude above 30 km s−1 be found.
In both cases, parent distributions with intrinsic binary fractions larger than 90% performed significantly better than those with lower binary fractions. This is in line with our above estimate based on the detection probability.
4.3.3. Intrinsic binary fraction of the parent WC population
Overall, the results of these MC experiments suggest that WC stars in our sample have a large binary fraction and are dominated by long-period systems. The present sample was selected based on declination and magnitude limits and should not contain any specific selection bias. Therefore, it should remain representative of the entire WC population. Under these considerations, a test-of-hypothesis at the 10%-significance level allows us to reject parent binary fractions smaller than 0.724. This suggests that, with a 90% confidence limit, the true binary fraction of the carbon-sequence WR population in the Milky Way lays in the range 0.72 to 1.00. In contrast to the results in Sect. 4.3.2, the latter value does account for the sample size.
5. Evolutionary implications and conclusions
With a small, magnitude-limited sample of northern Galactic WC stars, we have demonstrated that using cross-correlation with high-resolution spectra allows us to derive accurate RV measurements of WR stars, and to even quantify the wind-variability. With a sample of 12 stars spread evenly over different spectral-types, we find an observed binary fraction of 0.58. Using MC simulations, we attempt to gain information about the parent WC population and conclude that the fraction of Galactic WC stars that are part of a binary system is at least 0.72, significantly larger than the literature value of ∼0.4.
Our observations clearly show that there is a deficiency in the number of short-period WC binaries in the Galaxy. Furthermore, our MC simulations indicate that Galactic WC stars primarily exist in long-period binaries (P > 100 d). Comparing these results to the observed population of main-sequence O-type binaries can help us put constraints on the viable evolutionary channels for WC stars and on the forward evolution of massive binaries. We briefly discuss these evolutionary channels below.
O-type stars are generally expected to evolve through the modified Conti scenario (O→LBV→WN→WC→WO, Crowther 2007), although the dominant mechanism leading to the formation of WR stars is still debated. Keeping this in mind, we briefly look at the outcome of possible evolutionary channels for short-period O-type binaries. These binaries can interact through Roche Lobe overflow (RLOF), common-envelope evolution, or even through mergers. We explore possible mechanisms that can explain the formation of long-period WC binaries when starting from short-period O-type binaries.
A first viable scenario that produces long-period binaries is the RLOF channel. Depending on the initial orbital configuration, the primary may undergo Case-A (on the main sequence) or early Case-B (post main sequence) mass transfer. The companion will, thus, strip the primary of its hydrogen envelope, leading to the formation of a WN star. Except in the case of a low-mass companion, this results in a mass-ratio inversion, irrespective of whether the mass transfer is conservative or non-conservative. This then leads to the widening of the orbit. Further loss of mass through winds during the entire WN and the early WC phase adds to the widening of the orbit.
The simulation study by Langer et al. (2019) explores the RLOF channel, albeit with the aim of constraining the period distribution of OB+BH binary systems (top panel of their Fig. 6). Given the fact that WC stars are thought to be the direct progenitors of BHs and assuming that the orbit does not undergo drastic change during the short-lived WC phase, this distribution should be valid for WC binary systems. The distribution has a small peak at short periods (log P ∼ 0.7) and a larger peak at long periods (log P ∼ 2.2). It is important to note that the simulations in Langer et al. (2019) are performed with MESA binary evolution tracks at lower metallicity, for the Large Magellanic Cloud. At Galactic metallicity, the corresponding evolutionary tracks will have higher mass-loss rates and hence, shift the distribution towards longer periods. Coupled with the fact that the theoretical distribution of Langer et al. (2019) can contain BHs formed from WN stars, it is plausible that our observations sample the tail of the period distribution.
Another evolutionary scenario focuses on common-envelope evolution and the possibility of a merger. Common-envelope evolution leads to the shrinking of the orbit, resulting in a very short-period binary system that may merge. In the case of a merger, the binary system ceases to exist and may result in an apparently single WC star. This channel may partly be responsible for the formation of the apparently-single WC stars in our sample. However, it is also possible that these stars formed as single stars.
A final channel to consider that produces long-period binaries invokes the existence of a hierarchical triple system (e.g. Sana et al. 2014; Maíz Apellániz et al. 2016). If the outer component can evolve into a WR due to wind-stripping then it can be observed as a component in a wide binary system. Alternatively, the merger of the inner binary followed by strong mass loss can also lead to the formation of a WR star, leading to multiple possibilities. These scenarios invoke the formation of a WN star by wind-stripping, in contrast to companion-stripping. Lastly, the expansion of the inner system might lead to dynamical interaction with the tertiary companion, potentially resulting in the expulsion of one of the stars in the system.
In conclusion, these results exhibit that there is a dire need to increase the sample by expanding RV surveys to the southern sky and to fainter magnitudes. This will enable us to derive the binary fraction and the intrinsic distributions of the orbital parameters of massive stars at the end stages of their lives in a self-consistent manner. This combined with what is known for main sequence O-type stars, is the key to advancing our knowledge of massive binary evolution.


1 http://pacrowther.staff.shef.ac.uk/WRcat/


2 David-Uraz.


3 Similar results were obtained when trying to reproduce the number of stars with RV amplitude between 15 and 30 km s−1.


4 Specifically, binomial chances to draw 11 or more binaries in a sample of 12 (corresponding the retrieved intrinsic binary fraction in the sample of > 0.9) drops below 10% for parent binary fraction smaller than 0.72.
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Appendix A:  Comments on specific objects
WR 4. According to the seventh catalogue of WR stars (van der Hucht 2001), WR 4 is classified as a WC5+?, an SB1 with no observable line dilution or absorption effects. Photometric variability with a period of 4.3 days (Moffat & Shara 1986) was determined. Rustamov & Cherepashchuk (1989) found both a photometric and spectroscopic period of 2.4096 days with a peak-to-peak amplitude of ∼60 km s−1, but we can safely reject the presence of such large amplitude RV variation in our data set (Table 2) questioning the fact that the 2.4 d period traces an orbital motion. We therefore do not include WR 4 in the list of short-period binaries in our literature study (Sect. 4.2).
In a study of co-rotating interaction regions (CIRs), St-Louis et al. (2009) classified WR 4 as “Not Variable” in the weak C IV 5016 Å line. Chené & St-Louis (2011) further elaborated that the maximum line-profile variability was 1.2% of the level of flux in the line, hence making it ineligible to be a CIR candidate. In this work, we obtained 22 epochs over a time coverage of 890 days, out of which about 12 were observed within two nights, attempting a probe on shorter periods. Although we do not report a short period, the adopted choice of our threshold allows us to classify it as a binary (Table 2). Further monitoring of this system is required to determine the orbital period of this system.
WR 5. van der Hucht (2001) reports WR 5 as a single star with spectral type of WC6. No emission was found in the X-rays (Skinner et al. 2006; Güdel & Nazé 2009). In this work, WR 5 is found to have a Δ RV of 4.9 km s−1 over 718 days with a σRV of 1.7 km s−1 for RVs measured using the full spectrum. It does not pass our binary detection criterion and is, therefore, classified as presumably single.
WR 111. WR 111 is a presumably single WC5 star (Niemela et al. 1999; van der Hucht 2001). It has been studied with spectral analyses and hydrodynamical studies (Gräfener et al. 2002; Gräfener & Hamann 2005; Sander et al. 2012), and was used to show for the first time that WC winds can be explained through radiation-driven mass loss. In this work, WR 111 shows a peak-to-peak variability of 4.5 km s−1 over 742 days with a σRV of 1.5 km s−1. It does not pass our binary detection criterion and is therefore classified as a presumably single star.
WR 113. WR 113 is a WC8d+O8-9 binary system first identified by Massey & Niemela (1981) with a period of about 29.707 days in a circular orbit. A debate about the eccentricity arose when Niemela et al. (1996) derived similar orbital parameters with a significant eccentricity (e = 0.19). The matter was resolved by David-Uraz et al. (2012), who showed that the two were indistinguishable solutions and adopted a circular orbit and was later confirmed by Hill et al. (2018) with a period of 29.700 ± 0.001 d. In this work, WR 113 has the largest Δ RV and σRV of 282.6 and 93.9 km s−1 respectively, passing our binary detection criterion. The RV measurements phased with the orbital period are shown in Fig. 7.
WR 117. According to the GCWR, WR 117 is classified as a WC9d, which is a dust producing star. Sander et al. (2012) find it to be a bit too hotter than most WC9 counterparts, even suggesting it might be in the WC8 parameter regime. Williams et al. (2005) did not find any evidence for an OB-type companion, and hypothesize that WR 117 might be an evolved WC9 star. A large scatter in photometric magnitudes was observed by Williams (2014) with possible 0.5 mag eclipses due to dust. In this work, WR 117 shows a Δ RV of 4.9 km s−1 and a σRV of 1.9 km s−1 over a coverage of 488 days and is hence classified as a presumably single star.
WR 119. WR 119 is classified as a single WC9d star according to the GCWR. Fahed et al. (2009) studied it using V and I band photometry, finding a larger than normal variability in these bands. Desforges et al. (2017) performed a temporal variance spectrum analysis over timescales of days to weeks and found significant variability in the C III 5696 Å line. In this work, we find values of Δ RV and σRV of 11.0 and 3.2 km s−1 respectively, resulting in WR 119 being classified as a binary.
WR 135. WR 135 is an apparently single WC8 star (GCWR). Previous RV studies have failed to determine any variability (Niemela et al. 1999), nor even photometric variability (Moffat & Shara 1986). In this work, we find a Δ RV of 4.7 km s−1 and σRV of 1.6 km s−1 over a baseline of 2660 days, classifying it as a presumably single star.
WR 137. WR 137 is a well-studied, long-period binary system with a late-type WC star and a late-type O star (WC7pd + O9 V; p: peculiar, d: dust producing). Marchenko et al. (1999) reported dust production in 1997 September – 1998 May and Williams et al. (2001) derived a period of 13.05 ± 0.15 years by tracking the periodic dust formation. This period was verified by the orbital analysis using RVs by Lefèvre et al. (2005), who found the maximum emission from dust to occur just after the periastron passage. The orbit was recently resolved using interferometry with CHARA (Richardson et al. 2016), reiterating the importance of long term RV monitoring campaigns in identifying WR binaries. The broad emission lines of the WR star are superimposed by a narrow emission and an absorption component, making the companion star a prime candidate to be an Oe star. The RVs measured in this campaign are in agreement with those obtained from the literature (Fig. 4).
WR 140. WR 140 is classified as a (WC7pd + O5.5fc) system with a well established spectroscopic (Fahed et al. 2011) and visual (interferometric; Monnier et al. 2011) orbit (P = 7.938 years, e = 0.8996). These parameters were derived by combining archival data along with measurements during the 2009 periastron passage. An improved derivation of the masses and orbital parameters using spectroscopic and interferometric data from the 2016 December periastron passage makes it one of the most accurately constrained masses for a WR binary system to date (Thomas et al. 2020). In this work, WR 140 has a Δ RV of 21.6 km s−1 and a σRV of 6.5 km s−1, which passes our binary detection criterion. The RV measurements along with archival data are shown in Fig. 7.
WR 143. WR 143 is classified as a binary system (WC4 + Be; Varricatt & Ashok 2006), who detected the presence of hydrogen emission lines and He I lines in the infrared spectrum. In the optical spectra, a hint of this is seen in Hα, with features similar to those exhibited by WR 137. We detect significant RV variability over our 76 d baseline and thus classify WR 143 as a binary (Δ RV = 11.2 km s−1, σRV = 4.2 km s−1).
WR 146. WR 146 is a visual binary with a spectral classification of WC5 + O8. The components show non-thermal radio emission (Dougherty et al. 1996) and were resolved with HST images (Niemela et al. 1998). The computed mass loss rate for WR 146 is much higher than prototypical WC5 stars, prompting a debate on the multiplicity of the O-star companion (Dougherty et al. 2000). An X-ray study by Zhekov (2017) shows a discrepancy in the mass-loss rate by a factor of 8 to 10. Given the angular separation, Niemela et al. (1998) suggest binary periods of hundreds of years. However, our 847 day baseline with values for Δ RV and σRV of 18.9 and 5.9 km s−1 suggest periods of the order of 3000 d (Fig. B.1) for a massive companion. Further monitoring is required to constrain the orbit.
WR 154. WR 154 is classified as a single WC6 star (GCWR). In this work, we do not detect significant RV variation. However, given the short baseline (24 days), we cannot rule out the possibility of it being a long period binary as the detection probability of our campaign drops significantly for periods above 100 d (Fig. B.1).

Appendix B:  Relative RV measurements
Relative RVs for the objects in our sample, measured with the full spectrum as a mask. The reference epoch is marked with a “*”. The Barycentric Julian Date (BJD) is given as the middle of the exposure. The average S/N is given in Table 1.
	[image: thumbnail]	Fig. B.1.
Binary detection probability of the observational campaign for the various stars in our sample, adopting a minimum RV variability threshold of 10 km s−1.
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Spectral type distribution of the stars in our sample.
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	[image: thumbnail]	Fig. 2.
Main steps in our data reduction process. From top to bottom: (a) flatfield corrected spectrum produced by the HERMES pipeline. (b) Spectrum corrected for the instrumental response function and telluric contamination. (c) Continuum flux models from PoWR to the pseudo-continuum region around 5200 Å for different values of E(B − V). (d) Resulting normalised spectrum.
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	[image: thumbnail]	Fig. 3.
Spectrum of WR 137, rebinned for clarity, with different masks of C IV indicated (see legend). This process is repeated for all other ions, producing a plethora of masks.
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	[image: thumbnail]	Fig. 4.
Phased RV plot for WR 137. Archival RV measurements are shown in blue and are taken from Lefèvre et al. (2005). The RV measurements from HERMES using the strong C IV lines are shown in red. Along with these measurements, the inset shows the short cadence measurements with the full spectrum (green) and weak He II lines (purple). All HERMES RV measurements have been shifted by −23.5 km s−1 in order to convert relative RV measurements to absolute values.
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	[image: thumbnail]	Fig. 5.
RV measurements for WR 137 during the short cadence study. At the bottom of the plot are the values of (σw, σRV) (km s−1) for each mask. It is observed that the helium lines (and weak lines in general) have large dispersions. The masks least affected by wind variability are “full spec”, “C4 strong”, “C4 moderate”, and “C4 all” (determined by their values of σw).
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	[image: thumbnail]	Fig. 6.
Observed binary fraction (fobs) as a function of the threshold C. The adopted threshold is the vertical dotted-dashed line at 10 km s−1, resulting in fobs = 0.58. The objects are labelled as and when they are classified as binaries based on Δ RV. Names in bold are known binaries.
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Top: phased RV plot for WR 140. Archival RV measurements are shown in blue (Fahed et al. 2011) and green (Thomas et al. 2020). The RV measurements from HERMES (red) using C IV strong lines have been shifted by 19 km s−1 in order to convert relative RV measurements to absolute ones. Bottom: same for WR 113. Archival RV measurements are shown in blue (Hill et al. 2018) and green (Massey & Niemela 1981). The RV measurements from HERMES (red and yellow) have been shifted by −135 km s−1 in order to convert relative RV measurements to absolute values.
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	[image: thumbnail]	Fig. 8.
Detection probability for WR 137 as a function of the orbital period and secondary mass. A representative primary mass 10 M⊙ has been adopted for the WR star.
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	[image: thumbnail]	Fig. 9.
Average detection probability curve of our campaign as a function of the orbital period and assuming a flat mass-ratio distribution between 0.5 and 2.0. Known orbital periods of WC stars in our sample are indicated by vertical lines.
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Binary detection probability of the observational campaign for the various stars in our sample, adopting a minimum RV variability threshold of 10 km s−1.
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Spectrum of WR 137, rebinned for clarity, with different masks of C IV indicated (see legend). This process is repeated for all other ions, producing a plethora of masks.
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RV measurements for WR 137 during the short cadence study. At the bottom of the plot are the values of (σw, σRV) (km s−1) for each mask. It is observed that the helium lines (and weak lines in general) have large dispersions. The masks least affected by wind variability are “full spec”, “C4 strong”, “C4 moderate”, and “C4 all” (determined by their values of σw).
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Top: phased RV plot for WR 140. Archival RV measurements are shown in blue (Fahed et al. 2011) and green (Thomas et al. 2020). The RV measurements from HERMES (red) using C IV strong lines have been shifted by 19 km s−1 in order to convert relative RV measurements to absolute ones. Bottom: same for WR 113. Archival RV measurements are shown in blue (Hill et al. 2018) and green (Massey & Niemela 1981). The RV measurements from HERMES (red and yellow) have been shifted by −135 km s−1 in order to convert relative RV measurements to absolute values.



    

  
    Table 2. 

Results of the RV measurements for the sample of WC stars.




	WR#
	Spectral type
	Binary status

	Period
	e
	Δ RV
	σRV



	
	(GCWR)
	GCWR
	This work
	(d)
	
	(km s−1)
	(km s−1)





	4
	WC5+?
	SB1, no d.e.l.
	Binary
	–
	–
	10.4
	2.5



	5
	WC6
	–
	Single
	–
	–
	4.9
	1.7



	111
	WC5
	–
	Single
	–
	–
	4.9
	1.6



	113
	WC8d+O8-9IV
	SB2
	Binary
	29.700 ± 0.001 (a)
	0 (fixed) (a)
	282.6
	93.9



	117
	WC9d
	–
	Single
	–
	–
	4.5
	1.5



	119
	WC9d
	–
	Binary
	–
	–
	11.0
	3.2



	135
	WC8
	–
	Single
	–
	–
	4.7
	1.6



	137
	WC7pd+O9
	SB2
	Binary
	4766 ± 66 (b)
	0.18 ± 0.04 (b)
	25.2
	4.6



	140
	WC7pd+O4-5
	SB2, VB
	Binary
	2895.68 ± 0.17 (c)
	0.8996[image: equation](c)
	21.6
	6.5



	143
	WC4+Be
	d.e.l.
	Binary
	–
	–
	11.2
	4.0



	146
	WC6+O8
	SB2, VB
	Binary
	–
	–
	18.9
	5.9



	154
	WC6
	–
	single
	–
	–
	3.4
	1.3






Notes. Δ RV Eq. (14) and σRV Eq. (13) are calculated in this work with the full spectrum as a mask and are used to classify the objects as binaries or single stars. We do not include the archival period of 2.4096 d for WR 4 due to the fact that we rule out short-scale variations (Appendix A). RV plots for the known binaries can be found in Figs. 4 and 7.

References.

(a) David-Uraz et al. (2012).


(b) Lefèvre et al. (2005).


(c) Thomas et al. (2020).
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Binary detection probability of the observational campaign for the various stars in our sample, adopting a minimum RV variability threshold of 10 km s−1.
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    Table B.2. 

Journal of the HERMES observations for WR 5.




	BJD − 2450000 (d)
	Relative RV (km s−1)
	σp (km s−1)





	8086.5338
	−2.36
	0.11



	8103.4889
	−4.88
	0.09



	8721.7268
	−1.05
	0.08



	8742.6913
	−0.75
	0.11



	8756.7129*
	0.00
	0.08



	8789.6356
	−4.21
	0.28



	8804.7296
	−1.57
	0.09







  
    Table B.3. 

Journal of the HERMES observations for WR 111.




	BJD − 2450000 (d)
	Relative RV (km s−1)
	σp (km s−1)





	7881.5925
	2.59
	0.06



	7900.5403
	−0.63
	0.07



	8249.7094*
	0.00
	0.04



	8276.6582
	2.81
	0.05



	8276.6760
	2.27
	0.06



	8598.6858
	4.23
	0.05



	8621.6290
	0.14
	0.11



	8623.5349
	2.93
	0.05







  
    Table B.4. 

Journal of the HERMES observations for WR 113.




	BJD − 2450000 (d)
	Relative RV (km s−1)
	σp (km s−1)





	904.7122
	265.36
	0.46



	7909.5689
	117.86
	1.10



	7910.6482
	95.97
	0.74



	8254.6411
	249.11
	0.23



	8255.6767
	259.04
	0.18



	8276.6878*
	0.00
	0.27



	8580.7046
	240.54
	0.34



	8582.7191
	262.29
	0.26



	8632.5666
	−17.27
	0.29







  
    Table B.5. 

Journal of the HERMES observations for WR 117.




	BJD − 2450000 (d)
	Relative RV (km s−1)
	σp (km s−1)





	8254.7002
	2.45
	0.44



	8255.7058*
	0.00
	0.33



	8701.3976
	4.52
	0.36



	8742.4328
	1.86
	0.39







  
    Table B.8. 

Journal of the HERMES observations for WR 137.




	BJD − 2450000 (d)
	Relative RV (km s−1)
	σp (km s−1)





	6125.6634
	17.28
	0.17



	6889.6039
	−1.07
	0.13



	7324.4165
	−5.66
	0.12



	7902.7153
	−4.62
	0.16



	7938.6925
	−7.84
	0.16



	7951.5912
	−6.72
	0.18



	8195.7661
	−4.58
	0.17



	8206.7607
	−3.57
	0.16



	8265.6372
	−5.00
	0.16



	8629.7139
	−0.47
	0.13



	8664.7263
	2.19
	0.13



	8705.5661
	0.02
	0.10



	8706.6067
	0.68
	0.09



	8707.5508
	0.32
	0.12



	8708.4941
	−0.37
	0.08



	8709.4256
	0.24
	0.10



	8710.5560
	0.76
	0.10



	8712.5473
	0.09
	0.10



	8713.5166
	0.35
	0.11



	8714.4978
	−0.27
	0.09



	8715.5106
	0.40
	0.12



	8716.5440*
	0.00
	0.12



	8717.5925
	0.22
	0.16



	8718.4792
	−2.96
	0.83



	8719.4324
	−3.19
	0.82



	8720.4046
	1.66
	0.18



	8721.5327
	−1.56
	0.10



	8779.4381
	0.53
	0.15







  
    Table B.9. 

Journal of the HERMES observations for WR 140.




	BJD − 2450000 (d)
	Relative RV (km s−1)
	σp (km s−1)





	6118.7347
	−4.89
	0.17



	6890.5970
	−14.41
	0.22



	7896.7053
	6.86
	0.13



	7902.6990
	7.19
	0.12



	7938.6987
	5.63
	0.13



	8195.7710
	3.58
	0.13



	8207.7645
	3.94
	0.12



	8262.6720
	1.16
	0.12



	8277.7089*
	0.00
	0.10



	8608.7327
	−1.83
	0.16



	8666.6980
	−3.24
	0.16



	8680.5209
	−4.25
	0.20



	8799.4178
	−8.28
	0.23







  
    Table B.10. 

Journal of the HERMES observations for WR 143.




	BJD − 2450000 (d)
	Relative RV (km s−1)
	σp (km s−1)





	8723.5075
	6.39
	0.37



	8727.5533
	6.74
	0.41



	8759.5106*
	0.00
	0.43



	8775.3291
	−1.09
	0.59



	8775.3505
	−1.15
	0.62



	8799.4685
	−4.49
	1.53







  
    Table B.11. 

Journal of the HERMES observations for WR 146.




	BJD − 2450000 (d)
	Relative RV (km s−1)
	σp (km s−1)





	7912.6682
	−3.55
	0.67



	7938.7179
	−11.18
	1.41



	7948.7207
	−8.07
	1.64



	8201.7401
	−4.40
	0.35



	8310.6838
	7.67
	0.75



	8740.4677
	−1.98
	0.40



	8741.5211
	−1.94
	0.40



	8759.3867*
	0.00
	0.38







  
    Table B.12. 

Journal of the HERMES observations for WR 154.




	BJD − 2450000 (d)
	Relative RV (km s−1)
	σp (km s−1)





	8762.6141
	−2.13
	0.10



	8763.5412
	−3.41
	0.11



	8775.5248
	−1.75
	0.11



	8786.5511*
	0.00
	0.13
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