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Abstract

Context. The mergers of neutron stars (NSs) and white dwarfs (WDs) could give rise to explosive transients, potentially observable with current and future transient surveys. However, the expected properties and distribution of such events is not well understood.

Aims. Here we characterise the rates of such events, their delay-time distributions, their progenitors, and the distribution of their properties.

Methods. We use binary population synthesis models and consider a wide range of initial conditions and physical processes. In particular we consider different common-envelope evolution models and different NS natal kick distributions. We provide detailed predictions arising from each of the models considered.

Results. We find that the majority of NS–WD mergers are born in systems in which mass-transfer played an important role, and the WD formed before the NS. For the majority of the mergers the WDs have a carbon-oxygen composition (60−80%) and most of the rest are with oxygen-neon WDs. The time-integrated rates of NS–WD mergers are in the range of 3−15% of the type Ia supernovae (SNe) rate. Their delay-time distribution is very similar to that of type Ia SNe, but is slightly biased towards earlier times. They typically explode in young 100 Myr < τ < 1 Gyr environments, but have a tail distribution extending to long, gigayear-timescales. Models including significant kicks give rise to relatively wide offset distribution extending to hundreds of kiloparsecs.

Conclusions. The demographic and physical properties of NS–WD mergers suggest they are likely to be peculiar type Ic-like SNe, mostly exploding in late-type galaxies. Their overall properties could be related to a class of recently observed rapidly evolving SNe, while they are less likely to be related to the class of Ca-rich SNe.
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1. Introduction
The mergers of double-compact-object binaries can give rise to explosive and/or transient events and the formation of exotic objects, which otherwise do not form through the evolution of single stars. Numerous studies have explored the mergers of double-white-dwarf (WD) binaries, mostly in the context of type Ia supernova (SN) progenitors (e.g. Livio & Mazzali 2018; Soker 2018; Wang 2018, for reviews). The mergers of black holes (BHs) and neutron stars (NSs) and their combinations (BH–BH, BH–NS, NS–NS) have also been explored extensively, both as potential gamma-ray burst (GRB) progenitors, and as gravitational wave (GW) sources such as those detected by the advanced LIGO-VIRGO consortium (Abbott et al. 2016, 2017). Nevertheless, the mergers of other double-compact-object binaries, such as NS–WD binaries (which are likely the most common type of double-compact-object binaries besides WD–WD binaries; Nelemans et al. 2001a) have received less attention.
Paschalidis et al. (2011) addressed the inspiral and merger of binary NS–WD with fully general relativistic simulations. They find that the merger remnant is a spinning Thorne-Żytkow-like object surrounded by a massive disk and is undergoing a delayed collapse. King et al. (2007) suggested that the accretion of the debris of the disrupted WD following the merger can give rise to a unique type of long gamma-ray burst. From a statistical point of view, Chattopadhyay et al. (2007) came to a similar conclusion. Recently, Metzger (2012) studied the outcomes of NS–WD mergers and suggested the early phases of accretion give rise to faint thermonuclear explosions occurring in the accretion disk (see also Margalit & Metzger 2016, 2017). Our recent study (Zenati et al., in prep.) further explored such mergers through more detailed models, finding that they are mostly driven by accretion with only very little contribution from thermonuclear sources, mostly consistent with the previous results. Such events may also contribute to the chemical evolution of galaxies, as their nucleosynthentic products somewhat differ from those of ordinary SNe (Margalit & Metzger 2016, 2017).
Although NS–WD mergers may have various observable explosive outcomes, the demographics of such events and their progenitors have been little explored. Here we use extensive population synthesis models of binary stellar evolution to characterise the demographics and rates of NS–WD mergers. We note that NS binaries may also form in clusters and in the field through dynamical captures (Postnov & Yungelson 2014; Michaely & Perets 2016; Klencki et al. 2017); here we only consider the unperturbed evolution of isolated primordial binaries. Given the many uncertainties involved in the modelling of binary evolution, we explore several different models, each differing from the others in its approach to the main uncertainties (e.g. the distribution of NS natal-kicks, the properties of common envelope evolution, etc.). Our models provide us with detailed predictions for the overall rates of WD–NS mergers, their delay time distribution (DTD), expected host galaxies, and the distribution of the properties of their progenitors (e.g. WD masses and composition). In addition we briefly discuss the role of such mergers in producing GW sources observable by next-generation GW detectors.
The last two decades of observational progress and the advent and development of large-scale automated SN surveys have revealed the existence of many novel types of “peculiar” transients, including several families of non-standard type Ia and other likely thermonuclear SNe (Li et al. 2001, 2011). Future and upcoming surveys such as ZTF, ATLAS, and LSST are likely to discover many more peculiar transients, and in particular faint and/or fast-evolving transients not observable by current shallower/low-cadence surveys. If NS–WD mergers result in peculiar transients as predicted by current models, they might be observable over the coming decade. The characterisation of such events and their distribution is therefore a critical step in identifying them. Moreover, these studies open the window for connecting current theory with observations and constraining the models for NS–WD mergers, their outcomes, and even their potential role in affecting the chemical evolution of galaxies.
In the following we first discuss the population synthesis models that we employ and their various properties (Sect. 2). We then describe our results regarding the evolution, rates, delay-time distribution, and galaxy offset of NS–WD mergers (Sect. 3), and finally discuss their implications and conclude (Sect. 4).
2. Population synthesis
The formation and evolution of compact binary mergers is simulated with the binary population synthesis (BPS) code SeBa (Portegies Zwart & Verbunt 1996; Toonen et al. 2012; Toonen & Nelemans 2013). SeBa is a fast code for simulating binary evolution based on parametrised stellar evolution, including processes such as stellar winds, mass transfer episodes, gravitational wave emission and supernova kicks. We employ SeBa to generate a large population of binaries on the zero-age main sequence (MS). We then simulate their subsequent evolution, and extract those that lead to a merger between a NS and a WD.
It was shown in Toonen et al. (2014) that the main sources of differences between different BPS codes is due to the choice of input physics and initial conditions. To assess the systematic uncertainties in our predictions we construct different models that differ with respect to the SN kick and the common-envelope (CE) phase, as described by the main models in Table 2. Furthermore, we construct an additional set of models that differs with respect to the population of primordial binaries and assumptions regarding stable mass-transfer processes. For these additional models we assume a single distribution of SN kicks (based on Hobbs et al. 2005, Sect. 2.2) and consider two approaches for modelling the CE phase (model αα and αα2, since model γα gives similar results as model αα, see Sect. 2.3). The different models are described in the following sections.
In this paper, the terms primary or secondary refer to the initially more or less massive component of a given binary, respectively.
2.1. Primordial binaries
In our standard models, the primordial binaries are generated as follows.

	Primary masses M1 are drawn from a Kroupa IMF (Kroupa et al. 1993) with masses in the range 4–25 M⊙. For the normalisation of the rates, primary masses between 0.1 and 100 M⊙ are considered. – Secondary masses M2 are drawn from a flat mass ratio distribution with 0 < q ≡ M2/M1 < 1 (Raghavan et al. 2010; Duchêne & Kraus 2013).


	The orbital separations a follow a flat distribution in log(a) (Abt 1983).


	The initial eccentricities e follow a thermal distribution (Heggie 1975).


	A constant binary fraction1 binary fraction ℬ of 75% is assumed which is appropriate for B-type primaries (Raghavan et al. 2010; Duchêne & Kraus 2013; Sana et al. 2014).



2.2. Supernova kicks
At the end of the life of a high-mass star, its core collapses under the pressure of self-gravity. During the core-collapse (CC) SN, a kick is imparted to the NS, as suggested by studies of pulsar scale heights (e.g. Gunn & Ostriker 1970), proper motions of pulsars (Cordes et al. 1993; Hobbs et al. 2005; Lyne & Lorimer 1994; Verbunt et al. 2017), and the high velocities of some single NSs (Chatterjee et al. 2005; Becker et al. 2012). Kicks solely due to the sudden mass loss are referred to as the “Blaauw-kicks” (Blaauw 1961), which can be limited due to interactions in close binary systems that strip the stellar envelopes of the donor stars prior to the SN (Huang 1963; Tutukov & Yungelson 1973; Leonard et al. 1994). The formation mechanism of additional “natal-kicks” is an unsolved problem (see e.g. Kusenko & Segrè 1996; Scheck et al. 2006; Wongwathanarat et al. 2013; Holland-Ashford et al. 2017; Katsuda et al. 2018), but likely involves anisotropies in the neutrino losses and/or in the mass loss in the SN ejecta (Janka 2012, for a review).
In this paper we adopt four different models for the SN kick. In our main model we randomly draw a natal kick from the distribution of Hobbs et al. (2005) which is a Maxwellian distribution with a one-dimensional (1D) root mean square (rms) of σ = 265 km s−1. As an alternative model we adopt the distribution of Arzoumanian et al. (2002) which has two Maxwellian components, one at high velocities (σ = 500 km s−1) and one at low velocities (σ = 90 km s−1), as derived for high-mass X-ray binaries, double NS binaries, and pulsars retained in globular clusters (Pfahl et al. 2002; Schwab et al. 2010; Beniamini & Piran 2016). Recently from a direct comparison of pulsar parallaxes and proper motions, Verbunt et al. (2017) derived a kick distribution that exists of two Maxwellian components with σ = 316 km s−1 and 75 km s−1. The origin of the reduced natal kicks has been linked to different CC scenarios (i.e. electron-capture SN vs. iron CC, or accretion-induced collapse), or linked to the specific masses of the core and ejecta (Podsiadlowski et al. 2004; van den Heuvel 2004; Knigge et al. 2011; Janka 2012, 2017; Tauris et al. 2015; Bray & Eldridge 2016, and references therein). As a lower limit on the SN kicks, we constructed a third model without natal kicks, and so the SN-kick consists of only the effect of the instantaneous mass loss, that is, a Blaauw-kick (Blaauw 1961).
2.3. The common-envelope phase
Common-envelope evolution is a mass-loss phase in the formation of compact binaries, and is thought to lead to a severe shrinkage of the binary orbit, thus explaining the existence of compact binaries (a ≲ 1−10 R⊙) containing one or two compact objects whose progenitors would not fit in that orbit during the giant phases. However, despite the importance of the CE phase for many types of binaries (e.g. supernova type Ia progenitors, cataclysmic variables, low-mass X-ray binaries), and the tremendous effort of the community, the CE phase is poorly understood (for a comprehensive review, see Ivanova et al. 2013).
The CE phase is commonly modelled based on the conservation of energy (Paczynski 1976; Webbink 1984; Livio & Soker 1988; de Kool et al. 1987; de Kool 1990):
[image: thumbnail](1)
where Md is the mass of the donor star, Mc the mass of its core, R its radius, λ the structure parameter of its envelope, and Ebin is the binding energy of the envelope. As a source of energy to unbind the envelope, classically the orbital energy Eorbit is considered, with an efficiency of αCE (but see e.g. Soker 2004; Ivanova et al. 2015; Glanz & Perets 2018).
In this paper we focus on the classical energy balance of CE evolution, and vary the efficiency with which orbital energy can be used to expel the donor’s envelope. In model αα we assume αCEλ = 2, whereas for model αα2, αCEλ = 0.25 is assumed. The prior is calibrated to formation of double WDs (i.e. second phase of mass transfer, see Nelemans et al. 2000, 2001b), whereas the latter is calibrated on the formation of compact WD–MS systems where the MS is of spectral type M (Zorotovic et al. 2010, 2014; Toonen & Nelemans 2013; Camacho et al. 2014).
An alternative model for CE evolution is the γ-CE which is based on a balance of angular momentum instead of energy, as
[image: thumbnail](2)
where Jinit and Jfinal are the angular momentum of the pre- and post-mass-transfer binary, respectively, and Ma is the mass of the companion. The γ-prescription was introduced to explain the first phase of mass transfer in the formation of double WDs (Nelemans et al. 2000; van der Sluys et al. 2006). In our model γα , we apply the γ-CE with γ = 1.75, unless the companion is a degenerate object or the mass transfer is dynamically unstable, for which the α-CE with αλ = 2 is applied (Nelemans et al. 2001b).
2.4. Stable mass transfer
Stable mass transfer between two hydrogen-rich stars is a frequent phenomenon in the evolution of the NS–WD merger progenitors (see also Sect. 3.1). Therefore, it is important to assess how our standard assumptions impact the synthetic rates. We construct three models, which differ in several aspects.
– The angular-momentum loss mode (Pols & Marinus 1994; Soberman et al. 1997; Toonen et al. 2014). When the mass transfer is not completely conservative, not only mass but also angular momentum is lost from the system. The effect of this on the orbit can be severe, and depends crucially on how the mass is lost; for example, whether the mass is lost directly from the primary, or whether is first crosses into the Roche lobe of the secondary, and subsequently is expelled from close to the surface of the secondary. The standard assumption in SeBa when the accretor is a non-degenerate star is that the specific angular momentum of the lost matter is 2.5 times the specific angular momentum of the orbit (Portegies Zwart 1995; Nelemans et al. 2001b). When the accretor is a compact object and mass transfer is non-conservative, it is assumed that the lost matter has the specific angular momentum of that of the compact object. This mode of angular momentum loss is also known as “isotropic reemission”. Here we test the effect of the standard assumption in SeBa; in an alternative model we assume that the specific angular momentum is equal to that of the secondary for all types of accretors. This model is motivated by the work of Woods et al. (2012) who demonstrated that stable mass transfer can be more readily realised under this assumption for stars of about one solar mass in the context of the formation of double white-dwarfs.
– The stability of mass transfer is dependent on the reaction of the stellar radii R and the corresponding Roche lobes RRL to the transfer of mass and angular momentum. When mass transfer proceeds on timescales roughly equal to or shorter than the thermal timescale of the donor star, the donor can no longer achieve thermal equilibrium (or possibly even hydrostatic equilibrium). Modelling of such mass-transfer phases and determining the stability of mass transfer for different types of binaries is not trivial. Regarding BPS codes, as they rely on stellar evolution models of stars in thermal and hydrostatic equilibrium, they cannot adequately calculate the donor properties and the stability of mass transfer. Instead, BPS codes rely on parametrisations or interpolations to determine the stability of mass transfer. These are based on simplified stellar models (e.g. polytropes) or calculations from detailed stellar evolution codes (e.g. Hjellming & Webbink 1987; de Mink et al. 2007; Ge et al. 2010, 2015). It is important to realise that even the detailed stellar evolution codes are not adequate in simulating mass transfer on timescales sufficiently above the donor’s thermal timescale (e.g. Pavlovskii & Ivanova 2015). Nonetheless, these types of studies have shown that stable mass transfer in binaries with giant donors is more readily realised than previously assumed (e.g. Pavlovskii & Ivanova 2015; Pavlovskii et al. 2017), for example, due to the short local thermal timescale of the super-adiabatic outer layer of a giant’s envelope (Woods & Ivanova 2011; Passy et al. 2012)2.
As an alternative model, we test the sensitivity of NS–WD mergers to our assumptions regarding the stability of mass transfer. We do this by adjusting the stability criterion in SeBa. This is based on the adiabatic response of the star:
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and
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of the Roche lobe. If ζRL < ζad we assume mass transfer proceeds in a stable manner (e.g. Webbink 1985; Pols & Marinus 1994). For every Roche-lobe-filling system, ζRL is calculated numerically by transferring a test mass of 10−5 M⊙ at every time-step. The value of ζad depends on the type of star considered and is tabulated in Appendix A.3 of Toonen et al. (2012). In the alternative model, we decrease ζad from 4 to 2 for all stellar types with radiative or shallow convective envelopes.
– The accretion efficiency β is the degree to which mass transfer is conservative, that is the fraction of mass lost by the donor star that can be accreted by the companion (i.e. β ≡ Ṁd/ Ṁa). Modelling of the evolution of some binaries (such as φ Per) indicates that mass transfer can proceed fairly conservatively (Pols 2007), however for other systems, spin-up of the accretor is expected to limit the amount of accretion (e.g. Packet 1981). Attempts to constrain the efficiency have so far remained inconclusive (e.g. de Mink et al. 2007, and references therein).
As the viability of some of the evolutionary channels (i.e. “semi-reversed WDNS” and “reversed NSWD”, see Sect. 3.1) is directly related to the amount of accretion onto the secondary, we constructed two alternative models that assume completely conservative and 50% conservative mass transfer onto non-degenerate companion stars (i.e. β = 1 and β = 0.5), respectively. These models are mathematical exercises to assess the robustness of the predicted rates. In comparison, in the standard models we assume that the accretion rate onto these stars is limited to a factor times the thermal timescale of the accretor. The factor is dependent on the ratio of Roche-lobe radius to the effective radius of the accretor star (Pols & Marinus 1994; Portegies Zwart & Verbunt 1996; Toonen et al. 2012, see also Eq. (C13) in Portegies Zwart & Verbunt 1996). This inhibits accretion in systems with low mass ratios q = M2/M1.
3. Results
3.1. Evolution
In this section, we describe the evolutionary path for progenitors of binary mergers between a NS and a WD. In Sects. 3.1.1–3.1.4 we discuss the formation of the NS–WD binary, whereas Sect. 3.1.5 focuses on the subsequent evolution leading to the merger. We identify the four main channels, of which the first is a dominant channel for most models and consistently a major contributor (Table 2).
We distinguish between systems in which the NS forms first (hereafter NSWD), and where the WD forms first (hereafter WDNS). When we refer to all mergers, combining those of NSWD and WDNS, we use the term NS–WD mergers.
3.1.1. Pathway 1: direct WDNS
The primordial binaries of this channel have primary and secondary masses in the range of ∼7–11 M⊙, and ∼4.5–11 M⊙, respectively. The initial orbits are relatively small; semi-latus recti in the range aSLR = a(1 − e2) ∼ 20−100 R⊙. The primary star fills its Roche lobe during the Hertzsprung gap, giving rise to a phase of stable mass transfer, and once more as a hydrogen-poor helium-rich star of about 1–2.3 M⊙, before turning into a WD. During the prior mass-transfer phases, the secondary has accreted a significant amount of mass, rendering it possible to collapse to a NS at the end of its life and making the orbit of the WDNS eccentric.
We find that the most important channel of NS–WD mergers is the one in which the WD is formed before the NS (WDNS channel). Due to the highly conservative mass transfer onto the secondary, the secondary becomes massive enough to undergo a SN explosion and form a NS. The possibility of a reversal of the end states of the two components has previously been noted, for example for NS–NS (Portegies Zwart & Verbunt 1996), NS–BH (Sipior et al. 2004) and NS–WD binaries (Tutukov & Yungelson 1993; Portegies Zwart & Yungelson 1999; Tauris & Sennels 2000; Davies et al. 2002; Church et al. 2006). This is observationally supported by a few binary pulsars with WD companions (Portegies Zwart & Yungelson 1999; Tauris & Sennels 2000; Davies et al. 2002; Church et al. 2006); PSR B2303+46 (van Kerkwijk & Kulkarni 1999), PSR J1141–6545 (Kaspi et al. 2000; Manchester et al. 2000), and PSR B1820–11 (Lyne & McKenna 1989), and likely also PSR J1755–2550 (Ng et al. 2018). These systems contain young NSs (i.e. non-recycled pulsars with large magnetic fields and short spin-down times) in eccentric orbits (see also Zhang et al. 2011).
	[image: thumbnail]	Fig. 1.Example of the evolution of a system in the “direct WDNS” channel. Orbital and stellar parameters are given in the columns beside the illustration of the binary. The abbreviations of the stellar types are defined in Table 1. The extent of the Roche lobes and stars in the illustration are approximate and are not drawn to scale.



Table 1.
Definitions of abbreviations of stellar types used in the text and figures.

3.1.2. Pathway 2: direct NSWD
The initial stellar masses and orbital separations are larger compared to the previous channel. The primary masses are mostly in the range ∼11–19 M⊙ (but extending down to 8 M⊙), the secondary masses are in the range ∼2–10 M⊙, and the semi-latus rectii are in the range aSLR ∼ 50−2000 R⊙.
	[image: thumbnail]	Fig. 2.Example of the evolution of a system in the “direct NSWD”-channel. The layout and legend are similar to those in Fig. 1.



	[image: thumbnail]	Fig. 3.Example of the evolution of a system in the “semi-reversed WDNS”-channel. In this channel there is a stage where both stars have been stripped of their hydrogen envelopes before forming a compact object. The layout and legend is similar to that of Fig. 1.



For these systems the primary evolves into a NS first. Subsequently the secondary star initiates the mass-transfer phases, loses its hydrogen and helium envelope, and ends its life as a WD. An example for such evolution is shown in Fig. 2. During the mass-transfer phases after the formation of the NS, the system could be observed as an X-ray binary (e.g. Tauris & van den Heuvel 2006). Any accretion of mass and angular momentum (Lorimer 2008; Tauris 2015; Manchester 2017) would likely spin up or “recycle” the NS, suppress the magnetic field of the NS, and circularise the orbit (Bisnovatyi-Kogan & Komberg 1974; Alpar et al. 1982).
3.1.3. Pathway 3: semi-reversed WDNS
In this channel (Fig. 3) the primary becomes a WD before the secondary becomes a NS, hence the name WDNS. The terminology “semi-reversed” reflects the neck-to-neck race that the stars are in to form the first compact object in the system. The secondary has already initiated a phase of mass transfer and evolved to the hydrogen-poor helium-burning tracks before the WD primary is formed.
In this evolutionary channel, the initial primary masses and semi-latus rectii are similar to those of channel 1 (direct WDNS), however the initial mass ratios are preferably close to one, qi ∼ 0.85−1.0. As the initial stellar masses and evolutionary timescales are similar, the secondary accretes a significant amount of mass during the first mass-transfer phase. As a result, its evolution is accelerated, the secondary expands and fills its Roche lobe while the primary is still a helium star. Similar to the “direct WDNS” channel, the orbit of the WDNS is eccentric at its formation.
3.1.4. Pathway 4: reversed NSWD
The evolution of this channel is shown in Fig. 4. The NS is formed before the WD, similar to channel 2 (direct NSWD). In the “reversed NSWD” channel, the evolution of the secondary typically overtakes that of the primary, and the secondary becomes the first compact object in the binary. The detailed evolution is similar to that of channel 3 (semi-reversed WDNS), with the order of the third and fourth mass-transfer phases being reversed. Due to the strong accretion, the subsequent evolution of the secondary, both as a hydrogen-rich and helium-rich star, is shorter than that of the helium-rich primary.
	[image: thumbnail]	Fig. 4.Example of the evolution of a system in the “reversed NSWD” channel. The secondary collapses to a NS before the primary becomes a WD. The evolution of the stars is therefore “reversed”. The layout and legend are similar to that in Fig. 1.



We note that this evolutionary pathway shows similarities to that described in Toonen et al. (2012; “Formation reversal channel”) for the formation of double WD mergers as progenitors of Type Ia supernovae.
The initial masses of both stars are approximately in the range of 5–8 M⊙ in this channel. The initial mass ratios are predominantly between 0.85 and 1, but they can extend up to 0.5. The initial semi-latus rectii aSLR are ≲200 R⊙.
3.1.5. Evolution towards the merger
After the formation of the WDNS system, the orbit shrinks due to the emission of gravitational waves (GWs). If the orbit is eccentric (such as for the WD–NS binaries), the GW in-spiral time tinsp can be significantly reduced as given by Peters (1964):
[image: thumbnail](5)
where [image: equation]
with a0 and e0 being the initial semi-major axis and eccentricity. For example, a 1.3 M⊙ NS and a 0.8 M⊙ WD in a circular orbit of 1 R⊙ merge after about 70 Myr, whereas an imposed eccentricity of 0.5 (0.75) at the birth of the NS reduces the in-spiral time to 25 (14) Myr.
Once the orbital period has shrunk to a few minutes, the WD fills its Roche lobe. If the subsequent mass transfer proceeds stably, an ultra-compact X-ray binary (UCXB) forms. The time-averaged X-ray luminosity of the majority of UCXBs is consistent with that expected from WD donors (Heinke et al. 2013), although other types of donor stars have also been suggested, such as helium burning stars or evolved MS stars (see e.g. van Haaften et al. 2013, for a population synthesis study). If unstable mass transfer develops in the NS–WD system, the WD is quickly disrupted on a dynamical timescale, leading to a merger of the system.
Studies of the stability of mass transfer from a WD to a NS typically discuss the critical mass ratio or critical WD mass MWD,crit above which Roche-lobe overflow leads to a merger. Depending on the structure, composition and temperature of the WD and the mode and amount of mass and angular momentum loss, MWD,crit ∼ 0.4−0.55 M⊙ (e.g. Verbunt & Rappaport 1988; Paschalidis et al. 2009; Yungelson et al. 2002; van Haaften et al. 2013). However, during the early stages of the mass transfer, its rate is often highly super-Eddington, such that disc winds become important. Bobrick et al. (2017) recently showed that the disc winds reduce the stability of the mass transfer. They determine a critical WD mass of MWD,crit = 0.2 M⊙, excluding all carbon-oxygen and oxygen-neon WDs as UCXB donor stars.
Assuming the stability limit of van Haaften et al. (2013) (MWD,crit = 0.38 M⊙ based on isotropic re-emission for the loss of angular momentum), over 97% of semi-detached NS–WD systems merge in all models, whereas for MWD,crit = 0.2 M⊙ over 99.9% merge. In this work we adopt the latter prescription from Bobrick et al. (2017).
3.2. NS–WD merger rates
We find that the time-integrated rate of NS–WD mergers is (3−7) × 10−5 per solar mass of created stars in most models (Table 2). We do not find significant differences in the merger rates between the different models of the CE phase, the stable mass-transfer phase, or the SN kick distributions of Hobbs et al. (2005), Arzoumanian et al. (2002), and Verbunt et al. (2017). If all NS progenitors in interacting binaries receive minimal SN kicks (i.e. zero-velocity natal kicks), the time-integrated NS–WD merger rate increases by atmost a factor of 2–4 up to [image: equation]. On the other hand the minimum total merger rate [image: equation] is achieved if the accretion efficiency of mass transfer is artificially reduced to a constant 50%. We note that model γα gives very similar results to model αα as the first phase of mass transfer tends to be stable for the systems considered in this paper (Sect. 3.1), and therefore model γα is not considered for the additional models in Table 2.
In this work, we assume a constant binary fraction ℬ of 75%, however there are indications that the binary fraction increases with the mass of the primary star (Raghavan et al. 2010; Duchêne & Kraus 2013; Moe & Di Stefano 2017). As a test, we follow van Haaften et al. (2013) in assuming:
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In this case, the time-integrated NS–WD merger rate only slightly increases; with 6–7.5% higher rates across all models.
We have also tested the effect of a different initial period and mass-ratio distribution. Firstly, instead of a uniform distribution of periods, we adopt a log-normal distribution of periods (in days) with parameters μ = 4 and σ = 1.3(Duchêne & Kraus 2013). The main difference is that the number of short-period binaries (such as the progenitors in the first pathway “direct WDNS”) is suppressed compared to our main BPS models. Secondly, we adopt a mass-ratio distribution N(q) that is strongly biased towards low-mass companions, that is N(q) ∝ q−2. This is motivated by observations of wide binaries with massive primaries (Moe & Di Stefano 2017). With these changes in the primordial binary population, the time-integrated NS–WD merger rate decreases by a factor of 4–5.
Table 2 also shows the time-integrated NS–WD merger rate in each of the evolutionary channels identified in Sect. 3.1. Channel “direct WDNS” contributes to the total merger rate in a significant and consistent way across all models. The corresponding rate is [image: equation] in most models. The contribution from channel “direct NSWD” is strongly dependent on the CE modeling and the SN kick. The rate varies over two orders of magnitude, and so the strong increase in the total merger rate for smaller SN kicks can be attributed to this channel.
The reason that the “direct NSWD” channel is more sensitive to the SN kick compared with the “direct WDNS” channel is related to the orbital separation of the pre-SN binary. In the latter channel, the pre-SN semi-major axes are several solar radii, but in the former they are several tens to hundreds of solar radii. This is because the systems in the “direct NSWD” channel have widened in response to the (stable) transfer of mass, whereas the other systems have undergone several mass-transfer phases and further common-envelope evolution in which the orbit has contracted (see Figs. 1 and 2)3.
The third channel (“semi-reversed WDNS”) provides ∼5-20% of all mergers, and the “reversed NSWD”-channel gives rise to up to ∼10% of the mergers. An exception to this is found in the additional αα models regarding the stability of mass transfer and the angular momentum loss mode (see Sect. 2.4). The enhanced accretion onto the secondary makes it possible for more secondaries to overtake the primary during its evolutionary progress. As a result, the “reversed NSWD” channel gives rise to ∼20% of all mergers in the models with enhanced mass-transfer stability and isotropic re-emission of angular momentum. On the other hand, in our additional model with reduced accretion, the time-integrated rate of the “reversed NSWD” channel, as well as that of the “semi-reversed WDNS” channel are negligible.
	[image: thumbnail]	Fig. 5.Effect of CE evolution on the delay-time distributions of NS–WD mergers. The figure shows DTDs for different models of the common-envelope phase with SN-kicks that follow the Hobbs distribution. The slope of the DTD is strongly dependent on the CE efficiency. Model αα (α-CE with αλ = 2, solid blue line) and model γα (γ-CE, dotted red line) give similar DTDs with tails extending to long delay times. Mergers at long delay times are suppressed in model αα2 (α-CE with αλ = 0.25, dashed green line).



3.2.1. Delay-time distributions
The NS–WD merger rate as a function of the delay time (between the merger and formation of the binary with two zero-age MS stars) is shown in Figs. 5 and 6. These DTDs peak at short delay times and then decrease towards longer delay times. The slope of the DTDs differs between different models of the CE phase (Fig. 5). The magnitude of the SN kick mostly affects the total number of mergers, and, to a minor degree, the slope of the DTD (Fig. 6). Varying the assumptions regarding the stable mass-transfer phase (Sect. 2.4) does not significantly affect the DTD.
The top two panels of Fig. 6 (see also Fig. 5) show very different slopes of the DTD. These represent models αα and αα2 and indicate that the slope depends strongly on the modelling of the CE phase (line 6 in Fig. 1), in particular the efficiency with which orbital energy is used to unbind the envelope. If the CE leads to a more significant shrinkage of the orbit (as in model αα2), the orbits of the NS–WD binaries tend to be smaller at formation, leading to shorter in-spiral times due to gravitational wave emission. A similar trend is seen in the DTDs of merging massive CO-WDs (Ruiter et al. 2009).
Finally, we turn our attention to those systems with the shortest GW in-spiral times tinsp. Recently, we showed (Michaely et al. 2016; Michaely & Perets 2018) that the in-spiral times of BH–BH, BH–NS, and NS–NS mergers can be as short as years or decades. Therefore, a few 10−4−10−1 of LIGO gravitational wave sources and short gamma-ray bursts could be preceded by observable SN explosions. The short in-spiral times are achieved in systems that experience a SN kick with the right amplitude and direction, such that the stars are cast into a close and/or highly eccentric orbit. The same mechanism also works for mergers between NS and WDs. With the distributions of non-zero natal kicks, the NS–WD merger rate with in-spiral times less than 100 years is approximately [image: equation], that is, of the order of a few times 0.1% of NS–WD mergers could be preceded by an observable SN explosion years to decades before the merger. For the models with only the mass-loss kick, the in-spiral times of all systems in the current simulations are longer than 100 years. Given our current resolution, this gives an upper limit of approximately [image: equation].
	[image: thumbnail]	Fig. 6.Effect of SN-kicks on the delay time distributions of NS–WD mergers for different CE models. The rate is minimized for the large SN kicks of the Hobbs-distribution (blue solid line) and the Arzoumanian-distribution (green dashed line). If the SN kick is only due to the instantaneous mass loss (Blaauw-kick, red dashed line), the rate is maximized. The different panels show the DTDs from different CE models; model αα on top, model αα2 in the middle, and model γα on the bottom. See also Fig. 5 for a direct comparison of the DTDs from the CE models.



Table 2.
Time-integrated merger rate of NS–WD binaries per 105 M⊙ of created stars for the different BPS models (Sect. 2).

3.2.2. Characteristics of the white dwarf component
The composition of the WD component typically consists of carbon and oxygen (Table 2). In models αα and γα, ∼80% of mergers occur with a carbon-oxygen (CO) WD. In models αα2, the contribution is reduced to about 60%. Neutron star mergers with oxygen-neon (ONe) WDs are of secondary importance; contributing about 20% for models αα and γα, and 40% for model αα2.
The reason for the increase of ONe WDs around NSs for lower common-envelope efficiencies (such as in model αα2 compared to model αα) is related to the orbital energy available for the progenitors of the WDNS systems. In a binary with a high-mass companion compared to a low-mass companion (and other parameters kept constant), there is more orbital energy available. As a result, the orbital shrinkage is weaker, and the CE phase more readily results in a detached binary than in a merger of the two stars.
Mergers with helium (He) WDs are not frequent in our models. As argued in the previous paragraph, NS–WD binaries with less massive companions have less orbital energy and are more likely to merge during the CE phase, which reduces the number of NS–WD with helium WDs. The majority of the helium WDs in our simulation form through a different evolutionary channel from those discussed in Sect. 3.1. For these systems, the initial binary has a large mass ratio and a wide orbit, such that the primary star fills its Roche lobe on the asymptotic giant branch. The first phase of mass transfer is unstable in contrast to the other evolutionary channels. Eventually the primary star collapses to a NS. When the secondary star fills its Roche lobe, a last phase of mass transfer commences. Typically this mass-transfer phase is unstable, but if not, a low-mass X-ray binary is formed. After the secondary star has lost its hydrogen envelope, it forms a helium WD.
Recently, Zenati et al. (2018) investigated the formation of hybrid WDs, that is, WDs with a carbon-oxygen core and a thick envelope of helium up to ∼0.1 M⊙. The existence of a significant mass in helium can catalyse thermonuclear explosions during a merger with another compact object, for example a NS (Metzger 2012; Margalit & Metzger 2016) or a WD (e.g. Pakmor et al. 2013). In the former case, the tidally disrupted WD forms an accretion disk around the NS of mixed He–CO composition and nuclear burning is expected in the disk. In the case of the hybrid WD, however, it proceeds dynamically (Margalit & Metzger 2016); further details of such explosions are explored in depth in a forthcoming publication (Zenati et al., in prep.). In our simulations we find that mergers between a NS and a hybrid WD are not common, that is, they represent less than 0.1% of all mergers. These mergers preferably happen at short delay times (≲500 Myr).
The WD mass as a function of delay time is shown in Fig. 7. In models αα and γα, we do not find significant evolution of the average WD mass with delay time. For lower CE efficiencies (i.e. model αα2), the average WD mass can increase somewhat with delay time.
3.3. Effects of the SN kick
The effect of the SN kick is dependent on the binding energy of the pre-SN orbit and the kinetic energy of the SN kick exerted on the pre-SN orbit. If the SN kick is large in comparison with the orbital velocity, the system is disrupted. This happens for example for wide (aSLR ≳ 2 × 103 R⊙) systems in our models with natal kicks. These orbits are sufficiently wide such that the Roche lobe overflow is not expected and the stars live as if they were isolated (not taking into account any effects due to the SN kick). If the mass of the primary stars is in the range of ∼8−20 M⊙, and the secondary mass is in the range of ∼1−8 M⊙, the system could evolve to become a NS–WD binary if the NS kick does not disrupt it. We find that the formation rate of disrupted binaries with one NS component and one WD component after a Hubble time is about [image: equation] if natal kicks are taken into account. This is about two orders of magnitude above the time-integrated NSWD-merger rate in the same models. For lower SN kicks (i.e. our models without a natal kick, and only a mass-loss kick), the disruption rate is [image: equation].
If the magnitude of the SN kick is of the same order as the average orbital velocity, the post-SN stellar orbits are dependent on the direction of the SN kick and the orbital phase for eccentric orbits. If the stars are at apocenter and the SN kick is aligned with the orbital velocity, the binary disrupts readily. On the other hand if the SN kick is anti-aligned, the orbit shrinks. This can give rise to NSWD binaries that merge on short timescales after the SN explosion (Sect. 3.2.1), and to systems in which only the secondary star initiates a phase of mass transfer. The latter systems are initially sufficiently wide, such that the primary star does not fill its Roche lobe, and the stars evolve as if they were single isolated stars until the primary collapses in a SN explosion, in which the orbit shrinks. From this point on, the system evolves in a similar fashion as in the “NS–WD direct” channel (see Fig. 2 from line 5 on wards); the secondary initiates one or two mass-transfer phases, and after the formation of the NSWD, the system merges due to the emission of gravitational waves. The time-integrated rate of this channel is a few [image: equation].
3.4. The offset distribution
The SN kick imparts some velocity to the binary even if the NS receives no natal kick; see Fig. 8 for the Blaauw kick. Therefore, the spatial distribution of mergers can differ from the initial galaxy density distribution, that is, the merger takes place at an offset. This effect can be used to identify WD–NS mergers among the bulk of transient extragalactic events, and eventually even to distinguish between different natal kick distributions for NSs.
In order to estimate the expected offsets for the NS–WD mergers of our BPS models, we integrate the motion of each binary in various galaxy potentials. The binary motion is integrated starting from the formation of the NS until the final merger (using the python package galpy4 (Bovy 2015) which makes use of fourth-order symplectic integrator). Below we briefly describe the setup of these simulations and the resulting distributions of offsets.
	[image: thumbnail]	Fig. 7.White dwarf mass as a function of delay time for three different models of CE evolution. For completeness we show all NS–WD systems that come into contact, not only those that will lead to a merger (Sect. 3.1.5). From top to bottom, the main models αα, αα2, and γα are shown, respectively, for the SN kick distribution of Hobbs et al. (2005). The grey scale corresponds to a density of objects on a linear scale.



Due to the wide delay time distribution of NS–WD mergers, these events can take place in both old (elliptical) and young (disk) host galaxies. The gravitational field of the host and its symmetry play an important role in establishing the offset distribution. We consider four types of galaxies (based on Belczynski et al. 2002, 2006): dwarf and giant ellipticals, as well as typical and bulgeless disk galaxies. The giant elliptical is constructed out of two potentials, one for the stellar and one for the dark matter component. For the former we adopt the Hernquist potential (Hernquist 1990) with a scale length of a = 5 kpc and mass ℳ = 5 × 1011 M⊙, and a Navarro–Frenk–White (NFW) potential (Navarro et al. 1996) with the same parameters. The model for the dwarf elliptical galaxy contains the same two potentials but with a = 0.5 kpc and ℳ = 5 × 108 M⊙. The disk galaxy is constructed out of three potentials; 1) a Miyamoto– Nagai potential (Miyamoto & Nagai 1975) for the disk taking a radial scale length of ad = 4.2 kpc, a vertical scale length of bd = 0.198 kpc, and mass ℳ = 8.78 × 1010 M⊙, 2) a Hernquist potential for the bulge with a = 0.79 kpc and ℳ = 1.12 × 1010 M⊙, and 3) a NFW potential for the dark matter halo with a = 6 kpc, ℳ = 5 × 1010 M⊙ and a cutoff at 100 kpc.
The initial spatial distribution of the binaries follows the Hernquist density profile in the case of the elliptical galaxy. For the disk galaxy, the initial positions of the stars are drawn from the Miyamoto–Nagai density profile (disk origin) or the Hernquist density profile (bulge origin). The initial speed (before the kick is imparted due to SN explosion) of the disk-born binary is chosen to be the circular speed. For the initial speeds in the bulges, we follow the prescription from Belczynski et al. (2002, 2006), that is, we use the circular speed and randomise the orientation of the angular momentum. We have tested an alternative approach, where we draw the initial speed using the stellar distribution function obtained under the assumption that the stellar system is ergodic and has reached a dynamical equilibrium. Our simulations show that these two approaches lead to very similar offset distributions.
We take the star formation history of the different types of galaxies into account. We assume a constant star formation rate (SFR) for 10 Gyr for the disk galaxy without a bulge. In addition, for the case of the disk galaxy with a bulge, we assume star formation is enhanced in the bulge by a factor 10 during the first gigayear. For elliptical galaxies, we assume a constant SFR for the first 5 Gyr.
	[image: thumbnail]	Fig. 8.Systemic velocity distribution of NS–WD systems. From top to bottom: models αα and αα2.



We assume that the orientation of the recoil velocity has a uniform distribution on a sphere. The recoil velocity (see Fig. 8 for the distribution) is added to the binary velocity in the galaxy as a vector. The energy conservation level of the integrations is checked for each individual orbit to remain below |(E(tmerger) − E0)/E0| < 10−6. If the energy is not well conserved, the orbit is integrated once again with time steps that are 80 times shorter and checked for energy conservation on level |(E(tmerger) − E0)/E0| < 10−4. If the integrator still cannot guarantee the energy conservation, the orbit is removed from consideration. Usually, 3–5 of the ∼10 000 orbits are removed, which should not significantly affect our results.
A comparison of the recoil speeds plotted in Fig. 8 already demonstrates a few interesting features: in the case without a natal kick, the binary can reach a speed up to 70 km s−1 and most of the binaries move with a speed of ≈30 km s−1. For all natal kick distributions we see slightly higher systemic speeds in the αα2 model of common-envelope evolution compared to the αα model, as the pre-SN orbits tend to be smaller in the prior model. The natal kick distribution suggested by Hobbs et al. (2005) gives rise to a broad velocity distribution which peaks at ≈100 km s−1. The Arzoumanian et al. (2002) kick transforms into a narrow distribution of recoil speeds with a peak at ≈40 km s−1 and nearly a zero fraction at speeds v > 200 km s−1. The systemic velocity distribution derived for the natal kicks as derived by Verbunt et al. (2017) peaks at ≈40 km s−1 and decays slowly till high velocities, disappearing completely by ≈300 km s−1 (αα model). In the case of the αα2 model, the peak is at ≈100 km s−1 and the tail of speed distribution continues until ≈400 km s−1.
We find that binaries receiving recoil speeds of ∼200 km s−1 escape from dwarf elliptical galaxies, whereas they remain bound in the case of giant elliptical hosts. The offset from the centre of a giant elliptical galaxy is negligible, so the spatial distribution of mergers follows the same stellar density of the underlying giant elliptical host galaxies.
For a disk galaxy the stellar density decays faster in the vertical direction, so a binary with a recoil speed of ∼100 km s−1 in this direction can be seen at a noticeable offset (1–10 kpc) when viewed edge-on, but not in the case of face-on orientation. Our simulations show that the offset distribution is very similar for the case of the disk galaxy with and without a bulge.
In Fig. 9, we compare the initial and final (at the time of the merger) offset distributions for the dwarf elliptical and the disk galaxy models. The general trend is that while larger kicks reduce the number of mergers, they give rise to larger offsets from the host galaxy. For the disk galaxy, the mean offset (face-on orientation) is ∼20–40 kpc for the strong natal-kicks of the Hobbs distribution, ∼20– 30 kpc for the Arzoumanian and Verbunt distributions, and ∼8 kpc without natal kicks. For the elliptical galaxy, the mean offsets are ∼700–800 kpc, ∼250–600 kpc, ∼250–500 kpc, and ∼20–250 kpc, for the Hobbs-, Arzoumanian-, Verbunt-, and Blaauw distributions, respectively. The offsets are most pronounced in the dwarf galaxy; over 40% of systems are found at offsets around 0.1–1 Mpc for the Arzoumanian distribution, and this increases to 80% for the Hobbs distribution.
	[image: thumbnail]	Fig. 9.Cumulative distribution of offsets from the centre of the dwarf elliptical (left column) and the disk galaxy with bulge (right column). The upper row shows results for the CE model αα and the lower row for the CE model αα2. The offset distribution using the kicks of Verbunt et al. (2017) is very similar to that using the kick distribution of Arzoumanian et al. (2002).



4. Discussion and summary
In this work we have made the first systematic study of the demographics of NS–WD mergers, their properties, rates, delay-time distributions and observable aspects. We have considered a variety of initial conditions and studied the sensitivity of our results to the various uncertainties in the physical processes involved in the stellar evolution of NS–WD progenitors. In particular we have explored the dependence on NS natal kicks, mass transfer in binaries, and common-envelope evolution.
Evolutionary channels. We find that in the main channel for NS–WD mergers, the white dwarf forms before the NS. The primary transfers mass to the secondary as it evolves off the main sequence, increasing the mass of the secondary. The latter then becomes more massive than the original primary and ends its life as a neutron star after the primary has already become a WD.
The overall results depend on the various assumptions and initial conditions. However, the different models we consider provide qualitatively similar predictions, and quantitatively differ by at most a factor of two to three in the overall expected time-integrated rates. Tables 2 and 3 summarise the main differences.
Rates, delay-time distributions, and host galaxies. The time-integrated rates of NS–WD mergers depend on the specific assumptions and initial conditions considered, but are generally in the range of [image: equation]. If reduced kicks are common among the progenitors of NS–WD, their merger rate increases moderately; under the extreme assumption of a minimal SN kick (i.e. no natal kick) for all systems, the upper limit to the merger rate is only slightly larger at [image: equation].
For the Milky Way, assuming a constant SFR of 3 M⊙ yr−1, we generally find a merger rate of 1−2 × 10−4 yr−1 (up to 8 × 10−6−5 × 10−4 yr−1 for the full range of models). This is in good agreement with the rate of 1.4 × 10−4 yr−1 based on other binary population synthesis calculations (Nelemans et al. 2001b), and 2.6 × 10−4 yr−1 based on binary radio pulsars (Bobrick et al. 2017), but slightly larger than the rate of (1−10) × 10−6 yr−1 and ∼4.1 × 10−6 yr−1 based on statistics of observed low-mass X-ray binaries (Cooray 2004) and pulsar binaries with WD companions (Kim et al. 2004), respectively. It is unclear where the difference in the observational estimates comes from; larger samples and a better understanding of observational selection effects are necessary to assess if the theoretical estimates are at odds with nature.
Table 3.
Comparison of our synthetic merger rates with observed transient rates (see also Table 2).

The observed time-integrated rate of supernova type Ia in field galaxies is about [image: equation] (e.g. Maoz et al. 2014; Maoz & Graur 2017). The predicted rate of NS–WD mergers is about 2−6% (up to 14%) of the observed type Ia SN rate, and about 1−6% of the predicted rate of WD–WD mergers (see Tables 2 and 3).
The delay time distribution peaks at early times (<1−2 Gyr), but the tail distribution extends up to a Hubble time. In a small fraction (a few times 0.1%) of the cases, the SN producing the NS precedes the NS–WD merger by less than 100 years, and is therefore potentially observable. The delay time distribution peaking at early times suggest that NS–WD mergers are most likely to be found in late-type, disk, and star-forming galaxies with only small fractions expected to be found in early type elliptical/S0 galaxies.
Composition. In most models the majority of NS–WD mergers involve CO-WDs with smaller fractions of ONe, and very small fractions of He WDs (0.3 − 1.4%; and a negligible fraction of hybrid He–CO WDs).
Offsets. The offsets of the expected location of NS–WD mergers generally follow the stellar density of their host galaxies. The only exception is the case of dwarf galaxies whose escape velocity is small. In models which include NS natal kicks, the amplitude of the kicks could be sufficiently large as to eject the NS–WD binaries from the host galaxy, leading to very large offsets of up to a few hundred kiloparsecs.
Possible observational candidates. Given the predicted properties, one may consider the observational manifestation of NS–WD mergers. Metzger (2012) suggested that NS–WD merges could be related to the class of faint type Ib Ca-rich SNe (Perets et al. 2010). However, our results indicate that the DTD of NS–WD mergers is inconsistent with the observed distribution of Ca-rich SNe, which typically explode in old environments (Perets et al. 2010; Kasliwal et al. 2012; Lyman et al. 2013; Perets 2014). Given the WD compositions (lacking in helium WDs), and the small amounts of intermediate and iron elements produced in such explosions (Zenati et al., in prep.), these transients are likely most similar, spectrally, to type Ic SNe. This, again, is at odds with the observed helium and the significant amounts of intermediate elements in the spectra of Ca-rich SNe (Perets et al. 2010). The overall time-integrated rates we find could be consistent with the estimated rates of Ca-rich SNe (Perets et al. 2010), but more recent estimates based on the PTF survey data suggest that the rates of Ca-rich SNe could be significantly higher (33−94% of the Ia SNe rate (Frohmaier et al. 2018); 3−7 times the highest rate estimated in any of our models, Table 3).
Another possibility is that NS–WD mergers manifest observationally as rapidly evolving SNe, a class, or several classes, of rapidly declining and energetically weak likely type-Ic SNe (Chevalier & Plait 1988; Poznanski et al. 2010; Kasliwal et al. 2010; Perets et al. 2011; Drout et al. 2013, 2014) mostly exploding in late-type galaxies. The estimated rates and DTD of such SNe could be consistent with our demographic results of NS–WD mergers, but more detailed studies of the expected light curves and spectra of such explosions are required for direct comparison.


1 There are indications that the binary fraction increases with the mass of the primary star (Raghavan et al. 2010; Duchêne & Kraus 2013; Moe & Di Stefano 2017). In Sect. 3.2 we discuss the effect of a non-constant binary fraction on the NS–WD merger rate.


2 Enhancements of the stability of mass transfer in systems with giant donors with shallow convective envelopes is incorporated in SeBa, see Appendix A.3 of (Toonen et al. 2012, 2014).


3 While in the “direct NSWD” channel, the rates increase when the average SN kick is lowered (e.g. going from the kick distribution of Hobbs to Arzoumanian), one notices that the rates of the “direct WDNS” channel are slightly higher given the Hobbs distribution compared to the Arzoumanian one. We attribute this to the high-velocity tail of the Arzoumanian distribution. Overall, the total merger rate is lowest for SN kicks following the Hobbs distribution, with the exception of model αα2, where the contribution of the “direct NSWD” channel is low.


4 http://github.com/jobovy/galpy



Acknowledgments
ST thanks Ruben Boots and Manos Zapartas for the software to make the Roche lobe diagrams. ST acknowledges support from the Netherlands Research Council NWO (grant VENI [nr. 639.041.645]). HBP & AI acknowledges support from the Israel science foundation I-CORE program 1829/12.

References
	
Abbott, B. P., Abbott, R., Abbott, T. D., et al. 2016, Phys. Rev. Lett., 116, 061102[See]
	
Abbott, B. P., Abbott, R., Abbott, T. D., et al. 2017, Phys. Rev. Lett., 119, 161101[See]
	
Abt, H. A. 1983, ARA&A, 21, 343[See]
	
Alpar, M. A., Cheng, A. F., Ruderman, M. A., & Shaham, J. 1982, Nature, 300, 728[See]
	
Arzoumanian, Z., Chernoff, D. F., & Cordes, J. M. 2002, ApJ, 568, 289[See]
	
Becker, W., Prinz, T., Winkler, P. F., & Petre, R. 2012, ApJ, 755, 141[See]
	
Belczynski, K., Bulik, T., & Rudak, B. 2002, ApJ, 571, 394[See]
	
Belczynski, K., Perna, R., Bulik, T., et al. 2006, ApJ, 648, 1110[See]
	
Beniamini, P., & Piran, T. 2016, MNRAS, 456, 4089[See]
	
Bisnovatyi-Kogan, G. S., & Komberg, B. V. 1974, Sov. Astron., 18, 217[See]
	
Blaauw, A. 1961, Bull. Astron. Inst. Neth., 15, 265[See]
	
Bobrick, A., Davies, M. B., & Church, R. P. 2017, MNRAS, 467, 3556[See]
	
Bovy, J. 2015, ApJS, 216, 29[See]
	
Bray, J. C., & Eldridge, J. J. 2016, MNRAS, 461, 3747[See]
	
Camacho, J., Torres, S., García-Berro, E., et al. 2014, A&A, 566, A86[See]
	
Chatterjee, S., Vlemmings, W. H. T., Brisken, W. F., et al. 2005, ApJ, 630, L61[See]
	
Chattopadhyay, T., Misra, R., Chattopadhyay, A. K., & Naskar, M. 2007, ApJ, 667, 1017[See]
	
Chevalier, R. A., & Plait, P. C. 1988, ApJ, 331, L109[See]
	
Church, R. P., Bush, S. J., Tout, C. A., & Davies, M. B. 2006, MNRAS, 372, 715[See]
	
Cooray, A. 2004, MNRAS, 354, 25[See]
	
Cordes, J. M., Romani, R. W., & Lundgren, S. C. 1993, Nature, 362, 133[See]
	
Davies, M. B., Ritter, H., & King, A. 2002, MNRAS, 335, 369[See]
	
de Kool, M. 1990, ApJ, 358, 189[See]
	
de Kool, M., van den Heuvel, E. P. J., & Pylyser, E. 1987, A&A, 183, 47[See]
	
de Mink, S. E., Pols, O. R., & Hilditch, R. W. 2007, A&A, 467, 1181[See]
	
Drout, M. R., Soderberg, A. M., Mazzali, P. A., et al. 2013, ApJ, 774, 58[See]
	
Drout, M. R., Chornock, R., Soderberg, A. M., et al. 2014, ApJ, 794, 23[See]
	
Duchêne, G., & Kraus, A. 2013, ARA&A, 51, 269[See]
	
Frohmaier, C., Sullivan, M., Maguire, K., & Nugent, P. 2018, ApJ, 858, 50[See]
	
Ge, H., Hjellming, M. S., Webbink, R. F., Chen, X., & Han, Z. 2010, ApJ, 717, 724[See]
	
Ge, H., Webbink, R. F., Chen, X., & Han, Z. 2015, ApJ, 812, 40[See]
	
Glanz, H., & Perets, H. B. 2018, MNRAS, 478, L12[See]
	
Gunn, J. E., & Ostriker, J. P. 1970, ApJ, 160, 979[See]
	
Heggie, D. C. 1975, MNRAS, 173, 729[See]
	
Heinke, C. O., Ivanova, N., Engel, M. C., et al. 2013, ApJ, 768, 184[See]
	
Hernquist, L. 1990, ApJ, 356, 359[See]
	
Hjellming, M. S., & Webbink, R. F. 1987, ApJ, 318, 794[See]
	
Hobbs, G., Lorimer, D. R., Lyne, A. G., & Kramer, M. 2005, MNRAS, 360, 974[See]
	
Holland-Ashford, T., Lopez, L. A., Auchettl, K., Temim, T., & Ramirez-Ruiz, E. 2017, ApJ, 844, 84[See]
	
Huang, S.-S. 1963, ApJ, 138, 471[See]
	
Iben, Jr., I., & Tutukov, A. V. 1984, ApJS, 54, 335[See]
	
Ivanova, N., Justham, S., Chen, X., et al. 2013, A&ARv, 21, 59[See]
	
Ivanova, N., Justham, S., & Podsiadlowski, P. 2015, MNRAS, 447, 2181[See]
	
Janka, H.-T. 2012, Annu. Rev. Nucl. Part. Sci., 62, 407[See]
	
Janka, H.-T. 2017, ApJ, 837, 84[See]
	
Kasliwal, M. M., Kulkarni, S. R., Gal-Yam, A., et al. 2010, ApJ, 723, L98[See]
	
Kasliwal, M. M., Kulkarni, S. R., Gal-Yam, A., et al. 2012, ApJ, 755, 161[See]
	
Kaspi, V. M., Lyne, A. G., Manchester, R. N., et al. 2000, ApJ, 543, 321[See]
	
Katsuda, S., Morii, M., Janka, H.-T., et al. 2018, ApJ, 856, 18[See]
	
Kim, C., Kalogera, V., Lorimer, D. R., & White, T. 2004, ApJ, 616, 1109[See]
	
King, A., Olsson, E., & Davies, M. B. 2007, MNRAS, 374, L34[See]
	
Klencki, J., Wiktorowicz, G., Gładysz, W., & Belczynski, K. 2017, MNRAS, 469, 3088[See]
	
Knigge, C., Coe, M. J., & Podsiadlowski, P. 2011, Nature, 479, 372[See]
	
Kroupa, P., Tout, C. A., & Gilmore, G. 1993, MNRAS, 262, 545[See]
	
Kusenko, A., & Segrè, G. 1996, Phys. Rev. Lett., 77, 4872[See]
	
Leonard, P. J. T., Hills, J. G., & Dewey, R. J. 1994, ApJ, 423, L19[See]
	
Li, W., Filippenko, A. V., Treffers, R. R., et al. 2001, ApJ, 546, 734[See]
	
Li, W., Leaman, J., Chornock, R., et al. 2011, MNRAS, 412, 1441[See]
	
Livio, M., & Mazzali, P. 2018, Phys. Rep., 736, 1[See]
	
Livio, M., & Soker, N. 1988, ApJ, 329, 764[See]
	
Lorimer, D. R. 2008, Liv. Rev. Rel., 11, 8[See]
	
Lyman, J. D., James, P. A., Perets, H. B., et al. 2013, MNRAS, 434, 527[See]
	
Lyne, A. G., & Lorimer, D. R. 1994, Nature, 369, 127[See]
	
Lyne, A. G., & McKenna, J. 1989, Nature, 340, 367[See]
	
Manchester, R. N. 2017, JApA, 38, 42[See]
	
Manchester, R. N., Lyne, A. G., & Camilo, F. 2000, ASP Conf. Ser., 202, 49[See]
	
Maoz, D., & Graur, O. 2017, ApJ, 848, 25[See]
	
Maoz, D., Mannucci, F., & Nelemans, G. 2014, ARA&A, 52, 107[See]
	
Margalit, B., & Metzger, B. D. 2016, MNRAS, 461, 1154[See]
	
Margalit, B., & Metzger, B. D. 2017, MNRAS, 465, 2790[See]
	
Metzger, B. D. 2012, MNRAS, 419, 827[See]
	
Michaely, E., & Perets, H. B. 2016, MNRAS, 458, 4188[See]
	
Michaely, E., & Perets, H. B. 2018, ApJ, 855, L12[See]
	
Michaely, E., Ginzburg, D., & Perets, H. B. 2016, ArXiv e-prints [arXiv:1610.00593][See]
	
Miyamoto, M., & Nagai, R. 1975, PASJ, 27, 533[See]
	
Moe, M., & Di Stefano, R. 2017, ApJS, 230, 15[See]
	
Navarro, J. F., Frenk, C. S., & White, S. D. M. 1996, ApJ, 462, 563[See]
	
Nelemans, G., Verbunt, F., Yungelson, L. R., & Portegies Zwart, S. F. 2000, A&A, 360, 1011[See]
	
Nelemans, G., Yungelson, L. R., & Portegies Zwart, S. F. 2001a, A&A, 375, 890[See]
	
Nelemans, G., Yungelson, L. R., Portegies Zwart, S. F., & Verbunt, F. 2001b, A&A, 365, 491[See]
	
Ng, C., Kruckow, M. U., Tauris, T. M., et al. 2018, MNRAS, 476, 4315[See]
	
Packet, W. 1981, A&A, 102, 17[See]
	
Paczynski, B. 1976, in Structure and Evolution of Close Binary Systems, eds. P. Eggleton, S. Mitton, & J. Whelan (Dordrecht: Kluwer), IAU Symp., 73, 75[See]
	
Pakmor, R., Kromer, M., Taubenberger, S., & Springel, V. 2013, ApJ, 770, L8[See]
	
Paschalidis, V., MacLeod, M., Baumgarte, T. W., & Shapiro, S. L. 2009, Phys. Rev. D, 80, 024006[See]
	
Paschalidis, V., Liu, Y. T., Etienne, Z., & Shapiro, S. L. 2011, Phys. Rev. D, 84, 104032[See]
	
Passy, J.-C., Herwig, F., & Paxton, B. 2012, ApJ, 760, 90[See]
	
Pavlovskii, K., & Ivanova, N. 2015, MNRAS, 449, 4415[See]
	
Pavlovskii, K., Ivanova, N., Belczynski, K., & Van, K. X. 2017, MNRAS, 465, 2092[See]
	
Perets, H. B. 2014, ArXiv e-prints [arXiv:1407.2254][See]
	
Perets, H. B., Gal-Yam, A., Mazzali, P. A., et al. 2010, Nature, 465, 322[See]
	
Perets, H. B., Badenes, C., Arcavi, I., Simon, J. D., & Gal-yam, A. 2011, ApJ, 730, 89[See]
	
Peters, P. C. 1964, Phys. Rev., 136, 1224[See]
	
Pfahl, E., Rappaport, S., Podsiadlowski, P., & Spruit, H. 2002, ApJ, 574, 364[See]
	
Podsiadlowski, P., Langer, N., Poelarends, A. J. T., et al. 2004, ApJ, 612, 1044[See]
	
Pols, O. R. 2007, in Massive Stars in Interactive Binaries, eds. N. St.-Louis, & A. F. J. Moffat, ASP Conf. Ser., 367, 387[See]
	
Pols, O. R., & Marinus, M. 1994, A&A, 288, 475[See]
	
Portegies Zwart, S. F. 1995, A&A, 296, 691[See]
	
Portegies Zwart, S. F., & Verbunt, F. 1996, A&A, 309, 179[See]
	
Portegies Zwart, S. F., & Yungelson, L. R. 1999, MNRAS, 309, 26[See]
	
Postnov, K. A., & Yungelson, L. R. 2014, Liv. Rev. Rel., 17, 3[See]
	
Poznanski, D., Chornock, R., Nugent, P. E., et al. 2010, Science, 327, 58[See]
	
Raghavan, D., McAlister, H. A., Henry, T. J., et al. 2010, ApJS, 190, 1[See]
	
Ruiter, A. J., Belczynski, K., & Fryer, C. 2009, ApJ, 699, 2026[See]
	
Sana, H., Le Bouquin, J.-B., Lacour, S., et al. 2014, ApJS, 215, 15[See]
	
Scheck, L., Kifonidis, K., Janka, H.-T., & Müller, E. 2006, A&A, 457, 963[See]
	
Schwab, J., Podsiadlowski, P., & Rappaport, S. 2010, ApJ, 719, 722[See]
	
Sipior, M. S., Portegies Zwart, S., & Nelemans, G. 2004, MNRAS, 354, L49[See]
	
Soberman, G. E., Phinney, E. S., & van den Heuvel, E. P. J. 1997, A&A, 327, 620[See]
	
Soker, N. 2004, New Astron., 9, 399[See]
	
Soker, N. 2018, Sci. China Phys. Mech. Astron., 61, 49502[See]
	
Tauris, T. M. 2015, Habilitation Thesis, University of Bonn, Germany[See]
	
Tauris, T. M., & Sennels, T. 2000, A&A, 355, 236[See]
	
Tauris, T. M., & van den Heuvel, E. P. J. 2006, in Formation and Evolution of Compact Stellar X-ray Sources, eds. W. H. G. Lewin, & M. van der Klis, 623[See]
	
Tauris, T. M., Langer, N., & Podsiadlowski, P. 2015, MNRAS, 451, 2123[See]
	
Toonen, S., & Nelemans, G. 2013, A&A, 557, A87[See]
	
Toonen, S., Nelemans, G., & Portegies Zwart, S. 2012, A&A, 546, A70[See]
	
Toonen, S., Claeys, J. S. W., Mennekens, N., & Ruiter, A. J. 2014, A&A, 562, A14[See]
	
Tutukov, A., & Yungelson, L. 1973, Nauchnye Informatsii, 27, 70[See]
	
Tutukov, A. V., & Yungelson, L. R. 1993, Astron. Rep., 37, 411[See]
	
van den Heuvel, E. P. J. 2004, in 5th INTEGRAL Workshop on the INTEGRAL Universe, eds. V. Schoenfelder, G. Lichti, & C. Winkler, ESA SP, 552, 185[See]
	
van der Sluys, M. V., Verbunt, F., & Pols, O. R. 2006, A&A, 460, 209[See]
	
van Haaften, L. M., Nelemans, G., Voss, R., et al. 2013, A&A, 552, A69[See]
	
van Kerkwijk, M. H., & Kulkarni, S. R. 1999, ApJ, 516, L25[See]
	
Verbunt, F., & Rappaport, S. 1988, ApJ, 332, 193[See]
	
Verbunt, F., Igoshev, A., & Cator, E. 2017, A&A, 608, A57[See]
	
Wang, B. 2018, Res. Astron. Astrophys., 18, 049[See]
	
Webbink, R. F. 1984, ApJ, 277, 355[See]
	
Webbink, R. F. 1985, in Stellar Evolution and Binaries, eds. J. E. Pringle, & R. A. Wade, 39[See]
	
Wongwathanarat, A., Janka, H.-T., & Müller, E. 2013, A&A, 552, A126[See]
	
Woods, T. E., & Ivanova, N. 2011, ApJ, 739, L48[See]
	
Woods, T. E., Ivanova, N., van der Sluys, M. V., & Chaichenets, S. 2012, ApJ, 744, 12[See]
	
Yungelson, L. R., Nelemans, G., & van den Heuvel, E. P. J. 2002, A&A, 388, 546[See]
	
Zenati, Y., Toonen, S., & Perets, H. B. 2018, MNRAS, accepted [arXiv:1803.04444][See]
	
Zhang, C. M., Wang, J., Zhao, Y. H., et al. 2011, A&A, 527, A83[See]
	
Zorotovic, M., Schreiber, M. R., Gänsicke, B. T., & Nebot Gómez-Morán, A. 2010, A&A, 520, A86[See]
	
Zorotovic, M., Schreiber, M. R., García-Berro, E., et al. 2014, A&A, 568, A68[See]


All Tables
Table 1.
Definitions of abbreviations of stellar types used in the text and figures.
In the text

Table 2.
Time-integrated merger rate of NS–WD binaries per 105 M⊙ of created stars for the different BPS models (Sect. 2).
In the text

Table 3.
Comparison of our synthetic merger rates with observed transient rates (see also Table 2).
In the text

All Figures
	[image: thumbnail]	Fig. 1.Example of the evolution of a system in the “direct WDNS” channel. Orbital and stellar parameters are given in the columns beside the illustration of the binary. The abbreviations of the stellar types are defined in Table 1. The extent of the Roche lobes and stars in the illustration are approximate and are not drawn to scale.
In the text



	[image: thumbnail]	Fig. 2.Example of the evolution of a system in the “direct NSWD”-channel. The layout and legend are similar to those in Fig. 1.
In the text



	[image: thumbnail]	Fig. 3.Example of the evolution of a system in the “semi-reversed WDNS”-channel. In this channel there is a stage where both stars have been stripped of their hydrogen envelopes before forming a compact object. The layout and legend is similar to that of Fig. 1.
In the text



	[image: thumbnail]	Fig. 4.Example of the evolution of a system in the “reversed NSWD” channel. The secondary collapses to a NS before the primary becomes a WD. The evolution of the stars is therefore “reversed”. The layout and legend are similar to that in Fig. 1.
In the text



	[image: thumbnail]	Fig. 5.Effect of CE evolution on the delay-time distributions of NS–WD mergers. The figure shows DTDs for different models of the common-envelope phase with SN-kicks that follow the Hobbs distribution. The slope of the DTD is strongly dependent on the CE efficiency. Model αα (α-CE with αλ = 2, solid blue line) and model γα (γ-CE, dotted red line) give similar DTDs with tails extending to long delay times. Mergers at long delay times are suppressed in model αα2 (α-CE with αλ = 0.25, dashed green line).
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        Example of the evolution of a system in the “direct WDNS” channel. Orbital and stellar parameters are given in the columns beside the illustration of the binary. The abbreviations of the stellar types are defined in Table 1. The extent of the Roche lobes and stars in the illustration are approximate and are not drawn to scale.

      

    

  
    
      Table 1. 

      Definitions of abbreviations of stellar types used in the text and figures.

      
        


	Abbreviation
	Type of star





	MS
	Main sequence star



	HG
	Hertzsprung-gap star



	He MS
	Star on the equivalent of the main sequence for hydrogen-poor helium-burning stars



	He G
	Hydrogen-poor helium-burning giant



	WD
	White dwarf



	NS
	Neutron star



	BH
	Black hole



	SN
	Supernova explosion
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        Example of the evolution of a system in the “direct NSWD”-channel. The layout and legend are similar to those in Fig. 1.
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        Example of the evolution of a system in the “semi-reversed WDNS”-channel. In this channel there is a stage where both stars have been stripped of their hydrogen envelopes before forming a compact object. The layout and legend is similar to that of Fig. 1.
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        Example of the evolution of a system in the “reversed NSWD” channel. The secondary collapses to a NS before the primary becomes a WD. The evolution of the stars is therefore “reversed”. The layout and legend are similar to that in Fig. 1.
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        Effect of CE evolution on the delay-time distributions of NS–WD mergers. The figure shows DTDs for different models of the common-envelope phase with SN-kicks that follow the Hobbs distribution. The slope of the DTD is strongly dependent on the CE efficiency. Model αα (α-CE with αλ = 2, solid blue line) and model γα (γ-CE, dotted red line) give similar DTDs with tails extending to long delay times. Mergers at long delay times are suppressed in model αα2 (α-CE with αλ = 0.25, dashed green line).
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        Effect of SN-kicks on the delay time distributions of NS–WD mergers for different CE models. The rate is minimized for the large SN kicks of the Hobbs-distribution (blue solid line) and the Arzoumanian-distribution (green dashed line). If the SN kick is only due to the instantaneous mass loss (Blaauw-kick, red dashed line), the rate is maximized. The different panels show the DTDs from different CE models; model αα on top, model αα2 in the middle, and model γα on the bottom. See also Fig. 5 for a direct comparison of the DTDs from the CE models.

      

    

  
    
      Table 2. 

      Time-integrated merger rate of NS–WD binaries per 105 M⊙ of created stars for the different BPS models (Sect. 2).

      
        


	BPS Model
	[image: equation]



	Type
	CE
	SN-kick
	Total
	CO WD (%)
	ONe WD (%)
	He WD (%)
	Direct WDNS
	Direct NSWD
	Semi-rev WDNS
	Rev NSWD





	Main models
	 
	 
	 
	 
	 
	 
	 
	 



	




	
	αα
	Hobbs
	4.7
	80
	20
	0.4
	2.7
	0.76
	0.77
	0.53



	
	αα
	Arzoumanian
	5.6
	84
	15
	1.4
	2.2
	2.1
	0.75
	0.44



	
	αα
	Verbunt
	7.4
	84
	15
	1.4
	2.9
	2.9
	0.93
	0.57



	
	αα
	Blaauw
	18
	89
	9
	2
	3.3
	12.7
	1.2
	0.72



	




	
	αα2
	Hobbs
	4.0
	63
	37
	−
	3.2
	0.01
	0.65
	0.15



	
	αα2
	Arzoumanian
	3.8
	61
	39
	0.07
	2.9
	0.10
	0.58
	0.15



	
	αα2
	Verbunt
	4.7
	62
	38
	0.09
	3.8
	0.14
	0.67
	0.16



	
	αα2
	Blaauw
	8.1
	66
	33
	0.4
	5.1
	2.0
	0.74
	0.25



	




	
	γα
	Hobbs
	3.7
	77
	22
	0.7
	2.8
	0.56
	0.24
	0.09



	
	γα
	Arzoumanian
	4.0
	83
	16
	1.3
	2.3
	1.5
	0.20
	0.03



	
	γα
	Verbunt
	5.4
	82
	16
	1.4
	3.0
	2.1
	0.29
	0.06



	
	γα
	Blaauw
	12
	90
	7
	2
	3.3
	8.1
	0.30
	−



	




	Additional models
	 
	 
	 
	 
	 
	 
	 
	 



	




	Isotropic re-emission
	αα
	Hobbs
	5.7
	81
	19
	0.5
	3.0
	0.49
	1.0
	1.2



	αα2
	Hobbs
	4.4
	64
	36
	−
	3.4
	0.02
	0.90
	0.14



	




	Mass transfer stability
	αα
	Hobbs
	5.6
	81
	19
	0.6
	2.8
	0.66
	0.92
	1.2



	αα2
	Hobbs
	4.2
	63
	37
	−
	3.2
	0.01
	0.92
	0.13



	




	Conservative mass transfer
	αα
	Hobbs
	4.8
	80
	20
	0.6
	2.8
	0.77
	0.80
	0.45



	αα2
	Hobbs
	4.8
	62
	38
	−
	4.0
	0.002
	0.67
	0.16



	




	50% conservative mass transfer
	αα
	Hobbs
	3.2
	43
	57
	−
	2.5
	0.73
	−
	−



	αα2
	Hobbs
	0.26
	42
	58
	−
	0.24
	0.02
	−
	−





      

      
Notes. The main models vary with respect to the SN kick (drawn from the distribution of Hobbs et al. 2005, the distribution of Arzoumanian et al. 2002, or only the mass-loss kick, see e.g. Blaauw 1961) and the common-envelope phase (model αα, αα2, or γα). In the additional models several assumptions are varied in regards to the stable mass-transfer process. Columns 5–7 give the fraction of mergers with CO, ONe or He WDs, respectively. Columns 8–11 give the time-integrated merger rates from the four most common evolutionary channels described in Sect. 3.1.



    

  
    
      Fig. 7. 
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        White dwarf mass as a function of delay time for three different models of CE evolution. For completeness we show all NS–WD systems that come into contact, not only those that will lead to a merger (Sect. 3.1.5). From top to bottom, the main models αα, αα2, and γα are shown, respectively, for the SN kick distribution of Hobbs et al. (2005). The grey scale corresponds to a density of objects on a linear scale.

      

    

  
    
      Fig. 8. 
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        Systemic velocity distribution of NS–WD systems. From top to bottom: models αα and αα2.

      

    

  
    
      Fig. 9. 
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        Cumulative distribution of offsets from the centre of the dwarf elliptical (left column) and the disk galaxy with bulge (right column). The upper row shows results for the CE model αα and the lower row for the CE model αα2. The offset distribution using the kicks of Verbunt et al. (2017) is very similar to that using the kick distribution of Arzoumanian et al. (2002).

      

    

  
    
      Table 3. 

      Comparison of our synthetic merger rates with observed transient rates (see also Table 2).

      
        


	BPS Model
	Synthetic time-integrated merger rate [image: equation]




	NS–WD
	WD–WD
	Super-Ch WD–WD





	αα
	(4.7−18) × 10−5
	3.2 × 10−3
	5.5 × 10−4



	αα2
	(3.8−8.1) × 10−5
	5.9 × 10−5
	2.1 × 10−5



	γα
	(3.7−12) × 10−5
	3.2 × 10−3
	4.2 × 10−4


	



	
	[image: equation]


	



	Supernova Type Iaa
	(1.3 ± 0.1) × 10−3, (1.6 ± 0.3) × 10−3



	Calcium-rich transientsb
	33–94% of the SNIa rate





      

      
Notes. The synthetic merger rates comprise those of NS–WD systems, WD–WD systems, and a subset of the latter in which only mergers between carbon-oxygen WDs with a combined mass above the Chandrasekhar mass are taken into account (i.e. the classical double degenerate channel for SNIa, Webbink 1984; Iben & Tutukov 1984). For NS–WD mergers a range of rates is shown based on different models for the SN kick.

References.

(a) Frohmaier et al. (2018);


(b) Maoz & Graur (2017).




    

  OEBPS/aa33164-18-eq8.gif
-1
—. )0 M,
3-3)x 10

(0. [





OEBPS/aa33164-18-eq9.gif
1
B(My) = 5 + Zlogm(M\),





OEBPS/aa33164-18-fig9_small.jpg
=iy.





OEBPS/aa33164-18-eq4.gif
RL

_ diInRg
FIrY A






OEBPS/aa33164-18-eq5.gif
bt Lo
5 29/19[ 1 4 1212
605c; 191+ e

finsp = ~ 2
P 1216G3myma(my + ma) (1 —e2)32






OEBPS/aa33164-18-eq6.gif
a(l-e) (o 121 2]
7 [1 + 51¢ .






OEBPS/aa33164-18-eq7.gif
(10—
20) x
107 M)





OEBPS/aa33164-18-eq21.gif





OEBPS/aa33164-18-eq20.gif









OEBPS/aa33164-18-fig5_small.jpg





OEBPS/aa33164-18-eq1.gif
GMgM,
AR

Epin = = aceEoir





OEBPS/aa33164-18-fig2_small.jpg





OEBPS/aa33164-18-eq2.gif
Jinit = Jhnat _ AMg
T M






OEBPS/aa33164-18-eq3.gif
_ dnk

faa = 57





OEBPS/aa33164-18-fig8_small.jpg





OEBPS/aa33164-18-fig1.jpg
t/Myr M;/M; Type M./M; Type a/Rg

0 8.5 MS e N e} 65 MS 50

33.1 8.4 HG 65 MS 503
’//_EK\\ ' / \\\
33.2 172 Hems | - X e 1 132 MS 290
' /II ’ N //
e N .
402 162 HeG
10.2 11 WD
02 11 WD CHeB 570
03 11 WD He MS 85
425 11 WD HeG 9.3
25 11 WD NS 34






OEBPS/aa33164-18-fig2.jpg
t/Myr M;/M; Type M./M; Type a/Rg
0 12 MS 5 MS 200
178 1.8 HG 5 MS 202
178 2.8 He MS o 5 MS 36
20.8 2.5 He G 5 MS 374
2038 1.25 NS 59 MS 50
214 1.25 NS 59 HG 45
214 1.25 NS
0.9 1.25 NS
416

1.25 NS

1.07
1.04
0.73

He MS 0.96

He G 0.96

WD





OEBPS/aa33164-18-fig3.jpg
t/Myr  M;/My Type M;/My Type a/Ro
. ,—_‘\\\ ,’/'_;\\\
0 6.5 MS Lo 3 e ) 58 MS 50
57 6.5 HG 585 MS 50
/’)_>‘\\\\ /// \\\

57 1.2 HeMS | . b . TIL1 MS 390
69 1.2 He MS HG 390
69 1.2 He MS He MS 6.7
72 1.2 He G He MS 6.9
7 0.82 WD He MS 10.7
73 0.82 WD He G 111
73 0.82 WD NS 216






OEBPS/aa33164-18-fig4.jpg
v/ Mi/Me  Lype M2/Me  Type a/Rg
/'\\\ e

0 8 MS e e 55  MS 20
g \\_

35 7.95 MS * o 55 MS 201

//_\\\\ , ’
39 105 HeMs | l124  MS 22
\ . /// \\\ !

52 1.05 He MS HG 226

52 1.05 He MS e 29  HeMS 33

54 1.05 He MS 26 HeG 35

54 175 He MS 125 NS L7

58 1.7 He G 125 NS 16

58 0.9 WD 125 NS 21






OEBPS/aa33164-18-fig5.jpg
102

=
3
=
— 1
- 10
(0]
o
| S
>
—_
(0]
o
(0]
© 0
< 10
—
(0]
(o)]
—
(9]
=
1
10

= model aa Hobbs
= = model aa2 Hobbs
----- model ya Hobbs

o

Delay time (Gyr)

14





OEBPS/aa33164-18-fig6.jpg
Merger rate (per yr per 10" M) Merger rate (per yr per 10" M)

Merger rate (per yr per 10" M)

10!

10!

101

10*

10

. == model aa Hobbs
i = = model aa Arzou.
== model aa Verbunt
1w model aa Blaauw
--..I.:I . _‘““-' """ x|||l|“||ll"””_ S
- _ ETTIT=A TP
STL e,
L T TP
[ L
0] 2 4 6 8 10 12 14
Delay time (Gyr)
= model aa2 Hobbs
- = = model aa2 Arzou.
== model aa2 Verbunt
i model aa2 Blaauw
=i
0] 2 4 6 8 10 12 14
Delay time (Gyr)
= model ya Hobbs
o = = model ya Arzou.
= == model ya Verbunt
v model ya Blaauw
it r'
-l
0] 2 4 6 8 10 12 14

Delay time (Gyr)





OEBPS/aa33164-18-fig7.jpg
1.4

=
N

.
o

o

White dwarf mass (M)
( o
(@) [00]

©
N

o
oN

0 02 04 06 08 10
Delay time (Hubble time)

1.4

=
N

=
o

White dwarf mass (M)
o o
CIJ\ [00)

©
~

o
ON)

6.0 02 04 06 08 10
Delay time (Hubble time)

1.4

=
N

.
(=)

o

White dwarf mass (M)
( o
(@) (0]

o
N

o
oN

0 02 04 06 08 10
Delay time (Hubble time)





OEBPS/aa33164-18-fig8.jpg
0.05 T——
: : —— aa Hobbs
: === aa Arzou.
¥ —-- aa Verbunt
0.04 EE ----- aa Blaauw
£0.03q ii
5 i
©
'Q I
e |
~ 0.0241 :1
.|
1
M
0.014 1
1y
0.00 +— Ty ' ' ; ' i
0 50 100 150 200 250 300 350 400
Vsyst (km/s)
0.05
—— aa?2 Hobbs
=== aa2 Arzou.
: — - aa2 Verbunt
0.04 A e aa? Blaauw
20031 ::
= H
IS :
__Q -
S :
& 0.021 ::
Ei';
0.014 Flj_ _
atd TR/
-‘-—'I — —_— '-—.-F-—-—‘_—\_.

0.00 +— 2 T i —
0 50 100 150 200 250 300 350 400
Vsyst (km/s)






OEBPS/aa33164-18-fig9.jpg
10! 102
R projected (kpc)

10! 102
R projected (kpc)

1.0 1.0
0.8 0.8
< <
v 0.6 v 0.6
=] =
g S
o S
& 0.4 £ 0.4 Initial, face-on
0.2 . 0.2
—— Initial, relaxed
— model aa Hobbs
—= model aa Arzou. model aa Blaauw edge on
0.0 odel aa Blaauw 0.0 Iniial, edge
10! 100 10! 102 103 10! 100 10! 102 103
R projected (kpc) R projected (kpc)
1.0 [ —— = 1.0
- :
0.8 0.8
= <
v 0.6 v 0.6
=] =
2 S
5 04 s 04 nitial, face-o
& & model @a2 Hobbs, face-on
model aa2 Arzou., face-on
model aa2 Blaauw, face-on
2 nitial, relax 0.2 modsl a2 Hobis, edge-on
" modelags Honbs model aa2 Arzou., edge-on
- model aa2 Arzou. model aa2 Blaauw, edge-on
model aa2 Blaauw 0.0 Initial, edge-o
10% 107! 100 10°






OEBPS/aa33164-18-fig1_small.jpg





OEBPS/dash.png





OEBPS/aa33164-18-fig4_small.jpg





OEBPS/aa33164-18-fig7_small.jpg
i b "
i E M





OEBPS/aa33164-18-eq19.gif





OEBPS/aa33164-18-fig3_small.jpg





OEBPS/aa33164-18-eq16.gif





OEBPS/aa33164-18-eq15.gif
Sx 107 M





OEBPS/aa33164-18-eq18.gif





OEBPS/aa33164-18-eq17.gif
(3-7) x 10






OEBPS/aa33164-18-eq12.gif





OEBPS/aa33164-18-eq11.gif





OEBPS/aa33164-18-eq14.gif





OEBPS/aa33164-18-eq13.gif
Rates (107 M_")





OEBPS/aa33164-18-eq10.gif
(2-5)x 107






OEBPS/aa33164-18-fig6_small.jpg





